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Abstract

Since the discovery of the first exoplanet in 1992, more than 5,000 exoplanets have been
detected to date. The exoplanetary population exhibits a wide distribution over the semi-
major axis, eccentricity, inclination and mass. The unexpected diversity strongly chal-
lenges the conventional planetary formation and evolution model, and spurred various
proposals for the new theories. Despite the theoretical efforts devoted to understand
the physical origin of the observed diversity, most of the theoretical predictions of these
investigations rely on artificially fine-tuned initial conditions that need to be further
justified on a realistic basis. Such a dilemma has long motivated searches for model-
independent initial conditions of planetary systems from the protoplanetary disks. Nev-
ertheless, inference of the planetary systems from the bulk properties of the disk involves
great uncertainties, since there is no robust model to consistently explain the formation
of planets from the first principle. In order to bypass this fundamental difficulty, more
direct observational data of the protoplanets are required.

The advent of ALMA and its high resolution dust continuum data revolutionised the
disk observation by successfully resolving the ring/gap substructures on HL Tau first in
2015, and later on a large number of protoplanetary disks. The disk substructures are
commonly interpreted as signatures for protoplanets. Following the planetary interpre-
tation, the locations and mass of the embedded planets can be directly constrained from
the morphology of the gap structure and serve as initial conditions for the numerical
investigation concerning the later stage planet-disk evolution. In this thesis, our main
purpose is to deduce the realistic initial configurations from the observed protoplanetary
disks, and then investigate the evolution outcomes of the planetary systems by numeri-
cally evolving the planetary systems within the disk lifetime and after the disk dispersal.

This thesis consists of threemain parts. In the first part, we focus on the orbital evolution
of planets in the HL Tau disk. At the disk stage, we produce a variety of widely-separated
planetary systems consisting of three super-Jupiters by varying the disk parameters. We
found the mass growth of the outer planets is more efficient, and the migration of the
innermost planet is inefficient due to the accretion of outer planet(s). We also found the
final orbital configuration and the final planetary mass depend on disk parameters. The
migration is found to be convergent and no planet-pair has a period ratio less than 2. We
also examine the orbital stability of the systems after the disk dispersal. Most simulated
HL Tau systems remain stable for at least 10 Gyr.

In the second part, we generalise our findings on HL Tau by expanding our targets to
more ALMA disks. Predicting mass of those embedded planets is of fundamental im-
portance in extracting the initial planetary configuration from the protoplanetary disks.
For HL Tau, the planetary masses are predicted by assuming all three major gaps have
opened in the gas disk. However, in a more general context, the planetary mass pre-
diction depends on the assumption whether the same gap structure exists in the dust
component alone or in the gas component as well, when observation data on the gas pro-
file are not available. We distinguish the two possibilities by assuming that a planet can
only open a gap in the gas component only when its mass exceeds the pebble isolation
mass according to the core accretion scenario. We then propose two criteria to distinguish
if a gap is opened in the dust disk alone or the gas gap as well. We apply the criteria to
35 disk systems with a total of 55 gaps compiled from previous studies, and classify each
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gap into four different groups. The classification of the observed gaps allows us to predict
the mass of embedded planets in a consistent manner with the pebble isolation mass. We
find that outer gaps are mostly dust alone, while inner gaps are more likely to be associ-
ated with a gas gap as well. The distribution of such embedded planets is very different
from the architecture of the observed planetary systems, suggesting that the significant
inward migration and accretion are required in their later stage evolution.

In the third part, we perform simulations starting from the initial configurations of 12
multi-planetary systems that we deduced from ALMA disks in the second part. We in-
vestigate the evolution of the planetary systems at the disk stage as well as the long
term orbital stability after the disk dispersal. At the disk stage, We found a variety of
planetary systems are produced and have some overlap with the known exoplanetary
population. We found the disk stage evolution as well as the final configurations are sen-
sitive to both the initial mass assignments and viscosity. We continue integrating the
systems after the disk stage with perturbative forces to test their orbital stability. Most
planetary systems are found to be stable for at least 10 Gyr with perturbative force in a
reasonable range. Our result implies that a strong perturbation source such as stellar
flybys is required to drive the planetary systems unstable. We discuss the implications
of our results on both the disk and planet observation, which may be confirmed by the
next generation telescopes such as JWST and ngVLA.

In this thesis, we systematically investigate the evolution outcome as well as the long
term orbital stability of the planetary systems deduced from the protoplanetary disks
observed with ALMA. We found the interaction between the disk and the planet can
strongly shape the configurations of the planetary systems at the disk stage, and most
planetary systems are stable for at least 10 Gyr after the disk dispersal. The results
of this study suggest that strong perturbative sources and/or very turbulent disks are
necessary to produce the unstable configurations assumed by the dynamical evolution
model. Our results also imply that the potential existence currently unresolved disk
substructures at the inner disk as well as exoplanets at the larger orbital distance outside
of the current detectability, which may be confirmed by the next generation telescopes.
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Chapter 1

Introduction

The history of the planet observation can be dated back to Babyloninan period (e.g.,
Sachs, 1974), when six out of the eight planets in our solar system have been identified
by the ancient astronomers for the first time. The invention of the telescope as well as
Newton’s formulation of the law of universal gravitation later directly contributed to the
discovery of the remaining two planets in the nineteenth century, Uranus and Neptune,
marking an important milestone in our endless pursuit of understanding the universe.

However, in contrast to the long history of observation and rich knowledge that we have
for our solar system, we are still at the very early but exciting stage in understanding the
planetary systems outside solar systems, i.e., the exoplanetary systems. In fact, the first
exoplanet was discovered in 1992 as a moon-size object orbiting around the pulsar PSR
1257+12 (Wolszczan & Frail, 1992), together with another super-earth object around
the same pulsar. A few years later in 1995, a planet hosted by a main sequence star
was detected via radial velocity method, namely the 51 Pegasi b. After launching the
Kepler space telescope in 2009, the number of observed exoplanets experienced a rapid
increase. As of October 2021, there are ∼ 5, 700 planets in total that have been recorded
in the exoplanet database (exoplanets.org), including both confirmed planets andKepler
candidates, and this number is readily increasing.

The bursting number of exoplanets brought us fresh insights into the uncharted new
worlds that are surprisingly different from our own. Recent analyses on the Kepler sys-
tems have revealed that the population of exoplanets exhibits a great diversity that is
very different from the solar system (e.g. Henry et al., 2000; Charbonneau et al., 2000;
Queloz et al., 2000; Borucki et al., 2010; Ricker et al., 2014; Winn & Fabrycky, 2015). In
fact, the aforementioned exoplanet 51 Pegasi b, is thought to be at least twice as massive
as Saturn but have an orbital period for only four days (Mayor & Queloz, 1995). The exis-
tence of such close-in Hot Jupiters (e.g., Mayor & Queloz, 1995), far-away gas giants (e.g.,
Chauvin et al., 2004), planets with large spin-orbit misalignment (e.g., Winn et al., 2005,
2009), multi-planetary systems consisting of earth-like planets (e.g., Gillon et al., 2017),
and widely separated super-Jupiters (e.g., Marois et al., 2008), all indicate that exoplan-
ets actually have a broad distribution on their semi-major axis, mass, orbital eccentricity
and inclinations.

The newly discovered diversity strongly challenged our understanding of the very gene-
sis of the exoplanetary systems, since such exotic architectures were not expected by the
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2 Chapter 1. Introduction

Figure 1.1: Mass and semi-major axis distribution of the exoplanetary population.
Source: exoplanets.org, accessed on Dec. 18, 2021.

conventional planetary formation model developed to explain the formation of the Solar
system (Hayashi et al., 1985). A significant amount of theoretical efforts have then been
devoted to search for the physical explanations to the observed exoplanetary population.
It has been proposed that the diverse architecture of the exoplanets may be explained, at
least in part, by the dynamical evolution, including but not limited to planetary migra-
tion, dynamical instability, tidal circularisation, and secular perturbation (e.g., Lissauer,
1993; Lin & Papaloizou, 1993; Rasio & Ford, 1996; Tanaka & Ida, 1999; Wu & Murray,
2003; Alibert et al., 2005; Nagasawa et al., 2008; Naoz et al., 2011). However, these
theoretical investigations mainly rely on artificial initial conditions that favour unstable
configurations. Even if such approaches successfully reproduce the desired properties
of specific observed planetary population, it is not clear to what extent it can be inter-
preted as a strong argument in favour of the proposed theoretical model unless the initial
condition itself is justified.

The dilemma motivates to search for realistic initial conditions in the protoplanetary
disks (PPDs), which are commonly recognised as birthplaces of exoplanets. These cir-
cumstellar disk objects not only offer dust and gas material that essentially make up
the planet, but also provide suitable environment for the planets to grow. In the stan-
dard core accretion scenario (e.g., Mizuno, 1980; Hayashi et al., 1985), dust grains in-
side the gas disk collide and coagulate, form rocky cores, and eventually grow to giant
gaseous planets via runaway gas accretion. Alternatively, a fraction of giant planets
may be formed in-situ directly by gravitational instability within a massive disk (e.g.,
Cameron, 1978).

Since exoplanets are born within and co-evolve with the protoplanetary disks, it is nat-
ural to expect that the observed diversity of the exoplanets and the PPDs are tightly
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(a) (b)

Figure 1.2: Disk substructures resolved on (a) the HL Tau disk and (b) six nearby proto-
planetary disks observed by ALMA. Images plotted using data provided by ALMA and
the DSHARP project (Andrews et al., 2018).

connected. The connection between the two is mainly studied and discussed in two con-
texts: the primordial configurations of the planetary systems embedded in PPDs, and
how the planets interact and evolve with the disk and after the disk dispersal. The
former involves identifying the planetary signatures as well as extracting orbital/mass
information of the planets from the disk observation; the latter requires one to quantita-
tively understand the physical interactions between planets and the hosting disk, with
respect to different planetary and disk parameters. The planetary population synthesis
model (e.g., Ida & Lin, 2004; Mordasini et al., 2009) has constructed sophisticated evolu-
tion model to connect the overall properties of the PPDs, such as mass, size, temperature
profile, etc., to the diverse exoplanetary population. However, their synthesised plane-
tary population strongly depends on the formation model of the planetesimals, which
remains to be verified observationally. In order to have a more robust inference of the
initial planetary configurations, we need to bypass this fundamental uncertainty by ob-
taining more direct evidence of the embedded planets inside the PPDs.

In 2015, the Atacama Large Millimeter Array (ALMA) made the breakthrough by spa-
tially resolving the HL Tau disk down to a few au scale (Brogan et al., 2015) and success-
fully identifying the ring/gap substructure on the dust continuum image (Figure 1.2a).
Such a structure is commonly believed to be the traits of the embedded planets, as the-
ories have long predicted that a planet embedded in a disk can open a surface density
gap in the disk once it is sufficiently massive (e.g., Lin & Papaloizou, 1979; Goldreich &
Tremaine, 1980; Crida et al., 2006). Since then, various substructures in PPDs have been
identified by the follow-up studies, including the gap/ring (e.g., Cieza et al., 2017; Huang
et al., 2018a; Kanagawa et al., 2021), spiral arms (e.g., Wölfer et al., 2021; Xie et al.,
2021), and inner cavities (e.g., Dong et al., 2018b; Kudo et al., 2018; Hashimoto et al.,
2021). The follow-up project with particular focus on the disk substructures, namely Disk
Substructures at High Angular Resolution Project (DSHARP), has already released con-
tinuum data for 20 nearby disks (Figure 1.2b). While alternative interpretations about
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Figure 1.3: Schematic flow of the planetary evolution from disks to the currently observed
architecture.

the substructures are possible, planets remain as one of the most conventional and pop-
ular interpretations.

Following the planetary interpretation, the orbital semi-major axis and the mass of the
hidden planets can be inferred from the location and width of the gap, respectively. More
specifically, the planetary masses can be predicted using the scaling relations between
the gap width and planetary mass suggested by the numerical simulations (Kanagawa
et al., 2015, 2016; Rosotti et al., 2016; Dong & Fung, 2017; Zhang et al., 2018). In turn,
the primordial architectures of planetary systems hosted by those disks can then be fairly
well constrained by the observed gap/ring substructures, and then serve as initial condi-
tions for its future evolution.

To investigate the evolution outcome of the planetary systems deduced from those disks,
both planet-disk interaction and accretion effects have to be carefully addressed. Since
the observed protoplanetary disks are generally young, it is reasonable to expect that
those embedded planets will evolve together with the disk throughout the disk lifetime. A
planet embedded in a PPD exchanges angular momentum with the disk by exciting den-
sity waves, and thus changes its orbit, or migrates(Goldreich & Tremaine, 1979, 1980).
In the course of migration, the planet also accretes the surrounding dust and gas from
the disk and grows in mass. As a result, the architecture of the planetary systems are
expected to be strongly shaped by both migration and accretion for the rest of the disk
lifetime. Thus the resulting configuration may differ significantly from what has been
currently observed(predicted) from the PPDs.

After the dispersal of the disk, the dynamical structure of the planetary systems contin-
ues evolving via gravity, and the long-term orbital stability of planetary systems depends
on the configurations in terms ofmasses, orbital separations andmean-motion resonance
states that are tightly connected with the evolution at the disk stage. Convergent mi-
gration at the disk stage force planets naturally enter a chain of resonance, therefore
stabilise the planetary systems against small perturbations. On the other hand, strong
migration and accretion may result in closely packed planetary system at the end of the
disk stage, causing the subsequent orbital evolution to be chaotic due to the overlapping
of the resonance zones. Together with the perturbative forces may eventually leads to
orbital instabilities such as planet-planet scattering. It then poses a need to examine
their long-term stability by performing numerical integration after the disk dispersal.
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With the aforementioned motivations, this thesis aims to

1. extract the realistic initial configurations of planetary systems from the protoplan-
etary disk observation,

2. investigate the evolution the planetary system with the PPD based based on the
initial conditions deduced from the disks, and

3. examine the long term orbital stability of the evolved planetary systems after the
disk dispersal.

The schematic flow of the numerical approach is shown by Figure 1.3.

We begin our investigation by applying our evolution model to the well-known HL Tau
system (Wang et al., 2020). However, it is unknown that to what extent the conclusion
that we draw from the HL Tau system is also applicable to other protoplanetary disks,
which implies the necessity to expand our sample size to a variety of the PPDs. We then
generalise our result of HL Tau by applying our evolution model to other ALMA disks.
We first develop the mass criteria for self-consistency and improve the mass predictions
of planets in 35 ALMA disks by differentiating the gaps into the respective groups (Wang
et al., 2021a). Based on the planetary mass predictions, we systematically investigate
the evolution outcome of 12 multi-planetary systems out of ALMA disks with additional
numerical implementations (Wang et al., 2021b). Our goal is to statistically understand
the architecture of the planetary systems out of the diskswith comparison to the observed
population, and the general orbital stability of these configurations.

The rest of the thesis is organised as follows. In Chapter 2, we briefly review the PPD
observation, followed by the theoretical modelling of the PPD structure and evolution.
We then briefly review how planets interact with PPDs, including the formation, mass
accretion and orbital migration. In Chapter 3, we show the evolution results of the HL
Tau system. In Chapter 4, we developed the mass criteria and improve the planetary
mass predictions by apply the criteria to 35 ALMA disks. In Chapter 5, we present
the disk evolution results of the 12 ALMA disk with multi-gap structure as well as the
long-term orbital stability under different strengths of perturbative forces. Finally we
summarises the conclusions and discuss the future prospects of our results in Chapter 6.



Chapter 2

Review on observation and
theoretical modelling of
protoplanetary disks with planets

In this chapter, we present a short review of the studies that are relevant to this the-
sis. We first give an overview of the exoplanet and PPD observation. Then we introduce
the theoretical modelling of the PPD, including the structure, radial profiles and viscous
evolution. Finally we have a short review on the most important interactions between
the planet and the disk, namely the planetary mass accretion and orbital migration pro-
cesses.

2.1 Overview of exoplanet and disk observation

2.1.1 Exoplanet observation

Since the discovery of the first exoplanet around the pulsar PSR 1257+12 in 1992 (Wol-
szczan & Frail, 1992), more than 5,000 exoplanets have been detected in the recent three
decades, thanks to the evolution of the exoplanet observing techniques. The exotic but in-
teresting properties unveiled by the increasing number of detected exoplanets also have
far reaching implications on the theoretical modelling of the planetary formation and
evolution. In this subsection, we first give a short introduction to the planet detection
techniques, followed by a brief review of the the statistical properties of the currently ob-
served planets. The following review basically follows Wright & Gaudi (2013) and Winn
& Fabrycky (2015).

Conceptually, detection of an exoplanet requires one to identify the observables that im-
plies the presence of the planet. The main techniques include the radial velocity (RV)
method, transits, imaging, timing, and gravitational microlensing. Except the imaging
method that directly identify the signal from the planet, all other techniques detect the
planet indirectly from the observables of the hosting star. The details of each method are
summarise below.

6
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• The RVmethod: a star wobbles around the centre of mass due to the orbital move-
ment of its planetary companion, and such an effect is reflected by the change radial
velocity of the star. The RV curve contains the information of the orbital period,
radius and eccentricity. Technically, measuring of RV is achieved by performing
high-precision Doppler measurement of the spectroscopic emission.

• Transit: for a star with a planetary companion, each time the planet is transiting
in front of the star, it blocks the radiation of the star and causes a temporary dip
of the stellar flux, which can be revealed by photometry. Based on the photometric
data obtained by the Kepler mission, the transit method contributes to the discovery
of most planets smaller than Neptune.

• Imaging: imaging directly detects the planet by identifying the electromagnetic
emission from the planet, including both reflection of the stellar radiation and the
thermal radiation of the planet. The latter also contains the information of the
planet’s constitution.

• Timing: The presence of a planet around the hosting star or stellar remnant (e.g.,
pulsars and eclipsing binaries) changes the periodic behaviour of its host, such
as the pulsation periods. The concept of the timing method is similar to the RV
method. The first exoplanet was detected using this method.

• Gravitational microlensing: when a foreground star is aligned with a back-
ground star in the line of sight, its gravity bends the light like a lens, and the
image of the background star is magnified. If the foreground star has a planet or-
biting around, the movement of the planet may create a perturbation (a spike) of
the magnification by breaking the symmetry of the microlensing event.

Each of the planet detection technique has its own bias, intrinsically due to its respective
sensitivity. Both the RV method favours inner planet and massive planet, because its
signal-to-noise ratio scales with Mpa

−1/2, where Mp is the planetary mass and a is the
semi-major axis. Similarly, the transit probability is inversely proportional to the semi-
major axis, and its signal-to-noise ratio also scales withR2

pa
−1/2, whereRp is the planetary

radius. While the direct imaging method is not only sensitive to the inner planet, it
favours hot and large planets, which means distant low-mass planets are still out of its
detectability. The microlensing method, however, has a complicated sensitivity as it is
less analytically characterisable.

Considering the fact that so far the majority of the exoplanets were discovered using RV
and transit (e.g. Kepler) methods, the overall distribution of the observed exoplanetary
population is inevitably biased towards the massive (large) and close-in planets. Having
said so, Figure 1.1 shows the current observed exoplanetary population still covers a
significantly wide range of the semi-major axis (10−2 au to 102 au) and planetary mass (
10−4 MJ to 30 MJ), over a few orders of magnitude. Overall the observed population can
be roughly divided into four groups. The Neptune-like planets and earth-like terrestrial
planets dominate the total population at the lower left corner, withmass below 0.1 MJ and
semi-major axis ranging from 0.01 au to 1 au. The giant planets larger than 0.1 MJ can be
divided into two groups: the hot Jupiters at the upper left corner with semi-major axis
< 0.1 au, and others that are relatively further away (∼ 1 au) from the star. Particularly,
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the division between the two separate populations of the giant planets still remains as
an intriguing question.

The occurrence rate, defined as the the mean number of planets per star, also differ
with respect to different groups of planets: around 10% of the Sun-like star host giant
planets with orbital period smaller than a few years, and this percentage increases to
50% for smaller planets between 1 M⊕ and 4 M⊕. Particularly, the occurrence rate for
brown dwarfs (> 10 MJ) within the period of a few years is very low as compared with
lower mass planets. Within the same group, the occurrence rate also depends on the
semi-major axis: for example, the occurrence rate for small planet drops quickly when
the period smaller than ten days.

The current exoplanet observation, particularly the Kepler mission, also reveals many
systems hosting multiple planets. The period ratios of the adjacent planet pairs exhibits
a wide distribution: the majority of the period ratios are in range 1.5 − 5.0 with a peak
at 2.0, while there is a long tail extending to 100. The number of pairs also decreases
sharply below the 1.5 period ratio. It was also observed that the giant planets are more
frequently found in mean-motion resonances, with period ratios not at the exact reso-
nance but slightly deviating from the exact integer number.

2.1.2 Protoplanetary disk observation

Observation on PPDs is strongly motivated by the fact that these circumstellar disks are
the birthplaces of planets. Measuring the properties of their structure, such as mass,
size, surface density and temperature, is of crucial importance to understand the forma-
tion, evolution and final configuration of planets that are born within. In this subsection,
we first present a brief overview the current PPD observation, and then focus on the ob-
servation on disk substructures, which are themost relevant to this thesis. The following
review ismainly based on Brogan et al. (2015), Andrews et al. (2018) and Andrews (2020).

The PPD observationmainly relies on three different observational tracers: the scattered
light, spectral line emission and dust continuum emission. The scattered light is the re-
flection of the star radiation produced by the micron-size dust particles. The resolution
of the scattered light observation can be as high as 30 to 50 mas (∼5 au at the standard dis-
tance 150 pc) for a 8 to 10 m telescope, however it is not available for the inner disk region
due to the poor contrast with the host star. The spectral line emission is available for
molecules with permanent dipole moment (e.g. CO line emission), line intensity of which
can be used to estimate the gas surface density of the disk, if the relative abundance of
the emitting gas is known.

The dust continuum emission is the the most important tracer in revealing the fine sub-
structures of the disk. It is the thermal emission of the dust with broad wavelengths
ranging from µm to cm. At sub-millimetre wavelength, it is optically thin and thus has
high brightness and resolution up to 10 to 20 mas, around 2 au at the standard distance.
The high resolving power of the dust continuum emission directly contributes to the dis-
covery of the ring/gap substructures on HL Tau.

Although many of PPDs have already been discovered, robust knowledge about the de-
mographic details of the currently observed disks is still limited, as large uncertainties



2.1. Overview of exoplanet and disk observation 9

and assumptions are involved in the process of determining the principal properties of
the disk. The dust mass of the disk is indirectly estimated from the luminosity of the mm
emission, and the gas mass of the disk is estimated from the spectral line emission, such
as HD and CO measurement. In case the spectral line observation is not available, the
gas mass is instead estimated from the dust mass by assuming a constant dust-to-gas
ratio. The current data comprising of 887 disks show that the solid mass of PPDs is from
0.1 M⊕ to a few hundreds ofM⊕.

The size of PPDs, or the effective size, is measured empirically by setting a lower fraction
limit for the luminosity of the tracer. At 90 % threshold, the radii of around 200 disks
range from 10 au to 500 au at mm wavelength, while the radius inferred from the CO line
emission is roughly 2.5 times as large as that in mm-size, implying that the gas disk is
more extended than the dust disk.

ALMA observation on disk substructures

The ALMA telescope consists of 66 high-precision radio antennas and has unprecedented
sensitivity and resolving power at sub-millimetre wavelength. ALMA began its opera-
tion in 2012, and its groundbreaking observation on HL Tau started from October 14
and lasted for one month. HL Tau is a young star in the Taurus star-forming region
at a mean distance of 140 pc, with a mass estimated from 0.55 M� to 1.2 M�. HL Tau is
located in a molecular ridge visible in 13CO emission, which causes the strong extinc-
tion and therefore poor detectability at the optical band. At millimeter wavelength there
is much less extinction effects, and its high brightness has attracted a huge amount of
observational interests in the past. The continuum was observed in Band 3 (2.9 mm or
101.9 GHz), Band 6 (1.3 mm or 233 GHz) and Band 7 (0.87 mm or 343.5 GHz).

The high resolution continuum image later released by ALMA clearly revealed the con-
centric ring structure on HL Tau in all three observed bands (Brogan et al., 2015). In
total there are seven "bright rings" (hereafter ring) and "dark rings" (hereafter gaps) that
appears in an alternate manner, and their semi-major axis ranges from 13.2 au to around
97 au. Among the seven gaps, there are three major gaps at 13.2 au, 32.3 au and 73.7 au,
where the dust has depleted for at least a factor of ten Pinte et al. (2015). The rest of the
gaps are relatively shallow and narrow as compared with the three major ones. Followed
up studies (e.g., Dipierro et al., 2015; Jin et al., 2016) also confirmed that the morphology
of the HL Tau gaps can be reproduced by three giant planets.

The success of ALMA in observing the disk substructure in the HL Tau disk suggests
the possibilities of existence of similar substructure on other nearby disks. As one of the
initial Large Programs in ALMA, the followed up DSHARP project was then conducted
to survey, resolve, and characterise the disk substructures on 20 nearby disks that are
the brightest and most massive ones (Andrews et al., 2018). The DSHARP observation
uses the optimal ALMA Band 6 (240 GHz) with an expected resolution down to 5 au (com-
parable to the gas scale height) and ∼ %10 contrast at 40 au scale, meaning it is capable
of resolving both the fine structure of the disk and faint substructure at the outer disk,
including small perturbation of the gas profile due to a low-mass planet and weak votices.
The actual observation took place in 2017 from May to November.
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The results of DSHARP observation are fruitful: various disk substructures have been
observed on most of the disks, including annular ring/gap substructure (Huang et al.,
2018a), spiral structure Huang et al. (2018b); Kurtovic et al. (2018), bright arc and a
misaligned inner disk (Pérez et al., 2018), and the interpretations of the substructures
are also summarised in a series of papers (e.g., Zhang et al., 2018). Particularly, 90% of
the disks exhibit ring and gap substructure similar to that in the HL Tau disk, with a
diverse distribution of locations andwidth. A few of annular substructures are associated
with spiral arms that are potentially generated by massive planets. In addition to the
DSHARP project, recent studies Long et al. (2018a) and van der Marel et al. (2019) also
found similar structures by analysing the archive data of ALMA. The abundance of the
disk substructure discovered indicates that these substructures may have a ubiquitous
origin, and planet is one of the most promising answers.

2.2 Theoretical model of protoplanetary disks

The PPDs are disk-structured objects around young stars with lifetime of a few million
years. The PPD is mainly composed of dust and gas, which structure can be well de-
scribed by themodel based on quasi-equilibrium state. The structure of the PPD strongly
shapes the migration and accretion of the planets that form inside the disk; in addition,
since the evolution of PPD tightly couples with its structure as well, both the structure
and evolution of the disk deserve equal attention while the overall influence on the evo-
lution path of the planet is considered. The review in this subsection generally follows
Armitage (2009) and Naruse et al. (2015).

2.2.1 Gas structure

While considering the structure of the disk, we adopt the approximation that the disk
evolves axisymmetrically and slowly enough that the quasi-equilibrium state can be ap-
plied at any instant. Starting from the assumptions, we will mainly consider the vertical
structure, radial structure and temperature profile of the disk. We use the cylindrical
coordinate system (R, z) centered at the star and align the z-direction with the total an-
gular momentum. We define T (R, z), Ω(R, z) and v = (vR, vφ, vz) to be the temperature,
angular velocity and velocity of the gas, and use the subscript ‘dust’ to distinguish the
respective quantities that associate with the dust from those that associate with the gas.
We also define ρ(R, z) and Σ(R) to be the density and surface density. Particularly, the
density and surface density of the gas are denoted as ρg and Σg to avoid any confusion.

Vertical gas structure

The vertical structure of the PPD can be derived by considering the hydrostatic equilib-
rium, that is, the balance between the gravitational force exerted by the star and the gas
pressure. In order to proceed, three further assumptions have to be introduced:

(i) the disk is vertically isothermal,
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(ii) the disk is not self-gravitational, i.e., the disk mass to the stellar mass ratio is much
smaller than unity, and

(iii) the disk is geometrically thin.

If we assume irradiation from the star is the only source to heat up the disk, the tem-
perature of the disk is only a function of the cylindrical distance to the star, and thus
the first assumption is reasonable. The second assumption ensures that the star is the
only source of the gravity which shapes the disk. Finally, the third assumption ensures
that the hydrostatic equilibrium is valid as generally pressure inside a disk is small due
to the large surface to volume ratio of the disk that favors effective cooling. Therefore,
geometrically-thick disks cannot balance the gravity by the gas pressure and only thin
disks are relevant to the later discussion.

If the hydrostatic equilibrium is assumed, we can write down the following equation
considering the balance between the gravity and the pressure:

1

ρg

dP

dz
=
−GM∗
R2 + z2

sin θ,

dP

dz
=
−GM∗
R2 + z2

z

(R2 + z2)1/2
ρg,

=
−GM∗z

(R2 + z2)3/2
ρg, (2.1)

where G is the gravitational constant, P is the gas pressure, and M∗ is the mass of the
star. From the isothermal equation of state, we have P = ρgc

2
s, where cs is the sound

speed. Substituting to equation (2.1), one obtains

c2
s

dρg
dz

=
−GM∗z

(R2 + z2)3/2
ρg. (2.2)

Integration of equation (2.2) gives∫
dρ′g
ρ′g

= −2
GM∗
c2
s

∫
z′dz′(

R2 + z′2
)3/2

ln ρg(z) =
GM∗
c2
s

1

(R2 + z2)1/2
(2.3)

at z = 0,
ρg(z = 0) ≡ ρg,0 = exp

(GM∗
Rc2

s

)
. (2.4)

Given z � R, we can expand the right hand side of equation (2.3) and take the leading
term

ln ρg(z) ≈ GM∗
Rc2

s

[
1− 1

2

( z
R

)2
]

ρg(z) = ρg,0 exp

(
− GM∗

2R3c2
s

z2

)
. (2.5)
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Given the Keplerian orbital velocity at the mid-plane ΩK ≡
√
GM∗/R3, we define h as the

scale height that takes the form
h ≡ cs

ΩK

. (2.6)

Equation 2.5 can then be re-expressed in the scale height as

ρg = ρg,0 exp
(
−z2/2h2

)
, (2.7)

and ρg,0 is the gas density at the mid-plane. We can further express the mid-planet
surface density as Σg =

∫ −∞
+∞ ρdz and obtain the following relation for ρg,0 and Σg:

ρg,0 =
1√
2π

Σg

h
. (2.8)

Equation (2.7) shows that the vertical density profile follows the Gaussian distribution.
At a range where z/h is around unity, even the full treatment which does not assume
condition z � R produces a density ρg that only deviates slightly from the Gaussian
profile. Although there exist other factors which can cause significant deviation from the
Gaussian profile, such as the non-isothermal temperature profile, magnetic pressure(e.g
Hirose & Turner (2011)), etc., the detailed discussion of these effects is beyond the scope
of this review.

Radial gas structure

Compared to the relatively trivial derivation of the vertical density profile, the radial
density profile of the disk involves detailed considerations of the transport of the angular
momentum and therefore will be discussed later in Section 2.2.3. Nevertheless, when the
surface density Σg and temperature T distribution are known, the orbital velocity of the
gas vφ,gas at the mid-planet can be derived from the Euler equation by considering force
balance in the radial direction

∂v

∂t
+ (v · ∇)v =

1

ρg
∇P −∇Φ, (2.9)

where φ is the gravitational potential. Since we are interested in the steady state of the
disk, ∂/∂t ≡ 0. Taking only the radial component of equation (2.9), we have

v2
φ

R
=
GM∗
R2

+
1

ρg

dP

dR
. (2.10)

Assuming Σg ∝ Rγ and T ∝ Rβ and using the relations:

c2
s ∝ T, (2.11)

ρg ∝
Σg

h
, (2.12)

we get
P ∝ Rγ− 3−β

2 ∝ Rn, (2.13)
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where we define n ≡ γ− 3−β
2
. Substitute the expression of P into equation 2.10 and define

the mid-planet Keplerian speed as vK ≡ ΩKR ≡
√
GM∗/R, the final result is

v2
φ

R
=
v2
K

R
+
c2
s

P

dP

dR
, (2.14)

Hence, we can obtain vφ as

vφ = vK

[
1 + n

c2
s

v2
K

]1/2

,

= vK

[
1 + n

(
h

R

)2
]1/2

. (2.15)

It can be concluded here that the difference between the gas speed vφ and Keplerian
speed vK is in the order of square of h/R. Although this deviation is only a tiny fraction
of the Keplerian speed(for example, when n = −3 and [h/R]R=1 au = 0.05, the fractional
difference (vK − vφ)/vK is 0.4 %), this difference is vitally important in considering the
growth of particles inside the disk: since large particles orbit at Keplerian speed, they
will experience a headwind while moving inside the sub-Keplerian disk, therefore losing
angular momentum due to the viscous drag and moving inwards in a spiral.

The above derivation is only applicable to calculate the Keplerian speed deviation at
the mid-plane. At places off the mid-plane, the angular velocity should also depend on
the vertical distance z. More detailed calculation (e.g., Takeuchi & Lin, 2002) shows
that near the mid-plane region below z ∼ 1.48h, particles rotate faster than the gas and
therefore experience a headwind; at elsewhere, particles rotate slower than the gas.

2.2.2 Temperature profile and vertical geometry

To investigate the temperature profile of the PPD, one may assume that the PPD is in
thermal equilibrium, and what remains is to find the temperature at which the energy
gain and loss balance out each other. There are mainly two sources that the PPD can
gain thermal energy from: the irradiation from its hosting star and the gravitational
energy released by the accretion matter. On the other hand, the PPD also loses energy
through re-emission process. In the following derivation we will start from a simplified
disk model, which is the razor-thin and passive disk. If the disk energy income can be
solely determined by the irradiation from the hosting star, the disk is called "passive"
and thus the temperature profile will be determined by its geometrical shape. A razor-
thin disk will then ensure that the mid-plane of the disk intercept all the radiation and
then re-emit in black body spectrum.

Consider a star in radius R∗ with a constant stellar surface brightness I∗. Let θ and φ
be the polar and azimuthal angles. If we write the unit vector n̂ of the light direction as
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Figure 2.1: Illustration of the flux from the star.

(sin θ cosφ, sin θ sinφ, cos θ), then the light flux F can be expressed as

F =

∫
I∗(n̂ · x̂)dΩ

=

∫
I∗ sin2 θ cosφdθdφ. (2.16)

Since only half of the star can contribute to the total flux, equation (2.16) is integrated
over 0 < θ < sin−1

(
R∗
R

)
and −π/2 < φ < π/2 and we obtain

F = I∗

∫ π/2

−π/2
cosφdφ

∫ sin−1(R∗/R)

0

sin2 θdθ

= 2I∗

[
1

2
− 1

4
sin 2θ

]sin−1(R∗/R)

0

= I∗

sin−1

(
R∗
R

)
− R∗

R

√
1−

(
R∗
R

)2
 . (2.17)

The brightness of the star at its surface can be related to the effective temperature of the
starby using the Stefan-Boltzmann law (Rybicki & Lightman, 1979)

I∗ =
F

π
=
σT 4
∗
π
. (2.18)

For one side of the disk, the flux F = σT 4. Substituting back to both sides of the equation
(2.17) gives (

T

T∗

)4

=
1

π

sin−1

(
R∗
R

)
− R∗

R

√
1−

(
R∗
R

)2
 . (2.19)

In the region far from the star, i.e., R∗ � R, equation (2.19) is reduced to a simple power
law temperature profile

T ∝ R−3/4. (2.20)
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Using the relation c2
s ∝ T and h ≡ cs/ΩK , the aspect ratio is

h

R
∝ R−

3
4
· 1
2

+ 3
2
−1 ∝ R1/8. (2.21)

Defining the flaring index f through (h/R) ∝ Rf , the temperature profile for a razor-
thin, passive disk gives f = 1/8. This shows that when R increases, the aspect ratio also
increases, resulting in a disk called ‘flared’.

The above result is over-simplified in many aspects. At large R, the flared part of the
disk contributes to additional absorption area and therefore gaining higher temperature
than the originally-assumed razor-thin disk. The full solution that takes account of the
flaring effect can be derived in a similar way, but a simplified consideration that takes
the limit R∗ � R and the star to be a point source is sufficient to understand the effect
qualitatively.

Figure 2.2: Illustration of a flared disk.

Following the arguments in Armitage (2009), we define a maximum absorption height
hp at radius R and then define ξ as the angle between the incoming radiation and the
tangent of the local disk surface:

ξ ≡ dhp
dR
− hp
R
. (2.22)

ξ is determined by the relation between hp and scale height h. Assuming black-body
emission, we can equate the local heating rate(left-side) and the cooling rate(right-side)
as

ξ

(
L∗

4πR2

)
= σT 4. (2.23)

Using L∗ = 4πR2
∗σT

4
∗ , we obtain (

T

T∗

)4

= ξ

(
R∗
R

)2

, (2.24)

T ∝ ξ1/4R−1/2. (2.25)

This shows that at large radii the temperature of a flared disk drops slower than that of
a razor-thin disk, as R increases(c.f. equation (2.21)).
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2.2.3 Viscous evolution

The PPD evolves as the gas keeps accreting onto the central star, whereas the disk wind
launched by the magnetic field and photoevaporation effect continues to cause the mass
loss. Themovement of the gas is governed by the gain and loss of the angularmomentum.
Therefore, the key idea to understand the evolution of the PPD is to understand how the
angular momentum is transferred and redistributed within the disk. Starting from the
basic conservation laws, we can write the hydrodynamical equations in the context of the
PPD and then obtain various characteristics of the disk evolution. The following review
mainly follows Pringle (1981).

Classical picture

The classical picture of the disk evolution concerns the evolution of a vicious, axisym-
metric and geometrically-thin disk. Construct the cylindrical coordinate system (R, z) as
before, the conservation of mass and angular momentum can be written as

R
∂Σg

∂t
+

∂

∂R
(RΣgvR) = 0 (2.26)

R
∂

∂t
(R2ΩΣg)+

∂

∂R
(R2Ω ·RΣgvR) =

1

2π

∂G

∂R
. (2.27)

Comparedwith equation (2.9), equation (2.27) is derived from theNavier-Stokes equation
which also takes account of the viscosity. G on the right side of the equation (2.27) is the
vicious torque that acting on the edge of the annulus:

G = 2πR · νΣgR
dΩ

dR
·R, (2.28)

where ν is the kinematic viscosity. From equation (2.26) we have

∂Σg

∂t
= − 1

R

∂

∂R
(RΣgvR). (2.29)

Substituting equations (2.29) and (2.28) to equation (2.27) and use prime to denote d
dR

,
then

−R2Ω
∂

∂R
(RΣgvR) +RΣg

∂

∂t
(R2Ω) +

∂

∂R
(R2Ω ·RΣgvR) =

∂G

∂R
, (2.30)

RΣg
∂

∂t
(R2Ω) +RΣgvR

∂

∂R
(R2Ω) =

∂

∂R
(vΣgR

3Ω′). (2.31)

Since d
dt
≡ ∂

∂t
+ vR

∂
∂R

,

RΣg
dR

dt
(R2Ω)′ =

∂

∂R
(vΣgR

3Ω′), (2.32)

RΣgvR =
1

(R2Ω)′
∂

∂R
(vΣgR

3Ω′). (2.33)
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Substituting equation (2.33) back to equation (2.29),

∂Σg

∂t
= − 1

R

∂

∂R

[
1

(R2Ω)′
∂

∂R
(vΣgR

3Ω′)

]
. (2.34)

Using Keplerian Ω ∝ R−3/2,

∂Σg

∂t
=

3

R

∂

∂R

[
R1/2 ∂

∂R
(vΣgR

1/2)

]
, (2.35)

and the radial velocity is given by

vR = − 3

ΣgR1/2

∂

∂R

(
νΣgR

1/2
)
. (2.36)

The above result describes the diffusion of the gas. Additional terms need to be consid-
ered if other sources of mass loss(e.g. thermal wind) or external torques are present. In
the case of the extra mass loss Σ̇gext, equation (2.35) simply becomes

∂Σg

∂t
=

3

R

∂

∂R

[
R1/2 ∂

∂R
(vΣgR

1/2)

]
+ Σ̇g,ext. (2.37)

With the presence of the radial flow vext driven by external torque, it becomes

∂Σg

∂t
=

3

R

∂

∂R

[
R1/2 ∂

∂R
(vΣgR

1/2)

]
− 1

R

∂

∂R
(RΣgvext). (2.38)

We can define a new set of variables

X ≡ 2R1/2, (2.39)

f ≡ 3

2
ΣgX, (2.40)

to write equation (2.35) in a more enlightening way:

2

3

∂

∂t

(
f

X

)
= 3

(
2

X

)2
2

X

∂

∂X

[
X

2

2

X

∂

∂X
(νf/3)

]
. (2.41)

Then trivial calculations give

∂f

∂t
=

12ν

X2

∂f 2

∂X2
, (2.42)

which is a diffusion equation with a diffusion coefficient 12ν/X2. If a disk has a charac-
teristic scale of ∆R, the diffusion time scale can be written as

τν ∼
(∆X)2

D
∼ (∆R)2

ν
. (2.43)
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2.2.4 Solutions of the surface density Σg

Consider the steady-state of equations (2.26) and (2.27) as well as equation (2.28), then
the time derivative will vanish and we obtain:

2πRΣgvR ·R2Ω = 2πR3νΣg
dΩ

dR
+ C (2.44)

where C is a constant of integration. The left-hand side of the equation can be re-
expressed by realising that the accretion rate Ṁ is equal to −2πRΣgvR:

− ṀR2Ω = 2πR3νΣg
dΩ

dR
+ C. (2.45)

To determine the value of the constant C, the boundary condition of Ω is needed. When
R = R∗, i.e., at the surface of the star, the angular frequency Ω of the disk should be
equal to that of the star Ω∗. In the region where R � R∗, Ω can be approximated by the
Keplerian angular frequency ΩK ∝ R−3/2. Due to the discrepancy between Ω∗ and ΩK , it
is expected that there must be a point at some R′ where the viscous stress vanishes or
dΩ/dR = 0. In general R′ is very close to R∗, and using this approximation, the value of
C is

C ≈ −ṀR2
∗Ω∗. (2.46)

Substituting the equation (2.46)to equation (2.45) at the region where Ω ∝ R−3/2, we have

−ṀR2Ω = 2πR3νΣg
dΩ

dR
− ṀR2

∗Ω∗, (2.47)

3πR2Ω(νΣg) = Ṁ
(
R2Ω−R2

∗Ω∗
)
, (2.48)

νΣg =
Ṁ

3π

(
1−

√
R∗
R

)
. (2.49)

If the region R� R∗ is considered, equation (2.49) becomes

Σg ≈
Ṁ

3πν
. (2.50)

This is the steady state solution of the surface density at large radii.

Shakura-Sunyeav α prescription

Wemay realise that the viscosity plays a central role in the angularmomentum transport
that takes place inside the disk, and thus it is important to understand the physics that
contributes to the viscosity. One might think that the molecular collision is one of the
sources. Denote such viscosity as νm, then νm is approximately given by λcs, where λ is
the mean free path and cs is the sound speed. Since λ = (nσm)−1, where n is the density
and σm is the cross-section, if typical values σm ≈ 2× 10−15 cm2 and n = 1012 cm−3 are
used for R = 10 au, the viscous time scale given by equation (2.43) is

τν ∼ O(1013)yr. (2.51)
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This time-scale is much longer than the lifetime of the protoplanetary disk, so the molec-
ular viscosity alone cannot explain the total viscosity required.

It is widely recognised that the turbulence caused by the instabilities makes the major
contribution to the viscosity, and to characterise it, we follow the prescription introduced
by the paper Shakura & Sunyaev (1973), and define the dimensionless α parameter

ν = αcsh. (2.52)

It is possible to assume that the value of α is a constant, and by taking the power-law
profile of the temperature T ∝ Rβ, the kinematic viscosity ν can be expressed as ν ∝ rγ,
where γ = β + 3/2.

2.3 Planetary accretion and orbital migration

In this section, we review the twomost important interactions between the planet and the
disk during the disk stage, namely the planetary mass accretion and the orbital migra-
tion. The planetary accretion process can be divided into two stages: when the planetary
mass is below the pebble isolation mass, the planet undergoes the pebble accretion; once
the planetary mass exceeds the pebble isolation mass, the pebble accretion terminates
and the run away gas accretion is triggered. We then present a review of the orbital
migration mechanism starting from the linear perturbation theory of the disk, the pa-
rameter dependence of the migration torque, followed by the two types of migration that
depends on whether the gas gap is open.

2.3.1 The accretion model

Pebble accretion

Pebbles are defined as aerodynamically small particles with Stokes number roughly be-
tween O(10−3) and order of unity (Ormel, 2017). The pebble accretion model bypasses
several drawbacks involved in the application of the traditional planetesimal accretion
model, such as the formation timescale of the planetesimals and strong negative feed-
back onto the accretion rate as the planet becomes massive. Here we follow Ormel (2017)
and briefly review the physics of the pebble accretion by considering how the pebbles en-
counter and settle onto the planet.

Figure 2.3 shows a shearing box at the vicinity of a planet. A pebble is initially far
away from the planet with the impact parameter b and approaching the planet at speed
v∞ = vhw + 3/2ΩKb. The first term is the headwind speed due to the difference of the gas
speed and Keplerian speed; the second term is the Keplerian shear.

As the pebble particle approaches the planet, it is gradually attracted by the planet due
to the gravity and coupled to the local gas due to aerodynamic friction. In order for the
pebble to settle onto the planet, two conditions are necessary to be satisfied at the same
time:
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b

v∞=vhw+
3
2ΩK b

RH

b

2b

Φ̂

R̂

v set

Figure 2.3: Illustration of how a pebble encounters with a planet within a shearing box
that is co-rotating with the planet.

1. The time for the pebble to couple with the local gas (stopping time) should be less
than the duration of the encounter;

2. The time for the pebble to settle onto the planet should be less than the duration of
the encounter.

The timescales mentioned above are determined by the properties of the dust and planet,
as well as the impact parameter b. The stopping time ts of the pebble particle is related
to the pebble size. The encounter happens when the pebble is most strongly influenced
by the gravity of the planet, therefore its duration tenc is estimated as 2b/v∞. The settling
time tset depends on both the strength of the planetary gravity and the stopping time of
the pebble particle. At the distance b, the pebble experiences the strongest gravitational
acceleration g = GMp/b

2, which results in the characteristic settling speed vset = gts and
the settling time tset = b/vset = b3(GMpts)

−1.

The above arguments show that a particle cannot be either too small or too large in
order to fit the requirement of the pebble accretion. A very small pebble particles that
well couples with the gas satisfy the first condition (small ts), but the settling time may
be too long. If the particle is too large aerodynamically, it cannot effectively couple with
the local gas so it also fails to settle onto the planet due to the large relative speed.

At large impact parameter b, the pebble accretion is in so-called the Hill limit. In this
regime, the settling time scale equals to ΩK , giving

bH ∼
(GMpts

ΩK

)1/3

= (tsΩK)1/3

(GMp

GM∗

)1/3

Rp (2.53)

∼ St1/3RH, (2.54)
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where St = tsΩK is the Stokes number, RH is the Hill radius. From condition 1, when
tenc ∼ ΩK

−1, the stokes number is required to be smaller than unity. Here bH should be
interpreted as the largest impact parameter where the pebble accretion can happen, so
effectively it is the accretion radius racc of the planet.

For a planet accreting pebbles from the influx of pebbles, there are two asymptotic limits
corresponding to the 2D and 3D accretion. In the 2D limit, racc is much larger than the
scale height of the pebbles, therefore the accretion process is approximated by intercept-
ing a two-dimensional pebble flux within the range 2bH (shear regime). In the 3D limit,
the vertical spreading of the pebbles is significant, and the accretion process is approx-
imated by intercepting a three-dimensional pebble flux with the cross section area πb2

H .
The respective accretion rates are

Ṁpeb,i =

{
2v∞bHΣpeb 2D

πb2
Hv∞ρpeb 3D

(2.55)

where Σpeb and ρpeb are surface density and density of pebbles, respectively. The term
b2
Hv∞ can be solved from tenc = tset and substituted to equation 2.55

Ṁpeb,i =

{
2R2

HSt
2/3 ΩKΣpeb 2D

6πR3
HStΩKρpeb 3D

(2.56)

which are the pebble accretion rates expressed in the dust, planetary and stellar prop-
erties in the respective 2D and 3D limits.

The pebble accretion cannot continue indefinitely: when the planet grows and reaches
the so-called the pebble isolation mass, it starts to open a shallow gas gap and generate
a pressure maxima at the outer edge of the gap, which traps the inflow of pebbles by
reversing the local pressure gradient. As a result, the planet no longer has access to
the pebbles, and the pebble accretion is self-terminated. As will be introduced in the
next subsection, the halt of the pebble accretion is the prerequisite to trigger the rapid
runaway gas accretion onto the planet, which eventually leads to the formation of the gas
giant. For those planets that never reach the pebble isolation mass, they cannot enter
the runaway gas accretion phase and therefore remain as low-mass planets.

Gas accretion

In the standard core accretionmodel, the rocky core of a planet can acquire a gas envelope
when its gravity is strong enough to bound the gas. During the pebble accretion stage,
the gas envelope is supported by the thermal pressure that is contributed by both the
stellar radoation and the energy realised by the pebbles Mizuno (1980). Along the way
of depositing to the planet surface, pebbles are decelerated by the gas envelope due to
the drag and thus strongly heat up the planet by converting their gravitational potential
energy to the internal energy of the gas. For an opaque gas envelope, pebble accretion is
the dominant heating source at the bottom of the gas envelope, while the stellar radiation
dominates the outer part.
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However, once the planet reaches the pebble isolation mass, no more pebble can accrete
onto the planet, and the gas envelope loses one of its heating source. Since the radiation
itself alone cannot sustain the mass of the gas envelope, the envelope contracts in order
to balance with the gravity, and the gas from nearby disk also flows into the envelope.
The contraction of the gas envelope can be approximated as a quasi-static process, and
the rapid runaway gas accretion begins when the mass of the envelope exceeds the mass
of the core. The gas accretion rate due to the contraction is derived by Ikoma et al. (2000)
as

Ṁgas,env = 10−5 M⊕yr−1

(
Mp

10 M⊕

)4(
κ

0.1 m2kg−1

)−1

, (2.57)

where κ is the opacity of the envelope.

The gas accretion rate due to contraction of the gas envelop sharply increases with the
planetary mass. The rapid growth of the planet quickly depletes the gas envelop, and
the gas supply from the disk is soon saturated and becomes the limiting factor of the
growth. However, the gas from the PPD can only be captured and accrete onto the planets
at certain sites. The hydrodynamical simulation performed by Tanigawa & Watanabe
(2002) revealed that the gas accrete onto the planet by dissipating its energy to the spiral
shock generated by the planet.The gas accretion can only take place at 2.5RH, and the
band is as narrow as 0.2RH, where RH is the Hill radius of the planet. The gas accretion
rate is then described by the product of the accretion area per unit time D and the gas
surface density of the disk Σg:

Ṁgas,hydro = DΣg (2.58)

where

D = 0.29

(
hp
Rp

)−2(
Mp

M∗

)4/3

R2
pΩp (2.59)

if the range 0.5RH < hp < 1.8RH is considered (Tanigawa & Ikoma, 2007). We adopt
this gas accretion rate in our disk evolution model (see section 3.2.3), and couple the gas
accretion with a adaptive surface density profile Σg that feedbacks the migration and
accretion.

2.3.2 Orbital migration

When a planet is embedded in a PPD, it keeps exchanging of the angular momentum
with the disk via gravitational torques and, as a result, migrates. The orbital migration
is particularly important in the early evolution phase of a planetary system as it can sig-
nificant change the configuration of a planetary system in a short time-scale. Modelling
the planetary migration requires the quantitative understanding the physical origins of
the torques arising from the non-axisymmetric density wave exited by the resonance.
In this subsection, we first review the theoretical modelling of the resonance using lin-
ear perturbation theory, then the orbital migration in the respective unperturbed and
gap-opening scenarios.
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Co-rotational and Lindblad resonance

We start from the treatment of Goldreich & Tremaine (1979), who approach this problem
by considering the linear perturbation of the gravitational potential followed by the re-
sponses of the disk in different resonantmodes. Using the samemathematical formalism
as Goldreich & Tremaine (1979), we adopt the cylindrical coordinate system (R, θ, z).

Let v0 = RΩêθ and σ0 be the unperturbed azimuthal velocity and surface density, while
v1 and σ1 are the first order perturbations of the respective quantity. We introduce an
external perturbation potential ψ1(R, θ, t) and denote the additional potential perturba-
tion due to σ1 as ψD1 . The linearised hydrodynamical perturbation equations then reduce
to

∂v1

∂t
+ (v0 · ∇)v1 + (v1 · ∇)v0 = −∇(ψ1 + ψD1 + η1), (2.60)

∂σ1

∂t
+∇ · (σ0v1) +∇ · (σ1v0) = 0, (2.61)

where

η1 = c2
s0

(
σ1

σ0

)
, (2.62)

∇2ψD1 = 4πGσ1δ(z). (2.63)

Here cs0 is the unperturbed sound speed, δ(z) is the Dirac delta function, and η is the
enthalpy related to the sound speed. Equations (2.60) and (2.61) are derived from the
angular momentum conservation and mass conservation, respectively. Then by writing
each perturbation variable in the form ofX = X(R) exp i(mθ−ωt) withm being an integer,
the momentum conservation can be re-written as

i(mΩ− ω)v1,R − 2Ωv1,θ = − d

dR
(ψ1 + ψD1 + η1), (2.64)

2Bv1,R + i(mΩ− ω)v1,θ = −im
R

(ψ1 + ψD1 + η1), (2.65)

where v1,R and v1,θ are R̂ and θ̂ components of v1. B is the Oort parameter defined as

B(R) = Ω(R) +
R

2

dΩ

dR
, (2.66)

Solving v1,R and v1,θ from the above equations, we obtain

v1,R = − i

D

[
(mΩ− ω)

d

dR
+

2mΩ

R

]
(ψ1 + ψD1 + η1), (2.67)

v1,θ =
1

D

[
2B

d

dR
+
m

R
(mΩ− ω)

]
(ψ1 + ψD1 + η1), (2.68)

D = κ2 − (mΩ− ω)2, (2.69)

where κ = 2
√
B(R)Ω(R) is the epicyclic frequency. We can then substitute the above

solution to themass conservation equation, and the resulting differential equation shows
that there are singularities at both mΩ− ω = 0 and D = 0. These correspond to
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1. Co-rotational resonance: Ω(R) = ω,
2. Lindblad resonance: m(Ω(R)− ω) = ±κ(R).

In the case that the planet is the perturbation source, ω = Ωp, where Ωp is the angular
velocity of the planet. This means that the co-rotational resonance happens at the same
R as the planet. For the Lindblad resonance, if the disk is Keplerian, Ω(R) = κ(R), and

Ωp = Ω(R)

(
1∓ 1

m

)
. (2.70)

If the planet is in a circular orbit with semi-major axis ap,

a−3/2
p = R

−3/2
L

(
1∓ 1

m

)
, (2.71)

RL =

(
1∓ 1

m

)2/3

ap, (2.72)

where RL is the position that Lindblad resonance takes place. This shows that Lindblad
resonance can take place at multiple places. Further details of the calculation can be
found in Goldreich & Tremaine (1979).

The migration torque

As a direct consequence of the resonance, density waves are excited at the sites of the
resonance and the shock of the wave propagate both inwards and outwards. Such an spi-
ral structure breaks the axial symmetry of the disk, and the planet therefore experience
a net torque Γtot can be computed as

Γtot = −
∫ ∞
−∞

RdR

∫ 2π

0

dφσ1(R×∇ψ1) · ẑ, (2.73)

where the notations follow the same meaning as those in the previous subsection. The
total torque Γtot that is experienced by the planet can be written as a summation of both
the co-rotational ΓC and Lindblad torques ΓL

Γtot = ΓC + ΓL

= ΓC + ΓL,in + ΓL,out, (2.74)

where the subscripts “in” and “out” denote the Lindblad torque exerted by the inner and
outer wake of the density wave, respectively. If the total torque is negative (the common
case), the planet loses angular momentum and migrates inward; otherwise, the planet
gains angular momentum and migrates outwards.

Computation of the torque requires special mathematical expertise to solve the wave
equations, and this is usually done by performing numerical integrations. Tanaka et al.
(2002) shows that given a planet in a circular orbit located at Rp and the disk surface
density profile d ln Σ/d lnR = −s, the Lindblad and corotational torques exerted onto the
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planet are approximated by:

ΓL = −(2.34 + 0.10s)Γ0, (2.75)
ΓC = (0.98 + 0.64s)Γ0, (2.76)

Γ0 =

(
Mp

M∗

)2(
hp
Rp

)−2

Σ(Rp)R
4
pΩ

2
K(Rp), (2.77)

where Γ0 is the characteristic torque, Mp/M∗ is the planet-star mass ratio, hp/Rp is the
aspect ratio at the planetary location and ΩK is the Keplerian angular velocity.

The co-rotational torque ΓC is always positive for a disk with surface density decreases
with R (s > 0), meaning the planet gains angular momentum due to the co-rotational
torque; for Lindblad torques, while ΓL,in is positive, ΓL,out is negative and larger in mag-
nitude, so overall the net ΓL < 0 and the planet loses angular momentum due to the
Lindblad torque. More recent numerical results from Paardekooper et al. (2010) con-
siders the effect of the non-linear horseshoe drag and how the torque scales with the
temperature profiles. In this thesis, we adopt the migration recipe based on the result
of Paardekooper et al. (2010) and the detailed expressions are in section 3.2.2.

Type I and Type II migration

(a) (b)

Figure 2.4: Hydrodynamical simulation results showing how a planet interacts with the
disk. (a) Spiral density wave is excited by a low mass planet in a disk. The density of
the disk is not strongly perturbed, and the planet is undergoing Type I migration. (b)
A deep gas gap (black colour) is opened by a giant planet hydrodynamical simulation.
The depletion of the gas inside the gap slows down the migration, and thus the planet is
undergoing Type II migration. Colour coded according to the surface density. Credits:
Dr. Kazuhiro Kanagawa.

The planetarymigration can be classified into Type I and Type IImigration depending on
the extent that the disk surface density is perturbed by the planet. The planet undergoes
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Type Imigrationwhen the planetarymass is low so that the disk structure is only slightly
perturbed (Figure 2.4 a). In this linear regime, the viscous torques dominates the local
angular momentum transport around the planet, and thus we can neglect the change of
the disk structure due to the planet’s gravitational torques. For Type I migration, all the
resonance modes are available, and the planet can migrate at a fast speed.

After the planet becomes massive, the viscous torques around the planet can no longer
compete with the strong gravitational torque exerted by the planet. As a result, the gas at
the vicinity of the planet is repelled by the shock and a gas gap is opened, and the planet
undergoes Type II migraiton (Figure 2.4 b). The low density inside the gap implies that
all the resonant modes that are close to the planet will be ineffective, and therefore the
total inward migration torque is weaker compared to that of the Type I migration. Type
II migration is much more slower and has a much longer migration timescale.

In the classical picture of Type II migration, the gap forbids any gas to cross, and the
planet migrates inward at the same viscous speed as the gas with vR = 3ν/2R. It was
later found by Kanagawa et al. (2018) that the gas can still cross the gap even the planet
is as massive as Jupiter. Moreover, the migration speed of the planet can be scaled by
the depth of the gas gap, defined as the ratio of the surface density inside gap to the un-
perturbed surface density. We adopt the migration model of Kanagawa et al. (2018) that
seamlessly connects the Type I & Type II migration, and the details are in section 3.2.2.
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Planetary systems predicted from
the HL Tau disk

3.1 Introduction

HL Tau is a young star hosting a PPD in the Taurus star forming region. It is a well-
studied system for interferometric observation even prior to ALMA because of its high
brightness at millimetre wavelength, as it hosts one of the most massive disks that have
been observed to date, with estimated total disk mass ranging from 0.03 M�to 0.14 M�
(Robitaille et al., 2007; Guilloteau et al., 2011). The HL Tau system attracted particular
attention because it is the first PPD whose substructure is well resolved by ALMA high
angular resolution observation (Brogan et al., 2015). ALMA successfully resolved the
dust concentric ring/gap substructure and identified seven bright rings and dark gaps.
Follow-up modelling on the continuum data performed by Pinte et al. (2015) shows the
deepest three major gaps are located at 13.2 au, 32.3 au and 73.7 au, in which the dust
density is depleted to at least a factor of 10. The other four gaps are relatively shallow.

There are multiple interpretations of the concentric ring/gap substructures, including
secular gravitational instability (Takahashi & Inutsuka, 2016), snowlines (Zhang & Jin,
2015), sintering (Okuzumi et al., 2016) and non-ideal MHD effect (e.g. Flock et al., 2015;
Hu et al., 2019). However, the planetary interpretation is widely believed to be a promis-
ing explanation. Results of hydrodynamic simulations have confirmed that the morphol-
ogy of the gap substructure can be well reproduced by a planetary systems consisting of
three planets. (e.g., Dipierro et al., 2015; Picogna & Kley, 2015; Jin et al., 2016). By con-
sidering the early debris disk dynamics, Boley (2017) also pointed out that three giant
planets can produce both major and minor gaps of HL Tau via dynamical interactions be-
tween planets and planetesimals. Using the mass-width scaling relation obtained from
hydrodynamical simulations, Kanagawa et al. (2016) predict the masses of the three
planets from the width of the respective gap along with the disk properties.

As the pioneering work concerning the evolution of the planetary system hosted by HL
Tau, Simbulan et al. (2017) performed a series of numerical simulations to predict the

This chapter is mainly based on the modified manuscript of the journal article Wang et al. (2020) that
has been published in the Astrophysical Journal. c© AAS. Reproduced with permission.
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fate of the observed HL Tau system. Instead of adopting unbiased, realistic initial con-
ditions that are consistent with the disk observation and hydrodynamical simulation,
Simbulan et al. (2017) assign four or five planets at the gap locations, and set each planet
with equal, large enough mass to make the system initially unstable. They found that
more than half of the planets were ejected from the system, collided with another planet,
and/or migrated within the Roche radius of the host star. Their conclusion is interesting
and may explain the origin of the observed diversity of exoplanets including eccentric
cold Jupiters, hot Jupiters, and free-floating planets, at least in a qualitative fashion.

There are a few points in Simbulan et al. (2017) that need to be carefully checked, es-
pecially the assumption that inward migration induced by the disk-planet interaction
is quite inefficient. Since the age of the HL Tau is only around 1 Myr, the migration
and mass accretion of the planets during the rest of the disk lifetime are expected to
strongly shape the configuration of the planetary system in the later stage orbital evo-
lution. Moreover, their initial mass assignment of the HL Tau planets is biased towards
the their purpose of producing orbital instabilities. It is important to know the intrinsic
stability of the HL Tau system when observation-motivated planetary masses predicted
from the morphology of the gap, i.e., the gap width and location, are adopted.

In this chapter, we start from the three-planet configuration of HL Tau that has been pro-
posed by previous hydrodynamical simulations (e.g., Kanagawa et al., 2016), and adopt
the initial conditions that are motivated by observation for both the planets and disk.
We then evolve the HL Tau system with planet-disk interactions as well as planetary
mass accretion effects until the end of the disk dispersal. After that, we continue inte-
grating the systems with only mutual gravities among star and planets to examine the
orbital stability of the systems. The rest of this chapter is arranged as follows: section
3.2 describes our methodology, including equations of motion, models of migration and
accretion, model of disk profile evolution, and initial conditions of the disk and the HL
Tau system we adopted. We present results of our simulations in section 3.3, and discuss
implications of our results in section 3.4 with particular attention to the orbital stability
of the multi-planets. Section 3.5 is the summary of this chapter.

3.2 Methods

In this section, we present our methods to evolve the HL Tau planetary system from the
disk stage to 10 Gyr after the disk dispersal. We also describe the equation of motion for
planets inside a disk as well as our accretion and migration model of planets coupled
with a surrounding disk.

3.2.1 Equation of motion of planets

For a planet within a disk, in addition to the gravitational forces exerted by the central
star and other planets, the planet will experience forces due to planet-disk interactions.
Consider the forces acting on the i-th planet, the equation of motion can be written as

r̈i = f grav,i + fa,i + f e,i, (3.1)
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where ri is the position vector of the i-th planet. The f notations on the right hand side of
the equation are respective forces per unit mass exerting on the i-th planet. We assume
the planets to be co-planar, and thus ri can be replaced by the position vectorRi(Ri, φi) in
cylindrical coordinate system. We use R to denote the cylindrical position vector unless
stated otherwise.

The first term, f grav, of the right-hand-side of equation (3.1) denotes gravitational force
exerted by the central star and other planets, and is given by (e.g. Murray & Dermott,
2000):

f grav,i = −G(M∗ +Mi)
Ri

R3
i

+

k 6=i∑
k

GMk

‖ Rk −Ri ‖3
(Rk −Ri)−

k 6=i∑
k

GMk

R3
k

Rk, (3.2)

where M∗ is the mass of the central star, Mi is the mass of the i-th planet, R = |R|, and
G is the gravitational constant.

The second term, fa,i, denotes the force driving the migration of planet. A planet with
index i embedded in the disk experiences an effective torque Γi, and migrates inwards.
To describe the motion, it is convenient to introduce an e-folding inward migration time-
scale τa,i:

τa,i(t) ≡ −
ai

dai/dt
, (3.3)

where ai is the semi-major axis of the i-th planet. In the case of a co-planar and near
circular orbit, |Ri| ≈ ai, and equation (3.3) reduces to

τa,i =
Li
2Γi

(3.4)

in terms of the angular momentum Li and the torque Γi acting on the planet from the
disk. Thus, the effective migration force, fa,i, is simply given by

fa,i = R̈i = − Ṙi

2τa,i
. (3.5)

The disk tends to circularise a planetary orbit. Similarly as equation (3.3), we define the
eccentricity damping time-scale, τe,i. Following Lee & Peale (2002); Kley et al. (2004), we
further assume the following expression:

τe,i = Cτa,i

(
hi
Ri

)2

, (3.6)

where C is a constant, and hi/Ri is the aspect ratio of the disk at the location of the i-th
planet. Then the eccentricity damping force is computed as

f e,i = − 2

3τe,i

(
Ṙi

1− e2
i

− ˆ̀
i × R̂i

√
G(M∗ +Mi)

ai(1− e2
i )

)
, (3.7)
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Figure 3.1: Schematic view of the mass flow from outside of the disk to the inside. Blue
circles and green arrows are the planets andmass flow. Due to the accretion of the planet,
mass flow is discontinuous at the position of each planet.

where ˆ̀
i is the unit vector of the specific angular momentum of the i-th planet. (See

Appendix A of Lee & Peale, 2002).

3.2.2 Migration model

In section 3.2.1 we have defined the migration time-scale τa,i to capture the physics of
the migration process. In practice, we adopt an empirical model τa,i by Kanagawa et al.
(2018). Since this is one of the most important processes that we implement in the cur-
rent simulation, we summarise the explicit formulae in this subsection.

Kanagawa et al. (2018) performed two-dimensional hydrodynamical simulations, and
investigated the planetary migration by varying disk parameters. They found that the
migration slows down as the gap becomes deeper. The depth of the gap, defined as the
ratio between the minimum bottom density of the gap Σmin,i and the surface density of
the unperturbed vicinity Σg(Ri), can be characterised by a dimensionless factor Ki as

Σmin,i

Σg(Ri)
=

1

1 + 0.04Ki

, (3.8)

where

Ki =

(
Mi

M∗

)2(
hi
Ri

)−5

α−1. (3.9)

A small value of Ki corresponds to the case of a small planet mass (Mi), in which the
planetary migration is in Type I regime. As the planet mass grows due to accretion from
disk, the gap depth and therefore Ki gradually increase, and the migration becomes
slower (Type II regime).

Adopting this gap parametrisation, Kanagawa et al. (2018) found the following empirical
expression of τa,i that incorporates the slower migration for the deeper gap:

τa,i =
1 + 0.04Ki

γL,i + γC,i exp(−Ki/Kt)
τ0,i(Ri). (3.10)

In equation (3.10), γC,i = ΓC,i/Γ0,i and γL,i = ΓL,i/Γ0,i, where ΓC,i, ΓL,i, and Γ0,i denote
the co-rotation, Lindblad, and characteristic torque for the i-th planet, respectively. The
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characteristic torque Γ0,i is defined as

Γ0,i(Ri) =

(
Mi

M∗

)2(
hi
Ri

)−2

Σg(Ri)R
4
iΩ

2
K,i. (3.11)

Here Kt is the co-rotational cut-off value of Ki, ΩK,i is the Keplerian angular velocity of
the i-th planet, and τ0,i is the characteristic time-scale defined as τ0,i = Li/(2Γ0,i). For a
deep gap (Ki � Kt), equation (3.10) reduces to

τa,i ≈
1 + 0.04Ki

γL,i
τ0,i(Ri), (3.12)

which reflects the fact that the migration becomes slower for a deeper gap.

We further adopt the following explicit expressions for the dimensionless torques, which
are derived by Paardekooper et al. (2010) assuming that the disk is locally isothermal:

γC,i = 1.1(1.5− s)bi + 2.2βb0.71
i − 1.4βb1.26

i , (3.13)
γL,i = −(2.5− 0.1s+ 1.7β)b0.71

i , (3.14)

where s = − ln Σg/ lnR and β = − lnT/ lnR are the power-law indices of the surface
density and temperature profiles. The dimensionless factor bi was originally introduced
by Paardekooper et al. (2010). The value of bi is fixed to be 2/3 in our simulation, following
Kanagawa et al. (2018).

3.2.3 Mass accretion model

Tanigawa & Tanaka (2016) studied the mass growth of a giant planet and obtained a
semi-empirical model of the gas accretion rate onto the planet, which is in reasonable
agreement with the results of hydrodynamic simulations. We adopt their model of plan-
etary accretion and hereby summarise key expressions relevant to our simulation.

The model of Tanigawa & Tanaka (2016) states that the accretion rate of the i-th planet,
Ṁi, can be expressed in terms of the accretion area per unit time Di and the disk surface
density of the accretion channel Σacc,i at its locationRi. Since the gas accretion only takes
place at the close vicinity of the planet (gas can accrete at around two Hill radii from the
planet), we can replace Σacc,i to Σmin,i given by Equation (3.8). Ṁi is then written as

Ṁi = DiΣmin,i, (3.15)

Di = 0.29

(
hi
Ri

)−2(
Mi

M∗

)4/3

R2
iΩK,i, (3.16)

We compute Ṁi iteratively for a given Ṁglob and other planetary configuration.

Instead of Equation (3.8), Tanigawa & Tanaka (2016) adopt a slightly different formula Σmin,i = 1/(1+
0.034Ki). This difference does not change our main results.
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3.2.4 Model of the disk profile hosting multiple planets

The planetary migration and accretion require a disk profile model. For a static and
axisymmetric disk surrounding a star, the surface density profile is given by

Σg(R) =
Ṁ∗

3πν(R)

(
1−

√
R∗
R

)
, (3.17)

where Ṁ∗ is the stellar accretion rate, and ν is the kinematic viscosity (Pringle, 1981).

Equation (3.17) assumes that the diskmass accretes on the central star only and neglects
the accretion on planets. Tanigawa & Tanaka (2016) incorporates the mass accretion
onto a single planet by approximating the planet as a sink for mass and angular momen-
tum within an inward disk mass flow. We generalise their model for a multi-planetary
system, as schematically illustrated in Figure 3.1.

To be more specific, we consider a quasi-steady disk with the i-th planet located at Ri

with its accretion rate Ṁi (i = 1, 2, · · · , N ). We define a global accretion rate as the sum
of all the accretion rates:

Ṁglob = Ṁ∗ +
N∑
i=1

Ṁi. (3.18)

Moreover we assume that the initial value of Ṁglob only depends on global parameters of
the disk, which are unaffected by the migration and accretion of the planets (see later
section 3.2.5).

For a static disk hostingN planets, each located atRiwith accretion rate Ṁi, i ∈ {1, 2, ..., N},
the conservation of mass can be written as

Ṁ(R) =


Ṁ∗ (R < R1),

Ṁ∗ +
n∑
i=1

Ṁi (Rn < R < Rn+1),

Ṁ∗ +
N∑
i=1

Ṁi (R > RN),

(3.19)

where n ∈ {1, 2, ...N − 1}. Similarly, conservation of the angular momentum gives

Ṁ(R)j(R) =


Ṁ∗j∗ (R < R1),

Ṁ∗j∗ +
n∑
i=1

Ṁiji (Rn < R < Rn+1),

Ṁ∗j∗ +
N∑
i=1

Ṁiji (R > RN),

(3.20)

where ji = j(Ri) = R2
iΩi is the specific angular momentum. When Rn < R < Rn+1, we

assume the zero-torque boundary conditions at R = Ri, and solve mass transfer equation
and obtain

3πνj(R)Σg(R) = Ṁ(R)j(R)− Ṁ∗j∗ −
n∑
i

Ṁiji. (3.21)
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Notation Meaning Value
Free Parameters∗
f Flaring index [0.15,0.20,0.25,0.30,0.35]
τdisk Disk lifetime [1,2, 3]Myr
α Viscosity parameter [2,3, 4, 5, 6]× 10−4

Fixed Parameters
M ini

disk Initial disk mass 0.105 M�
M∗ Stellar mass 1.0 M�
(h/R)1 au Aspect ratio at 1 au 0.03

*For free parameters, the underscored values are fiducial values

Table 3.1: Initial conditions of HL Tau disk

where Σg(R) is the gas surface density at distance R, ν is the kinematic viscosity that
can be expressed by theα parameter (Shakura & Sunyaev, 1973). Substituting equation
(3.19) to equation (3.21), the surface density profile Σg(R) between the n-th and (n+1)-th
planets (Rn ≤ R < Rn+1) is then modelled as

Σg(R) =
Ṁ∗
3πν

(
1− j∗

j(R)

)
+

n∑
i=1

Ṁi

3πν

(
1− ji

j(R)

)

=
Ṁ∗
3πν

(
1−

√
R∗
R

)
+

n∑
i=1

Ṁi

3πν

(
1−

√
Ri

R

)
. (3.22)

The above formula shows that the surface density profile couples with the migration and
accretion of the planet. Particularly, when R is large, the profile reduces to the form of
equation (3.17), i.e., Σg(R) ' Ṁglob/(3πν).

Since the location that we consider is far away from the star (R� R∗), the bracket of the
first term on the right-hand-side of equation (3.22) is unity in practice. If the position
and mass of each planet are specified, we can first express the accretion rate of each
planet in terms of Ṁglob by evaluating equation (3.22) at each Ri and then substituting
to equation (3.15). Once Ṁglob is given, we can then compute the explicit mass accretion
rate of each planet as well as surface density at an arbitrary distance R.

We take account of the gas removal from the disk, simply adopting an exponentially
decaying model:

Ṁglob(t) = Ṁ ini
globe

−t/τdisk , (3.23)

where Ṁ ini
glob is the initial value of the global mass acrretion rate, and τdisk is the e-folding

decay time of the disk mass.

Due to the large uncertainty of the disk lifetime, we treat τdisk as a free parameter in
the simulation and consider τdisk = 1, 2 and 3 Myr. Note that for simplicity, the surface
density profile given by equation (3.22) does not include the shape of the gap induced by
the planet. Equation (3.22) gives Σg(Ri) in equation (3.8).
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Notation Meaning Value
N Number of planets 3
a1, a2, a3 Semi-major axis 13.2, 32.3, 73.7au
e1, e2, e3 Eccentricity 10−7

i1, i2, i3 Inclination 0
M1 Mass of Planet 1 1.4(α/10−3)1/2MJ

M2 Mass of Planet 2 0.2(α/10−3)1/2MJ

M3 Mass of Planet 3 0.5(α/10−3)1/2MJ

Table 3.2: Initial conditions of planets

3.2.5 Numerical methods and initial condition

We evolve each system numerically including the planet-disk interaction andmass accre-
tion on the basis of the public N -body code REBOUND (Rein & Liu, 2012) and its extension
REBOUNDx. We choose an adaptive time-step integrator integrator ias15 (Rein & Spiegel,
2014). Within the framework of REBOUNDx, we implement additional forces and modify
the disk mass according to the surface density.

Our simulation starts from initial conditions following the observed structure of the HL
Tau disk (see section 3.1). Table 3.1 summarizes the disk initial conditions that we
adopted.

The disk mass has been estimated to be between 0.03 M� and 0.14 M� (Robitaille et al.,
2007; Guilloteau et al., 2011; Kwon et al., 2011), and the recent result from Kwon et al.
(2015) gives the mass of 0.105 M�. We take 0.105 M� as the disk mass and set the inner
edge and outer edge to be 10 au and 80 au. For simplicity, we assume the stellar mass of
HL Tau is 1 M�.

We use a simple power law model to characterise the vertical geometry of the HL Tau
disk. The aspect ratio is expressed as

h

R
=

(
h

R

)
1 au

(
R

1 au

)f
, (3.24)

where f is the flaring index. We consider five flaring indices from 0.15 to 0.35. The
reference aspect ratio at 1 au is fixed to be 0.03, which is roughly consistent with the
values used in previous studies (e.g. Dipierro et al., 2015; Kanagawa et al., 2015).

Since the inclination angle of the HL tau disk is around 47◦, ALMA images also resolve
the vertical structure of the disk in high resolution. Based on the fact that the gaps
and rings are sharp at all azimuthal angles, Pinte et al. (2015) concluded that the HL
Tau disk is geometrically-thin and that the majority of the dust is settled near the disk
mid-plane. Such a shape suggests a weak turbulence level inside the disk, and thus, a
low viscosity due to ineffective angular momentum transfer. Pinte et al. (2015) shows
that α = 3× 10−4 for the α-parameter of the viscosity (Shakura & Sunyaev, 1973) well
reproduces the observed image of the HL Tau disk. We follow Pinte et al. (2015) and take
the fiducial α value to be 3× 10−4. We assume that the disk viscosity α does not vary with
time and position. We also consider α = 2× 10−4, 4× 10−4, 5× 10−4, and 6× 10−4 so as to
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see the dependence on α.

We normalise the initial global accretion rate Ṁ ini
glob using the initial disk mass calculated

from the unperturbed surface density profile(equation 3.17)

M ini
disk =

∫ Rout

Rin

Σ · 2πrdr

=

∫ Rout

Rin

Ṁ ini
glob

3πν
· 2πrdr. (3.25)

Therefore,

Ṁ ini
glob =

3

2
ν1au

(
M ini

disk

1 au2

)[
3/2− 2f(

Rout

1 au

)3/2−2f −
(
Rin

1 au

)3/2−2f

]
, (3.26)

where ν1au = αh2
1auΩK,1 au. Note that in the present simulation, we adoptM ini

disk = 0.105M�,
which is the initial mass of the disk within the range from Rin = 10 au to Rout = 80 au. In
the fiducial case, Ṁ ini

glob = 3.82× 10−9 M�yr−1.

Table 3.2 summarises the planet-related initial conditions. Simbulan et al. (2017) in-
terpreted the HL Tau disk substructure as the existence of four or five planets. Since
hydrodynamic simulations (Dipierro et al., 2015; Jin et al., 2016) have shown that the
major substructures of the HL tau disk can be well reproduced by three planets, we con-
sider three planets initially located at 13.2 au, 32.3 au and 73.7 au, corresponding to the
first, second and fourth planets in Simbulan et al. (2017). For reference, the mid-plane
disk temperature at the location of each planet is 45 K, 29 K and 19 K from inner to outer,
if the temperature at 13.2 au gap is taken as 45 K (Table 2, Pinte et al. (2015)) and the
flaring index is the fiducial value 0.25.

We assume that the planets are co-planar and initially in near-circular orbits by setting
the initial eccentricity to be 10−7 for all the three planets. The adopted planetary masses
are given from the width of the gap to the planetary mass using an empirical formula
following Kanagawa et al. (2016). We choose the planetary masses to be 0.77 MJ, 0.11 MJ,
and 0.27 MJ for our fiducial model of α = 3× 10−4, and scale them by∝ α1/2 (See Equation
(5) of Kanagawa et al. (2015) and also Table 3.2).

3.3 Planetary systems evolved from HL Tau

3.3.1 Results before the dispersal of the disk

As shown in Table 3.1, we perform 5×3×5 = 75 simulation runs by varying disk parame-
ters. The simulation stops at t = 3τdisk when the gas component of the disk is sufficiently
removed from the system.

Figure 3.2 shows an example of planetary evolution with fiducial parameters: flaring
index f = 0.25, disk lifetime τdisk = 2 Myr and viscosity α = 3× 10−4. In 6 Myr, orbits of
planets 1, 2, 3 shrink from (13.2, 32.3, 73.7)au to (11.6, 22.5, 40.7)au, respectively, which re-
main widely separated. Their masses increase from (0.77, 0.11, 0.27)MJ to (1.6, 2.3, 4.6)MJ.
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Figure 3.2: The evolution of semi-major axis(top left), planetary mass(top right), eccen-
tricity(bottom left) and migration time-scale(bottom right) in the fiducial case (f = 0.25,
τdisk = 2 Myr, α = 3× 10−4). The numbers are the planet indices.

The relation between semi-major axis and mass agrees with the result of Tanaka et al.
(2020) who have investigated the evolution of a single planet within the disk.

Due to the large initial mass and the low surface density, the innermost planet (Planet 1)
barelymigrates throughout the disk stage. The outer two planets (Planet 2 and 3) quickly
grow and migrate inward for the first 0.5 Myr. As the mass of planets keep growing, the
migration of the two planets gradually slows down, and they eventually approach their
final positions as the disk surface density decays.

Over the entire migration, eccentricities of the three planets are very small since the
slow Type II migration does not lead to any close encounter between the planets. The
eccentricities of all three planets are below 0.01 for t < 2 Gyr. For Planet 2, there is a
slight excitation of eccentricity at around 3.6 Myr due to the approach of Planet 3. Even
after the excitation, eccentricities of Planet 2 and 3 fluctuate around 0.025 and 0.015 and
nearly stop growing.

The migration time-scales in Figure 3.2 indicate that the outer planet initially migrates
faster than the inner planet. In the first Myr, the migration time-scales of Planet 2 and
Planet 3 gradually increase, as their gaps become deeper due to the mass growth. The
accretion rates of the outer planets also drop, so more mass can flow inside and boost the
migration of Planet 1, which explains the decrease of the migration time-scale of Planet
1. The migration time-scales of all the three planets exceed 10 Myr at t = 2 Myr. They
eventually exceed 100 Myr at t = 6 Myr, and their migration ceases practically.
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Figure 3.3: Disk surface density profile at four different epochs. Each coloured dot in-
dicates the respective position of the planet, where the size of the dot is proportional to
the mass of the planet. As a reference, the blue dotted line is the disk profile without the
planets at t = 0.

Figure 3.3 plots the global surface density profile (cf. equation 3.22) at four different
epochs of the fiducial run, while Figure 3.4 is the evolution of the surface density evalu-
ated at the location of each planet. At t = 0, the strong mass accretion onto planets 2 and
3 creates steep bumps on the density profile, and the surface density around Planet 1 is
quenched to less than 1 % of the unperturbed value. As Planets 2 and 3 continue to grow,
their accretion rates drop as Ṁi ∝M

−2/3
i . Thus the mass flows through the outer planets

and accretes inward preferentially on planet 1 and the star. At t = 2 Myr, the planetary
system becomes more closely packed and accretion rates of all the planets drop. As a re-
sult, density bumps around the planets almost vanish, while the density at the vicinity of
each planet reaches the maximum at this epoch. At t = 6 Myr, the density bumps become
further negligible and the surface densities at three planets become nearly identical.

Figure 3.5 illustrates the configurations of the planetary systems at 3τdisk with different
disk parameters. For each plot, we vary only one free parameter while the other two are
fixed as their fiducial values. Overall the mass of the outer planet is larger than that
of inner one, because the outer planet grows faster than the inner one. The gas accre-
tion onto the outer planet decreases the gas surface density around the inner planets.
Because of the lower gas density, the migration and mass growth of the inner ones are
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Figure 3.4: Evolution of the disk surface density at the location of each planet

suppressed until the gas accretion onto the outer planet becomes small due to the forma-
tion of the deep gap. This is why the evolution of the inner planet is less sensitive to the
disk parameters compared to the outer planet. The final semi-major axis and planetary
mass change monotonically with the value of each parameter.

When the flaring index f increases from 0.15 to 0.35, the final semi-major axis decreases
and final mass increases. As the flaring index become larger, the aspect ratio of the disk
increases quickly with radii, resulting in a much shallower gap since the gap depth is
sensitive to the aspect ratio to the fifth power (see equations 3.8 and 3.9). While the ratio
of Lindblad torque decreases with the flaring index since T ∝ R−(1−2f) and Σ ∝ R−(0.5+2f)

(see equation 3.14), the effects caused by a shallower gap dominates both the migration
time-scale (see equation 3.12) and accretion rate. Consequently, the planets experience
stronger migration and accretion, and eventually move further inward and become more
massive. This effect is stronger at large radii, and hence the outermost planet is most
affected, as shown by Figure 3.5.

When τdisk increases from 1 Myr to 3 Myr, the final semi-major axis decreases and final
mass increases monotonically. Since τdisk is basically a disk lifetime, the above trend is
easily understood as planets in a long-lived disk simply have longer time for migration
and accretion.

Finally, a higher viscosity implies that planets experience stronger migration and accre-
tion, as evidenced by the decreasing semi-major axis and increasing final mass. Physi-
cally, it is because the angular momentum transfer becomes more efficient with a higher
viscosity. A more quantitative discussion can be made from equation (3.9), which is sim-
ilar to the explanation of flaring index dependence. Since the diffusion time-scale is
proportional to ν−1 ∝ α−1, a larger value of α leads to a faster gas diffusion, resulting in
a shallower gap carved by a planet with the same given mass, i.e., theK value is smaller.
Thus the migration time-scale is shorter and migration is faster. The mass accretion
dependence on K is understood similarly: the accretion density Σacc is higher for a shal-
lower gap, and therefore a planet grows factor with a higher accretion rate and becomes
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Figure 3.5: Planetary configurations at t = 3τdisk with different disk parameters. The
size of the marker is proportional to the mass of the planet.

more massive.

We find that 74 out of our 75 runs remain stable until the end of the disk gas removal
at 3τdisk, but the remaining run with f = 0.35, τdisk = 3 Myr, and α = 6× 10−4 turns
out to be unstable before the epoch. In this case, the innermost Planet 1 is ejected
due to gravitational scattering, and the remaining Planet 2 and 3 are in fairly eccentric
orbits(e2 = 0.55, e3 = 0.21). We therefore exclude this single unstable case in our follow-up
analysis. Nevertheless, this unstable case stresses the importance of the planet-planet
interaction even before the dispersal of the disk, which is absorbed in our N-body ap-
proach. When planets are close to each other, particularly inside the resonance overlap-
ping region, planet-planet interactions can couple with the planet-disk interactions and
play an important role in shaping the stability of the configuration.
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Figure 3.6: Histogram of period ratios of adjacent planet pairs at t = 3τdisk. The bin size
is 0.025.

3.3.2 Period ratios and mean motion resonance

The stability of systems emerging from the HL Tau disk may be understood as well in
the context of the mean-motion resonance (MMR) capture during a convergent migration
(Mustill & Wyatt, 2011; Goldreich & Schlichting, 2014; Deck & Batygin, 2015; Tamayo
et al., 2017). Obertas et al. (2017) found that the stability of a planetary system is en-
hanced if a pair of planets are in a near-resonant state. Tamayo et al. (2017) performed
simulations for the TRAPPIST-1 planetary system, and concluded that the disk migra-
tion can produce a resonant chain of planets, which significantly stabilises the system.

Motivated by these studies, we plot the histogram of period ratios between adjacent plan-
ets, P2/P1 and P3/P2, at the initial epoch (Figure 3.6). The period ratios fall within the
range from 2.1 to 3.0. The minimum period ratio is clearly above 2.0, indicating that no
planet pair has ever entered the strongest first-order resonance region. The cut-off im-
plies the existence of a strong co-migration between two planets; when the outer planet
approaches the inner planet from outside of 2:1 period ratio, the inner planet is forced to
migrate together, which prevents the planet pair from further approaching and entering
the first-order MMR region.

The period ratios of the two adjacent pairs also exhibit different statistical distributions.
The period ratios of the outer pair (P3/P2) are widely distributed between 2.1 and 2.9
range, while those of the inner pair (P2/P1) are in a narrow range between 2.5 and 2.8
with a peak at 2.6. These distributions indicate that the outer pairs are more closely-
packed than the inner pairs on average. One possible explanation is that the period
ratio is determined by the migration speed difference of the pair. In the case of the outer
pair, the faster migration speed of Planet 3 allows Planet 3 to reach the region closer to
the 2:1 resonance before the co-migration starts. In the case of the inner pair, however,
the migration speed of Planet 2 slows down and their orbital separation is wider before
Planet 2 approaches Planet 1.

In order to see the depth of the resonance, we plot in Figure 3.7 the 2:1 resonant argument
of the inner planet in the fiducial run; upper and lower panels correspond to the inner
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Figure 3.7: 2:1 resonant argument evolution of the inner planet in planet-pair 1,2 and
planet-pair 2,3 of the fiducial case after disk dispersal.

and outer planet-pairs, respectively. The 2:1 resonant argument of the inner planet is
defined as

θin = λin − 2λout +$in, (3.27)
where λ is the mean longitude and $ is the longitude of periastron with subscripts “in"
and “out" denoting the inner and outer planet, respectively.

The resonant argument of Planet 1 in the inner planet-pair shows significant fluctuation
around θ = 0◦ with an amplitude of nearly 180◦. The resonant argument of Planet 2 in
the outer planet-pair shows a much ‘well-behaved’ oscillation at an amplitude of 90◦, with
sporadic spikes almost touching ±180◦. It is expected that the outer pair of planets are
in a deeper resonance state because they are closer to each other than the inner pair,
shown by the period ratio histograms. Both of the resonant arguments indicate that the
planets are neither in deep resonance nor totally out-of-resonance, since both arguments
are not librating between ±180◦ throughout the time. It is not clear that how much such
a weak resonance state can contribute to the long-term stability. However, as already
pointed out by dynamical stability studies concerning the system HR 8799 (see section
3.4.2), being in deep resonance state is not a necessary condition for long-term stability.

3.3.3 Results at 10 Gyr after disk dispersal

We continue evolving the 74 systems from the final planetary configurations at 3τdisk of
the previous disk stage using purely N -body simulation after the disk dispersal. When
one of the planets is ejected from the system or collide with star/other planet, we stop
the simulation and mark the run unstable. Otherwise the system is integrated up to
10 Gyr. The simulation runs are effectively 2D simulation since no inclination has been
introduced throughout our simulations.

Figure 3.8 shows the orbital evolution of the planets in our fiducial case after the disk
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after disk dispersal in our fiducial case (the parameters are the same as these in the case
shown in Figure 3.2).

dispersal. Clearly there is no significant change in the semi-major axis and eccentricity
of the planet during 10 Gyr. We also confirmed that the majority of the systems (69 out
of 74) remain stable until 10 Gyr as in the case shown in Figure 3.8.

A low fraction of unstable systems may imply that most of the planetary configuration
achieved through physical disk-planet evolution is indeed stable. This is in contrast to the
fact that a significant fraction of numerical simulations exhibit unstable outcomes, most
likely due to their relatively artificial initial conditions. Our result indicates that the
production of misaligned planets and Hot Jupiters via the instability channel is rather
inefficient, at least for the HL Tau disk.

The remaining 5 systems become unstable within 0.004 Gyr to 5.7 Gyr. We find that the
instability time is extremely sensitive to the numerical treatment because of the chaotic
nature of such systems, and even a tiny numerical truncation error could result in a 50 %
change of the instability time. The precise value of the instability time can be trusted
roughly within an order of magnitude. More detailed discussions on the instability is
given in section 3.4.1 below.

3.4 Discussion

3.4.1 Consistency with the previous stability criteria

The stability criterion of a multi-planetary system has been extensively investigated.
In particular, a number of previous work (e.g. Gladman, 1993; Chambers et al., 1996;
Marzari & Weidenschilling, 2002; Quillen, 2011; Tamayo et al., 2016; Wu et al., 2019)
pointed out on the basis of the Hill stability argument that a mutual orbital separa-
tion of planets plays an important role in their long-term stability. However, when the
planetary mass is large, the mean resonance becomes important and those empirical
relations based on mutual Hill radius are not directly applicable. We found that the in-
stability time predictions given by Chambers et al. (1996) andMarzari &Weidenschilling
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(2002) significantly underestimate the lifetime of our simulated systems. For instance,
the criterion given by Marzari & Weidenschilling (2002) predicts half of the systems to
be unstable, though most of the systems are stable in our simulations. This discrepancy
is originated from the planetary mass dependence of the stability criterion.
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Morrison & Kratter (2016) performed a series of simulations with three and five equal-
mass planets and found that the mean resonance overlap is a better measure of the
orbital stability in the high mass regime larger than Jupiter. On the basis of their argu-
ment, we consider the following empirical log-linear relation between an orbital instabil-
ity time Tins and a dimensionless orbital spacing ζ:

log(Tins/Pinner) = cζ + d, (3.28)
ζmin = min

i=0,1,2
ζi, (3.29)

ζi ≡
ai+1 − ai
δaro,i

∣∣∣
init
, (3.30)

δaro,i ≡ 1.5

(
Mp

M∗

)2/7

ai, (3.31)

where Pinner is the orbital period of the inner-most planet, Mp is the planetary mass,
δaro,i is the separation where two first-order mean resonances overlap, and c and d are
numerical constants. Note that the initial conditions of the simulations of Morrison &
Kratter (2016) are such that ζi are independent of i for a given system, and thus ζmin = ζi.
Then we fit equation (3.28) to their result (left panel of their Figure 3 with three equal-
mass planets), and found that c ≈ 15.3 and d ≈ −16.1 for planets more massive than
10−3 M� reproduce their data roughly within one order-of-magnitude.

Since our systems consist of three unequal-mass planets, and ζi depend on i, we cannot
directly adopt equation (3.28) for the stability condition. Deck et al. (2013) found the
same relation hold if the mass ratio in the original δaro,i is replaced by the sum of the
mass ratios of two planets, i.e., δa′ro,i. We compared both scaling factors and found δa′ro,i
is more consistent with our results with unequal planetary mass. Thus we extrapolate
equation (3.28) and rewrite it in terms of δa′ro,i as follows:

log

(
Tins

yr

)
= cζ ′min + d+

3

2
log
(ainner

1 au

)
−1

2
log

(
M∗
M�

)
. (3.32)

In the above expression, ainner is the semi-major axis of the innermost planet evaluated at
the initial epoch for the N -body simulation (i.e., at the end of the disk-planet interaction
run), and

ζ ′min = min
i=0,1,2

ζ ′i, (3.33)

ζ ′i ≡
ai+1 − ai
δa′ro,i

∣∣∣
init
, (3.34)

δa′ro,i ≡ 1.5

(
Mi +Mi+1

M∗

)2/7

ai. (3.35)

Figure 3.9 plots ζmin against the ainner for 74 runs. Circles indicate 69 systems that are
stable until t = 10 Gyr, while the remaining 5 systems (crosses) become unstable within
the integration time. As a reference, equation (3.32) predicts that 62 systems are stable,
and our simulation confirmed that 59 out of the 62 systems (95.2%) are indeed stable. On
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the other hand, among the 12 systems that are predicted to be unstable within 10 Gyr,
only 2 systems become unstable, indicating that equation (3.32) systematically under-
estimates the instability time to some extent. Although the actual instability time can
deviate up to two or three orders of magnitude from the predicted line, equation (3.32)
outperforms other criteria and is roughly consistent with our result that most of systems
are stable within 10 Gyr.

3.4.2 Implications for widely-separated massive planetary sys-
tems like HR 8799 and PDS 70

Our simulation shows that a stable, widely-separated super-Jupiter system is the dom-
inant outcome of the three-planet configuration that we extracted from the current HL
Tau observation, within the parameter space that we explored. Such a configuration is
beyond the detection range of the previous prolific planet-hunting telescopes like Kepler,
and therefore our result is largely different from the majority of multi-planetary systems
known to-date, which are generally closely-packed with earth-size planets. There are a
couple of such systems, HR 8799 and PDS 70, which have been detected so far via direct
imaging or high-resolution spectroscopy.

Both HR 8799 and PDS 70 host planets several times massive than Jupiter separated
by a large distance. The HR 8799 system is known as the first multi-planetary system
discovered via direct imaging (Marois et al., 2008, 2010). It consists of four giant planets
located at 16.4 au, 27 au, 42.9 au and 68 au, with estimated mass ranging from 7 MJ to 10 MJ

(Marois et al., 2010; Soummer et al., 2011). The best-fit model shows that the orbits are
near co-planar with a low eccentricity ∼ 0.1. PDS 70 hosts two planets with semi-major
axes 20.6 au and 34.5 au and planetary masses estimated to be 7 MJ to 8 MJ (Keppler et al.,
2018; Haffert et al., 2019). Results of our simulations show the mass of the outer planet
is likely to be larger than that of the inner planet. Moreover, the period ratios of the
planet pair can be close to but outside the 2:1 mean-motion resonance. The systems of
HR 8799 and PDS 70 satisfy the above features, which may indicate that these planets
may be formed in protoplanetary disks similar to HL Tau.

In terms of the planet formation picture, PDS 70 agrees with what we assume for HL
Tau. Its two planets are observed inside a gap of the transiting disk, and the Hα emission
indicates that gas accretion onto the planets is still ongoing (Keppler et al., 2018). The
formation channel of HR 8799, however, remains to be understood. Previous studies (e.g.
Boss, 2011; Vorobyov, 2013) suggest that planets in HR 8799 are likely to be produced
via in-situ gravitational fragmentation, due to the difficulty to apply the standard core
accretion model at such a large distance. Our simulation shows it is physically possible
to form such wide-separated systems similar to HR 8799 via migration and accretion, if
our planetary interpretation on the current substructure of the HL Tau disk is adopted.
However, such a initial condition bypasses the fundamental difficulty of forming plan-
ets at large distances from the star, and may only be an intermediate state in a larger
evolution picture.

The dynamical stability of HR 8799 remains as yet another unsolved question. Fab-
rycky & Murray-Clay (2010) pointed out that HR 8799 may have an instability time
much shorter than the stellar age, and some sort of resonance is required to stabilise
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the system. Goździewski & Migaszewski (2018) proposed that the stable configuration
of HR 8799 may be attributed to the resonance capture resulting from the convergent
migration. In a different context, our simulation result confirmed that the convergent
migration is a natural solution to the long-term stable configuration, even though our
systems are in marginal resonance. In fact, our results are similar to the results shown
by Figure 10 in Götberg et al. (2016), who found the presence of systems only ‘sporadi-
cally’ in resonance without being locked (See Figure 3.7).

Due to the limited number of such observed systems, we are unable to conclude anything
definite at this point. Since we have seen some interesting connections with the two
observed examples, however, we may speculate that those widely-separated planetary
systems originate from the HL Tau like disks may commonly exist. This speculation can
be tested further by future possible detection of systems similar to HR 8799 and PDS 70
using the current and next-generation telescopes, such as WFIRST and JWST.

3.5 Summary

We consider three planets initially in co-planar, circular orbits with semi-major axis cor-
responding to the three deepest gas gaps in the HL Tau disk, and perform two-stage
numerical simulations. In the disk stage, we include both realistic migration and ac-
cretion processes coupling with an adaptive disk profile, and evolve the system until the
disk is sufficiently dispersed. After the disk dispersal, we continue to evolve the system
using purely gravitational N-body simulations, and examine the orbital stability up to
10 Gyr. Our main conclusions are summarized below:

• We are able to produce a variety of widely separated multi-planetary systems by
varying the disk parameters from the HL Tau. When we increase the values of the
flaring index, disk lifetime and the α viscosity, both the migration and accretion be-
come stronger. Both the final semi-major axis and mass of the inner planet are less
sensitive to the disk parameters, while those of the outer planet are more sensitive.
Although the period ratios of most planet pairs are larger than 2, these pairs are in
marginal 2:1 resonance. Planets of the outer pair (Planet 2 & 3) are closer to each
other than those of the inner pair (Planet 1 & 2).

• We found that majority of systems are stable. We run 75 models with different disk
flaring index, viscosity, and gas dispersal time-scale, and 69 out of the 75 models
remain stable for 10 Gyr. In our fiducial model, for instance, three planets migrate
from 13.2, 32.3, 73.7au to 11.6, 22.5, 40.7au within 6 Myr, while their masses also grow
from 0.77, 0.11, 0.27MJ to 1.6, 2.3, 4.6MJ. The eccentricities of all planets are below
0.03 due to the absence of close-encounter, and the migration is convergent.

• The stability of those systems is roughly consistent with the previous empirical
criterion by Morrison & Kratter (2016). It is also explained by the lack of adjacent
planet pairs crossing the 2:1 resonance zone.

• The resulting architecture of widely-separated massive planetary systems is sim-
ilar to the observed systems including HR 8799 and PDS 70, indicating an inter-
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esting link between the HL Tau like disks and the origin of such wide-orbit giant-
planet systems.

Our results imply that the HL Tau disk predicts a fairly stable architecture with longer-
period planets. While such systems remain to be detected in future with longer-time
monitering, there are a couple of systems resembling our prediction. To understand the
statistical significance of our result from HL Tau, we need to expand our disk sample to
more ALMA disks.



Chapter 4

Planetary systems predicted from
multiple ALMA disks I: initial
planetary mass predictions

4.1 Introduction

In Chapter 3, we investigated the evolution of the HL Tau system and found a variety of
the widely-separated super-Jupiter systems can be produced at the end of the disk, and
most of the systems can stay stable for at least 10 Gyr. Nevertheless, such a conclusion
may not necessarily hold for planetary systems hosted by other protoplanetary disks.

As we have reviewed in section 2.1.2, the observed PPDs exhibit a broad distribution in
mass, size, temperature profile, and their gap substructures also differ in terms of loca-
tion andwidth. Since the initial planetary configurations are sensitive to themorphology
of the gap substructure and the later-stage evolution is tightly coupled to the disk pa-
rameters, the architecture of the planetary systems out of other ALMA PPDs may differ
significantly from that of the HL Tau. It therefore motivates us to generalize our findings
by exploring a variety of the ALMA PPDs with similar gap substructure like HL Tau.

We start our investigation on other disks from the planetary mass prediction. In the
case of HL Tau, we adopt the interpretations of Kanagawa et al. (2016) that all planets
have opened gas gaps. The opening of the gas gaps on the HL Tau disk has been largely
confirmed by the HCO+ (1-0) gas emission data (Yen et al., 2016). However, most of the
observed gap/ring shapes can only be derived from the dust continuum image alone, so it
is not clear if the gap is opened in the gas disk as well. Although a high angular resolution
observation of gas line emission can resolve this degeneracy, it is technically difficult and
feasible only for very nearby disks even with ALMA except for some particular nearby
disks such as TW Hya and PDS 70 (Nomura et al., 2021; Long et al., 2018b).

Since the gap opening mechanisms on gas and dust are physically different, the mass-
width scaling relations in the respective regimes are likely to have different dependence

This chapter is mainly based on the modified manuscript of the journal article Wang et al. (2021a) that
has been published in the Astrophysical Journal. c© AAS. Reproduced with permission.
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on the planet and disk properties. Indeed, the scaling relations derived for massive plan-
ets that open both dust and gas gaps (Kanagawa et al., 2016; Dong & Fung, 2017; Zhang
et al., 2018) are found to have more explicit dependence on gas disk parameters than
those derived for relatively low mass planets opening gaps only in the dust disk (Dip-
ierro et al., 2015; Rosotti et al., 2016; Dipierro & Laibe, 2017). The difference between
those two models results in fairly different mass predictions and eventually leads to dis-
tinct fates for those disk systems, therefore posing a need to distinguish between the two
gap opening scenarios.

The above difficulty motivates us to use mass criteria to differentiate the two scenarios
and improve the planetary mass predictions. Theoretically, a planetary core formed by
the collision or the fragmentation is supposed to grow via pebble accretion until its mass
reaches the pebble-isolation mass Miso(∼ 10 M⊕). (e.g., Morbidelli & Nesvorny, 2012;
Lambrechts et al., 2014; Bitsch et al., 2018). When the core mass is smaller thanMiso, it
forms no gap or very shallow gap in the gas disk. After the core mass exceeds Miso, the
planetary core acquires a gas envelope due to the onset of runaway gas accretion (e.g.,
Mizuno, 1980; Bodenheimer & Pollack, 1986; Ikoma et al., 2000). The resulting giant
gaseous planet carves a deep gap in both gas and dust disks. According to the above
theoretical understanding, the pebble isolation mass can be used as a boundary to break
the degeneracy of two possible situations: the case that only the dust gap is opened, and
the case that both the gas and dust gaps are opened.

In this chapter, we consider the two different predictions for the planetary mass from
the dust gap properties, and discuss how we can distinguish between the two models,
the dust only gap and both the gas and dust gaps. The rest of this chapter is organized
as follows. Section 4.2 describes disk systems that we consider in the present study, and
summarizes the observed properties of observed gaps revealed by the dust continuum.
In section 4.3, we review the current understanding of the planet formation in the core-
accretion scenario, the methods to deduce the planet mass from the shape of the gap,
and the criteria to classify the gaps according to the two models. Section 4.4 presents
the result of gap classification and the corresponding planetary mass predicted from
the classification. Section 4.5 discusses the implications of our results on the planet
formation. Finally, section 4.6 is devoted to the summary and conclusion of this chapter.

4.2 Properties of disks and gaps of our sample

Recent observations have discovered a number of substructures in PPDs. In particular,
the continuum data of 20 nearby PPDs by The Disk Substructures at High Angular Res-
olution Project (DSHARP) (Andrews et al., 2018) have revealed clear gap structures in
most of the disks (Huang et al., 2018a). Long et al. (2018a) surveyed 32 PPDs observed
by ALMA in the Taurus star-forming region and identified gap and ring structures in 12
disks. Using ALMA archive data, van der Marel et al. (2019) also identified gaps for 16
diverse disk systems. Our sample is assembled from previously published data. Since
we are interested in gaps that are possibly induced by planets, we select those gaps that
are likely to be of planetary origin following Zhang et al. (2018) and Lodato et al. (2019).
We also include the gaps in the HL Tau disk (Brogan et al., 2015). Our sample comprises
of 35 disks with a total of 55 gaps.
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Disk M∗
a L∗ Tgas(100 au) h/R(100 au) Gap index Rgap ∆gap ∆gap/Rgap hgap/Rgap Ref(M�) (L�) (K) (au) (au)

Single-gap disks
DM Tau 0.35+0.05

−0.05 0.2+0.03
−0.02 8.1 0.097 1 70.0 30.0 0.429 0.088 4

DN Tau 0.52 0.69 11.0 0.093 1 49.3 3.8 0.078 0.078 3
DS Tau 0.58 0.25 8.5 0.077 1 32.9 27.0 0.821 0.058 3
Elias 20 0.48+0.15

−0.07 2.24+1.31
−0.83 14.8 0.112 1 25.1 3.5 0.140 0.079 1,2

Elias 27 0.49+0.2
−0.11 0.91+0.64

−0.37 11.8 0.099 1 69.1 14.3 0.207 0.090 1,2
FT Tau 0.34 0.15 7.5 0.095 1 24.8 4.8 0.195 0.067 3
GW Lup 0.46+0.12

−0.15 0.33+0.19
−0.12 9.2 0.090 1 74.3 12.1 0.163 0.084 1,2

HD 135344B 1.5+0.1
−0.1 6.7+1.3

−2.9 19.4 0.072 1 73.0 6.0 0.082 0.067 4
HD 142666 1.58+0.15

−0.04 9.12+5.67
−3.5 21.0 0.073 1 16.0 3.5 0.219 0.046 1,2

HD 169142 1.75+0.05
−0.05 14+3.5

−5 23.4 0.074 1 42.0 20.0 0.476 0.059 4
HD 97048 2.2+0.1

−0.1 31.2+2.1
−6 28.6 0.072 1 125.0 90.0 0.720 0.077 4

IM Lup 0.89+0.21
−0.23 2.57+1.5

−0.95 15.3 0.083 1 117.4 15.8 0.135 0.087 1,2
IQ Tau 0.5 0.21 8.2 0.081 1 41.2 6.9 0.169 0.065 3
MWC 480 1.91 17.38 24.7 0.072 1 73.4 33.3 0.454 0.067 3
RU Lup 0.63+0.2

−0.14 1.45+0.85
−0.53 13.3 0.092 1 29.1 4.5 0.155 0.068 1,2

RXJ 1615.3-3255 0.6+0.1
−0.1 0.83+0.07

−0.07 11.5 0.088 1 92.5 35.0 0.378 0.087 4
RY Tau 2.04 12.3 22.6 0.067 1 43.4 4.9 0.112 0.054 3
SR 4 0.68+0.19

−0.19 1.17+0.69
−0.43 12.6 0.087 1 11.0 6.3 0.573 0.059 1,2

Sz 114 0.17+0.04
−0.03 0.2+0.12

−0.08 8.1 0.139 1 38.6 4.3 0.111 0.108 1,2
Sz 129 0.83+0.06

−0.24 0.44+0.26
−0.16 9.8 0.069 1 41.0 4.1 0.100 0.055 1,2

Sz 98 0.6+0.1
−0.1 1.1+0.2

−0.3 12.4 0.091 1 79.0 18.0 0.228 0.086 4
UZ Tau E 0.39 0.35 9.3 0.098 1 69.1 7.3 0.106 0.089 3
V1247 Ori 1.95+0.15

−0.15 20+2.7
−5.3 25.6 0.073 1 107.5 15.0 0.140 0.074 4

Multi-gap disks
AA Tau 0.65+0.15

−0.15 0.56+0.2
−0.2 10.5 0.081 1 72.0 14.0 0.194 0.074 4

2 118.0 16.0 0.136 0.084
DoAr 25 0.95+0.09

−0.34 0.95+0.56
−0.35 11.9 0.071 1 98.0 15.5 0.158 0.071 1,2

2 125.0 10.0 0.080 0.075
Elias 24 0.85+0.05

−0.05 6.8+5.8
−3.2 19.5 0.096 1 55.0 20.0 0.364 0.083 4

2 94.0 12.0 0.128 0.095
GO Tau 0.36 0.21 8.2 0.096 1 58.9 22.9 0.389 0.084 3

2 87.0 16.1 0.185 0.093
HD 143006 1.78+0.22

−0.3 3.8+1.57
−1.11 16.9 0.062 1 22.0 21.7 0.986 0.042 1,2

2 51.0 12.8 0.251 0.052
AS 209 0.83+0.24

−0.23 1.41+0.83
−0.52 13.2 0.080 1 8.7 4.7 0.541 0.043 1,2,4

2 60.8 15.5 0.255 0.071
3 93.0 18.0 0.194 0.079

CI Tau 0.89 0.81 11.5 0.072 1 13.9 8.9 0.636 0.044 3
2 48.4 10.9 0.225 0.060
3 119.0 22.1 0.186 0.075

DL Tau 0.98 0.65 10.8 0.067 1 39.3 6.7 0.170 0.053 3
2 67.0 13.8 0.207 0.061
3 88.9 25.9 0.292 0.065

GY 91 0.19+0.01
−0.01 0.33+0.2

−0.2 9.2 0.140 1 41.0 14.0 0.341 0.112 4
2 69.0 10.0 0.145 0.127
3 107.0 14.0 0.131 0.142

HL Tau 1.0 9.25+5.5
−5.5 21.1 0.092 1 11.8 9.5 0.809 0.054 Mix

2 32.3 7.5 0.233 0.070
3 82.0 24.0 0.293 0.088

V1094 Sco 0.8+0.1
−0.1 0.57+0.07

−0.13 10.5 0.073 1 60.0 10.0 0.167 0.064 4
2 102.5 35.0 0.341 0.073
3 174.0 20.0 0.115 0.084

HD 163296 2.04+0.25
−0.14 16.98+16.9

−8.47 24.5 0.070 1 10.0 3.2 0.320 0.039 1,2
2 48.0 20.2 0.421 0.058
3 86.4 16.2 0.188 0.067
4 145.0 13.4 0.092 0.077

a For HL Tau, we adopt the same stellar mass as Wang et al. (2020) adopted.
Reference. (1) Andrews et al. (2018); (2) Huang et al. (2018a); (3) Long et al. (2018a); (4) van der Marel et al. (2019).

Table 4.1: Properties of the disks and gaps

Basic properties of stars, disks and gaps of our sample are summarized in Table 4.1.
Stellar properties of disks listed in Zhang et al. (2018) and Lodato et al. (2019) are based
on Andrews et al. (2018) and Long et al. (2018a), respectively. For disks sampled by
van derMarel et al. (2019), we use the same stellar properties except for those overlapped
with the DSHARP disks. For HL Tau system, we keep using the same parameters as we
adopted in our previous study Wang et al. (2020).
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The stellar parameters can be used to estimate the disk temperature and the aspect ratio
at a reference radius of 100 au following the temperature scaling relation by Dong et al.
(2018a). We assume that both dust and gas components of the disk have approximately
the same temperature Tdust ≈ Tgas. Then, the disk temperature at radius R is given by

T (R) = 12.1 K

(
L∗
L�

)1/4(
R

100 au

)−1/2

, (4.1)

where L∗ is the stellar luminosity. Equation (4.1) is shown to be consistent with the
results produced by previous radiative transfer models (e.g. Dong et al., 2015; Facchini
et al., 2017). We would like to note here that the Tdust defined by equation (2) in the
Appendix B of Dong et al. (2018a) indeed corresponds to the dust temperature at R =
0.5Rmm instead of R = Rmm. Thus, our equation (4.1) is identical to their model (R. Dong,
personal communication).

For locally isothermal disks where the ideal gas equation of state holds, the gas aspect
ratio at R is then

h(R)

R
=

(
kBT

µmp

)1/2

Ω−1
K R−1

= 0.07

(
L∗
L�

)1/8(
M∗
M�

)−1/2(
R

100 au

)1/4

, (4.2)

where µ is the mean molecular weight (we adopt µ = 2.3), and mp is the proton mass.

Table 4.1 also lists the properties of the gaps based on Huang et al. (2018a), Long et al.
(2018a), and van der Marel et al. (2019). Again for overlapped systems (e.g. AS 209 and
HD 163296), we adopt DSHARP data that have a higher angular resolution. The third
gap of the AS209 disk is adopted from van der Marel et al. (2019), which combines the
fine gap structure found by DSHARP into a single gap centered at 93 au. For HL Tau, we
keep using the same gap properties as we adopted in Wang et al. (2020).

Among the 35 disks, 23 disks are single-gap systems, and the rest are multi-gap systems.
Thewidth of the gap ∆gap is defined to be the difference between the outer and inner edges
for systems adopted from van der Marel et al. (2019), and the gap location is set to be
the midpoint of the outer and inner edges. We neglect all the inner cavities (i.e. gaps
start at 0 au), because the interpretation of such a structure remains unclear, making it
difficult to deduce the mass or number of the potential planet(s) inside the cavity. We
also calculate ∆gap/Rgap and the gas aspect ratio hgap/Rgap. Most of the gaps have widths
greater than the scale heights, with the third gap of GY 91 as the only exception.
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Figure 4.1: Schematic mass growth history of planets we considered in this study. A solid
core is formed first and then grows via pebble accretion. The dust gap is opened at the
minimum dust gap openingmass. After reaching the pebble isolationmassMiso(R) at the
location of the planet R, the pebble accretion process terminates and the gas accretion
begins.

4.3 Methods

4.3.1 Mass accretion history of planets and pebble isolationmass

In the standard core-accretion scenario, a giant planet forms out of a small solid core,
and grows via two-stage accretion processes as illustrated in Figure 4.1. At the first
stage when its core mass is small, a planet mainly accretes solid materials from the sur-
rounding disk. While it was believed that the accreting material at this stage is mainly
km-size planetesimals (e.g. Safronov, 1969), recent studies (e.g. Ormel & Klahr, 2010;
Ormel, 2017) suggested that the aerodynamically small particles with Stokes number
between 10−3 and 1, so-called pebbles, may instead be the major source of accretion. In
the following, we will use the terms "dust grains" and "pebbles" interchangeably.

As pebble accretion continues, the planet becomes more massive and starts to gravita-
tionally interact with its surrounding diskwith increasing strength. Several studies have
suggested that the dust disk is more susceptible to gap opening torque than gas disk (e.g.
Paardekooper &Mellema, 2004; Muto & Inutsuka, 2009; Rosotti et al., 2016). Before the
planet is massive enough to generate a pressure maximum, it is possible to open a gap
only in the dust disk through tidal torque and gas drag (Dipierro et al., 2016; Dipierro
& Laibe, 2017). For instance, Rosotti et al. (2016) showed that even a planet with 15 M⊕
can open the dust gap without creating the pressure maximum. This result implies that
dust gaps carved by planets above the minimum dust gap opening mass can be possibly
observed by ALMA that is sensitive to millimeter-size dust particles. Once the dust gap
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is opened, the planet loses access to the fraction of pebbles sensitive to the ALMA band.
Nevertheless, until the planet reaches the pebble isolation massMiso and generates a gas
pressure maximum, some pebbles may still cross the planetary orbit depending on their
Stokes number.

The pebble accretion is a self-terminating process that ends when the planetary mass
reaches a certain mass threshold, namely the pebble isolation mass (e.g. Lambrechts
et al., 2014). At the pebble isolation mass, a planet is just massive enough to carve
a shallow gas gap that generates a pressure maximum at the outer edge of the gap.
Such a pressure maximum can trap all the pebbles with Stokes number > 0.005 (Bitsch
et al., 2018), a range that effectively covers those pebbles that are most favourable to
pebble accretion. The planet has no access to the inflow of the pebbles afterwards and
the pebble accretion process is stopped. Since both the width and depth of the gas gap
increase with the planetary mass, it is reasonable to expect that a relatively deep gas gap
is formed once the planetary mass exceeds the pebble-isolation mass, and the dust gap
is also strongly shaped by the gas gap due to the pressure maximum. Before reaching
the pebble-isolation, it is reasonable to assume that a visible gap should be formed only
in the dust disk because the gas gap is too shallow.

Three-dimensional hydrodynamical simulations by (Bitsch et al., 2018) indicate the peb-
ble isolation mass Miso(R) at the location of R from the central star, is written in terms
of the stellar mass M∗, the aspect ratio of the disk h/R, the pressure gradient η =
∂ lnP/∂ lnR, and the viscosity of the gas α as

Miso(R) = 25M⊕

(
M∗
M�

)(
h/R

0.05

)3

f(α, η), (4.3)

f(α, η) =

[
0.34

(−3.0

logα

)4

+ 0.66

](
1− η + 2.5

6

)
. (4.4)

Throughout this chapter, we consider locally isothermal disks with a temperature profile
of T ∝ R−1/2 and a surface density profile of Σ ∝ R−1. We simply adopt the mid-plane
pressure Pmid = ρmidc

2
s = (Σ/h)c2

s. Then we have η = −2.75 and the second bracket
in equation (4.4) is 25/24. It is worth to note that Miso obtained from 2D simulations
is scaled down by a factor of 1.5 due to the different treatments of the surface density
profile (Bitsch et al., 2018, Appendix B). In this study, we nevertheless adopt Miso,3D as
the pebble isolation mass as we think it is more reliable while applying to real systems.

After reaching the pebble isolation mass, the gas envelop around the planet starts cool-
ing, which triggers the run-away gas accretion that marks the beginning of the second
stage. At this stage, the planet grows quickly via gas accretion and becomes a gas giant.
As the planet continues to grow, it carves a deeper gap in the disk, and the gas accretion
rate is slowed down. The accretion eventually stops when the PPD is dispersed due to
both stellar accretion and photoevaporation.
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4.3.2 Planetary mass estimation

The planetary formation picture illustrated in Figure 4.1 states that a planet opens a gap
when it is massive enough. Since the properties of the gap is determined by the planet-
disk interaction, one may infer the mass of the embedded planet from the parameters
characterizing the gap morphology. Indeed, Kanagawa et al. (2016) performed a series of
hydrodynamical simulations in the gas-gap open case, and found the following empirical
relation for the mass of the embedded planet:

Mp,gas(Rgap) = 175M⊕

(
M∗
M�

)(
∆gap/Rgap

0.5

)2(
hgap/Rgap

0.05

)3/2 ( α

10−3

)1/2

, (4.5)

where ∆gap, hgap and Rgap are the width, scale-height and location of the gap. The empir-
ical formula, equation (4.5), has been basically confirmed by Dong & Fung (2017).

It is important to note that ∆gap in equation (4.5) is defined for the gas profile in the
original study. Therefore, while applying this mass prediction formula to those gaps
observed in dust continuum, we need to assume that the gas gap has already opened,
and its width roughly matches that of the dust gap due to good gas-dust coupling.

Zhang et al. (2018) carried out gas–dust hydrodynamic simulations and investigated the
scaling relation between the planet mass and the width of the gap like equation (4.5).
Overall their fitting is consistent to Equation (4.5) , though it is slightly deviated due to
the decoupling between gas and dust when St&10−2. Due to this deviation, Equation (4.5)
may overestimate the planet mass. To take this difference into account, we include an
uncertainly factor for the estimated mass as will be discussed in section 4.3.3. Also as
will be seen in section 4.3.2, the estimated mass given by equation (4.5) agrees with that
estimated by Zhang et al. (2018) within this level of uncertainly.

Before reaching the pebble-isolation mass, no significant gas gap is expected to form and
only a dust gap is visible as described in section 4.3. Equation (4.5) is not relevant in
order to estimate the mass of the embedded planet in such a dust-only gap regime. For
instance, Figure 12 of Zhang et al. (2018) exhibits a large scatter of the range of small
planetary mass (or small K ′), which may possibly indicate the transition of the different
scaling between the dust-only gap regime and gas gap regime that we assumed in this
chapter. In the dust-only gap regime, the width of the dust gap would be better described
by the Hill radius scaling, instead of equation (4.5).

The Hill radius model suggests that the gap width ∆gap is proportional to the the plan-
etary Hill radius RH at the gap location Rgap. This relation can be rewritten for the
planetary mass as

Mp,dust(Rgap) = 6.01M⊕

(
C

5.5

)−3(
M∗
M�

)(
∆gap/Rgap

0.1

)3

, (4.6)

where C is the proportional constant and previous studies indicate that 4.5 < C < 7
(Rosotti et al., 2016). Following Lodato et al. (2019), we set C = 5.5 in this study.

The formulation of Zhang et al. (2018) is different from equation 4.5, but this different is mainly due
to their own measurement of the gap width.
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While equations (4.5) and (4.6) should connect to each other, the connection might not
be smooth. Indeed, Rosotti et al. (2016) investigated both the dust-only gap case and
relatively deep gas gap case and found the gap width can be nicely scaled by a single
Hill radius (see Figure 16 of Rosotti et al. (2016)). Although their scaling result does not
explicitly depend on any gas parameters, it implies that equation (4.6) may be valid even
in the gas-gap opening regime for some specific setup. Investigation of the connection
between the two scaling relations is beyond the scope of this thesis and should be taken
care in the future work.

The above argument indicates that equation (4.5) is applicable only for a gaseous planet
embedded in a disk with both dust and gas gaps, while equation (4.6) may be more rele-
vant for a lowmass planet with a dust gap alone. Unfortunately, the high-resolution disk
substructure is available only for the dust component due to the difficulty of resolving the
line emission from gas. Therefore, it is not easy to observationally distinguish between
the two different predictions for the mass of embedded planets.

According to the planetary formation picture described in section 4.3.1, however, the peb-
ble isolation massMiso may be used as a reasonable threshold of the planetary mass that
is consistent with the presence or absence of the unobservable gas gap; if the predicted
planetary mass is greater thanMiso, the gas gap is likely to be opened as well.

Equation (4.5) implies thatMp,gas > Miso(Rgap) is translated into the lower limit of (∆gap/Rgap):(
∆gap

Rgap

)
gas

> 0.189

[
Miso(Rgap)

25M⊕

]1/2(
M∗
M�

)−1/2(
hgap/Rgap

0.05

)−3/4 ( α

10−3

)−1/4

. (4.7)

Thus, if (∆gap/Rgap) of the observed dust gap satisfies the above inequality (4.7), the gap
is likely expected to be associated with the gas gap of the similar value of (∆gap/Rgap)gas.
Thus equation (4.5) provides a reasonably good mass estimate of the embedded planet.

Similarly, equation (4.6) implies thatMp,dust < Miso(Rgap) is rewritten as(
∆gap

Rgap

)
dust

< 0.161

[
Miso(Rgap)

25M⊕

]1/3(
M∗
M�

)−1/3

. (4.8)

If a dust gap satisfies the inequality (4.8), it is likely to be a dust-only gap, and equa-
tion (4.6) may be preferred to predict the mass of the embedded planet.

The above argument offers a possibility to distinguish between the presence and absence
of the gas gap with the similar profile of the observed dust gap. In reality, however, the
mass predictions suffer from significant uncertainties for multiple reasons. The major
uncertainty comes from the gap width ∆gap. Rosotti et al. (2016) found that the gap
profile in their simulations changes in a time-dependent fashion, and the observed gap
width would vary accordingly, which leads to a factor of 2-3 uncertainty for the planetary
mass prediction. Also equation (4.5) derived by Kanagawa et al. (2016) depends on the
coupling strength between dust and gas components in the disk, which would affect its
overall normalization. Furthermore, the definitions of the inner and outer boundaries of
the gap are not unique, and vary among different papers. Finally, the host stars in PPDs
are generally young, and their luminosities and masses cannot be well constrained from
the stellar evolution model. Therefore, we have to keep in mind such uncertainties in
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C1 C2 Interpretation Mass adopted Number of gaps
α = 10−2 α = 10−3 α = 10−4

Group I Yes No Dust only gaps Mp,dust 18 21 36
Group II No Yes Dust/Gas gaps Mp,gas 11 19 19
Group III Yes Yes Indistinguishable Mp,dust,Mp,gas 26 15 0
Group IV No No Non-planetary? - 0 0 0

Table 4.2: Criteria to classify the gaps into four groups.

interpreting inequalities (4.7) and (4.8).

4.3.3 Gap classification for improved mass prediction

Due to various uncertainties of the observed dust profiles, we introduce fudge factors in
the planetary mass predictions. Specifically, we impose the following criteria (hereafter
“C1" and “C2") for the dust only gap and for the gas gap, respectively:

C1 (dust gap) :
Mp,dust

Miso

< F1 (4.9)

C2 (gas gap) :
Miso

Mp,gas

< F2, (4.10)

where F1 and F2 are the fudge factors. Substituting equations (4.3), (4.5) and (4.6), in-
equalities (4.9) and (4.10) are rewritten as the relations between ∆gap/Rgap and hgap/Rgap:

C1 : log

(
∆gap

Rgap

)
< log

(
hgap

Rgap

)
+

1

3
log f(α) +

1

3
logF1 + 0.507 (4.11)

C2 : log

(
∆gap

Rgap

)
> 0.75 log

(
hgap

Rgap

)
+

1

2
[log f(α)− 0.5 logα]− 1

2
logF2 − 0.498, (4.12)

According to the two criteria C1 and C2, the observed gaps are classified into four groups
on hgap/Rgap – ∆gap/Rgap plane, as schematically illustrated in Figure 4.2 and summarized
in Table 4.2. While the relevant choice of the fudge factors is not clear, we adopt F1 =
F2 = 2 below, just for simplicity.

On the basis of the classification, we can interpret the nature of the gap. Group I implies
that the observed dust gap is not associatedwith a gas gap, and equation (4.6) is preferred
for the planetary mass estimate. Group II, on the other hand, implies that the disk has a
gas gap as well, and equation (4.5) is a reasonable estimate for the embedded gas planet.
Gaps in group III are consistent with both interpretations and we cannot distinguish
between the two possibilitiesMp,dust andMp,gas, unless the presence or absence of the gas
gap is clarified observationally.

Finally, gaps in group IV are inconsistent with either interpretation. Such gaps may
be of non-planetary origin, or it may simply point to a possible inaccuracy or limitation
of the mass prediction models that we adopted here. In this context, it is interesting
to note that there is no gap classified as group IV in our sample. More details of the
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Figure 4.2: Schematic illustration of the gap classification

interpretation of the groups will be be discussed in the next subsection, where we show
how the gap width varies with planetary mass at three different locations of a disk.

4.3.4 Interpretation of gap classifications at fixed locations

In this subsection, we schematically illustrate the relation between observed gap width
∆gap and planetary mass Mp at three different locations of a disk, and show how the
relation corresponds to the interpretations of the different gap groups. As shown by
Figure 4.3 (a), we choose three different hgap/Rgap values that correspond to three fixed
locations A, B and C on a disk. At each location, we consider how ∆gap varies with the
Mp, as plotted in Figure 4.3 (b), (c) and (d).

According to the planetary formation scenario that we assumed, if Mp is smaller than
Miso, the gap is considered to be dust-only gap and Mp = Mp,dust ∝ ∆3

gap (red solid line)
given by equation (4.6); otherwise, the gap is considered to open in both the gas and dust
disks, thereforeMp = Mp,gas ∝ ∆2

gap (green solid line) as described by equation (4.7). The
uncertainty of the predictedmass is also taking into account: the red dashed line extends
to the upper limit of the mass prediction if the gap is in the dust gap regime, and the
green dashed line extends to the lower limit of the mass prediction if the gap is in the
gas gap regime. From Figure 4.3 (b), (c) and (d), the relative positions of the red line and
green line are different at different disk locations.

In case A, the projections of the red and green lines onto the y-axis do not span the
whole range of ∆gap. Therefore, any gap width within the grey region does not correspond
to any planetary mass. In other words, if a gap is observed at such a width, we can
exclude it from the planetary origin, which implies the interpretation of the group IV.
This conclusion is the direct consequence if we apply our mass prediction formulae and
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(a)

(b) (c)

(d)

Figure 4.3: (a) Same as figure 4.2 but with A, B, C lines indicting three fixed locations at
the same disk. (b)(c)(d): Gap width against planetary mass at location A, B and C. The
axis of the plots are in arbitrary units and do not have the same scale.
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adopt the planetary formation picture in section 4.3.1. It is possible that this zero-th
order discontinuity of the ∆gap-Mp relation is not physical but simply due to our poor
knowledge of how the gap width changes aroundMiso. In reality, the sudden shift around
Miso may be replaced by a continuous curve that smoothly connects two regimes. In this
case, the planetary interpretation of the gap is not excluded.

In case B, the projections of the red and green lines onto the y-axis span the entire range
of y-axis without any overlapping. This case contains no degeneracy, as an arbitrary
gap width can always be uniquely explained by a planetary mass, and thus there is no
ambiguity about how to interpret the nature of the gap.

In case C, although the projections of the red and green lines onto the y-axis together
cover the entire range of y-axis, there is an overlap that corresponds to the indistin-
guishable region. If we observe a gap whose width falls into this region, there are two
possible mass predictions corresponding to dust gap alone interpretation and gas gap
interpretation respectively. Gaps in this indistinguishable region are classified as group
III gaps.

4.4 Results

4.4.1 Classification of the gaps at α = 10−3

According to C1 and C2, we classify the gaps into groups I to IV as shown in Figure 4.4.
The red and green regions correspond to group I (dust-gap only) and group II (gas-gap
opened) gaps respectively, and the overlapped region (light-brown) bounded by equa-
tions (4.9) and (4.10) is group III in which both interpretations are possible. We adopt the
fiducial value of the viscosity, α = 10−3. The relations of Mp,dust = Miso and Mp,gas = Miso

are plotted in red and green lines, respectively. The quoted error-bars of each symbol
along the y-axis is estimated from the 1σ uncertainties of Rgap and ∆gap listed in previous
studies. If they are not available, we do not plot the error-bar.

The result shows that out of 55 gaps, there are 21 gaps in group I, 19 gaps in group II and
15 gaps in group III, i.e., more than two-thirds (73%) of the gaps are classified as either
dust-only gaps or gas gaps according to our criteria. The majority (52%) of the gaps in
single-gap disks are classified as dust-only gaps, which are also the dominant group in
the multi-gap disks. It should be noted that when the predicted planetary mass is close
toMiso, the gap classification becomes sensitive to the adopted model of temperature and
aspect ratio. Only one gap is below the dashed line ∆gap = hgap, which is the minimum
dust gap width for the Stokes number St = 1. If this gap is opened by a planet, the
coupling between the dust and gas should be weak with St > 1 (Dipierro & Laibe, 2017;
Lodato et al., 2019). While we give mass predictions to this gap as well, it may be of
non-planetary origin.

The distribution of the gaps from both single-gap disks and multi-gap disks shows that
gaps with small aspect ratios (and thus at the inner region) are more likely to be gaps
that are opened in both gas and dust disks. In the outer region where the aspect ratio is
larger, the gaps are more likely to be dust alone. This trend is more clearly seen in the
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(a) Single-gap disk systems
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Figure 4.4: Classification of the gaps at α = 10−3. Figure above shows the gaps from
single-gap systems, and figure below show those from multi-gap systems. Group I, II
and III correspond to red, green and brown regions. There is no group IV region at
the given range of the data. The red line represents Mp,dust/Miso = 1.0. The green line
represents Mp,gas/Miso = 1.0. The black dashed line represents ∆gap = hgap. The brown
region is bounded by criteria C1 (equation 4.9) and C2 (equation 4.10).
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case of multi-gap disks (bottom panel of Figure 4.4), which may be attributed to presence
of the planet-planet interaction in a multi-planetary system.

4.4.2 Planetary mass predictions
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Figure 4.5: Compare the predicted masses (α = 10−3) with the observed population of
exoplanets whose semi-major axis and mass are both confirmed. The red dots areMp,dust

when only dust gap is opened, while green dots areMp,gas when both gas/dust gaps have
been opened. If a gap is in group III (indistinguishable), both predictions are plotted. The
grey lines are the evolution tracks introduced by Tanaka et al. (2020), and the number
labels are constants C in equation (4.13). Since the evolution model is only applicable to
gas accretion planets, we set the lower limit of the evolution tracks to be 10−4.

We estimate planetary masses in the observed disk gaps according to our gap classifi-
cation, assuming that planets are fully responsible for creating the gap substructures,
and gaps and planets are in one-to-one correspondence. The mass prediction result is
summarized in Table 4.3. In the case of group III, we list bothMp,dust andMp,gas.
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Figure 4.6: Configuration of the predicted planetary systems of the multi-gap disks
(α = 10−3). The solid and dashed blue line shows the pebble isolation mass obtained
from 3D simulations (Bitsch et al., 2018). If the predicted mass does not satisfy the cor-
responding criterion, an empty marker is used; otherwise, a filled marker is used. The
dashed vertical lines indicate the position of the outer 2:1 period ratio for inner planets
that have opened gas gaps. We use two line styles to denote the 2:1 lines from different
planets.
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Disk Gap index α = 10−2 α = 10−3 α = 10−4

Group Mp,dust(MJ) Mp,gas(MJ) Group Mp,dust(MJ) Mp,gas(MJ) Group Mp,dust(MJ) Mp,gas(MJ)
Single-gap systems
DM Tau 1 III 0.520 1.052 II - 0.333 II - 0.105
DN Tau 1 I 0.005 - I 0.005 - I 0.005 -
DS Tau 1 II - 3.429 II - 1.084 II - 0.343
Elias 20 1 I 0.025 - I 0.025 - I 0.025 -
Elias 27 1 III 0.082 0.353 I 0.082 - I 0.082 -
FT Tau 1 III 0.048 0.138 III 0.048 0.044 I 0.048 -
GW Lup 1 I 0.037 - I 0.037 - I 0.037 -
HD 135344B 1 I 0.016 - I 0.016 - I 0.016 -
HD 142666 1 III 0.313 0.470 II - 0.149 II - 0.047
HD 169142 1 II - 3.557 II - 1.125 II - 0.356
HD 97048 1 II - 15.062 II - 4.763 II - 1.506
IM Lup 1 I 0.041 - I 0.041 - I 0.041 -
IQ Tau 1 III 0.045 0.148 III 0.045 0.047 I 0.045 -
MWC 480 1 II - 4.241 II - 1.341 II - 0.424
RU Lup 1 III 0.044 0.165 I 0.044 - I 0.044 -
RXJ 1615.3-3255 1 III 0.614 1.360 II - 0.430 II - 0.136
RY Tau 1 I 0.054 - I 0.054 - I 0.054 -
SR 4 1 II - 1.415 II - 0.447 II - 0.141
Sz 114 1 I 0.005 - I 0.005 - I 0.005 -
Sz 129 1 I 0.016 - I 0.016 - I 0.016 -
Sz 98 1 III 0.134 0.490 III 0.134 0.155 I 0.134 -
UZ Tau E 1 I 0.009 - I 0.009 - I 0.009 -
V1247 Ori 1 I 0.100 - I 0.100 - I 0.100 -
Multi-gap systems
AA Tau 1 III 0.090 0.310 III 0.090 0.098 I 0.090 -
AA Tau 2 I 0.031 - I 0.031 - I 0.031 -
DoAr 25 1 III 0.071 0.280 I 0.071 - I 0.071 -
DoAr 25 2 I 0.009 - I 0.009 - I 0.009 -
Elias 24 1 III 0.772 1.673 II - 0.529 II - 0.167
Elias 24 2 I 0.033 - I 0.033 - I 0.033 -
GO Tau 1 III 0.399 0.827 II - 0.262 II - 0.083
GO Tau 2 I 0.043 - I 0.043 - I 0.043 -
HD 143006 1 II - 9.415 II - 2.977 II - 0.942
HD 143006 2 III 0.531 0.836 II - 0.264 II - 0.084
AS 209 1 II - 1.373 II - 0.434 II - 0.137
AS 209 2 III 0.260 0.632 III 0.260 0.200 I 0.260 -
AS 209 3 III 0.114 0.428 III 0.114 0.135 I 0.114 -
CI Tau 1 II - 2.075 II - 0.656 II - 0.208
CI Tau 2 III 0.192 0.416 III 0.192 0.132 I 0.192 -
CI Tau 3 III 0.108 0.397 III 0.108 0.125 I 0.108 -
DL Tau 1 III 0.091 0.215 III 0.091 0.068 I 0.091 -
DL Tau 2 III 0.163 0.387 III 0.163 0.122 I 0.163 -
DL Tau 3 III 0.459 0.858 II - 0.271 II - 0.086
GY 91 1 III 0.143 0.515 III 0.143 0.163 I 0.143 -
GY 91 2 I 0.011 - I 0.011 - I 0.011 -
GY 91 3 I 0.008 - I 0.008 - I 0.008 -
HL Tau 1 II - 5.116 II - 1.618 II - 0.512
HL Tau 2 III 0.238 0.618 III 0.238 0.195 I 0.238 -
HL Tau 3 III 0.474 1.389 III 0.474 0.439 I 0.474 -
V1094 Sco 1 III 0.070 0.225 III 0.070 0.071 I 0.070 -
V1094 Sco 2 III 0.602 1.153 II - 0.365 II - 0.115
V1094 Sco 3 I 0.023 - I 0.023 - I 0.023 -
HD 163296 1 II - 1.010 II - 0.320 II - 0.101
HD 163296 2 II - 3.147 II - 0.995 II - 0.315
HD 163296 3 III 0.254 0.779 III 0.254 0.246 I 0.254 -
HD 163296 4 I 0.030 - I 0.030 - I 0.030 -

Table 4.3: Planetary mass estimated from the gaps
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Case with fiducial α = 10−3

The predicted planetary mass ranges from 1.6 M⊕ to 4.8 MJ, but with significant diversi-
ties. Figure 4.5 plots the distribution of the planets,Mp/M∗ against the semi-major axis
for α = 10−3. We also plot the observed exoplanet population (extracted from exoplanet.

eu, as of March 2021) with confirmed planetary mass, semi-major axis and stellar mass
for comparison. We specifically label several widely-separated giant planets observed by
direct imaging including HR 8799, β Pictoris and PDS 70, which would be relevant to
compare with our prediction.

Figure 4.5 indicates that our predicted planets are located in a fairly distinct region rel-
ative to that of the observed population. It may imply that these observed planets have
experienced significant inward orbital migration before the disk dispersal due to disk-
planet interaction (Zhang et al., 2018; Lodato et al., 2019). Furthermore, their mass
should have increased via accretion during the migration. A possible model of such evo-
lutionary tracks is introduced by Tanaka et al. (2020), which suggests the following re-
lation between mass and semi-major axis:

ln

(
Rp

1 au

)
+

2

3

(
Mp

0.011M∗

)2/3

= C, (4.13)

where C is a constant. Just for reference, we plot examples of the tracks with the range
of C values that match our predicted planets. While a fraction of observed planets is
consistent with the evolutionary tracks, a majority of them is far outside of the region
that the simply model predicts. At this point, the reason of the discrepancy is not clear,
andmore detailed study of their evolution is necessary, which we plan to show elsewhere.

The architecture of the planets predicted from the multi-gap systems is shown in Figure
4.6. Mass predictions based on Mp,dust and Mp,gas are plotted in circles and squares, re-
spectively. The filled (open) symbols indicate that they are consistent (inconsistent) with
the criteria C1 and C2. The pebble isolation mass is also indicated by a straight line.
As mentioned before, the planetary mass of most disks generally decreases against R,
except the cases of DL Tau, HD 163296, HL Tau and V1094 SCO: the masses of the three
planets in the DL Tau system increase with R; for the rest of the systems, there exist
at least one pair of planets that does not follow the trend. We found planets that violate
this trend are always gas-gap planets. If an outer planet forms first and later approaches
the inner planet via inward migration, it may start runaway gas accretion earlier than
the inner planet and quench its growth by shielding the gas flow. This implies that the
architecture of a multi-planetary system is sensitive to its initial configuration.

Figure 4.6 also plots the locations of the outer 2:1 resonance period for the inside gas-gap
planets (including marginal ones in group III) in dashed vertical lines. In many systems
(i.e. AA Tau, AS 209, GY 91, Elias 24, DL Tau, GO Tau, HD 163296 and V1094 SCO) the
gas-gap planet has a dust-gap planet close to its 2:1 period ratio. It may be due to the
fact that the dust-gap planet is likely to form at the 2:1 resonance place of the gas-gap
(or relatively large) planet. Alternatively, such a configuration can be the consequence of
the combination of planetary migration and resonance trap. These mass orders may be
related to alternative formation scenarios of planets, which will be discussed in the next
section.

exoplanet.eu
exoplanet.eu
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Figure 4.7: Mp,dust (red line),Miso (blue line) andMp,gas (green line) against α in Elias 24
disk. The shaded region covers a factor of two uncertainty of the mass prediction.

The α dependence

So far we have adopted the fiducial α value 10−3. In fact, however, both Mp,gas and Miso

depend on α, and different values of α affect both classification criteria and the predicted
mass. To investigate the α dependence, we calculate the planetarymasses when α = 10−4

and 10−2 in addition to the fiducial value and list the results in Table 4.3. We also present
the gap classification results plotted by figure 4.8. When the α is lower, C2 is less likely to
be satisfied asMp,gas is scaled by α1/2, so more gaps are classified as dust-only gaps (group
I). As α increases, in contrast,Mp,gas increases andMp,dust/Miso decreases, therefore both
C1 and C2 are easier to be satisfied, and the number of indistinguishable gaps (group
III) increases.

To illustrate the α-dependence, we choose Elias 24 as an example. Figure 4.7 shows how
the mass changes for the gaps in Elias 24 system by varying α. For gap 1 (innermost
gap), when 5× 10−5 < α < 2× 10−3, Mp,dust/2 < Miso is not satisfied, while 2Mp,gas > Miso

is satisfied. Therefore, only the gas gap interpretation is valid and the gap is in group II.
In the range 2× 10−3 ≤ α, both dust gap and gas gap interpretations are valid, therefore
the gap is in group III. However for gap 2 (outer gap), the condition Miso > 2Mp,gas holds
for all range of α, therefore the gap cannot be interpreted as a gas gap and is always in
group I. Note that the original viscosity range in Bitsch et al. (2018) is 10−4 ≤ α ≤ 10−2.
Outside of this range, the prediction of Miso becomes an extrapolation of Bitsch et al.
(2018) that may be not accurate.

We note that while Mp,dust defined by equation (4.6) does not exhibit any explicit depen-
dence on α, it should depend on α in reality. In the strong coupling limit, the dust par-
ticles would depend on α similar as the gas, i.e., ∝ α1/4 indicated by equation (4.5). If
the dust grains are only weakly coupled to the gas, on the other hand, the α-dependence
should vanish for large St (in the limit α/St→ 0) as indicated by Dipierro & Laibe (2017).
The dust particles visible in the ALMA band fall within these two limits, and therefore
the α-dependence of Mp,dust should be small and does change our current result. More-
over, Mp,dust should depend on the Stokes number St as well as α. In a weakly coupled
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Figure 4.8: (a)(b): Same as Figure 4.4 but with α = 10−2. (c)(d): Same as Figure 4.4 but
with α = 10−4.

dust regime, Dipierro & Laibe (2017) suggest that the dust gap width only weakly de-
pends on St1/4, so the planetary mass can still be fairly well constrained even if an order
of magnitude variance of St is taken into account.

4.5 Discussion

4.5.1 Comparison with previous studies

Our sample disks are largely identical to those adopted by Zhang et al. (2018) and Lodato
et al. (2019), and thus we compare the results to see the agreement. Zhang et al. (2018)
carried out gas-dust two-fluid hydrodynamical simulations and developed a more sophis-
ticated method to derive the gas gap width by considering three different dust models
(DSD1, ‘1mm’, DSD2). Compared with their study, our study simply assumes that the
gas gap width matches that of the dust gap due to strong gas-dust coupling, which is not
necessarily valid if the coupling between dust and gas is weak. In principle, if the dust
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grains are decoupled from the gas (Zhu et al., 2012; Weber et al., 2018), the dust gap
should be wider than its associated gas gap. Therefore, the planetary masses predicted
by the well-coupled DSD1 model of Zhang et al. (2018) are supposed to be comparable to
ours, while those predicted by the less-coupled DSD2 model should be smaller.

At α = 10−3, the majority of the predictions given by DSD1model from Zhang et al. (2018)
are similar to ours within a factor of two (it is the same level of the uncertainly that we
used), such as first planet of Elias 24 (45%), Elias 27 (31%) and GW Lup (21%). However,
Zhang et al. (2018) gave significant larger predictions than ours for the inner or wide
gaps: for instance, the predicted masses of the innermost gaps in HD 143006 and SR 4
differ by nearly a factor of five, and even the masses given by the ‘DSD2’ model are larger
than ours. This discrepancy may be attributed to the difference in measurement of the
gap width and computation time between Kanagawa et al. (2016) and Zhang et al. (2018).
The predictions of Zhang et al. (2018) are based on fitting of gaps at 1000 planetary orbits,
while the result of Kanagawa et al. (2016) is based on stationary shape of gaps in long-
term simulations. Also the computational time required to reach the stationary shape
is longer for a wider gap (see Figure 14 of Kanagawa et al. (2017)). If the gap width
does not reach the stationary value within 1000 orbits, Zhang et al. (2018) may give a
larger planet mass as compared with our predictions. In the case of the innermost gap of
HD 143006, the stellar age (∼4 Myr) corresponds to ∼55 000 orbits at the location of the
innermost gap (21 au), and hence the simulation time could be insufficient for the gap to
reach its stationary width.

We also compare our results with those of Lodato et al. (2019). When a gap is classified
as dust-only gaps (group I), we adopt the same Hill radius scaling relation as Lodato
et al. (2019), and thus our predicted planetary mass for group I gaps most agree with
those from Lodato et al. (2019) within 50% uncertainty level, such as RY Tau (35%) and
the second planet of GO Tau (48%). This deviation is mainly due to the different stellar
masses and gap widths adopted. Nevertheless, the planetary mass predicted from group
II gaps in our study is significantly smaller than that in their study. For example, Lodato
et al. (2019) predicted mass of the first gap of CI Tau to be 15.7 MJ, while the same planet
is predicted to be 0.85 MJ in our fiducial case with α = 10−3. Apart from the different
gap width data we adopted, it is because Mp,gas given by equation (4.5) scales with ∆2

gap,
whileMp,dust based on the Hill radius relation scales with ∆3

gap. Physically, it means that
in the gas gap regime the dominant planet-gas interaction can create a wider gap than
that expected by the Hill radius argument. Therefore, the planetary mass in this regime
may be overestimated if equation (4.6) is used. It should be noted that in most cases, the
width of the gas gap given by equation (4.5) is wider than that of the dust gap predicted
by equation (4.6).

We would like to point out that theoretically, it is possible that the dust gap is wider
than the gas gap; the dust gap width, ∆gap in equation (4.6), is independent of the gas
parameters, while the gas gap width, ∆gap in equation (4.5), is scaled with viscosity as
α−1/4, and with scale height as (h/R)−3/4. Therefore, for a given planetary mass Mp >
Miso, it is always possible to find a set of gas disk parameters (i.e. large enough α, h/R)
with which the dust gap width by equation (4.6) is wider than that of the gas gap by
equation (4.5). In such cases, Mp,dust is larger than Miso, but the edge of the dust gap
may be apart from the gas pressure bump. Thus it might be appropriate to still use
equation (4.6) to estimate the planet mass.
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Having said so, however, the parameter ranges for such cases (roughly α > 0.01 and h/R >
0.1) are fairly different from those commonly adopted by previous studies. Moreover, the
dust grains have to be decoupled from the gas; if the dust is strongly coupled to the gas,
the width of the dust gap should well match that of the gas gap. In this case, the dust gap
width expected by equation (4.6) is an overestimate. In the intermediate regime between
the strongly-coupled and the decoupled cases, the dust gap width roughly agrees with the
gas gap width, and equation (4.5) is still a good approximation in the gas gap regime.

4.5.2 Implications on planetary formation

Our classification of the observed gaps has shown gaps at inner region of the disk are
mostly gas gaps (group II), while those at the outer region are mostly dust gaps (group
I). The cores at the inner region of the disk undergo faster accretion due to high surface
densities of both pebbles and gas, so they more likely become gas giants that can open
wider gas gaps. On the other hand, planets at outer region of the disk undergo slow
accretion because of insufficient material, and runaway gas accretion is also harder to be
triggered because the larger aspect ratio leads to larger pebble isolation mass. In effect,
it is harder for planets to open gaps in both gas and dust profiles at the outer region.

The abundance of dust gaps at the outer region also implies that the outer planets are in
fact small in general, suggesting these distant planets are not those formed via gravita-
tional instability, which should be much more massive and open gas gaps instead (Mayer
et al., 2002). However, it remains unclear that how the cores of the outer planets form
at such a large distance to the star, since the formation of the solid cores via collision at
the outer region is very inefficient due to low density and temperature. It is also possible
that cores are not formed in situ: they may form at the inner dust-rich region first, then
migrate outwards and inward again after growing up (e.g. Paardekooper & Mellema,
2006; Paardekooper et al., 2011).

The configurations of themulti-planetary systems shown by Figure 4.6 suggest in general
the planetary mass decreases with the radius. In a single-planetary systems, the planet
can migrate freely inward and grow quickly at the inner region. In multi-planetary sys-
tems, if a gas giant is formed first at the interior, the strong 2:1 orbital resonance will
prevent the outer planet frommigrating further inwards, therefore in this case the inner
planet always grows faster than the outer planets and the mass order is retained.

However, there are four disks out of this trend, namely DL Tau, HD 163296, HL Tau and
V1094 SCO. For these four disks, it is possible that the outer planet is initially larger
than the inner planet. As a result, it migrates to the current position and starts gas
accretion earlier, which shields the inner planets from accessing accretion materials and
therefore quenches its growth (also see Wang et al. (2020)). Therefore, the fate of an
individual planet strongly depends on its birth place and time relative to other planets.
While investigating the evolution of a multi-planetary system, it is important to consider
the coupling between planets, as the planet-planet interaction can effectively shape the
orbital and mass configuration.

We also found that in half of our sample disks, the outermost gas-gap is accompanied
with a dust-gap planet close to its outer 2:1 mean motion resonance. The resonant trap
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is one of the possible explanations: the dust-gap planet migrates inwards faster via type
I migration, while the migration speed of the inner gas-gap planet is slower due to the
gap-opening effect (Kanagawa et al., 2018). Once the outer planet approaches the inner
planet, it will be captured due to resonance and start co-migration (e.g. Mustill & Wyatt,
2011; Deck & Batygin, 2015). An alternative explanation is that the density of large peb-
bles or planetesimals may be enriched at the resonance sites (e.g. Wyatt, 2003), therefore
a planet is preferred to form near the resonance. Further investigations are required to
discuss the possibilities of the respective scenario.

Finally, the evolution tracks on Figure 4.5 do not pass through the region of the observed
hot Jupiters. This implies that those gas-gap opening planets in our predicted population
are unlikely to be the origin of the hot Jupiters, at least before the dispersal of the disk.
It is still possible for low mass planets to become hot Jupiters, but it depends on whether
there exist a inner gas giant in the disk that can stop the inward migration of low mass
planet via resonance capture. Alternatively, if the configuration of the planetary system
is dynamically unstable, hot Jupiters can be formed via later stage scattering followed by
tidal circularization (e.g. Nagasawa et al., 2008). Therefore, the stability of the planetary
systems is crucially important to determine the final configurations, and that will be
covered in the next chapter.

4.6 Summary

The scaling relations found by previous studies can be used to deduce the planetary mass
from the shape of the gap. In order to make appropriate predictions, it is necessary to
know whether the gap exists in both the gas/dust profiles or only exist in the dust profile.
In this chapter, we purpose a method of solving this degeneracy by considering the core
accretion scenario of planetary formation. Since the pebble isolation mass is always
associated with a deep gas gap, if the predicted planetary mass is larger than pebble
isolation mass, it can be regarded as a gap in both gas/dust profiles. Otherwise, the gap
is considered as only a dust gap. By translating these mass criteria to gap classification
criteria using two mass scaling relations, we can classify the observed gaps into four
groups, and then predict the planetary mass according to the grouping. Based on our
analysis of 35 disks with 55 gaps, our main results are:

1. For our fiducial value of α(= 10−3), 21 out of 55 gaps are classified as dust-only gaps,
19 are gas gaps, and 15 remain indistinguishable (table 4.2). Our criteria can dis-
tinguish between dust-only and dust-gas gaps for the majority of the observed gaps
(73%). The viscosity α can significantly change the interpretation of the gaps, as
discussed in section 4.4.2. As α increases, the number of indistinguishable gaps
also increases. We show a particular example of α dependence in Figure 4.7 and
the predictions are summarized in table 4.3.

2. Distribution of gaps in multi-gap systems shows that inner gaps are mostly gas
gaps, while the outer gaps are mostly dust-only gaps. The predicted planetarymass
in general decreases with increasing orbital radius. As discussed in section 4.5.2,
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this trend can be explained by the difference of the accretion rates and pebble isola-
tion mass at inner and outer disk regions, and is consistent with the core accretion
scenario.

3. The predicted planetary mass ranges from 1.6 M⊕ to 4.8 MJ. The evolution tracks for
single planets suggest our predicted planets have potential to be the origin of the
widely separated giant planets, such as planets in HR 8799 and PDS 70 (Figure
4.5). We also found that observed hot Jupiters are not located on the evolution
tracks associated with planets that we predict. As discussed in section 4.5.2, it may
imply that the dynamical instability is required to form hot Jupiters. Alternatively,
their origin is different from those gap opening planets observed in PPDs.

4. Closely outside of the 2:1 resonance line of the inner planet that opens gas gap, there
often exist a small planet that opens only a dust gap (Figure 4.6). As discussed in
section 4.5.2, it can be related to the resonance capture due to convergentmigration.
Alternatively, the orbital resonance may be causally related to the planetary core
formation.

Our results suggest that the core accretion scenario is consistent with the the observed
gap structure, and the planet-planet interaction in the multi-planetary systems plays an
important role to shape their architecture. In the next chapter, we will focus on multi-
planetary systems and carry out N -body simulations based on the initial conditions that
we have obtained. Before the dispersal of the disk, we will implement both migration
and accretion with different disk parameters. After the disk dispersal, we will continue
integrating the systems with gravitational force to Gyr timescale to assess the dynamical
stability of the configuration. Eventually we will compare our synthesized systems with
the observed exoplanetary population and see to what extent we can connect the observed
disks to the diversity of the observed exoplanets.



Chapter 5

Planetary systems predicted from
multiple ALMA disks II: evolution
and long-term orbital stability

5.1 Introduction

In Chapter 4 (hereafter Paper I), we present our criteria to break the degeneracy of the
dust-only gaps and the gas gaps, and give the mass predictions of the embedded plan-
ets based on the gap classifications that are consistent with the core accretion scenario.
Upon comparison of the predicted planetary population with the observed exoplanetary
population, we found that the two populations have little overlap in mass and semi-major
axis distribution. Though this discrepancy may partially originate from the observation
bias, themost important factor to consider here is that the planets embedded in the PPDs
may significantly interact with the disk via orbital migration and mass accretion, as we
show in Chapter 3.

Since the PPDs are generally young and expected to survive for a few millions of years
before the dispersal, the current planetary architecture deduced from the disk substruc-
ture may be strongly shaped by the disk in terms of both semi-major axis and mass.
Furthermore, even after the disk dispersal, the planetary system continues evolving via
mutual gravity, and stochastic perturbations may also exist if there are planetesimals re-
maining. Therefore, in order to predict the final architecture of the planetary systems, it
is crucial to quantitatively understand how the planets evolve with the disk, and whether
the configurations are stable against the mutual gravity as well as the perturbation after
the disk dispersal.

The main purpose of the this chapter (Paper II) is to follow the evolution of the 12 em-
bedded multi-planetary systems starting from the observational motivated initial con-
ditions, predict their evolution outcomes, and compare with the architecture of the ob-
served exoplanetary systems. This approach has been attempted earlier for the HL Tau

This chapter is mainly based on the modified version of the manuscript Wang et al. (2021b) that was
submitted to the Astrophysical Journal.
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system in Chapter 3 (hereafter W20), in which its prominent three gaps have been as-
sumed to be carved by three protoplanets with masses exceeding the pebble isolation
mass. W20 found that the resulting planetary systems are basically stable over 10 Gyrs,
and the planetary systems resemble several widely-separated giant planets observed by
direct imaging such as HR 8799, β Pictoris and PDS 70. In this chapter, we extend W20
to the 12 ALMA disks with the multiple-gap substructure, which allows us to interpret
the result of W20 in a more general context, not particular to the specific case of the HL
Tau.

The rest of the chapter is organized as follows. Section 5.2 provides an overview of our
investigation and summarises the results of Paper I that the masses and locations of
the possible protoplanets embedded in the 12 ALMA disks, which serve as the initial
conditions for the simulations in the present chapter. Section 5.3 describes our disk-
planet interaction model including the pebble and gas accretion and orbital migration
The results of simulations at the end of the disk-planet interaction stage are presented
in section 5.4, and are employed as the initial conditions for the purely N-body simu-
lations after the disk dispersal performed in section 5.5. In particular, we include the
stochastic perturbative force due to residual planetesimals so as to examine the fate of
few-body protoplanetary systems in a more realistic manner. The stability of such sys-
tems is presented in section 5.6, and section 5.7 discusses the validity, consistency and
implications of the results. Finally section 5.8 is devoted to the summary and conclusion
of the chapter.

5.2 Simulation and initial conditions

5.2.1 Overview

Figure 5.1: Schematic illustration of our simulation starting from the observed ALMA
disks.

Figure 5.1 illustrates the overall picture of our simulation presented in this chapter.
During the evolution of the primordial disk around a protostar, protoplanets form and
open clear gap and ring structures in the dust disk as identified by ALMA. The locations
and masses of those embedded planets are estimated in Paper I from the observed disk
properties, as described in the next subsection. The initial conditions for our simulation
are based on these predictions.
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Similar to W20, our simulation consists of two different stages. First at the disk stage,
we compute the evolution of the system by taking account of the mutual gravity among
the central star and other planets, planet-disk interaction, and the resulting migration
and mass accretion of each planet. The evolution model and the results are described in
sections 5.3 and 5.4, respectively. After the gas component of the disk is dispersed, we
switch to the second stage simulation, in which we consider the gravitational interaction
among the star and planets, and neglect planet-disk interaction.

The above two-stage simulationmethod is basically the same as that adopted byW20, but
with improvements in several aspects. Firstly, we predict the mass of the planet embed-
ded in the observed gap using a more sophisticated method that considers the different
gap-opening mechanisms in the gas and dust disks, as presented in Paper I. Secondly, we
take account of the pebble accretion for planets below the pebble-isolation mass during
the disk stage simulation. Finally, in the post-disk stage simulation, we introduce the
stochastic perturbations due to numerous planetesimals around each planet, in addition
to the mutual gravity among the star and other planets.

5.2.2 Initial condition for protoplanets embedded in the observed
ALMA disk systems

In Paper I, we found that the mass of protoplanets embedded in the ALMA disks sensi-
tively depends on the assumption whether or not the unobserved gas component has the
similar gap structure as the dust component. The difference leads to fairly different pre-
dictions for the final outcome of the planetary systems. Therefore, we briefly summarize
the main conclusion of Paper I here, and present how we assign initial conditions for the
12 ALMA disks that we consider in the present analysis.

The estimated planetary masses in Paper I are based on the observed gap substructures
in PPDs reported by Long et al. (2018a), the Disk Substructures at High Angular Reso-
lution Project (DSHARP) (Andrews et al., 2018), and van der Marel et al. (2019). In this
chapter, we select all disks (twelve in total) that exhibit multiple-gaps in Paper I; out of
the 12 disks, five disks have two gaps, six disks have three gaps, and the remaining one
(HD 163296) has four gaps. The parameters for those disks are listed in Table 1 of Paper
I.

We list the mass and outer radius of the disks in Table 5.1, which are relevant for de-
termining the initial surface density in section 5.3.4. The outer radius of the disk is
based on the disk radius at millimetre wavelength given by van der Marel et al. (2019)
and Huang et al. (2018b). The total disk mass is also adopted from the the respective
reference if provided, otherwise it is calculated from the 1300 µm flux using the relation
provided in Cieza et al. (2008):

Mdisk = 1.7× 10−4 M�

(
F1300µm

mJy

)(
d

140 pc

)2

. (5.1)

For the HL Tau disk, we adopt the disk mass estimated by Kwon et al. (2015), same as
we adopted in W20.
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Here we briefly show the method that Paper I proposed to predict planetary mass by
classifying the gaps into three groups (there is no gap corresponding to Group IV in our
selected ALMA disks). There are three characteristic mass scales relevant in the present
analysis. If the planet is embedded in a dust gap alone in which the gas component does
not open a significant gap, the corresponding planet is expected to have the mass (e.g.,
Lodato et al., 2019):

Mp,dust(Rgap) = 6.01M⊕

(
M∗
M�

)(
∆gap/Rgap

0.1

)3

, (5.2)

where Rgap and ∆gap are the radius and width of the observed gap, and M∗ is the mass
of the central star. In contrast, if the gas component exhibits the same gap structure as
observed for the dust component, the mass of such a planet is predicted and empirically
given by Kanagawa et al. (2016) as

Mp,gas(Rgap) = 175M⊕

(
M∗
M�

)(
∆gap/Rgap

0.5

)2(
hgap/Rgap

0.05

)3/2 ( α

10−3

)1/2

, (5.3)

where α is the assumed disk viscosity.We follow Dong et al. (2018b) and estimate the gas
scale height hgap at Rgap the stellar temperature model, assuming a locally isothermal
disk and ideal gas equation of state (see section 2, Paper I). Adopting this model results
in a vertically flared disk with the flaring index equal to 0.25

h

R
=

(
h

R

)
100 au

(
R

100 au

)0.25

. (5.4)

The important scale that distinguishes between the above two cases is the pebble iso-
lation mass Miso. When a planet becomes more massive than Miso, it starts to open a
shallow gas gap that generates a pressure maxima at its vicinity. Thus the pebble ac-
cretion is terminated, and instead, run-away gas accretion onto the planet is triggered
by the cooling. The planet grows quickly in mass to open a deep gap in both the gas and
dust disks. Therefore, Mp,dust < Miso and Mp,gas > Miso should essentially correspond to
the conditions for the dust-only gaps and both dust and gas gaps, respectively.

We adopt a fitting formula by Bitsch et al. (2018) for the pebble isolation mass at R:

Miso(R) = 25M⊕

(
M∗
M�

)(
h/R

0.05

)3

f(α, η), (5.5)

(5.6)

where

f(α, η) =

[
0.34

(−3.0

logα

)4

+ 0.66

](
1− η + 2.5

6

)
, (5.7)

with η = ∂ lnP/∂ lnR being the logarithmic pressure gradient.

In reality, however, the values ofMp,dust,Mp,gas andMiso suffer from fairly large theoretical
and observational uncertainties. Therefore, in Paper I we allow a fudge factor of two
for the estimated masses, and classify the observed ALMA gaps into the three groups:
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Mp,dust< Miso Miso < Mp,dust< 2Miso Mp,dust> 2Miso

Mp,gas< 1/2Miso Mp,dust(D) Miso(P) None

1/2Miso < Mp,gas< Miso Mp,dust(D), Miso(P) Miso(P) Miso(P)

Mp,gas> Miso Mp,dust(D), Mp,gas(G) Miso(P), Mp,gas(G) Mp,gas(G)

Group I (dust-only) gaps Group II (gas & dust) gaps

Group III (indistinguishable) gaps Group IV (non-planetary) gaps

Figure 5.2: Criteria for the planetary mass assignment and gap classification. Groups I
gaps only open in the dust disk; Group II gaps open in both the gas and dust disk; Group
III gaps are indistinguishable gaps that can be interpreted as either dust-only gaps or
gas gaps; Group IV gaps have non-planetary origin. No gap belongs to Group IV in our
sample.

Group I (dust-only), Group II (gas & dust) and Group III (indistinguishable) gaps. The
gap classification criteria are summarised in in Figure 5.2.

In this chapter, since our migration and accretion recipes are determined by whether
the planetary mass is above or below Miso without the fudge factor of two, we further
refine the mass assignment of Paper I to make the evolution of the respective gap inter-
pretation consistent with Miso. The respective criteria for the mass assignment are also
summarised in Figure 5.2. For example, for Group I gaps, we adoptMp,dust as the initial
planetary mass only if Mp,dust < Miso; otherwise, Miso is adopted instead. Similar rule is
also applied to Group II gaps, and for Group III gaps it is possible to have two possible
initial mass assignments. For convenience, in this chapter, we use symbols D (dust), G
(gas), and P (pebble-isolation mass) to indicate that the mass of the planet is set to be
Mp,dust, Mp,gas, and Miso at the initial epoch of our simulations. Note that here we do not
consider Group IV (non-planetary origin) because no gap belongs to this group in Paper
I.

Table 5.1 shows all sets of the initial planetary mass adopted when α is the fiducial value
10−3. If one or more gaps in a disk system have two mass interpretations, we explore all
the possible combinations of mass assignments. For example, both gap 2 and gap 3 in
CI Tau are Group III gaps and have twomass assignments (‘PG’ and ‘DP’), therefore there
are in total four combinations (‘GPD’,‘GPP’,‘GGD’,‘GGP’) for CI Tau. The adopted α can
change both the classification of the gaps and the predicted planetary masses, especially
when the predicted planetary mass is close to the respective Miso.The planetary masses
are estimated assuming each gap is opened by a single planet, and planets are located
at the mid-points of the corresponding gaps. Note that the planetary masses adopted
for HL Tau in Table 5.1 are about two times as large as those adopted in W20, mainly
because of the different α values that we adopted (α = 10−3 in Table 5.1, but α < 6× 10−4
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Disk(set) Mdisk Rout
Planet 1 Planet 2 Planet 3 Planet 4

Location(au) Location(au) Location(au) Location(au)
(M�) (au) Type Mass(MJ) Type Mass(MJ) Type Mass(MJ) Type Mass(MJ)

AA TAU 0.0162 150 72 118
AA TAU(DD) D 0.090 D 0.031
AA TAU(PD) P 0.175 D 0.031
AS 209 0.0366 139 8.7 61 93
AS 209(GPD) G 0.434 P 0.193 D 0.114
AS 209(GPP) G 0.434 P 0.193 P 0.265
AS 209(GGD) G 0.434 G 0.200 D 0.114
AS 209(GGP) G 0.434 G 0.200 P 0.265
CI TAU 0.0308 174 14 48 119
CI TAU(GPD) G 0.656 P 0.127 D 0.108
CI TAU(GPP) G 0.656 P 0.127 P 0.250
CI TAU(GGD) G 0.656 G 0.132 D 0.108
CI TAU(GGP) G 0.656 G 0.132 P 0.250
DL TAU 0.0374 147 39 67 89
DL TAU(DPG) D 0.091 P 0.142 G 0.271
DL TAU(PPG) P 0.095 P 0.142 G 0.271
DoAr 25 0.0406 165 98 125
DoAr 25(DD) D 0.071 D 0.009
Elias 24 0.0506 150 55 94
Elias 24(GD) G 0.529 D 0.033
GO TAU 0.0098 144 59 87
GO TAU(GD) G 0.262 D 0.043
GY 91 0.0191 140 41 69 107
GY 91(DDD) D 0.143 D 0.011 D 0.008
GY 91(PDD) P 0.174 D 0.011 D 0.008
HD 143006 0.0139 82 22 51
HD 143006(GG) G 2.977 G 0.264
HD 163296 0.0633 169 10 48 86 145
HD 163296(GGDD) G 0.320 G 0.995 D 0.254 D 0.030
HD 163296(GGPD) G 0.320 G 0.995 P 0.406 D 0.030
HL TAU 0.105 80 12 32 82
HL TAU(GPP) G 1.618 P 0.221 P 0.445
V1094 SCO 0.0401 290 60 103 174
V1094 SCO(DGD) D 0.070 G 0.365 D 0.023
V1094 SCO(PGD) P 0.138 G 0.365 D 0.023
Notations for adopted planetary mass: G:Mp,gas, P:Miso, D :Mp,dust.
References. Huang et al. (2018b);Long et al. (2018a); van der Marel et al. (2019).

Table 5.1: Disk parameters and initial planetary mass at fiducial α = 10−3.

in W20). If adopting the same value of α, we obtain the similar masses as W20.

5.3 Evolution of protoplanets in a gas disk: orbitalmi-
gration and mass accretion

At the disk stage indicated in Figure 5.1, the embedded protoplanets interact with the
disk, in addition to the mutual gravitational interaction with the central star and other
planets. While the detailed evolution needs to be studied with intensive hydrodynamical
simulations, we decided to adopt an empirical parametrizedmodel to describe the planet-
disk interaction (W20). Specifically, we employ a cylindrical coordinate, and compute the
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position vector of the i-th planet from

R̈i = f grav,i + f a,i + f e,i, (5.8)

where f grav,i is the gravity exerted by the central star and other planets, f a,i is the mi-
gration force, and f e,i is the eccentricity damping force, acting on the i-th particle per
unit mass. The latter two forces represent the planet-disk interaction, and are discussed
further in section 5.3.1.

We simultaneously compute the evolution of the planetary mass due to the accretion of
pebbles and gas from the disk. We describe how we model these accretion processes in
section 5.3.2, followed by the disk surface density model in section 5.3.3.

5.3.1 Planetary migration model

We adopt the same migration model as implemented in W20. Based on the hydrodynam-
ical simulation results of Kanagawa et al. (2018), this model considers the gas depletion
effect due to the gap opening and empirically parameterizes the planetary migration in
terms of a dimensionless factor Ki that characterizes to the depth of the i-th gap

Σmin,i

Σg(Ri)
=

1

1 + 0.04Ki

, (5.9)

where Σmin and Σg are the minimum gas surface density inside the gap and unperturbed
surface density.

The factor Ki is written as (e.g. Kanagawa et al., 2016, 2018)

Ki =

(
Mi

M∗

)2(
hi
Ri

)−5

α−1, (5.10)

where Mi is the time-dependent mass of the i-th planet, and hi/Ri is the aspect ratio at
its location.

Then the migration timescale of the i-th planet is empirically approximated as

τa,i =
1 + 0.04Ki

γL,i + γC,i exp(−Ki/Kt)
τ0,i(Ri), (5.11)

where γC,i = ΓC,i/Γ0,i and γL,i = ΓL,i/Γ0,i, with ΓC,i, ΓL,i, and Γ0,i being the co-rotation,
Lindblad, and characteristic torques for the i-th planet (Paardekooper et al., 2010). Fur-
ther details can be found in section 3.2 of W20.

5.3.2 Mass accretion onto planets

Pebble accretion and gas accretion are the two major channels for the mass growth of
protoplanets. The standard core accretion theory states that a planet forms a rocky
core via pebble accretion first (e.g., Ormel & Klahr, 2010). After the planetary mass
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exceeds Miso, the run-away gas accretion process sets in. Since our present simulation
considers the initial mass of planets ranging from 10−3 MJ to∼ a few MJ, we take account
of both pebble and gas accretion processes. On the other hand, the pebble accretion is
not considered in W20, because W20 assume that the embedded planets in the HL Tau
system have opened gas gaps with initial masses larger thanMiso.

Pebble accretion

When a planet is small, its gravity is too weak to capture the gas, and therefore its mass
growsmainly through the accretion of pebbles. We follow Lambrechts& Johansen (2012),
and assume that the pebbles can accrete on the i-th planet only within the effective radius
racc,peb from its location Ri:

racc,peb(Ri) =

(
St

0.1

)1/3

RH(Ri), (5.12)

where RH(Ri) is the Hill radius of the planet at Ri and St is the Stokes number of the
pebbles. Also we assume a non-stratified disk with the turbulent diffusivity compara-
ble to the turbulent (kinematic) viscosity. In this case, the pebble scale height hpeb is
approximately written in terms of the gas scale height h (Youdin & Lithwick, 2007) as

hpeb(Ri) =

√
α

St
h(Ri). (5.13)

If racc,peb > hpeb (racc,peb < hpeb), the accretion effectively proceeds in two (three) dimen-
sions. Thus we adopt the followingmass growth rate (e.g. Lambrechts & Johansen, 2012;
Ormel, 2017; Johansen et al., 2019):

Ṁpeb,i =

{
2Ωk,i[racc,peb(Ri)]

2Σpeb(Ri) for racc,peb(Ri) > hpeb(Ri)

6πΩk,i[racc,peb(Ri)]
3ρpeb(Ri) for racc,peb(Ri) < hpeb(Ri)

(5.14)

where Ωk,i, Σpeb(Ri) and ρpeb(Ri) are the Keplerian angular velocity, pebble surface den-
sity and mid-plane pebble density at Ri, respectively. The mid-plane pebble density
ρpeb(Ri) is computed from the pebble surface density Σpeb(Ri) using the relation ρpeb(Ri) =
Σpeb(Ri)/(

√
2πhpeb(Ri)).

We note that the above two expressions are discontinuous at racc,peb(Ri) = hpeb(Ri) be-
cause they correspond to the respective asymptotic limits of 2D and 3D pebble accretion
regimes, strictly speaking. An interpolation between the two may be adopted to describe
the transition of accretion regimes, but it does not change the results in practice. There-
fore, we adopt these discontinuous expressions of equation (5.14), same as the original
expression in the previous literature (e.g., Ormel, 2017).

The pebble accretion process continues until the planetary mass exceeds the pebble iso-
lationmassMiso, at which the planet is massive enough to generate a pressure bump that
prevents the pebbles from approaching the planet by effectively trapping them. There-
fore, after the outer planet reaches its pebble isolation mass, the pebble flux onto the
inner planet is also inhibited due to the presence of the pressure bump. This pebble
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shielding effect is incorporated by setting Ṁpeb = 0 in the region interior to the planet
that reaches pebble-isolation mass, and we turn off the pebble accretion of the inner
planets.

Gas accretion

When the planetarymass exceedsMiso, the planet grows only via gas accretion. Tanigawa
& Tanaka (2016) investigated the gas accretion from the disk and found out the accretion
occurs effectively at certain places around two Hill radii from the planet. Their model
expresses the accretion rate as the product of the accretion area per unit time D and the
surface density around the planet (approximately the minimum surface density inside
the gap Σmin):

Ṁgas,i = DiΣmin,i, (5.15)

where Σmin,i is given by equation (5.9) in terms of the gas surface density profile Σg(Ri),
and

Di = 0.29

(
hi
Ri

)−2(
Mi

M∗

)4/3

R2
iΩK,i, (5.16)

withMi being the mass of the i-th planet.

5.3.3 Gas and pebble surface density profiles in the disk

Gas surface density profile

We adopt the same model of gas surface density profile hosting multiple planets as W20.
For a quasi-steady gas disk with the star and each planet taking in mass and angular
momentum via gas accretion, the gas surface density Σg(R) between the nth and (n+1)th
planets is given by

Σg(R) =
Ṁgas,∗

3πν(R)

(
1−

√
R∗
R

)
+

n∑
i=1

Ṁgas,i

3πν(R)

(
1−

√
Ri

R

)
(5.17)

where Rn ≤ R < Rn+1, Ṁgas,∗ and Ṁgas,i are the gas accretion rates of the star and the i-th
planet, ν(R) ≡ αcs(R)h(R) is the kinematic viscosity with cs being the sound speed. The
stellar accretion rate Ṁgas,∗ is the remaining gas flux after the global gas influx Ṁglob is
consumed due to the gas accretion of all relevant planets:

Ṁgas,∗ ≡ Ṁglob −
N∑
i=1

Ṁgas,i. (5.18)

If the mass of the i-th planet is belowMiso and undergoes pebble accretion, we set Ṁgas,i =
0. The mass and location of all the planets determine how the global gas influx Ṁglob is
distributed among planets and stars: strong gas accretion of the outer planet consumes
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a large fraction of the Ṁglob and thus lower the surface density at the inner region, effec-
tively quenching both migration and mass growth of the inner planet. Such an effect is
important and will be further discussed in section 5.4.2.

To account for the decay of the disk due to both photoevaporation and accretion, we set the
the global accretion rate exponentially decay with the e-folding gas dispersal timescale
of τdisk:

Ṁglob(t) = Ṁ ini
globe

−t/τdisk , (5.19)

with τdisk fixed throughout each realization. As will be shown in section 5.3.4, Ṁ ini
glob is

determined by the observed disk size and mass given in table 5.1. Thus, when R is
sufficiently larger than the radius of the outermost planet, the surface density profile
Σg(R) ' Ṁglob/(3πν) is reduced to the unperturbed disk profile given by e.g., Pringle
(1981).

Pebble surface density profile

The pebble surface density Σpeb at the location of the i-th planet is given from the flux of
the pebbles as

Σpeb,i =
Ṁpeb,glob

2πR |vdrift,i|
, (5.20)

where Ṁpeb,glob is the global pebble accretion rate and vdrift,i is the pebble drifting speed.
Unlike the gas profile, we neglect the feedback of pebble accretion of an individual planet
on the global pebble profile. We further assume that Ṁpeb,glob is proportional to Ṁglob:

Ṁpeb,glob = χṀglob(t), (5.21)

where the proportional constant χ is set to the global pebble to gas ratio (we adopt χ =
0.01).

The pebble-drifting speed vdrift,i can be expressed in terms of the Stokes number (Wei-
denschilling, 1977):

vdrift,i = − 2∆vsub,i
St+ St−1

+
uR,i

1 + St2
, (5.22)

where ∆vsub is the relative velocity between pebbles and sub-Keplerian gas, uR is the
radial drifting speed of the gas, which are given respectively by (e.g. Birnstiel et al.,
2012; Ormel, 2017; Johansen et al., 2019)

∆vsub,i = −1

2

h2
i

Ri

∂ lnPi
∂ lnRi

ΩK,i (5.23)

uR,i = −3

2
α
h2
i

Ri

ΩK,i. (5.24)

Equation (5.22) suggests that pebble drifting speed strongly depends on the Stokes num-
ber, i.e., the aerodynamical property of the pebbles. Ormel (2017) pointed out that
St ∼ 10−3 − 10−1 is the optimal range for efficient pebble accretion, since pebbles with
very small St(< 10−5) or St ∼ 1 are difficult to be accreted onto the planet: aerodynami-
cally small pebbles well couple with the gas and thus hard to settle to the planet, while
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Notation Meaning Value∗
α Viscosity 5× 10−4, 10−3, 2× 10−3

τdisk Disk decay lifetime 2 Myr, 3 Myr
f Flaring index 0.25
St Stokes Number 0.01
χ Pebble-to-gas ratio 0.01

*the underscored is the fiducial value

Table 5.2: Summary of the disk parameters

pebbles with St ∼ 1 is hard to be captured due to its fast drifting speed. For simplicity,
we adopt a constant St in each simulation run and set the fiducial St value to be 10−2.

5.3.4 Numerical simulations and disk parameters

Our simulations are performed using the public n-body code rebound (Rein, 2012) and
its extension reboundx (Tamayo et al., 2020). As already introduced in section 5.2.1,
our simulation consists of two stages: the disk stage and post-disk stage. At the disk
stage, the ias15 integrator (Rein & Spiegel, 2014) is used, and the planetary migration is
computed taking account of both planet-disk interaction andmass accretion (see sections
5.3.1 and 5.3.2).

We list all the disk parameters that are fixed constant throughout each simulation in
Table 5.2. To be consistent with the temperature model that we adopted for the mass
prediction, the flaring index is fixed to 0.25 (equation 5.4). The Stokes number St and
pebble-to-gas ratio χ are only relevant to the pebble accretion. We found the architecture
were not sensitive to both St and χ since the migration strongly outperforms the pebble
accretion when the planetary mass is small, and thus we fix these two parameters and
focus on the impact of others. For each ALMA disk system, we have surveyed different
initial mass assignments, α viscosities and disk lifetime. The planets are initialised
with co-planar and nearly-circular orbits with the initial eccentricity of 10−7. We stop
the simulation at 5τdisk to ensure that the disk has sufficiently dispersed.

We adopt a constant α model that is independent of time and position. The initial value
of Ṁglob is normalised by the total disk mass:

Ṁ ini
glob =

3

2
ν1au

(
M ini

disk

1 au2

)[(
Rout

1 au

)
−
(
Rin

1 au

)]−1

, (5.25)

whereM ini
disk is the initial disk mass, ν1au = ν(R = 1 au) is the kinematic viscosity at 1 au.

We assume the outer edge of the dust disk is the same as that of the gas disk. The inner
edge of the disk is often poorly resolved, so we simply set the inner edge to be 0 au, except
for AA Tau, whose inner edge is set to be the outer boundary of its inner cavity.
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Figure 5.3: (a) Final mass and semi-major axis of the simulated planetary systems
evolved with fiducial α = 10−3, as well as the observed exoplanetary population in grey
dots (data extracted from exoplanet.eu, 2021). Green, magenta, and brown color denote
Mgas, Miso, Mdust adopted as initial planetary mass. The blue text tags some example
planets. The respective color lines show the evolution track. Jupiter, Saturn, Uranus
(cyan) and Neptune (dark blue) are also plotted. (b) Configuration of planetary systems
at the end of disk dispersal at α = 10−3. The marker size is proportional to M2/3

p . The
different colours denote the interpretation of the initial planetary mass assigned: brown
indicatesMp,dust, magenta indicatesMiso and green indicatesMp,gas.

5.4 Architecture of planetary systems at the end of
the disk stage

In this section, we compute the evolution of planetary systems through the disk-planet
interaction, and present their architecture at the end of the disk stage. The majority
of planets has significantly migrated inwards and/or increased the mass, and their final
architecture varies much when a different set of initial conditions and disk parameters
are employed. In the following subsections, we will compare the resulting configurations
of the planetary systems against the observation, by emphasizing the dependence on the
disk parameters and initial planetary mass assignments.

5.4.1 Overall results at the disk stage

Figure 5.3 shows the evolution of mass and semi-major axis of the planetary systems at
the disk stage for the fiducial disk parameters listed in Table 5.2. In Figure 5.3(a), solid
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Figure 5.4: Example evolution of planets from four different groups. Evolution of other
planets in the same system are also plotted in grey colour.

symbols indicate the positions and masses of the simulated planets at the end of the disk
stage; different colours correspond to the type of initial planetary mass (G: green circles,
P: magenta squares, and D: brown triangles), and lines associated with each symbol are
evolution tracks of the planets. For reference, the locations of the observed planets are
plotted in grey dots, as well as those of Jupiter, Saturn and Neptune in the Solar system.
Figure 5.3(b) shows the final mass and semi-major axis of planets for each system.

While most of the planets are initially located far away from the observed population,
during the disk-stage evolution the planets migrate inwards and grow larger. Although
themajority of the resulting systems do not cover the range of observed planets, a fraction
of them turn out to be very close to the systems observed via direct imaging, such as β Pic
b, PDS 70b, PDS 70c, HR 8799b, and HR 8799c. Those planets that are initialised with
mass equal or larger than Miso (magenta and green) undergo gas accretion throughout
the simulation, and their evolution tracks are well-consistent with the predictions of
Tanaka et al. (2020) (See figure 4 of Paper I).

We divide the simulated planets roughly in four different groups whose typical evolution
tracks are plotted in Figure 5.4. Although the planetary systems contain multiple plan-
ets, the initial mass and location are still the most important factors for the disk stage
evolution as well as the final configuration, rather than the presence of other planets.
Hence, we simply highlight the planet corresponding to the respective category, while
the rest of planets in the same system are plotted in grey colour just for reference. In the
following, we briefly summarise the feature of planets in each category.

1. Distant giant planets (Figure 5.4a): a fraction of our simulated planets includ-
ing HL Tau(GPP), HD 143006(GG), and Elias 24 Planet 1(G) end up with 0.5 − 3
Jupiter-mass planets or even more massive brown dwarfs with semi-major axis be-
tween 30 au and 100 au. Most of these planets start with gas accretion and fail to
move to the inner region due to the slow migration. The most massive ones re-
semble those widely-separated systems discovered via direct imaging, HR 8799, β
Pictoris and PDS 70 systems.

2. Jupiter-like planets (Figure 5.4b): around 10 planets have final masses around
1−2 Jupiter masses with semi-major axis less than 30 au. A few of them are initially
far away (> 50 au) with mass slightly belowMiso, e.g., AA Tau Planet 1(D), DoAr 25
Planet 1(D), GY 91 Planet 1(D). These planets first migrate significantly via the
fast Type I migration, followed by the run-away gas accretion at the inner region
of the disk, as illustrated by the L-shape brown tracks in Figure 5.3(a). The rest of



84 Chapter 5. Planetary systems predicted from multiple ALMA disks: Part II

the planets (e.g., AS 209 Planet 1(G), HD 163296 Planet 1(G)) are initially around
10 au, which are close to the orbits of Jupiter and Saturn. Due to their large initial
mass, they never experience strong migration nor accretion in the later stage.

3. Neptune-like planets (Figure 5.4c): several planets (e.g. CI Tau Planet 3(D)) do
not enter or barely enter the run-away gas accretion phase due to the combination of
surface density drop and resonance block from the inner gas planet; they migrate
very slowly without significant mass growth and stay at the region around 50 au.
V1094 SCO Planet 1(D) is close to Neptune in terms of both mass and semi-major
axis.

4. Distant small planets (Figure 5.4d): some low mass planets with a few M⊕ (e.g.
GY 91 Planet 3(D)) on the lower right area in Figure 5.3(a) are too small and far
away, so they do not evolve and stay at their initial locations without changing the
mass.

Incidentally, our simulated systems turned out not to reproduce the observed population
of Hot Jupiters. This conclusion is different from the previous claim by Lodato et al.
(2019), who consider only the migration of the planets without accretion. Indeed, the in-
ward migration of the gas giants is significantly slowed down once the planets enter the
run-away gas accretion phase, because the fast growing planetary mass quickly depletes
the gas gap. This effect has been pointed out by Tanaka et al. (2020) in the context of
a single, isolated planet, and our simulation confirms that this is also valid for multi-
planet systems. Moreover, in a multi-planetary system, once the inner planet becomes a
gas giant, it blocks the outer planet from migrating further inward via resonance. In or-
der to become a Hot Jupiter eventually, the embedded protoplanet should be less massive
and locate closer to the central star, so as to experience the fast Type I migration to reach
inner region followed by the substantial gas accretion. This problem may point to sev-
eral possibilities including the observational bias and limitations of the current ALMA
disks and/or the additional perturbations from nearby objects, which will be discussed
in section 5.7.3.

5.4.2 Dependence on the different mass assignment for the em-
bedded planets

We have shown in the previous subsection that the initial planetary mass significantly
affects the subsequent evolution, and thus the final configuration of the system. To illus-
trate this dependence on the initial mass, we select example systems with two planets
(AA Tau), three planets (CI Tau), and four planets (HD 163296). In each disk system,
we explore two different mass assignments for one of the planets, considering theoretical
and observational uncertainties of a mass estimate, as mentioned in Section 5.2.2. Other
initial conditions, such as locations of planets and disk parameters, are kept identical.
Here we focus on how the difference of the initial mass assignments affects the evolution
of planetary systems.

Our results show that initial planetary mass assignments lead to different evolution
outcomes, although the level of deviations depends on the individual setup. As shown



5.4. Architecture of planetary systems at the end of the disk stage 85

40

60

80

100

120

AA
TA

U(
DD

)

semi-major axis/au

0

0.5

1

planetary mass/MJ

0

0.02

0.04

0.06

0.08

0.1
eccentricity

2

3

4

5

Period ratio

0 2 4 6 8 10
time/Myr

40

60

80

100

120

AA
TA

U(
PD

)

0 2 4 6 8 10
time/Myr

0

0.5

1

0 2 4 6 8 10
time/Myr

0

0.02

0.04

0.06

0.08

0.1

0 2 4 6 8 10
time/Myr

2

3

4

5AA
TA

U

(a) AA TAU

25

50

75

100

CI
TA
U(
GP

D)

semi-major axis/au

0.5

1

1.5
planetary mass/MJ

0

0.02

0.04

0.06

0.08

0.1
eccentricity

2

3

4

5

6

Period ratio

0 2 4 6 8 10
time/Myr

25

50

75

100

CI
TA
U(
GP

P)

0 2 4 6 8 10
time/Myr

0.5

1

1.5

0 2 4 6 8 10
time/Myr

0

0.02

0.04

0.06

0.08

0.1

0 2 4 6 8 10
time/Myr

2

3

4

5

6CI
TA
U

(b) CI TAU

50

100

150

HD
16

32
96

(G
GD

D)

semi-major axis/au

0

1

2

3

planetary mass/MJ

0

0.02

0.04

0.06

0.08

0.1
eccentricity

2

4

6

8

10
Period ratio

0 2 4 6 8 10
time/Myr

50

100

150

HD
16

32
96

(G
GP

D)

0 2 4 6 8 10
time/Myr

0

1

2

3

0 2 4 6 8 10
time/Myr

0

0.02

0.04

0.06

0.08

0.1

0 2 4 6 8 10
time/Myr

2

4

6

8

10

HD
16

32
96

(c) HD 163296

Figure 5.5: Example evolution of semi-major axis, planetarymass,eccentricity and period
ratio of adjacent pair of disk (a) AS 209 and (b) HD163296. Disk parameters are set to
be the fiducial values.
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in Figure 5.5 (a), in AA Tau(DD), the inner and outer planets migrate from [72, 118]au to
[28, 83]au, where in AA Tau(PD) they migrate from the same initial locations to [60, 98]au.
Similarly, Planets 1 (innermost), 2 (middle) and 3 (outermost) migrate from [14, 48, 119]au
to [13, 36, 58]au in CI Tau(GPD) and to [14, 44, 96]au in CI Tau(GPP). Although the final
position of the Planet 1 is not strongly affected by the initial mass assignment, the outer
two planets of CI Tau(GPD) migrate further inward relative to those of CI Tau(GPP).

CI Tau(GPD) experiences significantly stronger migration because its Planet 3 has rel-
atively small initial mass, and undergoes the fast Type I migration at the beginning.
Such a high migration speed was sustained for around 1 Myr due to the inefficient pebble
accretion. The fast approach between Planets 3 and 2 even excites the eccentricity of
Planet 2 at around 2 Myr. When Planet 3 further approaches Planet 2, its fast migration
was hindered by both the resonance block and drop of the gas surface density due to gas
accretion of of Planet 2. Consequently, both Planets 2 and 3 co-migrate with a period ra-
tio very close to 2.0. On the contrary, in CI Tau(GPP) Planet 3 starts from gas accretion,
and that lowers the surface density at the position of Planet 2. In effect, both Planet 3
and Planet 2 suffer from slower migration, and their final period ratio is larger than 3.0.

The initial mass assignment also affects the mass evolution, and in particular, results
in distinct mass orders in CI Tau and HD 163296 systems. In CI Tau(GPD), Planet 3
undergoes pebble accretion throughout, while both Planets 1 and 2 start with gas accre-
tion. The fast growing Planet 2 quenches the growth of Planet 1 by lowering the surface
density at the inner side (see equation 5.17). It also prevents Planet 3 from migrating
further inward via 2:1 resonance. Therefore, Planet 3 can neither grow efficiently nor mi-
grate further inwards to trigger the gas accretion, as shown by the period ratio evolution.
In the end, Planet 2 becomes the largest planet, and Planet 3 remains as a Saturn-size
planet.

However, in CI Tau(GPP), Planet 3 initially starts with fast gas accretion, and its large
accretion rate quenches the growth of both Planet 1 and 2. In effect, Planet 3 becomes
a planet larger than Jupiter at 10 Myr epoch, while Planet 2 is the smallest because of
the reduced gas inflow due to the gas accretion of Planet 3. The situation is similar in
HD 163296(GGDD), except that Planet 3 entered the gas accretion stage late at around
1 Myr, instead of always staying at the pebble accretion stage. Such a delay does not
change the final mass qualitatively, but it is already sufficient to reverse of the mass
order of Planets 2 and 3.

The period ratio evolution shows that some planet pairs can enter resonance via conver-
gent migration. For example, the initial period ratio of the outer pair in CI Tau(GPD) is
around 4.0. Due to the strong migration of Planet 3, the period ratio quickly decreases
to 2.0 within 2 Myr, entering 2:1 resonance. Since Planet 3 undergoes Type I migra-
tion throughout the disk lifetime, its migration speed can always match that of Planet
2 undergoing slower Type II migration, which ensures the period ratio always sticks to
2.0. We will discuss more about the overall period ratio distribution in section 5.4.5 and
section 5.6.2 (also see Figure 5.15)

To summarise, the difference of the initial mass assignments can significantly change
the orbital configuration the planetary system: when the the initial planetary mass is
belowMiso (type ‘D’), the planet migrates fast and its final position is much inward than
those planets assigned with masses equal or larger than Miso. In general, the initial
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mass assignment has less significant impact on the final planetary mass, because the
fast migration of planet initially below Miso can trigger the runaway gas accretion in a
short timescale, and thus the final masses are not strongly affected. Nevertheless, in
specific systems such as CI Tau (Planet 3), qualitative difference exists between the final
masses, since the inner planet blocks the migration of the outer planet. Therefore, it is
important to take into account of the planet-planet interaction and evolution feedbacks
in such multi-planetary systems.

5.4.3 Sensitivity to α viscosity

As mentioned in section 5.2.2, the α parameter not only affects migration and accretion
rates, but also changes the initial conditions, including the classification of the gaps and
planetary mass estimation. To investigate the sensitivity to the α parameter, we also
carried out simulations with α = 2× 10−3 and α = 5× 10−4, which differ by a factor of two
with respect to the fiducial α(= 10−3). In general, as α increases, more gaps are classified
as indistinguishable gaps, and vice versa. For example, for α = 10−3, the HL Tau system
only has one set of mass assignment, but for α = 2× 10−3, there are four different sets as
both Gap 2 and 3 can be interpreted as either gas gap or dust gap at larger α. Moreover,
bothMp,gas andMiso are scaled with α parameters. Therefore, while comparing the same
system with different α parameters, we focus on the overall statistical trend rather than
their specific case-by-case difference.

Figure 5.6 plots the final configuration of the planetary systems at the end of the disk
dispersal. Both migration and accretion are enhanced when α increases. For example,
while the innermost planet of HL Tau systems are located around 9 au with mass ∼ 2 MJ

at α = 5× 10−4, they move further inward to around 3 au with mass ∼ 10 MJ at α =
2× 10−3. It is because the gas depth parameter K is inversely proportional to α (see
equation 5.10), so increasing α effectively decreases the depth of the gas gap, therefore
enhancing both rates of migration and accretion that are proportional to the gas surface
density.

At α = 2× 10−3, planets are both massive and closer to each other, and thus their res-
onance overlap and systems become unstable (eccentricity > 1): three out of four mass
assignment sets of HL Tau become unstable during the disk stage, and similar instabil-
ity also happens to two sets of DL Tau. Details about the instability time and evolution
of the unstable cases are in Figure 5.7. We plot the final configurations of the planetary
systems just before they get unstable. On the same figure, we also plot the time when
instability happens, as shown by the grey bars. Both sets of DL Tau become unstable at
around 4 Myr, while the three HL Tau sets become unstable at around 6 Myr. All systems
are much compact and massive than their initial states, as represented by the dashed
circles.

Figure 5.7 also plots the evolution of two example planetary systems, DL Tau(DDG) and
HL Tau(GGD), in terms of semi-major axis, mass, eccentricity and period ratio. Both
of the systems become unstable due to the planet-planet scattering that is triggered by
the close approach of the two planets. In the case of DL Tau, the instability happens at
around 4 Myr, with the innermost planet collide with the star. Similarly, for the HL Tau
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Figure 5.6: Same as Figure 5.3 but with different α viscosities. (a)(b): α = 2× 10−3.
(c)(d): α = 5× 10−4.
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Figure 5.7: Left: configurations (just before instability) as well as the instability time
of the systems that become unstable at the disk stage, when α = 2× 10−3. The dashed
circles represent the initial location and mass of the planetary systems. Right:Evolution
of DL Tau(DDG) and HL Tau(GGD), which are both unstable at the disk stage when
α = 2× 10−3.

system, the outermost planet is scattered and ejected at around 6 Myr. The scattering
events in both systems are associated with strong excitation of eccentricity.

Since our migration and accretion models are only applicable to nearly circular orbits,
we exclude these cases from the final configuration. It is worth to mention here that
α = 2× 10−3 is much larger than the fiducial α(= 3× 10−4) of W20 suggested by Pinte
et al. (2015), since the sharp edges of the HL Tau gap imply good dust settlement and
thus weak turbulence level. Therefore, even though the majority of the HL Tau systems
are unstable at α = 2× 10−3, this should only be interpreted as extreme cases, and the
majority of the HL Tau systems are still stable.

We also plot the semi-major axis and mass evolution of planets for α = 2× 10−3/5× 10−4

in Figure 5.6. Although the α parameter in principle affects all accretion and migration
mechanisms, the effect is only significant for planets entering the gas accretion stage,
i.e., the distant giant planets and Jupiter-like planets. These planets initially aboveMiso

migrate further inward and eventually become super-Jupiters or brown dwarfs when α
increases, exhibiting greater overlap with the observed planetary population.

On the other hand, some planetary systems consisting of the Neptune-like planets, such
as V1094 SCO, DoAr 25 and GY 91, are relatively less sensitive to α parameter since
the majority of the planets always start from the pebble accretion stage. Some planets
in these systems may enter gas accretion stage via inward migration, but by the time
they reach Miso, the disk surface density has already decayed. Therefore, in this case
changing α parameter does not affect their final configuration to a large extent. Finally,
the evolution of distant low mass planets initially well belowMiso is rather insensitive to
the change of α. These sub-Neptunes remain far away from the star regardless of α, and
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have no counterpart in the observed population.

We can see that increasing α generally results in more compact, massive and inner plan-
etary systems, since both migration and accretion rates are enhanced. Also for some
specific planets that are close to Miso(e.g. AS 209 Planet 3), varying α changes the time
when the runaway gas accretion is triggered and thus can affect the final architecture to
larger extent. The planetary systems tend to become less stable at larger α, and particu-
larly at α = 2× 10−3, several sets become unstable during the disk phase. At α = 5× 10−4,
there is no unstable cases and the evolution does not change qualitatively as compared
with those systems evolved with α = 10−3.

5.4.4 Effect of disk lifetime
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Figure 5.8: Same as Figure 5.3 but with τdisk = 3 Myr. The total simulation time also
changes to 15 Myr. The grey dots and tracks denote the same system evolved with fiducial
τdisk = 2 Myr.

To investigate the impact of the disk lifetime, we select DL Tau, Go Tau, HD 163296 and
HLTau systems and re-run their simulationwith longer disk lifetime τdisk = 3 Myr. When
the disk lifetime becomes longer, the disk surface density decays at a lower speed, there-
fore both the migration and accretion are expected to be enhanced, similar to increasing
the α parameter.

Figure 5.8 plots the evolution of planets with longer disk lifetime. For comparison, we
plot the results of the same systems evolved with our fiducial value (τdisk = 2 Myr) in grey
colour. Indeed, all planets migrate to more inward region and become more massive.
However, unlike increasing the α viscosity, increasing the disk lifetime does cause any
instabilities. We checked the evolution of the period ratios and found there is no signifi-
cant difference as compared with the fiducial case, because the disk lifetime only extends
the periods of themigration rather than increases themaximummigration speed. In this
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sense, although the disk lifetime can boost both the migration and accretion, it cannot
strongly affect on the dynamical structure of the planetary systems.

5.4.5 Period ratios of adjacent planets
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Figure 5.9: (a) Period ratios of all adjacent planet pairs against the semi-major axis of
the inner planets in the pairs. Colors represent results at different α, and size of the
dot is proportional to 2/3 power of the mass of the inner planet. The histogram of the
period ratios is plotted at bin-size = 0.2. (b) Enlargement of the dotted region in (a), with
bin-size = 0.1.

Figure 5.5 plots the evolution of period ratios for the three systems. In this subsection, we
show the period ratios of all adjacent planet pairs against the semi-major axis of the inner
planet at the end of the disk dispersal, together with the corresponding histograms in
Figure 5.9 (a). The majority of period ratios lie within the range from 1.5 to 4, with a long
tail extending to nearly 14. The inner planets of those widely-separated planet pairs (e.g.
DoAr 25) have generally small mass. They are initially sub-Miso planets that undergo fast
inward migration at the beginning, while the outer planets are slow-migrating planets
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that are either very small (i.e., migration torque is weak) or very massive (i.e., gap is
deep). Therefore, the outer planet cannot catch up with the inner planet, and the pair is
gradually separated apart. As a result, the inner planets of these wide-separated pairs
are located at inner region of Rin . 20 au because of the significant inward migration.

Most planet pairs with relatively smaller period ratios (< 4) are distributed in the outer
region with Rin ' 50 au. Figure 5.9 (b) show that most of the rest of pairs have a period
ratio < 2.8. There is a peak at 2.1, showing many planet pairs are ‘trapped’ outside of
the strong 2:1 resonance. For those pairs initially with a sub-Miso planet outside and
a massive gas-gap-opening planet inside, due to the fast Type I migration of the outer
planet, most of them reach period ratios that are close to 2.0. However, as the outer planet
approaches the inner planet, the gas surface density drops because of the gas accretion
of the inner planet (see equation 5.17), so the outer planet slows down.

The situation for those pairs consisting of two massive gas-gap-opening planets is simi-
lar: when two planets are far apart, the gas surface density at the location of the outer
planet is higher as its accretion quenches the gas inflow, so the migration speed of the
outer planet is likely to be higher than that of the inner planet, causing the outer planet
to approach the inner one. As two planets get close, the difference between the gas sur-
face density at their respective locations also decreases, so both the planets tend to co-
migrate. In our simulations, we find no planet pair breaks into 2:1 resonance if the period
ratio is initially above 2.

Figure 5.9 (b) also shows that around 20 planet pairs (including α = 2× 10−3 and 5× 10−4

cases) are inside the main resonance zone with period ratios less than 2.0, although their
initial period ratios (e.g. outer pair of DL Tau) are below 2. There is one obvious valley
at 1.8, which is mainly due to 3:2 and higher order resonances. Also such closely-packed
planet pairs are absent in our previous investigation concerning only the HL Tau (see
Figure 8, W20). There is no planet pair in our simulation breaking into 3 : 2 line, possibly
because of the dense overlap of resonance zones near the 3 : 2 resonance, so planet pairs
close to this range experience very chaotic evolution and thus quickly become unstable if
they are closer (see Fig 5.7).

To better illustrate the MMR states of the planet pairs, we plot the resonant angle evo-
lution (α = 10−3) of the planet pairs in DL Tau and AS 209 systems in Figure 5.10. The
resonant angle θp+q:q for the p+ q : p resonance is defined as :

θp+q:q = pλin − (p+ q)λout + q$ (5.26)

where p and q are positive integers, the subscripts “in” and “out” are referring to the
inner and outer planets that we considered in resonance. λ is the mean longitude and $
is the longitude of periastron of the inner or outer planet. Particularly, q is the order of
the MMR.

Figure 5.10 shows that both 2:1 and 3:2 resonant angles of DL Tau librate around 0◦ with
small amplitudes, implying that the inner and outer pairs of DL Tau are in good 2:1 and
3:2 MMR, and all three planets are in a chain of resonance. For AS 209 sets GPP and
GGP, the outer two planets are massive and close to each other with period ratio < 2.0,
causing the resonance zone to overlap. As a result, the same pair oscillates between 5:3
and 7:4 resonant states, so most of the time the respective resonant angles are librating
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Figure 5.10: (a) 2:1 (of inner pair) and 3:2 (of outer pair) resonant angles of DL Tau
system during the disk stage. (b) 5:3 and 7:4 resonant angles of Planet 2 in the outer
pair in AS 209 sets GPP and GGP.

around ±180◦ and 0◦.

Overall, we see that the planet pairs become more closely packed after the disk stage
evolution. Moreover, the convergent migration let some closely-packed planet pairs nat-
urally enter MMR states that in turn prevents them from closer approach. As we will
show in the next section, in planetary systems such as DL Tau(PPG), the chain of MMR
stabilises the configuration of against small perturbations, and they can survive for at
least 10 Gyr.

5.5 Evolution of planets after the disk dispersal under
the stochastic perturbations

5.5.1 Perturbations from planetesimals

After the disk dispersal, the disk-disk interaction is practically negligible, so we continue
evolving the planetary systems at the end of disk phase (§5.4) with their gravity alone in
order to to examine the long-term orbital stability. This methodology has been applied in
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W20, which demonstrated that planetary architectures predicted from the observed HL
Tau disk are mostly stable up to 10 Gyr. In this chapter, we further improve our previous
methodology by incorporating the stochastic perturbative forces from numerous plan-
etesimals surrounding each planet (e.g., Nelson & Papaloizou, 2004; Rein & Papaloizou,
2009; Hands et al., 2014; Chatterjee & Ford, 2015).

However, direct N -body simulations including star, planets and hundreds of planetesi-
mals (e.g., Chatterjee & Ford, 2015) are computationally expensive, and thus it is not
feasible to calculate the long-term evolution using such a full treatment. Hence, we first
examine the statistical nature of the perturbative force by carrying out a simple N -body
simulation consisting of a planetary systemwith a planetesimal disk, and then formulate
our simplified implementation calibrated by the result as described in details below.

We perform direct calculation of gravitational force from the planetesimals as follows in
order to calibrate the strength of the perturbative forces, mainly following Chatterjee
& Ford (2015). We pick up the HD 143006 system as a representative system, which
consists of two giant planets initially close to 2:1 period ratio. The initial semi-major axis
(21 au, 37 au) and planetary masses (3.2 MJ, 1.5 MJ) are the same as those at the end of the
disk stage. We introduce a planetesimal disk containing 1000 planetesimal particles. The
planetesimal disk extends from amin = 1:3 period orbit inside of the inner planet to amax

= 3:1 period ratio outside of the outer planet, so as to avoid the edge effect (Chatterjee &
Ford, 2015).

The left panel of Figure 5.11 shows the initial setup. All planetesimal particles have
identical mass, and their initial semi-major axis follow ∝ R−1 power law distribution.
The total mass of the disk is given by 3.3× 10−3 M⊕(amax/au − amin/au), so the mass of
each particle is at the order of ∼ 10−4 M⊕, or roughly the mass of Ceres. In the simula-
tion, we treat all the planetesimal particles as semi-test particles, which means they can
mutually interact with the star and planets however not among themselves. The same
N -body code REBOUND and the hybrid integrator HERMES are used with a typical time step
equal to 0.016 yr, and the integration finishes at 1000 orbital periods of the inner planet.

The perturbative force per unit mass of the i-th planet is computed by summing up a
contribution from the k-th planetesimal at time t:

fper,i(t) = −
∑

k∈planetesimals

GMk

|Rk(t)−Ri(t)|3
[Rk(t)−Ri(t)] , (5.27)

whereMk and Rk denote the mass and the position vector of the k-th planetesimal with
Ri being the position vector of the i-th planet.

The perturbative force is then normalised by the stellar gravity and averaged over each
time interval ∆T = 0.16 yr to give the dimensionless, time-averaged strength η̄per(t) as

η̄per,i(t) =

∣∣∣∣ 1

∆T

∫ t

t−∆T

ηper,i(t
′)dt′

∣∣∣∣ (5.28)

Our simulation uses natural units, i.e., M� and au, and the gravitational constant is set to be unity.
Therefore, the unit time corresponds to 1/2π year ∼ 0.16 year.



5.5. Evolution of planets after the disk dispersal under the stochastic perturbations 95

0 20 40 60 80
time/kyr

10−10

10−9

10−8

10−7

10−6

10−5

10−4

η̄ p
er

Planet̄1

0.0 0.2
fraction

0 20 40 60 80
time/kyr

10−10

10−9

10−8

10−7

10−6

10−5

10−4

η̄ p
er

Planet̄2

0.0 0.2
fraction

Figure 5.11: Left: Initial setup of the planets with a planetesimal disks. Black dots are
planetesimals, and blue dots are the planets. The initially orbits of the planetesimals
are also plotted. Right: Time-averaged ηper against the simulation time for both planet
1 and planet 2. The perturbative force is averaged over 0.16 yr to be consistent with our
random force implementation in the previous section.

where

ηper,i(t) =
fper,i(t)

f∗,i
=

fper,i(t)

GM∗R−2
i (t)

. (5.29)

The right panels of Figure 5.11 plot the averaged dimensionless strength of the pertur-
bative force against the time, with upper and lower panels correspond to Planets 1 and
2, respectively. Initially, ηper fluctuates with a relatively large amplitude. After a few
hundreds orbits, the system approaches equilibrium and the fluctuation level decreases.
While the total range of η̄per,i covers nearly three orders of magnitude, histograms show
that the majority of the data points are in the range between 10−7 and 10−8. The his-
tograms also indicate that the peak of ηper distribution is a few times larger for Planet 2
relative to Planet 1, because the stellar gravity acting on outer Planet 2 is weaker. This
difference is not significant in terms of the order of magnitudes.

We also investigate the dependence of η̄per on the total mass of the planetesimal disk and
the particle number. The peak value of η̄per is found to scale linearly with the total mass
of the planetesimal disk but it is not sensitive to the number of planetesimal particles
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Figure 5.12: Same as Figure 5.11 (right panel) but with: (a) 10 times disk mass; (b) 10%
disk mass; (c) 2000 planetesimal particles.

as long as the total disk mass is the same (see Figure 5.12). Therefore, even considering
the uncertainty of the total mass of the planetesimal disk and the variation of the semi-
major axis, η̄per is expected to be less than ∼ 10−6. We will consider next if the planetary
systems are stable against the mutual gravity and the stochastic perturbations at this
level.

5.5.2 Numerical method to test the long-term stability

On the basis of the simulation run in the previous subsection, we consider a simplified
model incorporating the perturbative force in the post-disk stage, and evolve the systems
up to 10 Gyr. The i-th planet now obeys the following stochastic equation of motion:

R̈i = f grav,i + fper,i, (5.30)

where fper,i represents the perturbative force per unit mass acting on the i-th planet.

We assume that the magnitude of fper is given by fper,i = ηperf∗,i, with ηper being the
dimensionless strength factor. In each simulation run, we fix the value of ηper, but repeat
many runs by systematically varying the value. The perturbative force is assumed to
be uncorrelated beyond each time step: the direction of the perturbative force acting on
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each planet is uniformly random between 0◦ and 360◦ at each time step ∆t = 0.16 yr.

In this post-disk stage, we integrate the system using the WHFAST integrator (Rein &
Tamayo, 2015). We reset the simulation epoch as t = 0 at the beginning of this stage.
Systems are integrated by varying ηper from 10−1 to 10−8. When one of the planets is
ejected from the system (semi-major axis ap > 103 au), collides with either its hosting
star (ap < 0.01 au) or the other planets (mutual distance < 2 RJ), we regard this system
as unstable and stop the simulation. Otherwise, the system is integrated up to 10 Gyr.

5.6 Stability of the resulting multi-planetary systems

5.6.1 Stability under the presence of perturbative forces

Based on the model we described in section 5.5, we examined the instability time of the
multi-planetary system with random perturbative force in various magnitudes (10−8 ≤
ηper ≤ 10−1). We eliminate those systems that has already become unstable during the
disk phase and only carry out stability check for the remaining systems.

Figure 5.13 plots the instability time against ηper for all the 23 realisations from the
12 disk systems (Table 5.1) of fiducial parameters in thin grey lines. Different panels
depict six disk systems, respectively, so as to highlight their behaviour. The amplitude
of the instability time is dependent on the specific architecture of the systems and varies
within two orders of magnitude, but is roughly proportional to η1.5

per for ηper > 10−6, except
HL Tau. Note that we stop the run at t = 10 Gyr, and most of the systems survive for at
least 10 Gyr for the realistic range of the perturbative forces, i.e., ηper ≤ 10−6.

As expected, systems become destabilised in general as the number of planets increases.
For the same system, different initial mass assignments for planets do not significantly
change the instability time that varies just within one order of magnitude. The result
also shows that the minimum separation between planets plays a decisive role in the
instability: sets GPP and GGP of CI Tau exhibit stronger resistance to the perturbation
than their counterparts, as the minimum planet-planet separation in these two sets are
larger than those of rest. As another evidence, both GY 91 and AS 209 have three planets,
yet GY 91 is more stable than AS 209 because the closest pair in AS 209 (Planet 2 and
3) has smaller separation, and the planets are also more massive.

We also examine the instability time versus the perturbative strength ηper for planetary
systems evolved with large α = 2× 10−3 and small α = 5× 10−4, as plotted in Figure 5.14.
In Figure 5.14, we select three systems, CI Tau, GY 91 and HL Tau, as examples to show
the α-dependence of the instability curve. In section 5.4.3 we have seen that α = 2× 10−3

generally boosts both the migration and accretion rates during the disk stage, therefore
the planetary systems are closer to the star and become more massive. In the case of HL
Tau, its stability curve moves down as α increases, showing greater instability. However,
such a trend is not obvious for the rest of the systems. For GY 91, the outer two planets
are dust planets, therefore their evolution are not sensitive to change of α. For CI Tau,
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Figure 5.13: Instability time against the dimensionless magnitude of the stochastic per-
turbative force ηper. Grey lines correspond to the 23 different realizations from the twelve
systems (Table 5.1 for α = 10−3). The shaded region (ηper < 10−6) is the realistic range for
the planetesimals. Six different panels highlight the behaviour of the selected systems,
together with different initial mass assignments of the planets.

although the planetary masses increases with α, the separation between the planets do
not change much due to the convergent migration, therefore the stability of the CI Tau
system is not strongly affected within 10 Gyr range. At α = 5× 10−4, the majority of the
systems stay stable for 10 Gyr when ηper ≤ 10−5. Even the least stable HL systems cut-off
at ηper = 10−7.

Clearly, the HL Tau system with α = 10−3 seems to be much less stable than the other
systems: it becomes unstable at around 10 Myr after the disk dispersal regardless of
the ηper down to 10−8, indicating that its final configuration is sensitive to even minor
perturbations. Compared with the conclusion of W20 that the HL Tau systems are stable
in general after the disk stage, this different result is due to the α adopted: W20 adopted
2×10−4 ≤ α ≤ 6×10−4, which are much smaller than the fiducial value α = 10−3 adopted
here. As we will later discussed in section 5.6.2, the special stability behaviour of the
HL Tau system (α = 10−3) is because a scattering event happening in the last Myr drives
all three planets out of the resonance, leaving the system in a marginally stable states.
Since no similar behaviour has been observed in other systems, this marginally stable
HL Tau system can be regarded as only a serendipitous case. Nevertheless, this may be
a good example to show how the stability can be affected by the resonant states.

Moreover, HL Tau systems are less stable because its initial disk mass (0.105 M�) is the
largest among all disks, and therefore the resulting planets in HL Tau are the most
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Figure 5.14: Same as Figure 5.13 but with different α. (a)(b)(c): Instability time of CI
Tau, GY 91 and HL Tau systems evolved with α = 2× 10−3. (d)(e)(f): Instability time of
CI Tau, GY 91 and HL Tau systems evolved with α = 5× 10−4.

massive and closest to the star in all systems. Theoretically, the semi-major axis ap of
a single, isolate planet under such stochastic perturbative forces is expected to undergo
randomwalk with the root mean square deviation

√〈
∆a2

p

〉
∝
√
Dt, where t is the simula-

tion time and D ∝ η2
perM

2
∗R
−4
p is the diffusion constant (equation 46, Rein & Papaloizou,

2009). Therefore, under the perturbative force with the same ηper, the inner planets de-
viate faster from their original semi-major axis and have shorter instability time, as the
diffusion constant D increases with decreasing R.

Our analysis shows that given the fiducial parameters that we adopt, the perturbation
from the planetesimals can only marginally affect the most massive and unstable sys-
tems. In order for the majority of the systems to be unstable, either the mass of the
planetesimals have to be much larger, or additional source of perturbation (e.g., close
stellar flyby) is required to significantly destabilise the configuration reached at the end
of the disk dispersal. We discuss the implications in section 5.7.3.

5.6.2 Consistency with previous stability criteria

We have shown thatmost of the systems are stable for at least 10 Gyr even under the pres-
ence of stochastic perturbative forces due to planetesimals. It is interesting to check the
consistency of these results with the theoretical prediction. We compute the instability
time from the configuration at the end of the disk stage using the same formula Morri-
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Figure 5.15: Instability time predicted by Morrison & Kratter (2016) for each system
based on the configuration at the end of the disk stage with different α values.

son & Kratter (2016) that we adopted in (section 5.1, W20). It is worth to mention that
the planetary configurations out of our simulation have a wide distribution over mass
and semi-major axis; they are different from the theoretical initial conditions considered
in Morrison & Kratter (2016), who concern the general stability criterion of equal-mass
multi-planetary systems. Therefore, applying the formula of Morrison & Kratter (2016)
to our systems should be interpreted as an extrapolation of their original result, and de-
viations are expected if the system configuration is largely different from those valid in
the original context. We would also like to stress here that the instability time predicted
by Morrison & Kratter (2016) neglects the possible effect of the perturbative force.

Having said so, however, we found that most of the systems are consistent with the pre-
diction of Morrison & Kratter (2016) at the level of 10 Gyr. Thus we focus on all the
configurations that are predicted to be unstable according to the formula of Morrison
& Kratter (2016). Figure 5.15 indicates the instability time of those systems (grey bars
in the upper axis) together with their planetary configurations (filled circles in the same
manner of the right panel of Figure 5.3). For each set, we also plot the same set initialised
and evolved with different α at the disk stage whenever exist. In the same figure, the
configurations at the end of the disk systems evolved with the respective α are also plot-
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ted for reference. Note that we exclude the five cases that have already become unstable
at the disk phase for α = 2× 10−3 case.

Figure 5.15 show that all the realisations that are predicted to be unstable by Morrison
& Kratter (2016) have an outer planet pair with a period ratio close to or less than 2.0.
Also in most of the cases, the third planet is relatively far away from the outer pair. For
example, the outer pair in AS 209(GPD) and AS 209(GGD) with α = 10−3 consists of a
super-Jupiter and a sub-Saturn in the outer region, while the innermost planet is around
10 au. Since the instability time is computed from the minimum orbital separation of all
planet pairs within planetary system, such configurations are predicted to be unstable
for less than 1 Myr. The predicted instability time for GO Tau(GD), Elias 24(GD), DL
Tau(PPG) decreases with increasing α, because a large α value promotes both migration
and accretion and results in a more compact systems. However, for AS 209 systems
evolved with α = 2× 10−3, the scattering between Planet 2 and 3 increases the separation
between them, therefore the final configurations at α = 2× 10−3 is more stable than those
at α = 10−3.

However, this configuration is largely different from the theoretical setup investigated
by Morrison & Kratter (2016) in at least two aspects. Firstly, the planetary masses
in the pair are not equal in our simulation; for AS 209(GPD), the mass difference is
more than 10 times. The unequal mass affects the metric that is used to normalise the
orbital separation and therefore the predicted instability time. Secondly, while Morrison
& Kratter (2016) consider multi-planets with equal normalised orbital separation, in our
simulation the separations of planet pairs may differ by a large extent. As a result, the
closest planet pair experiences much weaker influence from the third planet as compared
with that investigated byMorrison & Kratter (2016). Therefore, these configurations are
not in the applicable range of the prediction formula.

Besides the difference in configuration, we think the MMR may be another reason to
cause the underestimate of the instability time for some systems such as DL Tau(PPG).
As we show in Figure 5.10, all two planet pairs of DL Tau are in either 2:1 or 3:2 MMR.
Since the planet pairs are locked in a chain of resonance, their configurations are more
resistant to the small perturbations and thus can be stabilised over long time. This
argument is also consistent with our previous findings in W20 that the instability time
prediction based on the mutual separation can underestimate the stability when the
planets are in a chain of resonance.

We noticed that the fiducial set of HL Tau is the only case whose stability is overesti-
mated. Considering three out of four sets in the α = 2× 10−3 cases do not even survive
the disk stage, this special set is in marginal stability that is vulnerable to even minor
perturbations. Figure 5.16 plots the evolution of HL Tau at the disk stage. At around
9.5 Myr, there is a scattering event that changes both the semi-major axis and boosts the
eccentricity to the level as high as 0.1. Although the change of the semi-major axis is
not significant, this scattering significantly changes the resonant states, as shown by
the sudden change of the period ratios as well as the resonant angles. Before 9.5 Myr,
both 3:1 resonant angle of the inner pair and 2:1 resonant angle of the outer pair librate;
however, after the scattering takes place, both resonant angles start to circulate. Since
all three planets are massive, their resonant zones may overlap and once the planet is
out of the resonant lock, the system becomes chaotic and unstable.
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Figure 5.16: (a) Similar to Figure 5.5 but the evolution of the HL Tau system at α = 10−3.
(b) 3:1 resonant angle of the inner pair and 2:1 resonant angle of the outer pair. Both
angles start to circulate within the last 1 Myr due to a scattering event that excites the
eccentricity.

5.7 Discussion

5.7.1 Result sensitivity to observation data

In our study, we deduce the initial planetary configurations as well as some disk param-
eters from the ALMA observation. Therefore, it is worth to discuss to what extent the
final results are subject to the observational uncertainties. The initial semi-major axis
of the planet suffers from the least uncertainties as the position of the gap can be directly
identified on the continuum image with errors less than 1 au. The final configuration and
stability are not sensitive to such a small uncertainty, because the planetary migration
in the disk stage can cause up to a few tens of au change in the semi-major axis, which is
one order of magnitude larger than this uncertainty. Moreover, in many cases the final
positions of the outer planets are determined by the inner planet due to the resonance
chain, so the outer planet will always stop at outside of theMMR and co-migrate with the
inner one. Therefore, the initial position difference will not affect the evolution outcome
as well as the conclusion of the stability.
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The planetary mass is deduced indirectly from the gap width, and it suffers from much
larger uncertainty as compared with the gap location. The non-axial symmetric struc-
ture of the gap can affect the identification of the gap edge to a few tenths of au. The
gap width is also subject to the definition of the gap edge that differ in different studies
and simulations, which may be translated to a factor of two difference in the final mass
prediction. In section 4.3.3, we have introduced two fudge factors to take account of these
uncertainties. For the disk parameters, the reference gas scale height is calculated from
the stellar luminosity. Although the luminosity L∗ of the young star in PPD has a pretty
large error range up to about 60%, the scale height only weakly scales with L∗ to the 1/4
power and is not sensitive to this observational error.

Due to the highly non-linear nature of the disk stage evolution, discussions about how
the observational error affects the final results via planet-disk interaction can only be
carried out in a semi-quantitative fashion. In terms of the accretion, if a planet has
an initial mass close to Miso, a factor of two change in initial mass directly changes the
time to enter the run-away gas accretion stage, which eventually leads to a factor of
few or even one order of magnitude difference in final planetary mass, as shown by our
simulation results (see HD 163296 in figure 5.5). In terms of the migration, although
both the planetary mass and scale height deduced from the observation data can affect
the migration speed in terms of the K factor (see equation 5.10), the final positions of
the planets are mostly determined by the inner planets due to the resonance chain, and
therefore the final orbital configuration is not strongly affected. Only when the change
is applied to the innermost planet, it may cause a factor of few difference in the final
semi-major axis (see AATAU in figure 5.5). However, in terms of stability, none of the
change in semi-major axis or initial mass qualitatively changes the final stability of the
systems, as the MMR always keeps the outer planet at a safe distance as long as the
convergent migration happens. The decisive factor is still the viscosity of the disk or the
migration recipe that determines how close two planets can approach each other.

To summarise, the impact of the observational error to the final results is limited to
quantitative differences in the architecture. In particular, the stability of the final con-
figurations is predominantly affected by the planet-disk interactions that are specified by
the disk parameters (e.g., viscosity) and models, rather than the uncertainties of initial
conditions due to the observational error.

5.7.2 Comparisonwith the previous result concerning theHLTau
system

Our previous study W20 investigates the evolution of HL Tau system at the disk stage,
assuming that all the three planets have opened gas gaps. Although the fiducial disk
parameters and adopted initial masses are different, in both studies the HL Tau system
evolve to become a widely-separated planetary system consisting of three super-Jupiters
at the end of the disk stage. However, due to the relatively larger viscosity adopted here
(α = 10−3 in contrast to 2 × 10−4 ≤ α ≤ 6 × 10−4 in W20), the final masses of the HL
Tau planets are a few times larger. The resulting HL Tau system at α = 10−3 is only
marginally stable. If we adopt α = 2× 10−3, three out of four initial mass assignment
sets become unstable during the disk stage. We note that only one out of 75 sets in W20
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becomes unstable during the disk stage.

For the rest of the ALMA disks, overall the final architecture exhibits greater diversity
in terms of semi-major axis and masses, partially due to their diverse initial conditions
and different gap interpretations. The semi-major axis of the planets ranges from around
10 au to over 100 au, and some planet pairs are in 3:2, 5:3 and 7:4 MMR with period ratios
less than 2.0, which are absent in previous HL Tau study. While the final planetary
masses of some systems (e.g., HD 163296, CI Tau, AS 209) are similar to HL Tau, some
planets are strongly quenched in mass growth due to both inefficient pebble accretion at
the outer disk and failure to trigger the run-away gas accretion. These planets remain
as Neptune-sized planets and co-migrate with the inner planets until the end of the disk
dispersal.

Despite the diversities of the architecture, the dynamical structure of the systems are
consistent with what we found in W20. Most systems naturally enter good MMR states
because of the convergent migration, and under the resonance lock they can stay sta-
ble for at least 10 Gyr with even minor perturbations. Our conclusion in W20 still holds
for other ALMA disks that the final configuration of the planetary systems is signifi-
cantly stabilised by the planet-disk interaction. Once the systems survive the disk stage
without being gravitationally excited, it is hard to induce instabilities afterwards unless
significant level of perturbation (ηper > 10−6) is present.

5.7.3 Implications possible scenarios of close-in planet formation

our results show that those planetary systems predicted from the disks are likely to be
stable. The stable configuration due to the convergent migration may indicate that the
production of Hot Jupiters or planets with large spin-orbit misalignment via instability
is not efficient. However, we see that given large viscosity at the disk stage and/or strong
enough perturbation ηper > 10−5 after the disk dispersal, the system can be disturbed
and become unstable in short time scale, which may eventually lead to the formation of
Hot Jupiters via tidal circularisation of eccentric orbit caused by planet-planet scattering
(e.g., Rasio & Ford, 1996; Nagasawa et al., 2008).

Due to the relatively weak perturbations from the planetesimals, an external source of
strong perturbation may be critical to generate short-period giant planets. Such pertur-
bative source might be realised by stellar flyby (e.g., Rodet et al., 2021), as recent ob-
servations have revealed that stars in a cluster are likely to have a short period planets
including Hot Jupiters, as compared to field stars (Winter et al., 2020). Other mecha-
nisms, such as interaction with free floating planets (Varvoglis et al., 2012; Goulinski
& Ribak, 2018), can also result in loosely bounded planetary orbits at high eccentricity.
These possibilities motivate future observation to better constrain the viscosity in a PPD,
possible sources as well as the realistic ranges of the possible perturbations.
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5.8 Summary

Despite numerous important and interesting progresses in theoretical and observational
understanding of exoplanetary systems over the last couple of decades, there is no ac-
cepted formation scenario that explains their universality and diversities simultane-
ously. One of the main difficulties that hinder establishing the successful scenario is
the lack of the realistic initial conditions at the protoplanetary disk phases. Most of
past theoretical studies have tried to construct exoplanetary systems simply by adopting
somewhat artificial initial conditions. Given a lot of uncertainties in the physical pro-
cesses in the formation and evolution of protoplanetary disks, the limitation due to the
approach is inevitably large.

This difficulty is expected to be less serious thanks to recent discoveries of ring and gap
substructures in many dust disks by ALMA. Following a conventional planetary inter-
pretation for the substructures, one can bypass the uncertainties of the initial conditions,
perform numerical simulations, and confront the resulting architecture of the planetary
systems.

In this chapter, we perform two-stage N-body simulations, and investigate the outcomes
of 12 ALMA disks, the initial conditions of which are based on the orbital and mass
prediction in Paper I (section 5.2.2). During the disk stage, we include the planetary
migration (section 5.3.1) as well as pebble/gas accretion (section 5.3.2) schemes to mimic
the interaction between the planet and the disk. After the disk dispersal, we examine the
long term orbital stability of the configurations by integrating the systems up to 10 Gyr.

W20 applied the above strategy for the HL Tau, and concluded that the resulting three-
planet systems are mostly stable up to 10 Gyr from its current epoch. This chapter gener-
alized and improved the work by W20 in four major aspects. First, we take into account
different mass assignment possibilities for embedded planets following Paper I. Second,
we consider the pebble accretion, in addition to the gas accretion, during the planet-disk
interaction phase. Third, we examine the stability of planetary systems by including
the effect of perturbative gravity due to surrounding planetesimals after the disk disper-
sal, in addition to those from the central star and other planets. Finally, we apply the
methodology to twelve ALMA disks with clear multi-gap structures.

Our main findings of this chapter are summarized as follows.

1. After the disk stage evolution, the planet population exhibits a wide distribution
in both semi-major axis and mass (Figure 5.3) and starts to overlap with the ob-
served planets. Based on their evolution tracks, the planets can be roughly cat-
egorised into four groups (Figure 5.4). (i) A large fraction of planets with initial
mass greater thanMiso experience efficient mass growth however inefficient migra-
tion. These planets become distant super Jupiters or larger brown dwarfs with
semi-major axis greater than 30 au, which resemble planets in HR 8799, β Pictoris
and PDS 70 systems discovered via direct imaging. (ii) Planets with mass slightly
below Miso undergo faster inward migration first followed by rapid run-away gas
accretion. They eventually become Jupiter or Saturn size planets around 20 au. (iii)
Some sub-Miso planets failed to trigger run-away gas accretion and thus migrates
inward without significant mass growth. A few planets in these group are close
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to the Neptune in terms of orbits and mass. (iv) Planets that are initially small
(∼ a few M⊕) and distant (∼ 100 au) suffer from both inefficient migration and ac-
cretion, and they remain largely unchanged.

2. We found both initial planetary mass assignments and α viscosity are important in
shaping the architecture of the planetary systems. Planetary systems initialised
with the same orbits but different planetary masses can result in distinct final con-
figurations with qualitative difference in semi-major axis and mass (section 5.4.2,
Figure 5.5). Increasing the α parameter also results in more massive, compact and
inner planetary systems due to enhanced migration and accretion (section 5.4.3,
Figure 5.6). The planetary systems also tend to become less stable at the disk
stage when α increases.

3. At the end of the disk stage, the majority of the adjacent planet pairs have period
ratios smaller than four, and a small fraction of the pairs have period ratio smaller
than two (section 5.4.5). Pairs with large period ratios has a small inner planet that
undergoes fast migration first and then cause the pair to separate apart (Figure
5.9). The evolution of the resonant angles show that planets in compact planetary
systems (e.g., DL Tau) are in a chain of MMR due to the convergent migration and
higher order MMR (Figure 5.10).

4. Our stability analysis shows most of the systems can stay stable for at least 10 Gyr
when the perturbative strength ηper < 10−6 (Figure 5.13). Majority of our results are
consistent with the predicted instability time given by Morrison & Kratter (2016)
(section 5.6.2). The stabilities of a few planetary systems, particularly AS 209 and
DL Tau, have been underestimated largely because of the far-away third planet
from the closest planet pair as well as the chain of MMR (Figure 5.15).

We also discuss the implication of our results on future observations. Our predictions
suggest the potential existence of a large number of distant gas giants that resemble the
observed giant planetary systems (e.g., HR 8799), which may be observed by the next
generation telescope such as the upcoming JWST. Our results also suggest that addi-
tional protoplanets may exist in the inner disk region in order to explain the formation
of close-in gas giants via migration and accretion, whose signatures may be resolved by
future ALMA observation or ngVLA on the nearby PPDs.



Chapter 6

Conclusion and future prospects

Over the last few decades, it has been revealed that the exoplanetary population exhibits
a significant diversity with a broad distribution over semi-major axis, planetary mass,
etc. The unexpected diversity spurred the formulation of new formation and evolution
theories to explains the architecture of the exoplanetary systems that are distinct from
our solar system, yet the success of these theories was largely built on the artificial initial
conditions that were biased towards the desired outcomes, such as the orbital instabil-
ity. It therefore poses a need to justify the predictions of these theoretical models on a
realistic basis.

As birthplaces for exoplanets, the protoplanetary disks (PPDs) are tightly related to the
primordial configurations of the planetary systems, which serve as realistic initial con-
ditions. Nevertheless, prior to the ALMA observation, deducing such initial conditions
from the bulk properties of the PPDs involves large uncertainties, since no robust the-
oretical model can consistently explain the early-stage formation of the planetary core
from the dust. The ALMA observation bypasses this fundamental difficulty by resolving
the disk substructures on the disks, which are commonly recognised as signatures of
protoplanets. Following the planetary interpretation, we can constrain the location and
mass of the protoplanets from the disk substructures and connect the observed initial
conditions to the observation by evolving the planetary systems with the protoplane-
tary disk.

In this thesis, based on the initial configurations extracted from protoplanetary disks
observed with ALMA, we carry out numerical simulations to investigate the evolution
outcomes and examine the long term orbital stability of the planetary systems. Our work
are mainly summarised below as:

• We develop mass criteria to classify the gaps into dust-only/dust-and-gas gaps, then
give predictions to the planetary masses that are consistent with the core accretion
scenario.

• Starting from the realistic initial configurations deduced from the gap structures in
ALMA disks, we evolve the planetary systems with consideration of the interaction
between the planet and the disk before the disk dispersal. In addition to mutual
gravity between star and planets, we include orbitalmigration, pebble/gas accretion
and a gas profile that is adaptive to the feedbacks of the planetary evolution.
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• After the disk stage evolution, we continue evolving the planetary systems to exam-
ine their long term orbital stability. At this stage, we remove all the disk-related
interactions and include both mutual gravitational interactions among stars and
planets as well as stochastic perturbations.

Our major findings and conclusions are highlighted below.

• The majority of the gaps in the observed protoplanetary disks can be classified into
either dust-only gap and dust-and-gas gap (section 4.4.1). The planetary masses
predicted from the gaps range from a fewM⊕ to a fewMJ. The predicted planetary
masses decrease with the distance from the hosting star, which are consistent with
the planetary formation scenario (section 4.4.2).

• During the disk stage, both the orbitalmigration and planetary accretion can strongly
shape the architecture of the planetary systems within a few million years. Gen-
erally, the planetary systems become more inner, compact and massive at the end
of the disk stage, as compared with their initial configurations. Our synthesised
planetary population overlaps with only a fraction of the observed planets, particu-
larly widely separated giant planetary systems discovered via direct imaging. The
majority of the observed exoplanets, including the Hot Jupiters, are still outside of
the range of the synthesised population.

• We found most of the planetary systems that survive the disk stage remain stable
for at least 10 Gyr (section 5.6), even under perturbations within a reasonable range.
The disk evolution stabilises the configuration by letting planets naturally enter or-
bital mean-motion resonance due to the convergentmigration, and the co-migration
prevents the planet pair from closer approach. The stability time of the planetary
systems mostly agree with the theoretical prediction (section 3.4.1, section 5.6.2).

The above findings have several important implications on future research and obser-
vation. First of all, the stable configurations of planetary systems evolved with the disk
implies that a stronger perturbation source is needed to generate the instability required
by the dynamical evolution models to explain the observed diversity. Since our results in
Chapter 5 have already shown that the perturbation from the planetesimal disk alone is
not sufficient, other external perturbation sources, such as stellar flybys, are crucial to
destabilise the planetary systems after the disk stage. This encourages future observa-
tion to better constrain the strength of the available perturbation sources, for example,
the closest approach during the stellar flyby.

As we have seen in the simulation, a very turbulent disk with large α viscosity is also
possible to destabilise the planetary system at the disk stage. At large α, closer encounter
between two adjacent planet is possible due to stronger migration, and the planet-planet
scattering event may happen afterwards, which excites the inclination or eccentricity.
The eccentric/inclined orbits are prerequisites for tidal circularisation to take effects and
eventually produce close-in Hot Jupiters (e.g., Nagasawa et al., 2008). They are also
important in producing planets with large spin-orbit misalignment at later stage via
Lidov-Kozai oscillation (e.g., Pu & Lai, 2021). In addition, large initial eccentricity is
also required for tidal circularization to take effects. Our current numericalmodel cannot
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accommodate such a scattering event occurs at the disk stage. It is therefore encouraged
for future simulation (e.g., 2D(3D) hydrodynamical simulations with multiple planets) to
incorporate the planet-disk interaction at high eccentricities so as to further investigate
the outcome of such unstable cases.

It is also worth to note that our conclusions drawn from the simulation results are based
on several assumptions. We adopt a one-to-one correspondence between the gap and
embedded planet, which may overestimates the number of planets if multiple planets
share a common gap or a single planet creates multiple gaps (Dong et al., 2017; Bae
et al., 2017). Moreover, we assume the number of planets does not change with time
by neglecting the formation of any new planet in the dust-rich region before the disk
dispersal. We also neglect the potential small planets that cannot create observable disk
substructure observable to ALMA. The participation of these additional planets may
affect the final dynamical architecture due to the coupled nature of the multi-planetary
system evolution. Amore complete simulation framework in the future should take these
factors into account by introducing additional planets at all possible locations.

Furthermore, we would like to stress that the current sample of ALMA disks are in-
evitably biased towards massive disks that may favour formation of distant, widely-
separated giant planetary systems. In smaller disks, formation of close-in and closely-
packed terrestrial planets may bemore common, and the orbital instability may be easier
to be triggered in such systems if the resonance chain breaks during the migration pro-
cess (McNally et al., 2019). Therefore, it is possible that our conclusion will be revised
by the future disk observation focusing on less massive disks.

The similarities between the planetary systems discovered via direct imaging and our
synthesised giant planetary systems may imply potential connections between the two.
Indeed, the similarity is not only limited to the mass and semi-major axis, but also the
dynamical structure: Goździewski & Migaszewski (2014, 2018, 2020) found the planet
pairs in HR 8799 are in good 2:1 resonant states, and such orbital resonance can sta-
bilise the system for Gyr timescale. Winn & Fabrycky (2015) also concludes that the
observed giant gas planets are close to 2:1 period ratios. As a natural consequence of the
convergent migration, the 2:1 resonance appears in many of our planet pairs, without
any fine tuned planet or disk parameters. We have found not only the HL Tau system,
but also other ALMA disks such as HD 163296 and DL Tau, can evolve to systems alike.
The selection bias of the current ALMA disks may be a possible reason, since DSHARP
only selects the brightest and most massive nearby disks for the sake of the resolution,
which may only favour the formation of massive planets. Having said so, the relative
abundance the disks implies that multiple giant planet systems in wide separation like
HR 8799 may not be rare, and they may be detected in the future by for example James
Webb Space Telescope (JWST).

The relatively small overlap between the simulation-synthesised planetary population
and the observed exoplanets, particularly those short-period exoplanets observed by Ke-
pler and TESS, can be a motivation for both the disk and exoplanet observation in the
future. Firstly, the abundance of the distant planets in our simulation suggests there are
potentially more exoplanets to be observed, even in planetary systems that have already
been discovered. Secondly, contrary to the evolution picture believed by some previous
studies (e.g., Lodato et al., 2019), the orbital migration cannot bridge the difference of
semi-major axis distribution between the observed population and the planetary systems
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deduced from the observed PPDs. Therefore, in order to reproduce the current observed
planetary population, a large number protoplanets have to be formed closer to the star
(< 10 au) at the first place, which are not reflected in the current disk observation due
to insufficient resolution. The potential presence of more planetary signatures at the
inner region of the disk may be confirmed by the future observation such as the Next-
Generation Very Large Array (ngVLA) to explore the inner disk substructure with higher
resolving power.
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