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Abstract
Radio, Submillimetre, and Infrared Signals from Embryonic Supernova Remnants

Today, large surveys detect thousands of supernovae a year, and our understanding of
their causes, mechanisms, and aftermath is very thorough. However, there are several
other transients, including Gamma-Ray Bursts (GRBs), Hypernovae (HNe), Super-
Luminous Supernovae (SLSNe), and Fast Radio Bursts (FRBs), where the causes and
mechanisms are less certain or even completely unknown.

The remnant of the deaths of stars in a certain mass range is a neutron star. These
dense stars can be rapidly rotating and have extremely large magnetic fields, thus
emitting radiation and particles while losing their rotational energy (spinning down).
These pulsars can emit more energy than the supernova explosion over their spin-
down timescale, which can be as short as a few minutes. Many models predict that
spin-down from pulsars with different properties can power multiple kinds of tran-
sients.

In this thesis, we explore the pulsar-powered supernova model and try and pre-
dict broadband emission from the pulsar wind nebula (PWN). Quasi-thermal opti-
cal supernova emission can not differentiate between different central supernova en-
gines, but this non-thermal PWN emission is unique to the pulsar engine. We are
interested in the detectability of this emission.

First, we overview the models used throughout the work. We describe the models
for quasi- and non-thermal emission from SLSNe, and also models for dust formation,
grain growth, sublimation, and thermal re-emission.

Next, we calculate the PWN emission from six bright newborn SLSN-I remnants,
assuming that they are pulsar-driven, and examine the constraints placed by radio
and submm emission. We find that the Atacama Large Millimeter/submillimetre Ar-
ray (ALMA) can detect the submm PWN emission from most of them in a few years
after the explosion, while the Jansky Very Large Array (VLA) can detect the radio
PWN emission from a few of them in a few decades. We propose to study SN2015bn
and SN2016ard with ALMA to detect this emission, which can tell us about the mech-
anism and central engine of SLSNe, as well as investigate the FRB-SLSN connection.

Then, we introduce and discuss the preliminary results of a study about an indi-
rect detection method for young PWN: re-emission from dust grains. We study the
growth of dust grains in the ejecta of a pulsar-powered supernova, and examine sub-
limation of smaller grains and re-emission from larger grains due to PWN emission.
For the cases of SN2015bn and SN2016ard, we find that the dust emission is not de-
tectable at all, although this may be due to an unphysical part of our model we have
yet to be able to correct.

The combination of extreme gravity, magnetism, and density make neutron stars
a unique laboratory to probe theories like general relativity, quantum electrodynam-
ics, and nuclear physics, so it is important to understand their formation, life cycle,
and diversity. Yet, the youngest pulsar astronomers know about, the Kes 75 pulsar,
is around 700 years old. We hope to elucidate the connection between pulsars and
transients to further our understanding of both compact objects and the luminous
transients they may cause, and to detect and study newborn pulsars, only a few years
after their birth, as new insights in various areas of physics and astronomy could
come from identifying, modelling, and observing nascent neutron stars.
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Chapter 1

Introduction

1.1 A Historical Overview

Astronomy is considered one of the oldest sciences, as many ancient civilizations col-
lected astronomical information in a systematic manner through observation. This
information was limited to the relative positions of celestial bodies, with subjects like
the structure and chemical makeup of the planets and stars not being a consideration.

The beginning of transit astronomy may have been as early as 10 000 to 20 000
years ago. In 1977, an archeologist found carving left by ancient Native Americans
in Bolivia. The carvings show two groups of small circles, which resemble stellar
groupings in the constellations Vela and Carina, and two large circles: one may repre-
sent the star Capella, and the other is located near the position of the Vela Supernova
Remnant. The archeologist suggested this may represent the supernova explosion as
witnessed by the indigenous residents (Michanowsky 1977).

The first confirmed record of a supernova is from 185 CE, when Chinese astronomers
recorded the appearance of a bright star in the sky and observed that it took about
eight months to fade (Zhao et al. 2006). It sparkled like a star and did not move across
the sky, like a comet would. SN 185 may have also have been recorded in Roman
literature, but no records have survived (Stothers 1977). The gaseous shell RCW 86 is
suspected as being the remnant of this event, as x-ray studies show a good match for
the expected age (Vink et al. 2006).

Over the span of about 2000 years, Chinese astronomers recorded a total of twenty
candidate supernovae, and some later explosions were also noted by Islamic, Euro-
pean, and possibly Indian and other observers (Chin & Huang 1994; Clark & Stephen-
son 1977; Stephenson & Clark 1976; Stephenson & Green 2003, 2005). Two of the
most well known and brightest were SN 1006, which is the brightest observed stel-
lar event in recorded history (reaching one quarter the brightness on the moon) and
was recorded by astronomers in China, Egypt, Iraq, Italy, Japan and Switzerland, and
may also have been noted in France, Syria, and North America (Murdin & Murdin
1985; Murdin & Murdin 2011; Winkler et al. 2003); and SN 1054, the precursor to the
Crab Nebula, which had brightness comparable to Venus and was recorded by Arab,
Chinese, and Japanese astronomers (Brecher et al. 1983).

Supernovae were originally thought to be something in the Earth’s atmosphere,
since the common belief in Europe before the 1700s was the Aristotelian idea that
the world beyond the Moon and planets was immutable. Tycho Brahe noted that SN
1572 remained stationary from night to night - never changing its parallax - so it must
lie far away. The modern word nova comes from the title of his book about these
observations, De nova et nullius aevi memoria prius visa stella (Latin for "Concerning the
new and previously unseen star") (Brahe 1573). Subsequent observations of SN 1604,
the most recent supernova to be seen in the Milky Way, by Johannes Kepler led to
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Galileo also trying, in vain, to measure the parallax of the supernova, and then also
arguing against the Aristotelian view of an immutable heavens (Kepler 1606).

The first spectroscopic observations of a nova were done in 1866 by William Hug-
gins, when he discovered lines of hydrogen in the unusual spectrum of the recur-
rent nova T Coronae Borealis. He proposed that a cataclysmic explosion was the
underlying mechanism (Huggins 1866). In 1885, a nova-like burst was discovered in
the direction of the Andromeda Galaxy, and once astronomers measured distance to
the Andromeda Galaxy they realized the event must have released a much greater
amount of energy than was typical for a nova. In the 1930s, Walter Baade and Fritz
Zwicky postulated that the energy for these events, which they called super-novae
(the hyphen was dropped before the end of the decade), was by the gravitational col-
lapse of ordinary stars into neutron stars (Baade & Zwicky 1934; Osterbrock 2001),
which was also the first postuation of the existence of neutron stars (Baade & Zwicky
1934).

In 1938, Baade was the first to identify a nebula as a supernova remnant (SNR)
by associating the Crab Nebula with the remains of SN 1054 (Baade 1938). He noted
that the expansion velocity was far too high to be a planetary nebula. He also pro-
posed using what would later be called Type Ia supernova as a distance indicator.
Later work refined the process and allowed Type Ia supernovae to become a type of
standard candle for measuring large distances across the cosmos (Branch & Tammann
1992; Colgate 1979; Hamuy et al. 1996, 1993; Phillips 1993; Sandage et al. 1992).

While the first computer-controlled search for supernovae was begun in the 1960s,
which was able to discover 14 supernovae over a period of two years (Marschall 1988),
this time also marked the birth of neutron star astronomy. At first, they were thought
to be too faint to be detectable and thus largely ignored by astronomers, but Franco
Pacini pointed out that if neutron stars were spinning and had large magnetic fields,
they would emit electromagnetic waves (Pacini 1967). The first neutron star to be
detected was found by Antony Hewish and Samuel Okoye in 1965. They saw "an
unusual source of high radio brightness temperature in the Crab Nebula" (Hewish &
Okoye 1965), which turned out to be the Crab Pulsar (pulsar being short for "pulsating
star"). In 1967, Iosif Shklovsky found evidence in x-ray and optical observations for
a neutron star accreting matter from its companion in Scorpius X-1 (Shklovsky 1967),
a system that was discovered five years earlier by a team led by Riccardo Giacconi
(Giacconi et al. 1962). Later that year, Jocelyn Bell and Antony Hewish discovered
regular radio pulses from four sources, which were later identified as pulsars (Gold
1968; Hewish et al. 1968; Pilkington et al. 1968). Hewish was awarded the Nobel
Prize in 1974 for this discovery. To date, a large fraction of known neutron stars were
discovered as pulsars emitting regular radio bursts (Rosswog & Brüggen 2007).

Since the 1960s, larger telescopes, more broadband sky coverage, and coordinated
surveys have led to the discoveries of thousands of supernovae and neutron stars.
The first discovery of x-ray pulsars was in 1971, when the UHURU satellite saw pe-
riodicity in the source Cen X-3 and Her X-1 (Schreier et al. 1972; Tananbaum et al.
1972). The first binary pulsar system was discovered in 1975 (Hulse & Taylor 1975),
which provided an opportunity to measure the mass of a neutron star and test for the
existence of gravitational radiation; a merger of a similar system was recently seen by
the Laser Interferometer Gravitational-wave Observatory (LIGO) and various electro-
magnetic telescopes (Abbott et al. 2017a,b; Cowperthwaite et al. 2017; Soares-Santos
et al. 2017; Tanaka et al. 2017; Utsumi et al. 2017). Observations of supernovae have
started to see them at earlier times after the explosion, as SN 1987A was observed
within hours of its start (McCray 1993) and SN 2008D was caught on camera just as it
was exploding (Soderberg et al. 2008), allowing for early multiwavelength follow-up.
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Peculiar classes of supernovae, such as hypernovae and superluminous supernovae,
were discovered, and supernovae have also been associated with Gamma-Ray Bursts.

Thanks to current wide-field transient surveys, including the Palomar Transit Fac-
tory (PTF), La-Silla Quest Supernova Survey (LQSS), Dark Energy Survey (DES), and
a survey with the upcoming Large Synoptic Survey Telescope (LSST), which will lead
to the discovery of hundreds of thousands of supernovae every year (Ivezic et al.
2008; Skidmore et al. 2015); the next generation telescopes across the electromagnetic
spectrum, including the Thirty Meter Telescope (TMT), James Webb Space Telescope
(JWST), Wide-Field Infrared Survey Telescope - Astrophysics Focused Telescope As-
sets (WFIRST-AFTA), and Five-hundred-meter Aperture Spherical Telescope (FAST);
and the birth of gravitational wave, and thus multi-messenger, astronomy; the future
of supernovae and neutron star astronomy seems like it can only get brighter from
here.

1.2 Supernovae and Neutron Star Formation

In the initial burning stages of a star, the hydrogen in the core is burnt into helium;
this is known as the main sequence phase. Once the central hydrogen is depleted, the
star contracts and heats up until the central helium ignites. The hydrogen shell is also
burned off, and for stars with mass > 0.5M�, the helium core ignites at ∼ 108 K and
produces carbon and oxygen, and smaller amounts of neon, magnesium, and silicon,
via the triple-alpha process. Low mass stars do not burn further, as their self-gravity is
not strong enough to further ignite carbon and oxygen via contraction. Instead, these
stars eject their envelopes via thermal pulses caused by the temperature dependence
of helium burning (Rosswog & Brüggen 2007). These envelopes are observable as
planetary nebulae, and the remains of these stars are known as white dwarfs.

Stars more massive than∼ 8M� can burn carbon at > 6× 108 K to produce mostly
oxygen, neon, and magnesium; and stars more massive than ∼ 9− 10M� can burn
these into silicon, sulphur, calcium, argon, and finally iron, the strongest bound nuclei
(Fewell 1995). Nuclear burning is only exothermic up to iron, and further burning
would cost the system energy, so no further burning takes place. At this point, the
star has a mostly iron core with a onion-esque structure comprised from shells of
silicon, oxygen, carbon, helium, and hydrogen.

1.2.1 Core Collapse and Compact Object Formation

Once the iron core reaches the Chandrasekhar mass 1.44(Ye/0.5)2 M�, where Ye is the
number of leptons per baryon (Bethe et al. 1979), the electrons are ultrarelativistic and
can not support the core against gravitational collapse, and so the iron core, no longer
stabilized by electron degeneracy pressure, begins to contract (Chandrasekhar 1931,
1935; Lieb & Yau 1987). Electron capture

e− + p+ → n + νe. (1.1)

in the iron core reduces the pressure, and the temperatures become high enough
to photodisintegrate the star through reactions like (den Hartog 2008; Rosswog &
Brüggen 2007)

56
26Fe26+ + γ→134

2He2+ + 4n, (1.2)
4
2He2+ + γ→2p+ + 2n. (1.3)
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The collapsing core has two parts: an inner core of ∼ 0.8 M� (cooresponding to
the Chandrasekhar mass at the local Ye (Goldreich & Weber 1980)), which collapses
homologously (v ∝ r), and an outer, supersonically infalling core. The collapsing
core is completely decoupled from the rest of the star, and the outer mantle is not
affected by the collapse. In the early stages of infall, neutrinos from various weak
interactions can escape the star almost unhindered, but once the density reaches ∼
1012 g cm−3 and the neutrino escape time becomes comparable to the infall time,
the neutrinos are dragged along with the infalling core (Epstein et al. 1988; Haxton
1988; Hayakawa et al. 2006; Woosley et al. 1990; Woosley & Haxton 1988). Once this
happens, neutrino and electron captures come to an equilibrium, and the reaction in
Equation 1.1 becomes reversible.

Once the density becomes comparable to ρnuc ∼ 2.6× 1014 g cm−3 and the nucle-
ons are essentially touching, the short-range repulsive nuclear force begins to dom-
inate and stiffens to material. The nearly-incompressable nuclear matter stops the
collapse and makes the infalling material bounce back, which causes an outward-
moving shock that triggers the supernova explosion.

The shock forms at 20-30 km and moves through several tenths of solar masses of
infalling material, breaking up the iron nuclei into neutrons and protons. These inter-
actions cause the shock to lose energy and stall around 10-20 ms after the bounce at a
radius of 100-200 km, forming a quasi-stationary accretion shock. The mass enclosed
by the shock keeps increasing as matter continues to fall in, but the shock stays at a
constant radius.

The bulk of the gravitational energy from the collapse is converted into neutrinos,
which diffuse out of the protoneutron star on a diffusion timescale τdiff ∼ 5 s with
a typical luminosity of ∼ 6× 1052 erg s−1. Most of the neutrinos leave the star and
carry away energy, but a small fraction deposit their energy in the stellar material.
This deposition could serve to re-accelerate the shock and drive the explosion - this
mechanism is known as the delayed explosion mechanism. This scenario is far from
certain and often fails when simulated (Buras et al. 2006; Janka et al. 2007; Lieben-
doerfer 2005), although state-of-the-art simulations can reliably produce supernovae
(Nagakura et al. 2017; Pan et al. 2016). Alternative hypotheses include the standing
accretion shock instability, where perturbations to the accretion shock cause oscilla-
tions which destabilize it and cause re-acceleration (Abdikamalov et al. 2015; Blondin
et al. 2003), and a mechanism where acoustic waves emitted by g-mode oscillations
energize the stalled shock and eventually induce an explosion (Burrows et al. 2006a,
2007b; Harada et al. 2017).

As the shock wave breaks through the star, the inner regions are heated to high
enough temperatures to synthesize further elements through nuclear fusion. Parts
of the silicon shell are burnt into iron-peak nuclei, parts of the oxygen shell into in-
termediate mass nuclei, and some carbon into oxygen. Radioactive isotopes such as
56Ni and 57Ni, which help power the light curve peak, 56Co, which helps power the
∼ 30-100 day light curve, and 44Ti, which helps power the late-time light curve, are
also produced.

Depending on whether the neutron-degeneracy pressure and short-range strong
nuclear force can withstand the extreme gravity or not, a protoneutron star will either
stabilize or the core will collapse into a black hole. If the neutron star is stable, the
magnetic field from the original star will be strongly amplified during the collapse
due to the rapid rotation of the new compact object. There are two other mechanisms
which may amplify the magnetic field of a newborn neutron star. The first is the
convective dynamo, where convective motion of the conducting fluid through the
magnetic field produces more field, which adds to the original field (Bonanno et al.
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2005; Burrows & Lattimer 1986; Duncan & Thompson 1992; Obergaulinger et al. 2014;
Thompson & Duncan 1993). The other is collective magnetism, where domains of the
material in the neutron star undergo a ferromagnetic transition to the Pauli-prefered
triplet state at high density (Brownell & Callaway 1969; Haensel & Bonazzola 1996;
Kutschera & Wójcik 1989). It is unknown which of these mechanisms dominate, or if
they coexist to some extent (Lyne et al. 2013).

1.2.2 Dynamics of Supernova Remnants

Supernovae inject stellar material into the interstellar medium (ISM), which strongly
affects gas distribution within galaxies. They play large roles in the heating and chem-
ical evolution of galaxies, and their shocks can cause gas clouds to collapse and form
new stars. Although the supernova itself is short, the SNR can emit electromagnetic
radiation for about 100 000 years. Also, since elements heavier than helium are syn-
thesized in star and ejected during supernovae, some material used to form the next
generation of stars and planets comes from SNRs.

A SN with typical energy ESN ∼ 1051 erg ejects matter with a velocity

ESN ∼
1
2

Mejv2
ej, (1.4)

vej ∼104 km/s
(

ESN

1051 erg

)1/2 (Mej

M�

)−1/2

. (1.5)

The expansion of the supernova can be divided into roughly four phases, which
are each dominated by a different physical principle. At first, the stellar ejecta retains
its initial velocity such that the radius of the blast wave is vejt. As the blast wave
sweeps up mass, energy conservation forces it to slow down. Generally, the blast
wave has swept up Mej during this time, and the radius is

r1 ∼ 2 pc
(

ρISM

10−24 g cm−3

)−1/3 (Mej

M�

)1/3

, (1.6)

which occurs at time

t1 ∼
r1

vej
∼ 200 yr

(
ESN

1051 erg

)−1/2 ( ρISM

10−24 g cm−3

)−1/3 (Mej

M�

)5/6

. (1.7)

In the second phase, since energy losses from radiation are still negligible, the
ejecta expands adiabatically. The constant ESN is proportional to ρISMr3v2, and since
v = ṙ, we can write

ESN/ρISM ∝ r3ṙ2, (1.8)

which can be integrated to give

r ∝ (ESN/ρISM)1/5t2/5. (1.9)

This phase is known as the Sedov phase (Sedov 1946). In this second phase, the
ejecta is decelerating as it expands, and since material further out decelerates earlier,
the material inside runs into the outer shells, which heats up the outer shell and can
produce complex flow patterns (Rosswog & Brüggen 2007).
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The shocked gas still has a very high temperature. In the strong shock limit, the
ratio of temperatures behind and in front of the shock is (Rosswog & Brüggen 2007)

T2

T1
=

2Γ(Γ− 1)M2
∞

(Γ + 1)2 =
5
16
M2

∞, (1.10)

whereM∞ is the Mach number of the shock with respect to the sound speed of the
unshocked gas. The last quantity assumes the adiabatic exponent of the gas is Γ =
5/3.

The temperatures in this phase are roughly 106 K. When temperatures fall below
106 K, some ions start to recombine and form atoms. These atoms cool strongly due
to line emission, and once the radiative losses affect the kinetic energy of the ejecta,
the Sedov phase is over.

In the third phase, the outer shell cools so fast from line emission that it forms
a cold, dense shell that is driven by the hotter interior. This shell propagates with
constant radial momentum and piles up ambient material, giving this phase the name
"snowplow phase". The constant momentum can be described by

d
dt
[Mv] =

d
dt

[(
4π

3

)
ρr3ṙ

]
= 0. (1.11)

If we set the initial conditions to, ro, and vo as when the thin shell first forms, then

ρr3ṙ = ρr3
ovo, (1.12)

which, when integrated, gives

r = ρro

(
1 +

4vo(t− to)

ro

)1/4

, (1.13)

which has r ∝ t1/4 at late times. In this phase, the gas has temperatures around 104 K,
emits strong line emission, and strongly radiates in the optical band.

The final stage of the SNR is when the ejecta merges with the ISM. This happens
when the ejecta speed becomes comparable to the sound speed of the ISM, usually
around 105 years after the supernova explosion. At this point, it contributes its re-
maining kinetic energy to the general turbulence of the ISM flow.

1.3 Neutron Star Overview

The inner structure of a neutron star (NS) is described by the relationship between
density and pressure, which gives an insight into the internal composition of the NS;
the relationship is usually known as an equation of state (EoS). It is known that NSs
are comprised mostly of neutrons, but also contain protons and electrons near their
surface. The EoS at the centre of NSs is still an open question in NS astrophysics, and
there could possibly be more exotic states of matter, such as quark-gluon plasma or
quark-degenerate matter, in their ultra-dense cores (Burgio et al. 2002; Haensel et al.
2007; Pons et al. 2013). A variety of NS EoSs predict very different neutron star mass-
radius relations, which allows this relation to be constrained by observational studies.

The first NS EoS was worked out by J. Robert Oppenheimer and George Volkoff
in 1939 (Oppenheimer & Volkoff 1939), using the work of Richard Chace Tolman (Tol-
man 1939). They assumed the neutrons formed a cold degenerate Fermi gas, and
obtained a maximum NS mass of 0.7 M� (where M� = 1.98892 × 1033 g is the mass
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of the Sun) (Oppenheimer & Volkoff 1939). Recent work, which takes the strong nu-
clear interaction into account, leads to limiting masses between 2.0 and 3.0 M� (Bom-
baci 1996; Chamel et al. 2013; Kalogera & Baym 1996). This limit, now known as
the Tolman-Oppenheimer-Volkov limit, is uncertain because the equations of state of
extremely dense matter are not well known. An empirical lower bound for the maxi-
mum mass is set by the most massive known neutron star, PSR J0348+0432, at 2.01 ±
0.04 M� (Antoniadis et al. 2013). Reviews by Lattimer & Prakash (2007) and Weber
et al. (2007) give insight into the difficulties in the quest for the EoS.

In this thesis, we use a canonical NS with mass MNS = 1.4 M� and radius R = 1.2
× 106 cm = 12 km. The moment of inertia I = kMR ∼ 1045 g cm2 is often used, and
our value for k is 0.35, giving an overall value of I = 1.4× 1045 g cm2. Most pulsars
have periods of 0.1 - 1 s, but some have periods as high as 10 s or as low as 1.4 ms
(den Hartog 2008; Hessels et al. 2006; Manchester et al. 2005; Olausen & Kaspi 2014).
The most rapidly rotating neutron stars have surface speeds of around 10% the speed
of light.

There are three main subtypes of pulsars: rotation-powered pulsars, where the
dipole radiation is powered by loss of rotational kinetic energy in star, causing its ro-
tation to slow down (Rosswog & Brüggen 2007; Shapiro & Teukolsky 1983); accretion-
powered pulsars, where gravitational potential energy of accreted matter powers the
radiation (Zeilik & van Panhuys Smith 1987); and magnetars, where the radiation is
powered by the decay of an extremely strong magnetic field (Brownlee 2003; Duncan
& Thompson 1992; Heyl & Kulkarni 1998; Norris et al. 1991; Thompson & Duncan
1993; Thompson et al. 2002).

1.3.1 Pulsar Spin-Down Emission

Pulsars have a dipolar magnetic field and rotate with periods between 1 ms and 10
s. Pulsars that do not accete generally slow down, losing rotational kinetic energy;
most of this energy is emitted as energetic particles (called the pulsar wind) and high-
energy radiation (den Hartog 2008), but there is also a pulsating radio signal from
which pulsars, short for "pulsating stars", get their name. The dipole model (Ostriker
& Gunn 1969; Pacini 1967, 1968) was the first model for examining the emission from
pulsars, and still widely remains in use today.

The rotational kinetic energy of a NS with period P, angular frequency Ω, and
moment of inertia I is

E =
1
2

IΩ2 ≈ 2.76× 1052
(

P
1 ms

)−2

erg. (1.14)

The kinetic energy loss from a NS with period derivative Ṗ yields the maximum pos-
sible spin-down luminosity of the pulsar

Ė = − d
dt

1
2

IΩ2 = −IΩΩ̇ = I
2π

P
2πṖ
P2 = 4π2 I

Ṗ
P3 ≈ 5.54× 1046 Ṗ

P3 erg s−1. (1.15)

Independent of the internal field geometry, a pure magnetic dipole field at the mag-
netic pole of the star, Bdip, is related to the magnetic dipole moment m by

|m| =
BdipR3

2
. (1.16)
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This configuration has a time-varying dipole moment as seen from infinity, and so
radiates energy with power

Ė = − 2
3c3 |m̈|

2. (1.17)

Using

m =
BdipR3

2
(e‖ cos α + e⊥ sin α cos Ωt + e′⊥ sin α sin Ωt), (1.18)

where e‖ is a unit vector parallel to the rotation axis, e⊥ and e′⊥ are fixed mutually
orthogonal unit vectors perpendicular to e‖, and α is the angle between the rotation
axis and the magnetic polar axis. Substituting this into Equation 1.17 gives

Ė = −
B2

dipR6Ω4 sin2 α

6c3 , (1.19)

in which the radiation is emitted at frequency Ω.
If one assumes that the pulsar spin-down is caused by the torque of the magnetic

field with its surroundings and that the emission process is completely dipole radia-
tion, the characteristic surface magnetic field (at the poles) can be inferred by equating
Equation 1.15 with Equation 1.19, giving

Bdip =

√
3Ic3

2π2R6 sin2 α
PṖ = 4.39× 1019 G

√
PṖ, (1.20)

Since α is generally not known, sin α = 1 is sometimes assumed (we take that assump-
tion here) and the magnetic field strength at the equator, which is half of the field at
the poles, is more commonly used as the characteristic value Bchar.

The spin-down timescale tSD of a pulsar is the ratio of the initial rotation energy
and the initial spin-down luminosity

tSD =
Erot

Ė
=

1
2 IΩ2

IΩΩ̇
=

Ω
2Ω̇

=
2P
Ṗ

, (1.21)

A NS will lose much of its energy within tSD, and the early emission will be extremely
luminous. Substituting Bchar in here gives

tSD =
3Ic3

4π2R6

(
P

Bchar

)2

= 111 days
(

P
1 ms

)2 ( Bchar

1013 G

)−2

(1.22)

which allows one to calculate tSD from the initial period and magnetic field - common
parameters in models. The energy lost during the initial spin-down ESD = Erot from
Equation 1.14, which does not depend on period derivative or magnetic field.

This dipole model is assumed to be in vacuum, but Goldreich & Julian (1969)
showed by contradiction that a pulsar can not exist in a vacuum, since a rotating
magnetic dipole surrounded by a vacuum will induce a Lorentz force parallel to the
magnetic field. For pulsars, this force will exceed the gravitational force by orders
of magnitude, and charged particles will be forced from the surface into the magne-
tosphere. The particles will co-rotate with the neutron star within the light cylinder
magnetosphere.

Radiation can be created at different sites around the pulsar. Popular models are
the polar-cap models which include the vacuum-gap model (Ruderman & Sutherland
1975; Usov & Melrose 1995) and the space-charge limited-flow gap model (Harding
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& Muslimov 1998; Usov & Melrose 1995), slot-gap model (Arons 1983; Muslimov
& Harding 2003) and outer-gap model (Cheng et al. 1986a; Hirotani 2006; Romani
1996). They are named after the sites where particle acceleration can be efficient due
to an electric field parallel to the magnetic field. Mechanisms like curvature radiation,
synchrotron radiation or inverse Compton scattering may play a role in creating the
observed non-thermal emission ranging from radio to the gamma-ray bands (den
Hartog 2008).

1.3.2 Pulsar Wind Nebulae (PWNe)

As noted in the previous section, most of the energy loss from spin-down goes into
the emission of energetic particles (electron and positrons), known as a pulsar wind.
If this magnetized wind is confined by an SNR or the interstellar medium, the bound-
ary can form what’s known as a wind termination shock, which accelerates the par-
ticles to ultrarelativistic energies, where they radiate synchrotron emission across the
electromagnetic spectrum (Pacini & Salvati 1973; Rees & Gunn 1974). This confined
pulsar wind is known as a pulsar wind nebula (PWN). Detailed theoretical evolution
has been studied by Blondin et al. (2001); Bucciantini et al. (2003); Chevalier (1998);
Reynolds & Chevalier (1984) and van der Swaluw et al. (2004).

The basic picture for the formation of pulsar winds is that a charge-filled magneto-
sphere surrounds the pulsar, and that particle acceleration occurs in charge-separated
gaps either near the pulsar polar caps or in outer regions that extend to the light cylin-
der (where RLC = c/Ω). The maximum voltage generated by the rotating magnetic
field in the case where the magnetic and spin axes are co-aligned is (Goldreich &
Julian 1969)

∆Φ =
BcharΩ2R3

NS
2c

≈ 1022 V
(

Bchar

1013 G

)(
RNS

12 km

)(
P

1 s

)
(1.23)

Although this current is considerably modified in subsequent models, it provides the
basis for our understanding of the pulsar wind.

In almost all models, the wind leaving the pulsar magnetosphere is dominated by
the Poynting flux, FE×B, with the particle energy flux, Fparticle, being much smaller.
The magnetization parameter, σB, is

σB =
FE×B

Fparticle
=

B2

4πργc2 (1.24)

where B, ρ, and γ are the magnetic field, mass density of particles, and Lorentz factor,
respectively, in the wind. Typically, wind leaving the magnetosphere has σB > 104,
however, models for the structure and spectrum of the Crab Nebula (Kennel & Coro-
niti 1984; Rees & Gunn 1974) require σB ∼ 10−3 just behind the termination shock.
The process that dissipates the magnetic energy and transfers it to particles is still
unknown, and this question is commonly known as the "sigma problem" (Kirk & Sk-
jaeraasen 2004). Two possible mechanisms are magnetic reconnection in the current
sheet generated by a striped wind (Kirk & Skjæraasen 2003; Lyubarsky & Kirk 2001;
Lyubarsky 2003; Sironi & Spitkovsky 2011) and a kink instability in the field (Porth
et al. 2013).

When the pulsar-driven wind decelerates from expanding into the cold, slowly
expanding SN ejecta, there is a wind termination shock produced, which acceler-
ates electron/positron pairs to ultrarelativistic energies. As they move through the
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wound-up magnetic field of the PWN, they produce broadband synchrotron radi-
ation. For a power-law electron spectrum, the constant injection of particles and a
finite synchrotron-emitting lifetime lead to a spectral break at a frequency (Ginzburg
& Syrovatskii 1965)

νb = 1016 GHz
(

B
10−6 G

)−3 ( t
10 yr

)−2

(1.25)

which results in the size of the PWN decreasing with increasing frequency. The par-
ticle injection must be greater than 1040 s−1 (Slane 2017), which is difficult to obtain
from pair creation within pulsar magnetospheres (Timokhin & Harding 2015), sug-
gesting that relic electrons created early in the PWN formation might be required
(Atoyan & Aharonian 1996).

The highly relativistic magnetized pulsar wind inflates a bubble confined by the
SN ejecta. The wind termination shock is formed at Rw, where the wind is deceler-
ated by the slow, cold SN ejecta and the ram pressure of the wind is balanced by the
internal pressure of the PWN:

Rw =
√

Ė/4πωcPPWN (1.26)

where ω is the equivalent filling factor for an isotropic wind, and PPWN is the total
pressure in the shocked nebular interior. Upstream of this shock, the particles flow
relativistically along with the frozen-in magnetic field instead of radiating. At the
shock, particles are thermalized and reaccelerated, producing synchrotron radiation
(Equation 1.25) in the downstream flow (Gaensler & Slane 2006).

Particles accelerated at the wind termination shock form a toroidal structure and
some of the flow is collimated along the rotation axis, which can possibly contribute
to jet formation (Bogovalov et al. 2005). The emission pattern from jets or ring-like
structures and the large scale geometry of the PWN provide an indication of the pul-
sar’s orientation. The emission structures in the post-shock and jet regions provide
direct insight on particle acceleration, magnetic collimation and the magnetization
properties of the PWN wind (Gaensler & Slane 2006).

Since pulsars are formed with a random space velocity, due to asymmetry in the
SN explosion, with typical magnitude 400-500 km s−1 (although sometimes reaching
1500 km s−1 (Arzoumanian et al. 2002)), while the SN blast wave first moves outward
at a speed > (5 − 10) × 103 km s−1, the pulsar is located near the SNR’s center at
early times. The pulsar wind has extremely high pressure with respect to the SN
ejecta, so the PWN expands rapidly, moving supersonically and driving the PWN
forward shock into the ejecta (Gaensler & Slane 2006).

In the spherically symmetric case, the PWN evolves as (Chevalier 1977; Gelfand
et al. 2009)

RPWN ≈1.5Ė1/5
o E3/10

SN M−1/2
ej t6/5, (1.27)

≈4.4× 10−3 pc
(

Ėo

1038 erg s−1

)1/5 ( ESN

1051 erg

)3/10 ( Mej

10 M�

)−1/2 ( t
10 yr

)6/5

(1.28)

where RPWN is the radius of the PWN forward shock at time t, Ėo is the spin-down
luminosity at t = 0, and ESN and Mej are the kinetic energy and ejected mass, respec-
tively, of the SN.
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Since the PWN expansion velocity is steadily increasing, the PWN remains cen-
tered on the pulsar, and we expect to see a rapidly expanding SNR with a reasonably
symmetric PWN near its center and a young pulsar near the center of the PWN. An
example of this is pulsar J1833-1034, which powers the bright X-ray and radio PWN
that lies at the center of SNR G21.5-0.9, which is estimated to be ∼ 1000 years old
(Camilo et al. 2006; Gupta et al. 2005; Matheson & Safi-Harb 2010).

The PWN is often elongated along the pulsar spin axis due to the higher equatorial
pressure associated with the toroidal magnetic field (Begelman & Li 1992; Lyubarsky
2002; van der Swaluw 2003). As the PWN expands, Rayleigh-Taylor instabilities form
due to the fast-moving relativistic fluid accelerating slower unshocked SN ejecta, pro-
ducing dense, finger-like filamentary structures.

As the SN evolves into the Sedov-Taylor phase, the total energy becomes con-
served as the ejecta cools adiabatically and is partitioned almost equally between ki-
netic and thermal contributions (Truelove & McKee 1999). The interaction between
the SNR and surrounding medium is now more complicated, with a SN forward
shock which compresses and heats ambient gas, and a reverse shock that decelerates
the ejecta. The two shocks are separated by a contact discontinuity where instabili-
ties can form. The reverse shock initially propagates outward behind the SN forward
shock, but eventually begins to move inward.

In the absence of a pulsar and PWN, the reverse shock reaches the SNR center at
(Reynolds & Chevalier 1984)

tRS = 7 kyr
(

Mej

10 M�

)5/6 ( ESN

1051 erg

)−1/2 ( no

1 cm−3

)−1/3

(1.29)

where no is the number density of the ambient gas, which is assumed to be constant.
At this point, the interior of the SNR is filled entirely with shock-heated ejecta and
can be described by a small set of simple self-similar equations (Cox 1972).

In the presence of a pulsar and PWN, the inwardly-propagating SN reverse shock
collides with the outwardly-moving PWN forward shock after a time tcoll < tRS , typ-
ically a few thousand years (Blondin et al. 2001; van der Swaluw et al. 2001). Even
in the simplest case, with a stationary pulsar, isotropic wind, and spherical SNR, the
evolution is complicated. The reverse shock compresses the PWN by a large factor,
increasing the magnetic pressure inside the PWN and causing the PWN to expand
again. The sudden magnetic field increase during compression burns off the high-
est energy electrons (Blondin et al. 2001; Bucciantini et al. 2003; Reynolds & Cheva-
lier 1984), and the alternation of compression due to ram pressure from the shocked
ejecta and expansion due to the magnetic pressure inside the PWN cause the neb-
ula to reverberate on a timescale of a few thousand years. The compression of the
PWN produces Rayleigh-Taylor instabilities, which can produce a chaotic, filamen-
tary structure (Blondin et al. 2001; Chevalier 1998).

At later times, the motion of the pulsar carries it away from the SNR center and
even outside the PWN. This leads at first to a complicated three-dimensional interac-
tion, causing large asymmetries and distortions in the shape of the PWN (Chevalier
1998; van der Swaluw et al. 2004), then a a new, smaller PWN around its current po-
sition (van der Swaluw et al. 2004). The motion of the pulsar eventually becomes
supersonic, and drives a bow shock through the SNR interior (Chevalier 1998; Van
Der Swaluw et al. 1998). The ram pressure from the pulsar motion confines the new
PWN to within 1 pc, and the PWN no longer expands steadily with time.

Eventually the pulsar will spin down to the point where their energy output is
insufficient to power an observable synchrotron nebula. At this stage, a pulsar is
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surrounded by a static or slowly expanding cavity of relativistic material with a radius
� 1 pc confined by the thermal pressure of the interstellar medium (Arons 1983;
Blandford et al. 1973); deep searches only recently detected these pulsar bow shock
nebulae (Rangelov et al. 2016, 2017).

1.3.3 Magnetars

Most pulsars have a dipole field strength of ∼ 1012 G, but a small fraction have fields
as high as ∼ 1015 G; these pulsars are commonly known as magnetars. Quantum
electrodynamic effects can become important around and above (Duncan 2001)

Bcrit =
m2

e c3

eh̄
= 4.413× 1013 G, (1.30)

where the nonrelativistic Landau energy h̄eB/mec is equal to the electron rest energy
mec2 (den Hartog 2008; Landau 1957a,b; Thompson & Duncan 2001). Such effects in-
clude the vacuum becoming anisotropic and birefringent (den Hartog 2008; Mészáros
& Ventura 1979), vacuum polarization (Mészáros & Ventura 1979; Pavlov & Shibanov
1979), magnetic lensing (den Hartog 2008), and photon splitting (Adler 1971; Hard-
ing et al. 1997). Atoms in magnetic fields of this strength are stretched into long, thin
cylinders (Harding & Lai 2006; Lai 2001; Thirumalai & Heyl 2009).

Magnetars were historically found as two different types of objects: the Soft Gamma-
Ray Repeaters (SGRs), which were first found due to their repeated bursts in the soft
gamma-ray band, and Anomalous X-ray Pulsars (AXPs), which have a persistant x-
ray flux higher than predicted by dipolar spin-down. These types of objects both
have very long (P ∼ 5-12 s) rotation periods and spin down very rapidly (Ṗ ∼ 10−10

s s−1); these properties give very large magnetic fields (Equation 1.20) and find a nat-
ural interpretation within the magnetar model. The first detection of pulsations in
the persistent/quiescent emission from SGR 1806-20 was made in 1998 (Kouveliotou
et al. 1998), which included measurement of the period and period derivative. The
persistent x-ray flux was more than two orders of magnitude higher than the available
spin-down energy (Kouveliotou et al. 1998; Rosswog & Brüggen 2007) and the period
and period derivative indicate a magnetic field of ∼ 8× 1014 G. Because these phe-
nomena were predicted by the magnetar model (Thompson & Duncan 1995, 1996),
this was when astronomers became convinced that SGRs are indeed magnetars (den
Hartog 2008).

It is not currently known how such high magnetic fields are generated, but there
are several possible mechanisms. The fossil field, magnetohydrodynamic dynamo,
and collective magnetism mechanisms from Section 1.2.1 can all generate magne-
tar fields. Other possibilities include differential rotation with a magnetic instability
(Akiyama et al. 2003; Spruit 2002) and vector spin alignment in a pion-condensated
quark matter core (Bhattacharya & Soni 2007). These mechanisms are not of great
importance to explaining the observed characterisitics, but it is clear that it is possible
to create neutron stars with magnetar fields.

There are several possible mechanisms involved in transporting magnetic energy
from the magnetar core to its surface: Ohmic dissipation, ambipolar diffusion, and
Hall drift (Goldreich & Reisenegger 1992). The dissipation timescale for Ohmic decay
in the core is too long to significantly contribute to energy transportation in magne-
tars. Ambipolar diffusion is capable of transporting energy from the core to lower
crust, while Hall drift generates turbulence in the crust which enhances the local rate
of Ohmic dissipation. The force due to the magnetic field, affected by Hall drift, can
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rupture the magnetar crust and give rise to a glitch or flare (Goldreich & Reisenegger
1992; Pons & Geppert 2007)

Thompson et al. (2002) studied the effects of the internal twisted toroidal magnetic
field on the external poloidal field, and find that the internal field is strong enough
to twist the outer one. This twisting induces currents that produce both thermal and
non-thermal persistent emission, and causes extra magnetospheric current to cross
the light cylinder, which increases the spin-down torque of the neutron star. This is
sufficient to power magnetars for several thousand years (Durant & van Kerkwijk
2006), and also why no older magnetars are discovered. The absence of this internal
energy is thought to be why high magnetic-field radio pulsars do not show similar
behaviour to magentars.

As of April 2016, there were 23 confirmed magnetars (11 Soft Gamma-ray Re-
peaters (SGRs) and 12 Anomalous X-ray Pulsars (AXPs)) and 6 candidates (4 SGRs
and 2 AXPS) in existence (Olausen & Kaspi 2014).

SGR Flares

The first detection of an SGR was a flare from SGR 1806-20 on January 7, 1979 (Aptekar
et al. 2001; Laros et al. 1986; Mazets & Golenetskii 1981). On March 5, 1979, the first
SGR hyperflare was detected from SGR 0526-66, which is located in the Large Mag-
ellanic Cloud (Cline et al. 1982; Mazets et al. 1979). The hyperflare started with an
extremely bright initial spike followed by a three minute decaying tail (Cline 1980).
The magnetar’s 8 s pulsations were clearly visible (Barat et al. 1983). The total en-
ergy emitted during the hyperflare was ∼ 5× 1044 erg (assuming isotropic emission)
(den Hartog 2008). The same source was then observed to repeatedly emit smaller
flares (Aptekar et al. 2001; Cline et al. 1982; Mazets & Golenetskii 1981; Usov 1996).
SGR 1900+14 was discovered shortly afterwards when three flares were detected on
March 24, 25, and 27, 1979 from the same location (Kouveliotou et al. 1993; Mazets
et al. 1981). The detection of these flares were only a few years after the first extra-
galactic gamma-ray bursts were detected (den Hartog 2008; Klebesadel et al. 1973).
SGR 0526-66, SGR 1900+14, and SGR 1806-20 all showed recurrent non-periodic flares
over the next few years (Atteia et al. 1987; Golenetskii et al. 1984; Kouveliotou et al.
1987; Laros et al. 1987), which lead to the name Soft Gamma-ray Repeater.

There have been two more recent SGR hyperflares: one on August 27, 1998 from
SGR 1900+14, which was similar to the first hyperflare from SGR 0526-66 (Feroci et al.
2001; Hurley et al. 1999), and one on December 27, 2004 from SGR 1806-20, which
was more than two orders of magnitude larger than the previous two (∼ 1047 erg)
(Boggs et al. 2007; Borkowski et al. 2004; Götz et al. 2006; Palmer et al. 2005; Terasawa
et al. 2005). The x-rays and gamma rays from both of these hyperflares ionized the
Earth’s upper atmosphere and caused the earth’s ionosphere to contract to the same
extent as it would from sunlight. These contractions changed the way radio waves
propagated off the ionosphere (Campbell et al. 2005; Inan et al. 1999, 2007; Mandea &
Balasis 2006). Radio afterglows were also observed after both hyperflares (Cameron
et al. 2005; Frail et al. 1999; Gaensler et al. 2005).

The small flares from SGRs show very irregular behavior. SGRs have short pe-
riods of bursting activity, where hundreds of bursts can de detected within several
weeks, followed by years of inactivity (Aptekar et al. 2001; Göğüş et al. 2001; Woods
et al. 1999). The energy distribution of these flares is a power-law (dN/dE ∝ E−5/3)
(Cheng et al. 1996), much like the Gutenberg-Richter law for earthquakes (Gutenberg
& Richter 1956). Other similarities exist between earthquakes, solar flares, and SGR
flares; they all have comparable waiting times and none of them show a correlation



14 Chapter 1. Introduction

between energy and waiting time (den Hartog 2008; Göğüş et al. 1999, 2000; Thomp-
son & Duncan 2001).

Because of the similarity to earthquakes, a "magnetar-quake" is regarded as a plau-
sible mechanism for producing flares and hyperflares (Pons & Geppert 2007; Thomp-
son & Duncan 2001). An estimate of the magnetic field energy gives (UBVNS ∼ 1048

erg, while the energy released in the SGR 1806-20 hyperflare was∼ 1046 erg, so the en-
ergy released in the burst is only a fraction of the magnetic energy inside the star, and
both theory and observations of magnetar giant flares indicate that the magnetic en-
ergy can be converted to high energy photon emission (Elenbaas et al. 2017; Thomp-
son & Duncan 1995). The restructuring of the magnetic field that causes the initial
spike also radiates a hot, optically thick, electron-positron pair-plasma fireball that
is trapped near the magnetar by closed magnetic field loops. This fireball is forced
to rotate with the star and slowly evaporates by leaking photons, which powers the
decaying tail (Duncan 2004; Paczynski 1992; Rosswog & Brüggen 2007; Thompson &
Duncan 2001).

1.4 Possible Pulsar-Driven Transients

Although supernova astronomy is thousands of years old, the advances in mulit-
wavelength (and now multimessenger, with the detection of gravitational waves from
LIGO) astronomy over the past 50 years have led to the discovery of many different
high-energy transients, inlcuding Gamma-ray Bursts (GRBs) and Fast Radio Bursts
(FRBs). Improvements in optical telescopes have also led to the discovery of more
luminous subclasses of supernovae, such as Hypernovae (HNe) and Superluminous
Supernovae (SLSNe). Scientists have long struggled to determine the energy sources
and emission mechanisms for these transients, and even though models have been
developed, there is still no clear evidence from observations to support them.

Many of these models involve the death of a massive star (Bisnovatyi-Kogan 1971;
Kardashev 1964; Ostriker & Gunn 1971; Shklovskii 1973, 1976). The collapsar model,
where a fast rotating star with a 5-15 M� core collapses into a black hole and the fall-
back accretion onto the black hole produces relativistic jets (MacFadyen & Woosley
1999), is often used to explain HNe and GRBs (Fujimoto et al. 2008; MacFadyen et al.
2001). The pair-instability model, where pair production in stars with masses 130-250
M� temporarily reduces the internal pressure supporting the star against gravita-
tional collapse and greatly accelerates nuclear burning, causing a runaway thermonu-
clear explosion that leaves no remnant (Fraley 1968; Kasen et al. 2011), is often used
to explain SLSNe (Cooke et al. 2012; Gal-Yam et al. 2009). Also, a circumstellar shock
between SN ejecta and dense nebular material or dust close to the star is thought to
be the power source for hydrogen-rich SLSNe (Gal-Yam & Leonard 2009; Smith et al.
2008).

However, a model that can explain a wide variety of transients is the pulsar-driven
model (e.g., Dai et al. 2016b; Inserra et al. 2013; Metzger et al. 2015; Nicholl et al. 2014,
2016b; Pastorello et al. 2010; Quimby et al. 2011; Wang et al. 2015). In this model, the
spin-down energy of a newborn pulsar is injected into the ejecta of a supernova; this
energy is thermalized and remitted as quasi-thermal optical radiation. A sufficiently
asymmetrical explosion can also lead to jets around the pulsar poles, which can either
be absorbed by the ejecta or punch a hole right through it. The diversity of possible
explosions in this model follows from the diversity of possible neutron stars and envi-
ronments: there is a large possible range in possible spin periods and magnetic fields,
there could be a binary companion or accretion disk, the envelope can vary vastly in
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FIGURE 1.1: The diversity of transients caused by pulsar formation or
young pulsars, and their approximate dependence on the initial spin
period and dipole magnetic field of the pulsar. Pulsars with ms rota-
tion periods and∼ 1013 G magnetic fields are thought to power SLSNe
during their formation, and power FRBs years or decades afters their
birth (Connor et al. 2016; Cordes & Wasserman 2016; Lyubarsky 2014;
Lyutikov et al. 2016; Popov & Postnov 2010a). Pulsars with ms rota-
tion periods and ∼ 1015 G magnetic fields are thought to power HNe
and GRBs during their formation (Burrows et al. 2007a; Troja et al.
2007; Zhang & Mészáros 2001). Pulsar with longer rotation periods are
thought to power some ordinary Type Ibc SNe, with those with ∼ 1015

G magnetic fields having a central magnetar and those with smaller
field having a central pulsar.

mass and composition, and the pulsar could have a magnetar-like twisted poloidal
magetic field.

Although the pulsar-driven model can explain all these different transients, no ob-
servational finding has been able to conclusively validate the pulsar-driven scenario
so far (Kashiyama et al. 2016). The quasi-thermal optical radiation produced in HNe
and SLSNe can be explained by a number of different central engines. The question is,
how can we discriminate newborn pulsar engines for each type of transient by using
ongoing and upcoming multi-messenger observations (Kashiyama et al. 2016).

Figure 1.1 shows a number of different transients that are thought to be powered
by newborn or young pulsars, and the expected initial spin period and dipole mag-
netic field of the pulsar engine. We describe the different transients individually in
the rest of the section.
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1.4.1 Gamma-Ray Bursts (GRBs) and Hypernovae (HNe)

Gamma-ray bursts were discovered in 1967 by the Vela 3 and Vela 4 satellites, which
were originally launched to detect nuclear weapons tests in space (Katz 2002; Schilling
2002). The operation of four satellites made it possible to localize the burst to a com-
pact region of space. Vela 5 and Vela 6 were launched in 1969 and 1970 respectively,
and the six satellites were able to detect and trace 16 GRBs in the next three years,
leading up to the publication of the first GRB observations by Klebesadel et al. (1973).

By 1978, there were 11 satellites, together known as the Inter-Planetary Network
(IPN), in orbit around the Earth, Venus, and the Sun, attempting to detect and localize
GRBs. These satellites could pinpoint GRBs to within a arcminutes, but this was not
enough to detect a counterpart in any other wavelength band. Three gamma-ray
satellites were launched in the 1990s and early 2000s: the Burst and Transient Source
Explorer (BATSE) in 1991, BeppoSAX in 1996, and the High Energy Transient Explorer
2 (HETE2) in 2000 (The first HETE lost radio contact with the Earth after one day).

The launch of BATSE was able to show the isotropy of GRBs (Meegan et al. 1992),
confirming them as extragalactic, as well as two distinct catagories, short GRBs (SGRBs)
with periods less than two seconds and long GRBs (LGRBs) with periods greater than
two seconds (Kouveliotou et al. 1993). These catagories are broad with significant
overlap, and other catagories, such as ultra-long GRBs (Boër et al. 2015; Levan et al.
2014; Virgili et al. 2013), intermediate GRBs (Horváth et al. 2006; Mukherjee et al.
1998), and low-luminosity GRBs (LL-GRBs) (Virgili et al. 2009), have also been sug-
gested based on theoretical and observational grounds (Chattopadhyay et al. 2007;
Hakkila et al. 2003; Horváth 1998).

The best hope for the detection of a counterpart would rely on the localization of a
GRB afterglow at lower wavelengths (Fishman & Meegan 1995; Paczynski & Rhoads
1993). In February 1997, BeppoSAX discovered GRB 970228, a gamma-ray burst with
fading x-ray emission (Costa et al. 1997), and optical telescopes were able to detect a
fading counterpart as well (van Paradijs et al. 1997). With a location identified, later
deep observations were able to identify a distant, faint host galaxy for the GRB; the
discovery of the distance scale and environments where GRBs occur revolutionized
the study of GRBs (Frontera & Piro 1999).

Although radio emission from GRBs was originally thought to be too faint to be
detectable (Meszaros & Rees 1993), the afterglow of GRB 970508 was detected by
the Very Large Array (VLA) (Frail et al. 1997). This observation determined that the
source of radio waves had expanded almost at the speed of light. There was also a
very complete spectrum for this event, which allowed Wijers & Galama (1999) to de-
termine the total energy of the burst (assuming isotropic emission) and particle den-
sity of the surrounding medium as 3× 1052 erg and 30 000 particles per cubic meter
respectivity. Although they did not consider their results to be considered incredibly
reliable, they were able to show that it would be possible, in principle, to determine
the physical characteristics of GRBs based on their spectra (Schilling 2002).

The next important GRB was GRB 971214, which would have emitted 3 × 1053

erg if isotropic. This amount of energy was higher than predicted by any model and
would have been the most energetic explosion observed since the Big Bang, which
earned it the nickname "Big Bang 2". After this, astronomers concluded that GRBs
were highly focused explosions, with most of the explosion energy collimated into a
narrow jet (Abdo et al. 2009; Rykoff et al. 2009). The approximate width of the jet can
be estimated by observing the achromatic "jet breaks" in afterglow light curves, where
the afterglow decays rapidly as the jet slows and can no longer beam its radiation
effectively (Burrows et al. 2006b; Frail et al. 2001; Sari et al. 1999). This implies that for
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every burst observed on earth, several hundred occur which are not observed because
their beams are not pointed towards earth (Schilling 2002).

GRBs were predicted to be associated with core-collapse supernovae (Paczynski
1997), and in 1998, the first supernova to be coincident with a gamma-ray burst,
SN1998bw, was discovered (Galama et al. 1998; Vreeswijk et al. 2000), although it
was never confirmed that the events were related. This type of supernova came to
be known as a hypernova (HN), which has an explosion energy too high for only
neutrino deposition, but is only slightly more luminous than a regular supernova
(Iwamoto et al. 1998). Hypernovae are typically broad-lined Type Ic supernovae
(Woosley et al. 1999), although some hydrogen rich supernovae share similar ener-
getic properties (Terreran et al. 2017). In 2003, the connection was confirmed with the
detection of GRB 030329 in gamma-ray (Vanderspek et al. 2003), x-ray (Marshall &
Swank 2003), optical (Peterson & Price 2003), and radio (Berger et al. 2003), and sub-
sequent detection of SN2003dh in the afterglow (Matheson et al. 2003; Stanek et al.
2003), with spectral features similar to previous hypernovae (Iwamoto et al. 2000;
Patat et al. 2001).

The central engine for SGRBs has long been thought to be binary neutron star
mergers (Blinnikov et al. 1984; Eichler et al. 1989; Nakar 2007; Narayan et al. 1992;
Paczynski 1986, 1991) due to their lack of association with star-forming regions and
galaxies (Bloom et al. 2006; Gehrels et al. 2005; Prochaska et al. 2006), and were hy-
pothesized to produce also optical emission, known as a kilonova (Tanvir et al. 2013),
due to the decay of heavy radioactive elements (Berger et al. 2013; Metzger et al. 2010),
as well as radio emission (Hurley et al. 2002; Piran 2004) and gravitational waves
(Cutler & Flanagan 1994; Flanagan & Hughes 1998; Nakar 2007; Phinney 1991). This
was recently confirmed by the multimessenger observations of GW170817 and GRB
170817A (Abbott et al. 2017c), as it produced a gravitational wave signal (Abbott et al.
2017b), short- to intermediate-duration GRB (Abbott et al. 2017a), UV/optical/ in-
frared kilonova (Cowperthwaite et al. 2017; Nicholl et al. 2017e; Smartt et al. 2017;
Valenti et al. 2017), and radio emission (Alexander et al. 2017; Hallinan et al. 2017).
This event appears to show cocoon-like shock breakout behaviour (Gottlieb et al.
2017; Mooley et al. 2017; Piro & Kollmeier 2017), as detailed below, although this is
still a topic of intense discussion (Bromberg et al. 2017; Ioka & Nakamura 2017; Kisaka
et al. 2017; Lamb & Kobayashi 2017). Since there has only been one detection and it
does not resemble a "typical" short GRB in terms of its luminosity and spectra (Bégué
et al. 2017; Horvath et al. 2017; Palmese et al. 2017), there is now much discussion of
the possibility of multiple types of SGRB progenitors, including magnetar hyperflares
from nearby galaxies (Frederiks et al. 2008; Hurley et al. 2005; Tong & Yu 2017), black
hole-neutron star mergers (Mochkovitch et al. 1993; Nakar 2007; Narayan et al. 1992),
or even certain types of black hole-black hole mergers (de Mink & King 2017; Loeb
2016).

LGRBs are unambiguously associated with star formation and the deaths of mas-
sive stars (Pontzen et al. 2010; Woosley & Bloom 2006), but the central engine is yet un-
clear, and could be a collapsar (Fujimoto et al. 2008; Gendre et al. 2013; Ioka et al. 2016;
MacFadyen & Woosley 1999; MacFadyen et al. 2001), tidal disruption event (Bloom
et al. 2011; Ioka et al. 2016; Krolik & Piran 2011; Levan et al. 2011), or newborn magne-
tar (Bucciantini 2012; Greiner et al. 2015; Ioka et al. 2016; Thompson et al. 2004; Usov
1992; Wheeler et al. 2000), among other possibilities (Cline 1996; MacFadyen et al.
2006; Vietri & Stella 1998; Winterberg 2001). In the millisecond magnetar model, the
rotational energy of ∼ 1052 erg is extracted in ∼ 100 s with a field of ∼ 1015 G.

During magnetar formation, the proto-NS cools via neutrino emission in the ther-
mal Kelvin-Helmholtz timescale τKH ∼ 10− 100 s (Pons et al. 1999). About 1 s after
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the core bounce, a neutrino driven wind develops due to a density decrease around
the proto-NS (Thompson et al. 2001). For regular pulsars, this wind carries little en-
ergy (Thompson et al. 2001), but for magnetars, the wind is magnetocentrifugally ac-
celerated and far more energetic, eventually reaching relativistic speeds (Bucciantini
et al. 2006; Thompson et al. 2004). In the first ∼ 1 s, the wind has typical thermal
speeds of ∼ 0.1c. In the next ∼ 10 s, the proto-NS relaxes to a radius of around 20 km
and begins to spin down, and the magnetization parameter σB increases from ∼ 1 to
∼ 10; the neutrinos become relativistic, but the bulk of the neutrinos are still confined
within the proto-NS. After most of the neutrinos break out of the proto-NS, they start
to accelerate in the stellar material and σB increases to ∼ 102 − 103. These neutrinos
ablate baryons from the surface of the NS as they break out, and these baryons are
accelerated by the magnetar fields and collimated into a jet by a compressed toroidal
magnetic field in the nascent magnetar wind nebula that expands in the polar direc-
tions (Del Zanna et al. 2004; Komissarov & Lyubarsky 2004) as well as by the cocoon
mechanism decribed below (Bromberg & Tchekhovskoy 2016; Bromberg et al. 2017);
the toroidal magnetic field collimation process has been shown to work under vari-
ous assumptions (Bucciantini et al. 2007, 2008, 2009; Komissarov & Barkov 2007) and
is sometimes known as the "tube of toothpaste" effect (Bucciantini 2012), but can lead
to magnetic field shearing (Alves et al. 2014). After ∼ 100 s, the neutrino luminos-
ity drops below the threshold to drive a baryon-loaded wind, which is replaced by a
leptonic wind once the density in the magnetosphere drops below the threshold for
pair production (Metzger et al. 2011). The magnetized wind can also drive a shock
into the expanding SN ejecta, depositing up to ∼ 1052 erg into the ejecta. The fraction
of energy that escapes with the GRB and the fraction that is deposited in the ejecta
is still unknown, with some astronomers claiming most of the energy escapes (Buc-
ciantini 2012; Bucciantini et al. 2009; Komissarov & Barkov 2007) and some claiming
most goes into the ejecta (Thompson et al. 2004).

The jets for GRBs need to break through the ejecta surrounding the central engine
in most models, even those for SGRBs. Once this highly-relativistic jet collides with
the non-relativistic ejecta, its advance is slowed and most of its energy during this
phase is deposited into a surrounding cocoon (Ramirez-Ruiz et al. 2002; Waxman &
Mészáros 2003; Zhang et al. 2003). The jet propagates through the dense ejecta and
mixes with it, lowering the kinetic energy of the jet and increasing the energy of the
cocoon. If the ejecta is thin enough, the jet will punch through the ejecta and prop-
agate with relativistic speed, leading to a collimated gamma-ray burst with a small
amount of off-axis emission due to the cocoon. If the ejecta is thick, the jet and ejecta
will be thoroughly mixed and break through the ejecta as a mildly relativistic cocoon
fireball, and emit highly luminous optical, UV, and x-ray emission with a beaming
angle of ∼ 10− 30◦ (De Colle et al. 2017; Mizuta & Ioka 2013; Nakar & Piran 2017).

1.4.2 Superluminous Supernovae (SLSNe)

SLSNe have only been discovered recently, with the first one being SN2005ap 12 years
ago (Quimby et al. 2007); to date there have only been around 50 confirmed SLSNe.
Although they are extremely rare, accounting for 1 out of every 103-104 supernovae
(Quimby et al. 2011), they are the most luminous optical/UV transients associated
with the deaths of massive stars, being generally around 100 times brighter than
regular supernovae. While Type II SLSNe show narrow spectroscopic features, like
Type IIn SN, consistent with strong interaction with the circumstellar medium, Type
I SLSNe do not exhibit these features, have blue continua at maximum light, a dis-
tinctive feature due to [O II] at early epochs, and at about 30 days after peak, they are
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spectroscopically similar to normal or broad-lined SNe Ic at peak luminosity (Inserra
et al. 2016a; Pastorello et al. 2010). They are found predominantly in low metallcity
dwarf galaxies with high rates of specific star formation (Lunnan et al. 2014; Vreeswijk
et al. 2014) and extreme emission lines (Leloudas et al. 2015), although this is not al-
ways the case (Chen et al. 2017).

Early time bumps (pre-peak, double peaks, or excess emission), which can be ex-
plained by shock-cooling or CSM-interaction models (Chatzopoulos et al. 2012; Nakar
& Sari 2010; Piro 2015; Rabinak & Waxman 2011), have been observed for SLSNe such
as SN2006oz (Leloudas et al. 2012), LSQ14bdq (Nicholl et al. 2015), PTF12dam and
iPTF13dcc (Vreeswijk et al. 2017), and DES14X3tza (Smith et al. 2016), and may be
common among SLSNe (Nicholl & Smartt 2016). Late-time (post-peak) bumps have
also been observed in a few cases, such as SN2007bi (Gal-Yam et al. 2009) iPTF13ehe
(Yan et al. 2015), PS1-14bj (Lunnan et al. 2016), and SN2015bn (Nicholl et al. 2016a).
Undulations in late-time decay have been observed in a few slowly declining SLSNe
(Inserra et al. 2017). Late emergence of hydrogen emission has been detected in a few
cases, which can be explained by substantial mass loss shortly before the progenitors
exploded (Yan et al. 2015, 2017b). Liu et al. (2017) showed that these light curves could
be explained by a multiple-shell CSM interaction model. The diversity observed so
far in H-poor SLSNe seem to indicate that multiple processes may contribute to pow-
ering their light curves (De Cia et al. 2017).

These SNe are too luminous to be powered by the neutrino mechanism detailed
in Section 1.2.1 - magnetohydrodynamic models usually require these supernovae
to have an explosion energy of ∼ 1052 erg, while the limit due to neutrino deposi-
tion is only ∼ 2× 1051 erg because of the neutrino’s small cross section (Janka 2012;
Müller 2017; Terreran et al. 2017). Also, bright supernovae usually indicate that a
large amount of 56Ni was synthesized in the explosion, as its radioactive decay serves
to keep the ejecta hot during its early rapid expansion. However, late-time observa-
tions suggest that the MNi is much lower than required to match the SLSN luminosity
(Chen et al. 2013; Inserra et al. 2013; Pastorello et al. 2010; Quimby et al. 2011), and
estimated ejecta masses are much lower than the necessary core mass to synthesize a
large amount of 56Ni (Moriya et al. 2010; Nicholl et al. 2015). These mandate the need
for a central engine or other power source; hydrogen-rich SLSN are likely powered
by SN ejecta and the hydrogen-rich envelope (e.g., Chatzopoulos et al. 2012; Cheva-
lier & Fransson 1994; Chevalier & Irwin 2011; Chugai & Danziger 1994; Inserra et al.
2016b; Ofek et al. 2013; Smith & McCray 2007), while hydrogen-poor SLSN are likely
powered by central engine, possibly a fast-rotating pulsar.

Although most SLSN models are spherically symmetric, a pulsar-powered SN
should have some intrinsic asymmetry characterized by a dominant polarization an-
gle as observed for other types of stripped-envelope SNe (e.g., Maund et al. 2007;
Tanaka et al. 2012; Wang et al. 2001). A strong magnetic field could lead to larger
asymmetries than normal stripped-envelope SNe, and detection of this asymmetry
could suggest magnetar energy injection as the source. Asymmetry in the ejecta
could hide signatures of hydrogen or helium in SLSN-I spectra (Kozyreva & Blin-
nikov 2015), as well as ionization (De Cia et al. 2017; Mazzali et al. 2016). Axisymmet-
ric ejecta could be the consequence of aspherical energy and momentum production
during the explosion due to magnetohydrodynamic jets (Khokhlov et al. 1999), mag-
netoturbulence (Mösta et al. 2014), accretion flow around the pulsar (Chevalier 1989),
asymmstric neutrino emission (Müller 2015; Wheeler & Akiyama 2010), clumping of
the ejecta material, or a combination of these (Inserra et al. 2016a).

In the pulsar-driven model for SLSNe, the engine timescale in the SLSN must be
comparable to the ejecta diffusion timescale (∼ 100 days), so most of the energy in the
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SLSN can go into quasi-thermal optical radiation rather than driving a jet (Metzger
et al. 2015; Nicholl et al. 2016a). The large required injection energy also requires that
pulsar initially rotates with a millisecond time scale (see Equation 1.14). From Equa-
tion 1.21, we find that these criteria prohibit pulsars with extremely high magnetic
fields (≥ 1015 G) from being the possible SLSN progenitor, and require the field to be
around 1013 − 1014 G.

1.4.3 Fast Radio Bursts (FRBs)

FRBs, which are luminous, coherent bursts of radio emission, were discovered in 2007
using the Parkes Radio Telescope (Lorimer et al. 2007), but astronomers were initially
skeptical until a population was found using the Arecibo and Green Bank Telscopes
(Spitler et al. 2014; Thornton et al. 2013). FRBs are typically ≤ 1 ms, and can not be
temporally resolved by most receivers (Katz 2016). To date, 29 burst sources have
been found 1 (Petroff et al. 2016); 28 of which appear to have been one time events,
while one (FRB 121102) has been seen to repeat over 150 times (Gajjar et al. 2017;
Mann 2017; Scholz et al. 2016; Spitler et al. 2016). The dispersion measure

DM =
∫ Object

Source
nedl (1.31)

which causes a frequency-dependent time delay in the signal, can be used to roughly
estimate the source distance; the DM for FRBs was found to be too high to come from
a galactic source (Bannister et al. 2017), which established the bursts as being extra-
galactic (Caleb et al. 2017). This dispersion may be partially due to a dense magnetic
plasma (Masui et al. 2015) or PWN surrounding the source (Kashiyama & Murase
2017); in the case of the PWN, the density puts a lower limit of the age of the source
(Kashiyama & Murase 2017). In 2015, an FRB was observed in real-time and a circular
polarization of 21 ± 7% was measured (Petroff et al. 2015).

The all-sky rate of FRBs is estimated to be 10 000 per day (Spitler et al. 2014),
but until recently there was no localization or association with other sources. How-
ever, recent observations of the repeating FRB 121102 led to the localization of its host
galaxy at z = 0.193 and the discovery of a persistent radio counterpart, which was
seen by VLA and the European Very Long Baseline Interferometry (VLBI) Network
(Chatterjee et al. 2017; Marcote et al. 2017; Tendulkar et al. 2017). The source is coin-
cident with the star forming region in the galaxy (Bassa et al. 2017), which suggests
a possible connection FRBs and the deaths of massive stars, similar to SNe and GRBs
(DeLaunay et al. 2016; Deng & Zhang 2014; Zhang 2014).

The nature of FRBs is still unknown due to their isolated nature and there is no
generally accepted explanation, but there have been many models proposed. Some
of these models involve cataclysmic events, such as collisions and mergers of com-
pact massive objects such as white dwarves, neutron stars, or black holes (Kashiyama
et al. 2013; Ravi & Lasky 2014; Totani 2013; Zhang 2016), blitzars (Falcke & Rezzolla
2014; Thornton et al. 2013), the dark matter-induced collapse of pulsars (Bramante &
Linden 2014; Fuller & Ott 2015), quark novae (Shand et al. 2016), and the collapse of
the magnetospheres of Kerr-Newman black holes (Barrau et al. 2014; Liu et al. 2016;
Zhang 2016). Other models involve non-cataclysmic events, such as giant neutron
star pulses (Connor et al. 2016; Cordes & Wasserman 2016; Lyutikov et al. 2016), mag-
netar hyperflares (Champion et al. 2016; Kulkarni et al. 2015; Lyubarsky 2014; Popov
& Postnov 2010b), intermittent Roche lobe overflow in a neutron star-white dwarf

1http://frbcat.org/
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binary (Gu et al. 2016), or pulsars interacting with planets (Mottez & Zarka 2014),
asteroids (Dai et al. 2016a), or comets (Geng & Huang 2015). They have even been
proposed to come from extragalactic civilizations (Lingam & Loeb 2017). Since the
discovery of the repeating FRB, we know that not all FRBs can be caused by cat-
aclysmic events. However, due to there being only one repeating source detected,
which has over 100 bursts, it has been proposed that the repeating burst might be a
seperate subclass of FRB with a different physical mechanism entirely.

Magnetar hyperflares are predicted to emit energy in three channels: in thermal
heat, in the bulk motion of plasma, and in energetic non-thermal particles (Lyutikov
2002). Solar flares are often accompanied by radio bursts (Bastian et al. 1998), which
are signatures of electrons accelerated along coronal magnetic field lines that cause
electrostatic plasma turbulence and the subsequent collision of plasma waves (Lyu-
tikov 2002); magnetars are predicted to exhibit similar behaviour. However, the radio
non-detection of the 2004 SGR 1806-20 hyperflare gives a fluence limit that is incon-
sistent with all but one of the first fifteen FRBs (Tendulkar et al. 2016); however, due
to the variability in magnetar and FRB properties and possible dependence on the
circum-magnetar medium, the hyperflare hypothesis has yet to be discarded by the
community.

The giant pulses arise from young neutron stars, and arise in an outer magneto-
sphere acceleration gap (Cheng et al. 1986b; Romani & Yadigaroglu 1995). Photon
production is maintained by synchrotron radiation in the gap itself, where high mag-
netic fields enchance synchrotron emissivity and pair-production (Johnston & Ro-
mani 2004). This dense pair plasma promotes instabilities which create enhancements
in particle coherence and thus the giant radio pulses (Johnston & Romani 2004). Giant
pulses have been observed in 11 sources so far (Kuzmin 2007), most notably the Crab
pulsar (Argyle & Gower 1972; Staelin & Reifenstein 1968) and millisecond pulsar PSR
B1937+21 (Wolszczan et al. 1984). It is worth noting that these pulsars have extremely
high magnetic fields at their light cylinder (Johnston & Romani 2004). The bright-
ness temperature 5× 1039 K, from a giant pulse from PSR B1937+21, is the highest
observed brightness temperature in the Universe (Soglasnov et al. 2004). However,
these pulses are extremely short (Hankins et al. 2003; Soglasnov et al. 2004), with one
pulse from the Crab pulsar being only 2 ns long (Hankins et al. 2003). If the pulse
duration t is interpreted as the maximum size of the emitting region r < ct, then 2
ns corresponds to a maximum size of only 60 cm, the smallest entity ever detected
outside our solar system (Kuzmin 2007).

FRBs are expected to originate from similar young NS as SLSNe. The host galaxy
of FRB 121102 is a low-metallicity dwarf galaxy with prominent emission lines, sim-
ilar to SLSNe, and since the radio counterpart was found in the star forming region
of the galaxy, it is likely that there is a link between stellar death and FRBs. This
radio counterpart is consistent with a young PWN from a neutron star engine with
sub-magnetar field strength and a millisecond initial rotation period (Kashiyama &
Murase 2017), similar to SLSNe (see Figure 1.1 for the overlap). These properties
strongly suggest that the FRB engine might be born in SLSN explosions, and moti-
vates theoretical studies and follow-up observations of candidates for pulsar-driven
supernovae, for which SLSNe are among the most interesting.
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1.5 Thesis Overview

The combination of extreme gravity, magnetism, and density make neutron stars a
unique laboratory to probe theories like general relativity, quantum electrodynam-
ics, and nuclear physics, so it is important to understand their formation, life cycle,
and diversity. Yet, the youngest pulsar astronomers know about is the Kes 75 pulsar,
which is around 700 years old (Gotthelf et al. 2000). A central engine, like a fast spin-
ning newborn pulsar or a black hole accretion disk, is thought to power many tran-
sients across the electromagnetic spectrum, including SLSNe, HNe, and GRBs. Also,
the recent localization of the source for the repeating FRB 121102 with a host galaxy
similar to observed SLSN hosts makes it likely that the FRB engine might be born in
SLSN explosions. We aim to elucidate the connection between pulsars and transients
by predicting the detectability of multiple types of non-thermal signals unique to the
pulsar engine and doing follow-up observations on promising candidates to verify
or refute these predictions and further our understanding of both compact objects
and the luminous transients they may cause. We also want to detect and study new-
born pulsars, only a few years after their birth, as new insights in nuclear physics,
condensed matter, plasma physics, quantum mechanics, and general relativity could
come from identifying, modelling, and observing nascent neutron stars.

In Chapter 2, the models used to derive the results in later chapters are introduced
and overviewed. Descriptions of the qualitative behaviours and parameter depen-
dencies of the models are left to those later chapters, and instead focus is placed on
the physical motivation and mathematical formulation of each model. We describe
the models for quasi-thermal and non-thermal emission from SLSNe, including the
effects of spin-down; radioactivity; PWN dynamics; electron cooling, acceleration,
and pair production; quantum effects; and broadband absorption and attenuation.
We also describe models for dust formation due to nucleation and subsequent growth,
dust sublimation via PWN emission, and thermal re-emission of absorbed emission
from dust grains of arbitrary composition within the ejecta as it expands and cools.

There have been previous arguments that Type-I SLSNe are powered by central
engines which inject energy for a long period of time after the core-collapse of the pro-
genitor star. A popular hypothesis is that the engine is a rapidly-rotating pulsar with
a magnetic field between 1013 − 1015 G, but quasi-thermal optical emission can not
differentiate this from other possible engines. Murase et al. (2016) proposed that ra-
dio/submm emission from non-thermal positron-electron pairs in the newborn PWN
can be used to identify and characterize pulsars in the supernovae they power. In
Chapter 3, we calculate the PWN emission from six bright newborn SLSN-I remnants,
assuming that they are pulsar-driven, and examine the contraints placed by radio and
submm emission. We find that the Atacama Large Millimeter/submillimetre Array
(ALMA) can detect the submm PWN emission from most of them in a few years after
the explosion, while the Jansky Very Large Array (VLA) can detect the radio PWN
emission from a few of them in a few decades. Follow-up observations could help
solve the parameter degeneracy problem in the pulsar-powered SN model and could
give clues about young neutron stars scenarios for SLSNe-I and FRBs.

In Chapter 4, we introduce and discuss the preliminary results of a study about
an indirect detection method for young PWN: re-emission from dust grains. We use
a steady-state model to study the growth of dust grains in the ejecta of a pulsar-
powered supernova, and examine sublimation of smaller grains and re-emission from
larger grains due to PWN emission. We consider dust compositions based on those
expected for a variety of progenitors of Type Ic, Ib, and IIb supernovae, including
SLSNe, and calculate the properties of C, MgSiO3, and MgO grains in their ejecta.
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We find that dust is always optically thick from a few months after formation, and re-
emits at a temperature between 1500-2000 K. For the cases of SN2015bn and SN2016ard,
which we propose to study in Chapter 5, we find that the dust emission is not de-
tectable at all, although this may be due to an unphysical part of our model. Apart
from fixing this, the next steps include realistically calculating absorption, calculating
emission using more parameter sets, and diagnosing our model to test its accuracy.

Chapter 5 is based on our Cycle 5 proposal to observe SN2015bn and SN2016ard,
two bright, recent SLSNe, with the Atacama Large Millimeter/submillimetre Array
(ALMA), in hopes of detecting the PWN emission predicted in Chapter 3. These ob-
servations have the potential to provide hints on the origin of super-luminous super-
novae (SLSNe) that may be applicable to other interesting high-energy phenomena,
such as Fast Radio Bursts (FRBs). However, these observations may not unambigu-
ously confirm the magnetar model, even if synchrotron radiation if detected, and it
is not obvious which system parameters would be constrained from the ALMA in a
model-independent way. Nevertheless, these observations are a critical test for the
pulsar-driven model, as this is the first attempt at detecting early submm PWN emis-
sion, and a successful detection would be strong evidence for the model as well as
detection of the youngest known pulsar to date; studying this system would give a
lot of insight into early pulsar evolution and its impact on the surrounding SN. This
proposal was accepted with B priority, and the observations should take place this
winter.

Finally, Chapter6 will give the author’s concluding remarks on the outlook of the
SLSN and pulsar-driven SN community.
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Chapter 2

Theory and Models

In this chapter, we overview the models used to derive the results in Chapters 3 and
4. We leave descriptions of the qualitative behaviours and parameter dependencies
of the models to later chapters, and instead focus on the physical motivation and
mathematical formulation of each model. We begin by describing the models for
quasi-thermal and non-thermal emission from SLSNe in Section 2.1, and then describe
models for dust formation, sublimation, and emission in Section 2.2. Throughout this
chapter, we use the notation Q = 10xQx in CGS units unless noted otherwise.

2.1 Modeling SLSN Emission

In the early phase after a pulsar-driven supernova explosion, the broadband non-
thermal emission from the emergent PWN is thermalized in the ejecta due to the high
opacity of the dense ejecta, producing only quasi-thermal optical emission. Once the
density, and thus the broadband opacity, decreases due to expansion of the ejecta, the
non-thermal emission can escape from the ejecta without being absorbed or scattered.
The escape time depends on photon energy, and can vary from months to decades.
This is shown schematically in Figure 2.1. We use two different models to describe
the two situations: the model for quasi-thermal optical emission (Section 2.1.1) works
well in the early phases and is computationally inexpensive, but is not reliable at
later times, while the model for non-thermal emission reliably and self-consistently
calculates non-thermal emission for decades after the explosion, but is much more
computationally expensive. The quasi-thermal model was developed in Kashiyama
et al. (2016) while the non-thermal model was developed in Murase et al. (2015).

2.1.1 Modelling Quasi-Thermal Optical Emission

Spin-Down

The spin-down of the newborn pulsar is calculated from (Ostriker & Gunn 1969)

−dErot

dt
= Lem + Lgw, (2.1)

where the electromagnetic and graviational wave luminosities are given by

Lem =
µ2Ω4

c3 (1 + C sin2 χµ) and (2.2)

Lgw =
2
5

G(εG I)2Ω6
pat

c5 (1 + 15 sin2 χεG) sin2 χεG (2.3)
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PWNe

SN Ejecta

~ a few months after the explosion

~ 1 yr after the 
explosion

The non-thermal PWNe emission in 
the ALMA bands starts to escape the SN ejecta. The PWNe emission is absorbed

and thermalized in the supernova ejecta, 
powering a superluminous supernova. 

FIGURE 2.1: Schematic picture of the rapidly-rotating pulsar model
for SLSNe. In a PWN, electrons and positrons from a newborn pul-
sar or magnetar are efficiently accelerated to very high energies. Non-
thermal emission is converted into thermal radiation while the ejecta
is dense enough, but at later times, the system becomes transparent
to broadband non-thermal emission. The timescale for photon escape
depends on photon energy - while the time for submillimetre AMLA
emission to escape is ∼ 1 year after the explosion, the timescale for
VLA band emission to escape is ∼ 10 years. The situation on the left is
described by the model in Section 2.1.1 and the situation on the right is
described by the model in Section 2.1.2.
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respectively. µ = BdipR3/2 is the magnetic moment, Ω is the rotational angular fre-
quency, χµ is the angle between the magnetic and rotational axes, C ∼ 1 is a pre-
factor, εG ≡ ∆I/I is the deformation rate (we assume magnetically deformed rotation
(Cutler 2002; Dall’Osso et al. 2009; Stella et al. 2005)), Ωpat is the pattern angular fre-
quency, and χεG is the angle between the deformation and rotational axes (Cutler
& Jones 2001). Equation 2.2 is motivated by numerical simulations (Gruzinov 2005;
Spitkovsky 2006; Tchekhovskoy et al. 2013) and is a factor 3(1 + C sin2 χµ)/2 sin2 χµ ∼
5 larger than Equation 1.15.

We assume an isotropic magnetized wind for simplicity. This assumption, and
thus this model, fails if the explosion becomes sufficiently non-spherical due to the
formation of a jet. Although jet formation is still uncertain, the timescale for the
prompt emission from an LGRB is around 100 − 1000 s, which cooresponds to the
spin-down timescale of a NS with Bdip ∼ 1015 G and P∼ 1 ms. If this timescale is com-
parable to the cooling or Kelvin-Helmholtz timescale (τKH ∼ GM2

NS/LneutrinoRNS .
100 s) (Thompson et al. 2004) of the proto-NS, which is the diffusion timescale for neu-
trinos generated by the core-collapse to escape the proto-NS, then the baryons that are
ablated from the proto-NS surface due to a neutrino-driven wind can be loaded into
the dipolar magnetic field as it is amplified shortly after collapse. If this happens,
the highly-magnetized relativistic jet could punch a hole in the progenitor star (Buc-
ciantini et al. 2007, 2008) and the GRB prompt emission can escape. Therefore, in
order to avoid jet formation during pulsar spin down, we only consider spin-down
timescales� 100 s and Bdip < 1015 G.

We also assume magnetically deformed rotation (Cutler 2002; Dall’Osso et al.
2009; Stella et al. 2005); once inner toroidal magnetic fields are amplified and become
comparable to the magnetar value, the young NS deforms and becomes oblate due
to a magnetic pinch (Cutler 2002; Gualtieri et al. 2011; Kiuchi & Yoshida 2008). The
deformation rate is

εG =
15
4
EB

|W| ∼ 2.5× 10−4
(

Bt

1016 G

)2

, (2.4)

where |W| ≈ Mnsc2 × 0.6C/(1− 0.5C) ∼ 4.4× 1053 erg is the gravitational binding
energy of a NS with compactness parameter C = GMns/Rnsc2 ∼ 0.17 (Lattimer &
Prakash 2001). The deformation axis generally does not coincide with the rotation
axis, which causes the NS to precess around the rotation axis (Mestel & Takhar 1972)
and eventually evolve into a more prolate shape, which is a plausible configuration
for the gravitational wave emission (χµ = χεG = π/2, Ω = Ωpat). The gravitational
wave emission only occurs when the viscous dumping timescale of the NS is shorter
than the magnetic braking timescale, which can equivalently be stated as (Dall’Osso
et al. 2009)

Bt < 2.4× 1016 G
(

Pi

ms

)−1
(

ln

[
320

(
Pi

ms

)2 ( Bdip

1014 G

)−2

+ 1

])1/2

. (2.5)

Ejecta Dynamics

We assume the density structure of the supernova ejecta to be

ρej ≈
3− δ

4π

Mej

R3
ej

(
R

Rej

)−δ

, (2.6)
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with δ = 1 for the index, so most of the mass is around R≈ Rej. This index is motivated
by 1D simulations by Kasen & Bildsten (2010), but more recent multi-dimensional
simulations suggest that the index may be higher at later times (Suzuki & Maeda
2017). The radius of the ejecta evolves as

dRej

dt
= Vej. (2.7)

Without energy ejection after the explosion, the ejecta velocity is almost constant up
to the Sedov radius, but when a newborn pulsar exists, a magnetized wind accelerates
the ejecta with

dEK

dt
=

Eint

tdyn
, (2.8)

where EK ≈ MejV2
ej/2 is the kinetic energy of the ejecta, Eint is its total internal energy,

and tdyn = Rej/Vej is the dynamical timescale of the ejecta. The energy injection
occurs at the shock between the pulsar wind and supernova ejecta. The radius of the
shocked wind region increases as

dRw

dt
= Vnb +

Rw

t
, (2.9)

where Vnb is obtained from pressure equilibrium:

Vnb ≈

√
7

6(3− δ)

∫
Lem ×min[1, τnb

T Vnb/c]dt
Mej

(
Rej

Rw

)3−δ

, (2.10)

where the factor min[1, τnb
T Vnb/c] is the fraction of spin-down luminosity deposited

in the SN ejecta and τnb
T = (Rw/Rej)τ

ej
T , where (Equation 2.12 gives a formulation for

τ
ej
T ). If Rw ≥ Rej, we set Rw ≈ Rej.

Electromagnetic Emission

The time dependency of Eint is

dEint

dt
= −Lsn −

Eint

tdyn
+ fdep,emLem + fdep,56NiL56Ni + fdep,56CoL56Co. (2.11)

The terms on the right-hand side give the energy loss via quasithermal supernova
emission and adiabatic expansion and the energy injection via the pulsar wind, 56Ni
decay, and 56Co decay respectively. Lsn can be given as

Lsn ≈
Eint

tej
esc

, (2.12)

where tej
esc is the thermal photon escape time from the ejecta (also called the diffusion

time tdif),

tej
esc =

τ
ej
T Rej

c
, (2.13)
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where τ
ej
T is the optical depth of the ejecta (c/τ

ej
T is called the diffusion velocity), and

τ
ej
T =

(3− δ)κMej

4πR2
ej

, (2.14)

where κ is the Thompson opacity. κ generally depends on temperature, composition,
and ionization state, which can all change in time, but we set it constant at 0.1 g−1

cm2, which is reasonable around the optical peak of SLSN; this is further justified in
Chapter 3. The emission temperature can be estimated as

Tsn =

(
Eint

aVej

)1/4

, (2.15)

where Vej is the spherical ejecta volume and a here is the radiation constant. This
method of calculating the supernova emission is equivalent to the Arnett model with
uniform ejecta temperature, instead of having the temperature depend on position as
in the original model (Arnett 1982; Chatzopoulos et al. 2012).

There are several absorption and scattering processes which cause non-thermal
photons across the entire spectrum to be thermalized or down-scattered as they prop-
agate through the SN ejecta. The dominant type of interaction depends on the photon
energy: Bethe-Heitler (BH) pair production above 10 MeV, where a gamma-ray pho-
ton interacts with a virtual photon from an electron to produce an electron-positron
pair; Compton scattering for 10 keV . hν . 10 MeV; photoelectric (bound-free) ab-
sorption for 10 eV. hν . 10 keV; and bound-bound and free-free absorption at lower
energies. We calculate the photon energy deposition fraction as

fdep = max[1, fdep,sc + fdep, ab] (2.16)

with the contribution for scattering and absorption estimated as

fdep, sc =1− (1− Kcomp)
max[τcomp,τ2

comp] and (2.17)

fdep, ab =1− exp(−τBH − τpe), (2.18)

where Kcomp is the inelasticity of Compton scattering, τcomp is the optical depth, τBH
is the optical depth of Bethe-Heitler pair production, and τpe is the optical depth of
photoelectric absorption (Murase et al. 2015). The optical depth for photoelectric ab-
sorption is

τpe =
(3− δ)KpeMej

4πR2
ej

, (2.19)

where

Kpe = 5ζ

(
Eγ

10 keV

)−3

g−1 cm2 (2.20)

is the opacity for oxygen dominated ejecta. 0 ≤ ζ ≤ 1 is a time-dependent scaling
factor that can be determined from the effective ionization fraction; it increases as
the ejecta becomes less ionized since there are more bound electrons to absorb the
photons. This value is still very uncertain, and to solve for it would require full ra-
diation hydrodynamics simulations which account for ionization in the ejecta. Since
these simulations are difficult and have not yet been done in the case of pulsar-driven
supernovae, we set ζ to the midpoint 0.5 for simplicity. It is worth noting that the
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fraction of energy in the soft x-ray bands is always subdominant, and the SN light
curve is not sensitive to photoelectric absorption until& 100 days after the explosion.

At the interface between the magnetized wind and ejecta, highly relativistic elec-
trons are injected and further accelerated by the shock or magnetic turbulence; these
electrons then rapidly cool via sychrotron emission and inverse Compton scattering.
These scattered photons have high enough energies to produce a positron/electron
pair by two photon annihilation, which can lead to an electromagnetic cascade. This
effect can be calculated by assuming an electron injection spectrum of (Murase et al.
2015)

Ee
dėinj

Ee

dγe
∝

{
(γe/γb)

−q1 (γe < γe,b),
(γe/γb)

−q2 (γb < γe < γM),
(2.21)

where q1 = 1-1.5, q2 = 2.5-3, and γb ∼ 104.5−6; these are motivated by observations of
young PWNe (Tanaka & Takahara 2010). By equating the acceleration timescale tacc =
ηγemec/eB, where η ≥ 1 is a pre-factor accounting for acceleration efficiency, and the
sychrotron cooling timescale tsyn = 3mec/4σTUBγe, where UB is the magnetic energy
density calculated in Equation 2.26, the maximum electron energy can be estimated as
γM ≈ (6πe/ησTB)1/2. The electron/positron pair multiplicity µ± and break Lorentz
factor γb can be related using

µ± ∼ 109εeγ
−1
b,5

( γb

100

)q1−1
[
(2− q1)(q2 − 2)
(q1 − 1)(q2 − q1)

]
Bdip,14P−2

−2.5, (2.22)

where εe is fraction of energy that goes into particles.
The total energy deposition factor of the magnetized wind is

fdep,em =

∫
fdep(Eγ)Eγ

dNγ

dEγ
dEγ∫

Eγ
dNγ

dEγ
dEγ

(2.23)

where fdep(Eγ) is the energy deposition fraction for photons of energy Eγ, and dNγ/dEγ

is the wind nebula spectrum due to the injected electrons in Equation 2.21, which can
also be approximated as a broken power law (Murase et al. 2015)

Eγ
dNγ

dEγ
=

εeLem

RbEb
syn

{
(Eγ/Eb

syn)
−q1/2 (Eγ < Eb

syn),
(Eγ/Eb

syn)
−1 (Eb

syn < Eγ < εγ,max)
(2.24)

with Rb ∼ 2/(2− q1) + ln(εγ,max/Eγ/Eb
syn), εe = 1− εB ≈ 1 , and the break photon

energy

Eb
syn =

3
2

h̄γ2
b

eB
mec

(2.25)

We take the magnetic field energy density in the early PWN to be

UB = εB
3
∫

Lemdt
4πR3

w
, (2.26)

where the fraction of energy that enters the magnetic field εB = 10−3 − 10−2 (e.g.,
Atoyan & Aharonian 1996; de Jager et al. 1996; Kennel & Coroniti 1984; Tanaka &
Takahara 2010). The field B is estimated to be
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B = 36 G P−1
i,−2.5ε1/2

B,−2

(
Vej

5000 km s−1

)−3/2

t−3/2
7

[
1− (1 + t/tSD)

−1
]1/2

, (2.27)

the tSD is the characteristic spin-down time of the pulsar (Equation 1.21).
The luminosity of 56Ni decay is calculated as

L56Ni =M56Niε56Ni exp
(
− t

t56Ni

)
, (2.28)

L56Co =M56Ni(ε56Co − ε56Ni) exp
(
− t

t56Co

)
, (2.29)

where M56Ni is the 56Ni mass, ε56Ni = 3.9 × 1010 erg s−1 g−1, ε56Co = 6.8 × 109 erg s−1

g−1, t56Ni = 8.8 days, and t56Co = 111.3 days. We estimate the deposition fraction from
gamma rays consistently with the wind dissipation,

fdep, 56Ni(Co) =
∑i fdep(ε56Ni(Co), i)P56Ni(Co), iε56Ni(Co), i

∑i P56Ni(Co), iε56Ni(Co), i
(2.30)

where ε56Ni(Co), i P56Ni(Co), i are the mean decay energy and decay probability. We con-
sider the 6 56Ni channels and 11 56Co from (Nadyozhin 1994) and assume all energy
from positron emission goes into the thermal bath.

Peak Time and Luminosity

The peak of the SLSN will occur around when the velocity of photon diffusion through
the ejecta becomes equal to the ejecta velocity, and it follows that the peak time equiv-
alent to both the diffusion time and dynamical time under this condition. Using Equa-
tion 2.13 here gives

tdif =
τ

ej
T Rej

c
=

Rej

Vej
, (2.31)

where using Equation 2.14 gives the ejecta velocity

Vej =
4πcR2

ej

(3− δ)κMej
, (2.32)

Solving for Rej here gives

Rej =

√
(3− δ)κMej

4πcVej
. (2.33)

However, since the kinetic energy of the ejecta comes almost entirely from the spin-
down of the central pulsar, then the velocity can also be written

Vej ≈
√

2Erot

Mej
=

√
I

Mej

2π

P
. (2.34)
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using Equation 1.14. Using Equations 2.31, 2.33, and 2.34, we can calculate the peak
time

tpeak ≈
P1/2M3/4

ej κ1/2

π I1/4c1/2

√
3− δ

8
. (2.35)

≈25 days
(

P
1 ms

)1/2 ( Mej

5M�

)3/4

. (2.36)

It is worth noting that the width of the peak is also roughly comparable to the peak
time.

The luminosity at the peak time is around

Lpeak ≈
Eint

tdif
, (2.37)

where Eint can be approximated as

Eint ≈ Erot

(
tdif

tSD

)±1

, (2.38)

where the index is positive if tdif ≤ tSD and negative if tdif ≥ tSD.
If tdif ≤ tSD, then the peak luminosity is just the spin-down power of the pulsar

from Equation 1.15 (Equation 2.2 in our model). Equation 1.15 can also be written to
depend on P and Bchar

Lpeak ≈ 2.9× 1045 erg s−1
(

P
1 ms

)−4 ( Bchar

1013 G

)2

. (2.39)

If tdif ≥ tSD, then Lpeak becomes

Lpeak ≈
12π2 I5/2c4

RNSκ(3− δ)
B−2

charP−1M−3/2
ej , (2.40)

≈5.6× 1046 erg s−1
(

P
1 ms

)−1 ( Bchar

1013 G

)−2 ( Mej

5M�

)−3/2

. (2.41)

Summary

This has six input parameters overall: the initial spin period P, the initial toroidal
and poloidal magnetic field B, the ejecta mass Mej, the ejected nickel mass MNi, the
explosion energy from the neutrino mechanism ESN, and the Thompson opacity κ.
The model outputs optical light curves in bands that can be modified by the user,
allowing us to produce model curves in UBVR and ugriz filters, as well as any custom
filters.

The main assumption that is unreliable at later times is the assumption of the pho-
ton spectrum in the wind nebula, Equation 2.24. To solve this self-consistently, should
be calculated from the electron injection spectrum and using a more complicated en-
ergy transport model within the PWN, which includes a more complicated treatment
of pair cascades. The early quasi-thermal emission is not very sensitive to the exact
shape of the spectrum, since all the photons are absorbed and re-emitted, so this treat-
ment is justified for modelling that emission, but not for non-thermal emission once
it escapes the ejecta.
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2.1.2 Modelling Non-Thermal Emission

This model gives a full treatment of electron and photon energy transport, and will
thus produce reliable results for later non-thermal emission. The neutron star spin-
down and ejecta dynamics are treated in the same way, so Equations 2.1-2.10 and
Equation 2.26 are still valid in this model.

Leptonic Emission from Embryonic PWNe - Analytical Model

The electron injection spectrum from Equation 2.21 is also assumed in this model,
with the same parameters q1, q2, and γb and with most of the energy εe ∼ 1 being
carried by leptons (Tanaka & Takahara 2010, 2013).

The radiative cooling timescale is given by t−1
rad = t−1

syn + t−1
IC = t−1

syn(1 + Y), where
tsyn = 3mec/4σTUBγe and Y = tsyn/tIC is the Compton Y parameter. When t � tSD,
the cooling Lorentz factor of the electrons is estimated as

γc = 1.9× 10−2P2
i,−2.5ε−1

B,−2

(
Vej

5000 km s−1

)3

t2
7(1 + Y)−1, (2.42)

where trad = tdyn = Rej/Vej. Since γe can not physically be less than unity, a γc value
less than unity implies that relativistic electrons will radiate almost all of their energy
within tdyn. In the Thompson limit, Y is roughly

Y ≈
−1 + LSNtVej

εBEemc +

√(
1 + LSNtVej

εBEemc

)2
+

4εe LSNtVej
εBEemc

2
. (2.43)

The distribution of pairs is mostly in the fast cooling regime. In this case, with
constant Y, the steady-state electron distribution dNe/dγe is ∝ γ−2

e for 1 . γe . γc,
γ
−q1−1
e for γc . γe ≤ γb, and γ

−q2−1
e for γb ≤ γe ≤ γM, with the decrease in power-

law index resulting from higher energy electrons radiating their energy away faster.
γM is calculated by equating the acceleration timescale tacc = ηγemec/eB and the total
radiative timescale trad, which gives

γM ≈
√

6πe
ησTB(1 + YM)

' 1.9× 107P1/2
i,−2.5η−1/2ε−1/4

B,−2

(
Vej

5000 km s−1

)3/4

t3/4
7 (1+YM)−1/2,

(2.44)
where YM ≡ Y(γM). This means that gamma-ray energies should be less than

EM
γ ≈ γMmec2 ' 9.9 TeV P1/2

i,−2.5η−1/2ε−1/4
B,−2

(
Vej

5000 km s−1

)3/4

t3/4
7 (1 + YM)−1/2,

(2.45)
which implies that & 10-100 TeV gamma rays are not expected at early stages of the
PWN.

In the fast cooling regime, the synchrotron photon spectrum is

EγLsyn
Eγ
∼ εeLem

2(1 + Y)Rb

{
(Eγ/Eb

syn)
(2−q1)/2 (Eγ ≤ Eb

syn),
(Eγ/Eb

syn)
(2−q2)/2 (Eb

syn ≤ Eγ)
, (2.46)
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with Rb ∼ (2− q1)
−1 + (q2 − 2)−1, and the characteristic synchrotron energy given

in Equation 2.25. The spectra is expected to peak in the x-ray range. Note that the
synchotron maximum energy

EM
syn ≡ Eb

syn(γb = γM) = 240 MeV η−1(1 + YM)−1 (2.47)

hardly depends on various parameters.
The expected IC luminosity in the fast cooling regime is very roughly LIC ∼ Y(1+

Y)−1Lem. We first assume a seed photon spectrum with EγLEγ ∝ E2−β
γ , where β ≤

1 + q1/2. Note that synchrotron self-Compton (SSC) corresponds to β = 1 + q1/2 in
the fast cooling regime. Thus, in the Thomson limit, the IC photon spectrum is

EγLIC
Eγ

∝

{
E(2−q1)/2

γ (Eγ ≤ Eb
IC),

E(2−q2)/2
γ (Eb

IC < Eγ)
, (2.48)

This can be obtained by noting that LIC
Eγ
∼
∫

dγe(dτIC/dγe)Lseed
E (γe, E), where τIC

is the IC optical depth. A similar spectrum is expected when the seed spectrum is
thermal. In the SSC case, the typical IC energy is

Eb
SSC ≈ 2γ2

bEb
syn ' 130 TeV γ4

b,5P−1
i,−2.5ε1/2

B,−2

(
Vej

5000 km s−1

)−3/2

t−3/2
7 , (2.49)

although such energies are difficult to achieve at early times due to the implications
of Equation 2.45. In timescales of days to months, when SN emission is prominent,
thermal photons are upscattered by relativistic pairs via the external IC (EIC) process.
The energy flux of seed photons has a peak at ESN ≈ 3.92kTSN, and the typical IC
energy is

Eb
EIC ≈ 2γ2

bESN ' 78 GeV γ2
b,5

(
kBTSN

1 eV

)
. (2.50)

In fact, the Klein-Nishina (KN) effect (Klein & Nishina 1929) becomes increasingly
important at higher energies. We introduce two energy scales (Murase et al. 2011),

Etyp
KN ≈m2

e c4/(2Etyp), (2.51)

Eb
KN ≈γbmec2, (2.52)

where Etyp is the typical energy for target photons. Etyp
KN is the typical energy of an

electron affected by the KN effect while Eb
KN cooresponds to when the effect becomes

more pronounced; these energies also correspond to breaks in the IC spectrum when
the Klein-Nishina effect is relevant, as we shall show shortly. The KN cross-section is

σKN =
3
4

[
1 + x

x3

(
2x(1 + x)

1 + 2x
− ln(1 + 2x)

)]
+

1
2x

ln(1 + 2x)− 1 + 3x
(1 + 2x)

, (2.53)

where x ≡ Eγ

mec2 . We expect Etyp ≈ Eb
syn for the SSC case and Etyp ≈ ESN for the EIC

case. At these energies the KN effect make the IC spectra complicated, so we end
up solving these equations numerically. However, it is useful to see some analytical
expressions.
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First, we consider a seed photon spectrum of EγLEγ ∝ E2−β
γ and introduce EKN,1

as the first break energy due to the KN effect. For EKN,1 > Eb
IC, we get (e.g., Murase

et al. 2011, 2010)

EγLIC
Eγ

∝


E(2−q1)/2

γ (Eγ ≤ Eb
IC)

E(2−q2)/2
γ (Eb

IC < Eγ ≤ EKN,1)

Eβ−q2
γ (EKN,1 ≤ Eγ),

(2.54)

where

EKN,1 = Etyp
KN ' 33 GeV

(
Etyp

4 eV

)−1

. (2.55)

The IC emission at Eγ > EKN,1 is dominated by Thomson scattering between pairs
with γe ∼ Eγ/(mec2) and seed photons with E ∼ m2

e c4/(2Eγ). If EKN,1 < Eb
IC, then

EγLIC
Eγ

∝


E(2−q1)/2

γ (Eγ ≤ EKN,1)

Eβ−q1
γ (EKN,1 < Eγ ≤ EKN,2)

Eβ−q2
γ (EKN,2 ≤ Eγ),

(2.56)

where Equation 2.55 still holds for the first KN break and

EKN,2 = Eb
KN ' 51 GeV γb,5 (2.57)

is the second KN break. If β = 1 + q1/2, as expected in the SSC case, then

EγLIC
Eγ

∝

{
E(2−q1)/2

γ (Eγ ≤ EKN,2)

Eβ−q2
γ (EKN,2 ≤ Eγ).

(2.58)

This spectrum can be realized in the PWN SSC emission, but the break is smeared out
due to leptons upscattering photons with Etyp not contributing above Etyp

KN.
Because the Rayleigh-Jeans spectrum is quite hard to the synchrotron spectrum,

the KN cross section becomes important when the seed photon spectrum is thermal.
For EKN,1 > Eb

IC, we expect

EγLIC
Eγ

∝


E(2−q1)/2

γ (Eγ ≤ Eb
IC)

E(2−q2)/2
γ (Eb

IC < Eγ ≤ EKN,1)

EβKN−q2
γ (EKN,1 ≤ Eγ),

(2.59)

where βKN reflects the logarithmic energy dependence in the KN cross section. For
example, in the EIC case, one roughly expects EβKN

γ ∝ ln[2EγESN/(m2
e c4)]. If EKN,1 ≤

Eb
IC, then

EγLIC
Eγ

∝


E(2−q1)/2

γ (Eγ ≤ EKN,1)

EβKN−q1
γ (EKN,1 < Eγ ≤ EKN,2)

EβKN−q2
γ (EKN,2 ≤ Eγ).

(2.60)

These spectra are typically anticipated for EIC emission from the PWN in the early
phase.
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Leptonic Emission from Embryonic PWNe - Numerical Model

While we have given some analytical estimates, we solve the necessary equations nu-
merically due to not only the KN effect, but also high-energy gamma rays may not
escape from the PWN due to the γγ → e+e− process. As a result, detailed numeri-
cal spectra may deviate from the above analytical estimates. For the intrinsic PWN
emission, we solve the following kinetic equations:

∂ne
Ee

∂t
=

∂n(γγ)
Ee

∂t
− ∂

∂E

[(
Ee

tIC
+

Ee

tsyn
+

Ee

tdyn

)
ne

Ee

]
+ ṅinj

Ee
, (2.61)

∂nγ
Eγ

∂t
=−

nγ
Eγ

tγγ
−

nγ
Eγ

tnb
esc

+
∂n(IC)

Eγ

∂t
+

∂n(syn)
Eγ

∂t
, (2.62)

where

t−1
γγ =

∫
dEγnγ

Eγ

∫ d cos θ

2
c̃σγγ,

∂n(IC)
Eγ

∂t
=
∫

dEene
Ee

∫
dEγnγ

Eγ

∫ d cos θ

2
c̃

dσKN

dEγ
,

∂n(γγ)
Ee

∂t
=

1
2

∫
dEγnγ

Eγ

∫
dE′γnγ

E′γ

∫ d cos θ

2
c̃

dσγγ

dEe
,

σγγ =
3

16
σT(1− β2

cm)
(

2βcm(β2
cm − 2) + (3− β4

cm) ln [(1 + βcm)/(1− βcm)]
)

c̃ = (1− cos θ)c (where θ is the angle between two particles), tγγ is the two-photon
annihilation time, σγγ is the two-photon annihilation cross section, tnb

esc = Rw/c is the
photon escape time from the PWN, βcm =

√
1− 4m2

e c4/Sm, and Sm is the Mandel-
stam variable (Mandelstam 1958). We use the continuous energy-loss approximation
for the IC process to save time, and assume Ee = (Eγ + E′γ)/2 for pairs produced
by photon annihilation. We solve the above equations using the constant electron in-
jection with ṅinj

Ee
determined from Equation 2.21. We also consistantly calculate the

energy spectrum and emission from previously injected "relic" electrons. To simplify
our calculations, we use a one-zone model.

For initial conditions, we set ne
Ee

= 0 and nγ
Eγ

to a blackbody spectrum with TSN.
High-energy photons are produced from these injected non-thermal electrons. The
calculation is performed during the dynamical time tdyn, and we obtain quasi-steady-
state spectra. The differential luminosity before attenuation, which is related to nγ

Eγ
,

is

EγLEγ =
(E2

γnγ
Eγ
)Vw

tnb
esc

(2.63)

which gives observed x-ray and gamma-ray fluxes. Vw = (4/3)πR3
w here is the vol-

ume of the PWN.

Two-photon Annihilation in Embryonic PWNe

The quasi-thermal and synchrotron emission can prevent gamma rays from leaving
the PWN via annihilation, so we must take gamma-ray attenuation (and subsequent
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regeneration via pair creation) into account. For a thermal photon spectrum, using
the SN photon density nSN

γ = 2ζ(3)(kBTSN)
3/(π2h̄3c3), the pair-production optical

depth is

τ
ej
γγSN ≈

3
16

σTnSN
γ RejG

(
x =

m2
e c4

EγkBTSN

)
' 2.0× 104

(
kBTSN

1 eV

)3 ( Vej

5000 km s−1

)
t7,

(2.64)
where G(x) ≡ F (x)/ζ(3) and F (x) is defined in Dermer et al. (2012). In this expres-
sion, G(x) peaks at around at

Etyp
γγ ≈

m2
e c4

2kBTSN
' 130 GeV

(
kBTSN

1 eV

)−1

. (2.65)

When the target photons are from synchrotron emission with a power-law spectrum
with nsyn

E ∝ E−β, the pair production optical depth in the PWN is estimated to be

τnb
γγsyn

≈0.2σT(Eγnsyn
E )Rw, (2.66)

'3.1× 10−3γ−2
b,5 Pi,−2.5B−2

dip,14ε−1/2
B,−2 εe

(
Vej

5000 km s−1

)1/2 t−3/2
7

(1 + Y)

(
Eγ

Etyp
γγ

)β−1

,

(2.67)

where Rw ≈ Rej = Vejt is used for analytical estimates. The typical energy Etyp
γγ is

Etyp
γγ ≈

m2
e c4

Eb
syn
' 4.1× 10−2 GeV γ−2

b,5 Pi,−2.5ε−1/2
B,−2

(
Vej

5000 km s−1

)3/2

t3/2
7 . (2.68)

We calculate electromagnetic cascades for emission generated in the PWN, and we

take into account further attenuation by SN photon fields by multiplying by e−(τ
ej
γγ+τnb

γγ).
TeV gamma rays are prevented from leaving the PWN in the early phase due to

SN photons in the optical or infrared bands, but are expected to escape in a few years.
GeV photons can escape much earlier but are still strongly attenuated for around the
first 30 days.

Matter Attenuation in the Stellar Material

Photons which escape from the PWN can be significantly attenuated in the ejecta,
which is accounted for as a post-process. At energies below ∼ 10 keV, photoelec-
tric absorption dominates; in the soft x-ray band, ionization breakout emission can
provide an interesting signal (Metzger et al. 2014); and at high energies, Compton
scattering and Bethe-Heitler (BH) pair production dominate. The optical depth is
τ = τpe + τcomp + τBH, where the three optical depths are for photoelectric absorption,
Compton scattering, and BH pair production. With a mass attenuation coefficient κ,
τ is generally expressed as κρR, where ρ is the density and R is the path length. The
bound-free opacity κbf ' 2.37 cm2 g−1 (Z/6)3(Eγ/10 keV)−3 gives conservative esti-
mates of x-ray emission.

The Compton optical depth in the ejecta is
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τ
ej
comp ≈ κcompρejRej =

(3− δ)Mejσcomp

4πµemuR2
ej

, (2.69)

where κcomp = σcomp/(µemu). The mass-energy transfer coefficient is

Kcompσcomp =
3
4

σT

[
2(1 + x)2

x2(1 + 2x)
− 1 + 3x

(1 + 2x)2 −
(1 + x)(2x2 − 2x− 1)

x2(1 + 2x)2

− 4x2

3(1 + 2x)3 −
(

1 + x
x3 − 1

2x
+

1
2x3

)
ln(1 + 2x)

]
, (2.70)

where x ≡ Eγ/(mec2) and Kcomp is the gamma-ray inelasticity. This formula is ob-
tained from the known KN cross section and kinematics.

For a nucleus with mass number A and atomic number Z, the BH process on a
nuclear scale is σBH = Z2σ

(p)
BH . Taking contributions from both nuclei and electrons

into account, with µe ≈ 2,

τ
ej
BH ≈

(3− δ)Mej(Zeff + 1)σ(p)
BH

8πmuR2
ej

, (2.71)

where Zeff is the effective atomic number, which depends on the chemical composi-
tion of the ejecta. For XH = 0.6, XHe = 0.3, XC = 0.1, Zeff ≈ 2.5, while Zeff ≈ 7 for XCO
= 1. The mass energy-transfer coefficient at high energies is approximately

KBHσBH =
x− 2

x
σBH, (2.72)

although this neglects contributions from electron-positron annihilation. This model
uses a cross section derived from the Born approximation (Chodorowski et al. 1992),
but a simpler formula, useful for analytical estimates, is

σ
(p)
BH ≈

3αem

8π
σT

(
28
9

ln(2x)− 218
27

)
, (2.73)

which gives σBH ∼ Z210−26 cm2 at GeV energies. Note that σ
(p)
BH ∼ αemσT, where

αem ' 1/137 is the fine-structure constant. At GeV energies, τ
ej
BH is estimated as

τ
ej
BH ' 0.57

(
Zeff + 1

3

)(
Mej

5M�

)(
Vej

5000 km s−1

)−2

t−2
7 (2.74)

which implies significant BH attenuation at early times.
In the small inelasticity limit, a particle loses Kγ per interaction, so the survival

fraction is (1 −Kγ)max[τ,τ2], where max[τ, τ2] is the number of scatterings. In the large
inelasticity limit, as in the attenuation case, the survival fraction is given by e−τ. Com-
bining the two limits gives a hard x-ray/gamma ray escape fraction of

fesc = e−τ + (1− e−τ)(1− Kγ)
max[τ,τ2] (2.75)

GeV-TeV gamma rays cannot leave the ejecta until a few months after the explosion.
GeV gamma ray escape is allowed at

tγ−bo ' 88 days
(

Zeff + 1
3

)1/2 ( Mej

5M�

)1/2 ( Vej

5000 km s−1

)−1

(2.76)
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In the Thomson limit, the gamma-ray flux at Eb
IC for t & tSD is roughly

Fb
IC ∼ 3.7× 10−8 GeV cm−2 s−1B−2

dip,14εe
Y

1 + Y

(
Zeff + 1

3

)−1

×
(

Mej

5M�

)−1 ( Vej

5000 km s−1

)2 ( d
16.5 Mpc

)−2 ( t
tγ−bo

)−2

(2.77)

Note that the ejecta becomes optically thin to Thomson scattering at

tHX−bo ' 420 days
(

2
µe

)1/2 ( Mej

5M�

)1/2 ( Vej

5000 km s−1

)−1

(2.78)

The synchrotron flux at late times is estimated to be

Fb
syn ∼ 2.6× 10−12 erg cm−2 s−1B−2

dip,14(1 + Y)−1
(

2
µe

)−1

×
(

Mej

5M�

)−1 ( Vej

5000 km s−1

)2 ( d
16.5 Mpc

)−2 ( t
tHX−bo

)−2

(2.79)

It is worth noting that low-energy photons with low Kγ can escape earlier after expe-
riencing multiple scatterings.

In the radio band, where we have synchrotron radiation, the important attenu-
ation or suppression processes are the Razin effect, free-free absorption, and syn-
chrotron self-absorption. The Razin effect (Razin 1960) is a low-energy cut-off of
synchtron emission due to the suppression of relativistic beaming. In a medium, the
critical angle for the beaming effect is

θb ∼
√

1− n2
r β2 (2.80)

where nr is the refractive index of the medium and β is ve/c (Rybicki & Lightman
1979). If nr is close to unity, then θb depends mostly on β, which is the vacuum case.
If nr deviates strongly from unity, then

θb ∼
√

1− n2
r =

Ωp

Ω
, (2.81)

where

Ωp =

√
4πnee2

me
(2.82)

is the plasma fequency of the medium. The Razin frequency, where this effect be-
comes prevalent, is (Ginzburg & Syrovatskii 1965; Murase et al. 2014)

ΩR =
4πecne

B
. (2.83)

At higher frequencies, θb decreases until it becomes 1/γ, the vacuum value. At lower
frequencies, the synchrotron spectrum will experience a quasi-exponential cutoff due
to the increase in θb (Boischot & Clavelier 1967).

Synchrotron emission can be reabsorbed by neighboring electrons within the PWN,
causing the region to become optically thick to its own radiation at low frequencies;
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this is called self-absorption (Yang et al. 2016). This can be expressed as the brightness
temperature

Tb =
Ivc2

2kBν2 , (2.84)

where Iν is the specific synchrotron intensity, approaching the electron temperature

Te =

(
2πmecν

eB

)1/2 mec2

3kB
= 1.18× 106 K

( ν

Hz

)1/2
(

B
G

)−1/2

. (2.85)

Setting them equal gives the spectral index for self-absorbed radiation,

Iν =
2kBTeν

2

c2 ∝ ν5/2B−1/2. (2.86)

In general, the self-absorption optical depth is (Murase et al. 2016)

τnb
sa = Rw

∫
dγe

dnnb
e

dγe
σsa(ν, γe), (2.87)

where the self-absorption cross-section is (Ghisellini & Svensson 1991)

σsa(ν, γe) =
1

2meν2γe pe

∂

∂γe
[γe pe jsyn(ν, γe)], (2.88)

where jsyn is the synchrotron emissivity and pe is the electron momentum.
Photons can be absorbed by electrons in the presence of an ion in an inverse

process of bremsstrahlung, known as free-free absorption. From Kirchhoff’s law,
jν = 4πκabs

ν Bν(T), we get

κabs
ν ∝ ρT−1/2ν−3(1− e−hν/kBT), (2.89)

where the factor T−1/2 appears because a larger ion thermal velocity will lead to a
higher chance of absorption (Ostlie & Carroll 1996). A more complete calculation,
accounting for stimulated emission, gives (Shu 1991)

ρκν, f f = ∑
i

nZi ne

(
2me

3πkBT

)1/2 ( 4πZ2
i e6

2m2
e chν3

)
g f f (ν)(1− e−hν/kBT), (2.90)

where g f f (ν) is a quantum-mechanical correction called the Gaunt factor (Gaunt 1930).
This clearly depends on chemical composition, so we use X and Z: the mass fractions
of hydrogen and all elements heavier than helium (usually called the metallicity), re-
spectively. A numerical fit of the frequency integral of Equation 2.90 yields Kramer’s
Law (Kramers 1923; Shu 1991) in the form

κ f f = 4× 1022 cm2 g−1 g f f (1− Z)(1 + X)

(
ρ

g cm−3

)1/2 (T
K

)−7/2

. (2.91)

The resulting optical depth is (Murase et al. 2017b)

τf f = 8.4× 10−28T−1.35
e,4 ν−2.1

10

∫
drneniZ̄2. (2.92)

where Z̄ is the effective charge of the ejecta. Using (Murase et al. 2017a)
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ni = ne =
3Mej

4πR3
ej ĀmH

, (2.93)

where Ā is the mean nuclear number of the ejecta, and setting τf f = 1 gives the radio
escape time

trad−bo ∼ 30 yr T−0.27
e,4 ν−0.42

10

(
Mej

5M�

)2/5 ( Vej

5000 km s−1

)−1 ( Z̄
4.5

)2/5 ( Ā
16

)−1/5

.

(2.94)

2.2 Dust

In the late phase after a pulsar-driven supernova explosion, dust particles can form by
the nucleation of gas molecules into a mesoscopic grain and grow via the further ac-
cretion of un-nucleated gas. Without an external energy source, this dust will quickly
cool and its emission will not be detectable. However, in the presence of a pulsar,
dust that is not sublimated can emit at a higher blackbody temperature, perhaps at
a detectable flux. The thermodynamics based model we use for dust nucleation and
accretion was developed by Nozawa & Kozasa (2013) for a supernova with a simple
power law temperature and concentration evolution, but can be used with our more
complicated evolution; we present this model in Section 2.2.1. The criteria for sub-
limation was developed by Waxman & Draine (2000) for use in a gamma ray burst,
but can also be used in a spherical explosion; we present this criteria in Section 2.2.2.
Finally, the dust emission is thermal and we derived the formulas based on simple
optical depth and blackbody considerations; we present these in Section 2.2.3.

2.2.1 Dust Formation

The model for dust formation is the steady-state model, first developed by Kozasa &
Hasegawa (1987) by introducing the concept of a key species or key molecule, which
has the lowest collisonal frequency among gaseous reactants, and then generalized
by Nozawa & Kozasa (2013), whose formulation we take here. In this formulation,
collisions between gaseous key molecules and clusters of n key molecules, which we
refer to as n-mers, control the reaction kinetics.

Introduction

As the gas cools, dust condensation proceeds via the formation of clusters and sub-
sequent attachment of key molecules to those clusters. The time evolution of the
concentration of n-mers c(n, t) = cn is given by

dcn

dt
= Jn(t)− Jn+1(t) for 2 ≤ n ≤ n∗, (2.95)

where Jn(t) is the net current density from (n− 1)-mer to n-mer. We consider that any
cluster composed of more than n∗ key molecules can be treated as a macroscopic dust
grain.

The growth rate of grains, which we assume are spherical, is given by

da
dt

= sξ

(
kBTgas

2πm1

) 1
2

c1

(
1− 1

S

)
, (2.96)
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where m1 is the mass of the key molecule, a is the grain radius, s is the sticking prob-
ability of the key molecule onto grains, ξ is the volume of the condensate per key
molecule, kB is the Boltzmann constant, Tgas is the gas temperature, and S is the su-
persaturation ratio

ln S =
1

kBTgas
(g̊c − ∆g̊gas) + ln

(
p1

ps

)
+ ln Ξ (2.97)

=
A

Tgas
− B + ln

(
c1kBTgas

ps

)
+ ln Ξ, (2.98)

where A and B are thermodynamic constants given in Nozawa et al. (2003), ps is the
standard thermodynamic pressure 1 bar = 106 Ba, g̊c and ∆g̊gas are defined later, and

Ξ =
∏i

k=1(pA
k /ps)νk

∏
j
k=1(pB

k /ps)ηk
, (2.99)

where νk and ηk are the stoichiometric coefficients and pA
k and pB

k (k = 1− i and 1− j
respectively) are the partial pressures for the gaseous reactants and products, Ak and
Bk, respectively, in the chemical reaction below.

For dust nucleation, we consider the general chemical reaction

Zn−1 + (X + ν1A1 + ... + νiAi)
 Zn + (η1B1 + ... + ηjBj), (2.100)

where Zn is an n-mer cluster generated from the nucleation of n key molecules X .
From now, we denote quantities of the reactants and products with superscript A
and B, similar to pA

k and pB
k in Equation 2.99.

Formation of a Dimer

Since collisions of key molecules control the kinetics of the chemical reaction, the
current density for the formation of a dimer, J2(t), can be expressed

J2 = α1c2
1 − β2c2

(
∑

j
k=1(c

B
k )

ηk

∑i
k=1(c

A
k )

νk

)2

, (2.101)

with α and β being the forward and backward reaction coefficients. This form is based
on detailed balance, where

α1

β2
= K = c̊2

(
∑

j
k=1(c̊

B
k )

ηk

∑i
k=1(c̊

A
k )

νk

)2

, (2.102)

in chemical equilibrium. This allows the current density to be expressed

J2 = α1c2
1

(
c1 − c2

c1

c̊2b2

)
, (2.103)

where

b =
c1

c̊1

∑i
k=1(c

A
k /c̊A

k )
νk

∑
j
k=1(c

B
k /c̊B

k )
ηk

=
p1

p̊1

∑i
k=1(pA

k / p̊A
k )

νk

∑
j
k=1(pB

k / p̊B
k )

ηk
, (2.104)
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where c̊A
k and c̊B

k (p̊A
k and p̊B

k ) are the concentrations (gas pressures) of the kth gaseous
reactants and products, respectively, in the gas in thermodynamic equilibrium at a
temperature T. The factor c1/c̊2b2 can be rewritten as

ps

p̊2

(
p̊1

ps

)2
(

∑i
k=1( p̊A

k /ps)νk

∑
j
k=1( p̊B

k /ps)ηk

)2

=
c1Π
c̊2b2

(
p1

ps
Ξ
)2− 1

ω

, (2.105)

where

Π =

(
∏i

k=1(c
A
k /c1)

νk

∏
j
k=1(c

B
k /c1)ηk

) 1
ω

(2.106)

and

ω = 1 +
i

∑
k=1

νk −
j

∑
k=1

ηk. (2.107)

We apply the law of mass action, which states that the rate of a chemical reaction is
directly proportional to the product of the activities or concentrations of the reactants,
to find

ps

p̊2

(
p̊1

ps

)2
(

∑i
k=1( p̊A

k /ps)νk

∑
j
k=1( p̊B

k /ps)ηk

)2

= exp
(

1
kBTgas

(g̊2 − 2∆g̊gas)

)
, (2.108)

with

∆g̊gas = g̊1 +
i

∑
k=1

νk g̊A
k −

j

∑
k=1

ηk g̊B
k , (2.109)

where g̊A
k and g̊B

k are the chemical potentials of kth gaseous reactants and products at
a standard pressure ps, respectively. Using this, Equation 2.105 can be rewritten

c1Π
c̊2b2 = exp

(
1

kBTgas
(g̊2 − 2∆g̊gas)−

(
2− 1

ω

) [
ln
(

p1

ps

)
+ ln Ξ

])
(2.110)

= exp(γ2) (2.111)

where

γ2 =
1

kBTgas

[
g̊2 −

(
2− 1

ω

)
g̊c −

1
ω

∆g̊gas

]
−
(

2− 1
ω

)
ln S (2.112)

where g̊c is the chemical potential of the bulk condensate at ps. Finally, this allows us
to rewrite Equation 2.103 as

J2 = α1c2
1

(
c1 − c2

1
Π

exp(γ2)

)
, (2.113)

Steady State Approximation

For 3 ≤ n ≤ n∗, the current density Jn(t) is
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Jn(t) =αn−1cn−1c1 − βncn
∑

j
k=1(c

B
k )

ηk

∑i
k=1(c

A
k )

νk
, (2.114)

=αn−1c1

(
cn−1 − cn

c̊n−1

c̊nb

)
. (2.115)

Rewriting in a similar way as Equations 2.110 and 2.113 gives

c̊n−1

c̊nb
= exp

[
1

kBTgas
(g̊n − g̊n−1 − ∆g̊gas)− ln

(
p1

ps

)
+ ln Ξ

]
(2.116)

and

Jn = αn−1c1((cn−1 − cn exp(γn)). (2.117)

In the steady state approximation, the current density Jn is independent of n, being
equal to the steady-state nucleation rate Js. Using this equivalency, Equations 2.103
and 2.115 lead to the following relations, respectively:

Js

α1c2
1
=1− c2

c̊2b2 (2.118)

Js

αn−1c1c̊n−1
=

cn−1

c̊n−1
− cn

c̊nb
for n ≥ 3. (2.119)

By summing up these two equations multiplied by 1/bn−1, Js can be derived from

Js

(
1

α1c2
1
+

n

∑
i=2

1
αic1c̊ibi

)
= 1− cn

c̊nbn . (2.120)

Using Equations 2.110 and 2.116, 1/c̊nbn can be rewritten

1
c̊nbn =

1
c1Π
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1
kBTgas
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(2.121)
with
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]
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)
ln S. (2.122)

Since the right-hand since of Equation 2.120 goes to zero as n → ∞ if S > 1, Js for
large n becomes

1
Js

=
1

α1c2
1
+

∞

∑
i=2

1
αic1c̊ibi =

1
α1c2

1
+

∞

∑
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1
αic2

1Π
exp(γ′i). (2.123)

The summation can be replaced by an integration if 1/αc2
1 � 1, which gives

1
Js
' 1

c2
1Π

∫ ∞

2

1
αi

exp(γ′i)di. (2.124)

In principle, the nucleation rate Js can be calculated once the chemical potentials
of the n-mers are given, but unfortunately these potentials are only available for small
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(n . 5) clusters for a few materials of interest (e.g., Goumans & Bromley 2012). There-
fore, we must use the capillary approximation, which allows us to estimate the chem-
ical potential of an n-mer in terms of the chemical potential and surface energy of a
monomer in the bulk condensate (Abraham 1974; Blander & Katz 1972). This approx-
imation expresses g̊n as

g̊n = 4πa2
oσten(n− 1)2/3 + (n− 1)g̊c + g̊1 (2.125)

for a single element grain (e.g., Yasuda & Kozasa 2012), where σten is the surface ten-
sion of the bulk condensate and ao = (3ξ/4π)1/3 is the hypothetical grain radius per
key molecule, which are both given or calculated in Nozawa et al. (2003). In a multi-
element grain, where the factor 1/ω represents the contribution of the key molecule
to the change of chemical potential, a slightly more complicated expression arises:

g̊n = 4πa2
oσten

(
n− 1

ω

)2/3

+

(
n− 1

ω

)
g̊c +

1
ω

∆g̊gas. (2.126)

Using this approximation, γ′n from Equation 2.124 can be expressed as

γ′n = µ

(
n− 1

ω

)2/3

−
(

n− 1
ω

)
ln S, (2.127)

where µ = 4πa2
oσten/kTgas. This has a maximum at ncrit, which is given by(

ncrit −
1
ω

)1/3

=
2
3

µ

ln S
. (2.128)

Thus, Equation 2.124 can be integrated with the saddle-point method, resulting in a
nucleation rate

Js = sncrit ξ
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) 1
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and, for ncrit � 1,
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(
2σten

πm1

) 1
2
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This steady state nucleation closely approximates the non-steady state model in Nozawa
& Kozasa (2013) if
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(2.132)

is greater than ∼ 30 at the time at dust formation onset. Here, C is a constant that
depends on grain composition (1.94 × 103 for C grains and 1.15 × 103 for MgSiO3
grains; here we use 1.5 × 103 for everything), and c̃1 is the gas concentration if no
dust is formed. This expression assumes a temperature evolution of
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Tgas = Tgas,o

(
t
to

)−3(γ−1)

, (2.133)

but ours is much more complicated due to the pulsar’s energy injection. Therefore, we
need to approximate γ in this expression. If Λ < 30, then the steady state model we
use predicts earlier formation and smaller overall grain size (see Nozawa & Kozasa
(2013) Figures 4 and 5 for examples); this usually happens with lower density ejecta.

Cluster Formation

Once Js is calculated, dividing by c̃1 gives us Is, which is used to calculate

dKi

dt
=

Is(t)n
i
3
∗ +

i
ao

(
da
dt

)
Ki−1 for i = 1− 3

Is(t) for i = 0.

Here Ko represents the number density of dust grains (Ko = ndust/c̃1), and K3 repre-
sents the number fraction of key molecules locked in dust grains. Therefore, we can
calculate the condensation efficiency fcon(t) and average radius aave(t) by

fcon =K3, (2.134)

aave =ao

(
K3

Ko

) 1
3

. (2.135)

2.2.2 Criteria for Dust Sublimation

Once the gas has cooled enough for dust to form, the dust can still be sublimated by
the PWN optical-UV emission. If we assume that the cloud is optically thin in the
optical-UV band, then a dust grain must be in radiative equilibrium between absorb-
ing PWN emission and emitting thermally in the IR. The equation for this equilbrium
is

Lopt/UV

4πσr2 Qopt/UVπa2 = 〈Q〉T4πa2σT4
dust, (2.136)

where Lopt/UV is the non-thermal luminosity in the band between 1-7.5 eV, σ is the
Stefan-Boltzmann constant, r is the radius of the dust grain’s position, Qopt/UV is the
absorption efficiency factor averaged over the optical/UV spectrum, which we as-
sume is ≈ 1 since the grain radii should be & 10−5 cm, and finally

〈Q〉T =
Bν(Tdust)Qabs,νdν

Bν(Tdust)dν
(2.137)

≈ Da−5(Tdust/2300 K)

1 + Da−5(Tdust/2300 K)
, (2.138)

where a−5 = a/10−5 and D is a constant (0.3 for C dust grains, 0.03 for silicates; we
use 0.1 for all grains) (Draine & Lee 1984). Dust will be sublimated if its equilibrium
temperature is greater than the critical temperature Tc for supersaturation, which can
be calculated by setting S = 1 in Equation 2.98. From Equation 2.136, the critical
radius for dust sublimation is
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Rc =

(
Lopt/UV

16πσT4
c

Qopt/UV

〈Q〉Tc

) 1
2

. (2.139)

Dust will be sublimated out to Rc, and if Rc < Rej, then no dust can be formed at all
due to sublimation from the PWN emission.

2.2.3 Dust Emission

Once dust can start to form without being sublimated, it emits thermally in the in-
frared. The optical-UV optical depth

τopt/UV =
∫ Rej

Rc

ndustπa2dr (2.140)

=ndustπa2(Rej − Rc) (2.141)

is key to determine whether the dust emission is isothermal or not.
If τopt/UV � 1, then all the emission will be absorbed in a thin shell just outside

Rc and will emit just below Tc with a blackbody luminosity

Lν = 4πR2
c Q(a)π

2hν3

c2
1

e
hν

kBTc − 1
, (2.142)

where Q(a) is the frequency-dependent dust emissivity (Tóth et al. 2013)

Q(a) =
(

2πaν

c

)β

, 1 ≤ β ≤ 2. (2.143)

Since the re-emission is longer wavelength than the absorbed PWN emission, and
longer the typical size of the dust grains, the rest of the dust will appear optically thin
for this re-emission, and the blackbody emission at Tc will be directly observable.

If τopt/UV � 1, then all dust grains will be in thermal equilibrium with tempera-
tures given by Equation 2.136, and the emission in each radial shell will have lumi-
nosity

dLν = 4πr2ndust4πa2Q(a)π
2hν3

c2
1

e
hν

kBT(r) − 1
dr, (2.144)

and the overall luminosity can be obtained by integrating over r from Rc to Rej. This
integral is possible to do analytically, and a full derivation is given in Appendix A.
The final expression is

Lν =
64π3ndustQ(a)k6

BT3
c R3

c

h5ν3c2

6

∑
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120x(6−n)

(6− n)!
Lin(e−x)

∣∣∣∣∣
x= hν

kBTc

x= hν
kBT(Rej)

, (2.145)

where Lis(z) is a polylogarithmic function of order s.
When τopt/UV ∼ 1, the spectrum of the emission is difficult to derive without a full

treatment of multiple scattering. For simplicity, we use Equation 2.142 for τopt/UV > 1
and Equation 2.145 for τopt/UV ≤ 1. From energy conservation, we know that the
total power radiated from dust should be constant for any τopt/UV > 1, so Equation
2.142 represents the best possible case for detection, as the frequency range of the
isothermal emission will be smaller than a non-isothermal spectrum.
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Chapter 3

Radio Emission from Embryonic
SLSN Remnants

There have been previous arguments that Type-I SLSNe are powered by central en-
gines which inject energy for a long period of time after the core-collapse of the
progenitor star. A popular hypothesis is that the engine is a rapidly-rotating pul-
sar with a magnetic field between 1013 − 1015 G, but quasi-thermal optical emission
can not differentiate this from other possible engines. Murase et al. (2016) proposed
that radio/submm emission from non-thermal positron-electron pairs in the new-
born PWN can be used to identify and characterize pulsars in the supernovae they
power. Here, we focus on six bright newborn SLSN-I remnants, and examine the
constraints placed by radio and submm emission. We find that the Atacama Large
Millimeter/submillimetre Array (ALMA) can detect the submm PWN emission from
most of them in a few years after the explosion, while the Jansky Very Large Array
(VLA) can detect the radio PWN emission in a few decades. Follow-up observations
could help solve the parameter degeneracy problem in the pulsar-powered SN model
and could give clues about young neutron stars scenarios for SLSNe-I and FRBs.

This chapter is based on Omand et al. (2017), and the work was done in collabo-
ration with Kazumi Kashiyama and Kohta Murase.

3.1 Introduction

SLSNe are extremely rare, but are the most luminous optical/UV transients associ-
ated with the deaths of massive stars (e.g., Gal-Yam 2012). They are divided into
two broad groups based of the presence of hydrogen in the observed spectra. The
ones with hydrogen (Type-II) are likely powered by the circumstellar shock between
the SN ejecta and the hydrogen-rich envelope (e.g., Chevalier & Irwin 2011; Smith
& McCray 2007), while the ones devoid of hydrogen (Type-I) are thought to origi-
nate from massive Wolf-Rayet progenitors and be driven by a central engine, either
a rapidly-rotating pulsar (e.g., Kasen & Bildsten 2010; Woosley 2010) or an accreting
black hole (Dexter & Kasen 2013).

The pulsar-driven model is useful for explaining the diversity of explosions as-
sociated with the deaths of massive stars (see Chapter 1). Models have used pulsars
with millisecond periods and strong magnetic fields to power GRBs, HNe, and broad-
line Type-Ibc SNe (e.g., Thompson et al. 2004). The GRB-SN was extended to more
luminous types after the discovery of an SLSN-like optical counterpart to an ultra-
long GRB (Greiner et al. 2015; Metzger et al. 2015). Stripped-envelope SNe, including
ordinary Type-Ibc SNe, may also be powered by pulsars with high magnetic fields.
The magnetar formation rate is estimated to be ∼ 10% of the core-collapse SN rate
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(Keane & Kramer 2008), and the observed Galactic magnetars with slow rotation pe-
riods now could be explained by the formation of highly magnetic NSs with relatively
low initial spin periods of & 10 ms (Kashiyama et al. 2016). In order for us to better
understand how rapidly-rotating pulsars and magnetars are formed, it is important
to understand the diversity of Type-I and stripped-envelope SNe (SLSNe, HNe, and
Type-Ibc SNe).

SNe can generally be powered by the decay of radioactive nuclei, but this leads to
a parameter degeneracy when only using optical/UV light curve information. Thus,
non-thermal emission can be a useful tool to find hidden compact objects, and galactic
PWNe are known to efficiently accelerate electrons and positrons (e.g., Gaensler &
Slane 2006; Tanaka & Takahara 2010), which makes non-thermal PWN emission a
smoking gun for detection of a nascent neutron star.

If spin-down energy is efficiently converted into radiation, as required by the
pulsar-powered SN model, it is natural that they would be luminous in the x-ray and
gamma-ray bands. The model predicts sychrotron x-rays from leptons accelerated
by the PWN provide the most promising signals, with both soft x-ray (Metzger et al.
2014) and hard x-ray (Kashiyama et al. 2016) emission being detectable by current
x-ray telescopes such as Swift and NuSTAR. Searches for x-ray PWN emission have
been done previously, and some tentative candidates have been proposed (Margutti
et al. 2017b; Perna et al. 2008; Perna & Stella 2004). However, the detectability of the
x-ray emission, especially in the soft x-ray band, depends on the plasma properties of
the SN ejecta, and the current x-ray measurements are not very constraining. Higher
energy gamma-rays, which are produced via inverse-Compton scattering with ther-
mal SN photons (Kotera et al. 2013; Murase et al. 2015), are a more direct probe for a
hidden pulsar, but detection of these signals is more challenging.

Radio emission is an alternate probe of particle acceleration in young PWNe within
the SN ejecta. Murase et al. (2016) calculated synchrotron emission from young PWNe
and various effects of gamma-ray and radio attenuation, and also considered the con-
nection to FRBs. Murase et al. (2016) showed that quasi-steady radio/submm emis-
sion from PWNe embedded in SN remnants should be detectable with current fa-
cilities such as ALMA and VLA. Since young NSs are thought to also be candidate
progenitors of FRBs, follow-up observations searching for persistent radio/submm
counterparts of FRBs in SN remnants were proposed to investigate a possible link. Re-
cent observations of the repeating FRB 121102 led to the localization of its host galaxy
and the discovery of a persistent radio counterpart, which was seen by VLA and the
European Very Long Baseline Interferometry (VLBI) Network (Chatterjee et al. 2017;
Marcote et al. 2017; Tendulkar et al. 2017).

The host galaxy of FRB 121102 is a low-metallicity star-forming, which is similar
to observed hosts of SLSN-I (Chatterjee et al. 2017; Metzger et al. 2017; Tendulkar
et al. 2017). Also, the flux of the persistent radio counterpart of FRB 121102 is broadly
consistent with PWN emission from a decades old pulsar-driven SLSN (Kashiyama
& Murase 2017; Metzger et al. 2017; Murase et al. 2016). These similarities motivate
follow-up radio observations of known pulsar-driven SN candidates targeting the
radio PWN emission, and SLSN-I are among the most interesting objects.

In this chapter, we study radio/submm emission from embryonic SLSN remnants
for a few decades after the explosion. First, we select some of the brightest known
SLSN-I and fit the quasi-thermal optical light curves using the pulsar-driven model
(Section 3.2). Then, using the obtained model parameters (initial NS rotation period,
initial magnetic field strength of the NS, and ejecta mass), we calculate radio/submm
emission from the PWN (Section 3.3). We show the detectability of the PWN emision
with VLA and ALMA and discuss possible constraints on the pulsar-driven model.
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Name RA Dec z DL (Gpc) Band References
iPTF13ajg 16:39:03.95 +37:01:38.4 0.7403 4.6736 R (Vreeswijk et al. 2014)
SN2012il 09:46:12.91 +19:50:28.7 0.175 0.8686 r (Inserra et al. 2013)

SN2013dg 13:18:41.35 -07:04:43.0 0.1918 0.9615 r (Nicholl et al. 2014)
SN2010gx 11:25:46.71 -08:49:41.4 0.2297 1.1766 r’ (Pastorello et al. 2010)
SN2011ke 13:50:57.77 +26:16:42.8 0.1428 0.6950 V (Inserra et al. 2013)
SN2015bn 11:33:41.57 +00:43:32.2 0.1136 0.5427 V (Nicholl et al. 2016b)

TABLE 3.1: Properties of the SLSNe selected for this study.

3.2 Pulsar-driven Super-luminous Supernovae

In the pulsar-driven model, the source of the energy injected into the SN ejecta is the
rotational energy of the newborn pulsar, which manifests as a strongly magnetized
relativisitic wind. The injected pulsar wind drives forward and reverse shocks, and
the reverse shock region is often called a nebula or PWN. In the PWN, the wind dissi-
pates and the electrons and positrons are accelerated to ultra-relativistic energies. The
non-thermal emission from these electrons and positrons, as well as heavier leptons,
has been studied for many years (e.g., Gaensler & Slane 2006; Tanaka & Takahara
2010). Modeling the Galactic PWNe has shown that most of the spin-down energy
is used to accelerate particles, and the accelerated positrons and electrons lose en-
ergy via non-radiative adiabatic cooling as well as sychrotron emission and inverse
Compton scattering, which gives rise to a broadband spectrum from the radio band
to gamma-rays (See Chapter 1).

A natural assumption is that the pulsar wind dissipation and resulting particle
acceleration occurs in the early phase of the PWN. However, this initial non-thermal
emission is completely down-scattered or absorbed, and diffuses out of the SN ejecta
as quasi-thermal SN emission observable in the optical band (Kasen & Bildsten 2010;
Woosley 2010). The inital spin period and dipole magnetic field strength of the pulsar
can be inferred form the optical light curve (e.g., Inserra et al. 2013; Nicholl et al. 2013;
Pastorello et al. 2010). Radio emission can only escape the PWN and dense SN ejecta
without severe attenuation after a significant amount of time. In the pulsar-driven
model for SNe and SLSNe, radio emission can start to escape at a timescale of around
10 years and submm emission can start to escape at a timescale of around one or two
years (See Equation 2.94).

3.2.1 Supernova Samples

We retrieve SLSN data from the Open Supernova catalog 1 (Guillochon et al. 2017),
and select sample Type-Ic SLSN which have data points on both sides of the light
curve maximum in a single band. There are six SLSNe that fit this criteria; their prop-
erties are summarized in Table 3.1 and their light curves are shown in Figure 3.1.

3.2.2 Modeling of Optical Light Curves

To calculate optical light curves, we use the model from Section 2.1.1, which is based
heavily on Kashiyama et al. (2016). The model allows us to numerically calculate
broadband emission, which accounts for electromagnetic and gravitational wave ra-
diation due to the spin-down of the pulsar, acceleration of the ejecta through the
magnetized wind of the PWN, and radioactive decay of 56Ni and 56Co. The model

1https://sne.space/
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is calibrated against the classical Arnett model (Arnett 1982) without a pulsar engine,
and thus gives similar results (see Kashiyama et al. 2016, Figure 16). Thermalization
of non-thermal photons is also taken into account by approximating the results of
Murase et al. (2015), which takes simplified particle creation and pair cascades into
account.

We vary three model parameters: the initial spin period P of the NS, the initial
magnetic field B13 = B/(1013 G) of the NS, and the supernova ejecta mass Mej. Other
parameters in the model, which we fix for this study, are the ejected nickel mass MNi,
the SN energy ESN, and the ejecta opacity κ; we set these to 0.1 M�, 1051 erg, and 0.1
g cm−2 respectively. Changing the ejected nickel mass makes very little difference
to the light curve unless MNi & 1 M�, and 0.1 M� is more typical of core collapse
supernovae (see, e.g., Drout et al. 2011); the initial explosion energy is typical for
ordinary supernovae, but irrelevant in this case, since the energy deposition into the
ejecta will be dominated by the rotational energy of the pulsar, which will inject &
1052 erg within a few weeks of the explosion; and the ejecta opacity is still uncertain,
but the line opacity implies a value of 0.01-0.2 g cm−2 at all times, so our value is not
off by more than a factor of a few at any time (Inserra et al. 2013; Kleiser & Kasen 2014).
We fit the light curves to the model by eye. The fit does not correct for extinction; the
known E(B − V) values are all . 0.04 (Guillochon et al. 2017) and the host galaxy
extinction is expected to be low, since most SLSN reside in low metallicity dwarf
galaxies (Lunnan et al. 2014). The expected luminosity change would be at most 0.15
mag, which will not significantly affect the resulting parameters. Our fits are based
on only the brightest 1.5 magnitudes due to the model’s low reliability at later times
(see Section 2.1.1 for details).

We investigate a parameter range of Mej ≥ 1.0 M� and P ≥ 1.0 ms. The mass
condition is a reasonable limit for core collapse supernovae while the period condition
is close to the mass-shedding limit for neutron stars (Watts et al. 2016). We found that
all the sample SLSNe can be fit by a model with P = 1.0 ms as shown in Figure 3.1.
Cooresponding (B13, Mej) are given in Table 3.1, and they range from B13 ∼ 1− 15
and Mej ∼ 5− 15 M�.

However, since (P, B13, Mej) suffer from parameter degeneracy, the SLSN data can
be fit by models with a longer initial spin period. The spin-down luminosity of the
pulsar is sensitive to the initial spin period; since the peak SN luminosity is deter-
mined by the spin-down luminosity at the diffusion time, with LSN ∝ P−1B−2M−3/2

ej

if tdif ≥ tSD and LSN ∝ P−4B2 if tdif ≤ tSD (See Equations 2.39 and 2.41), a slower
period results in a dimmer SN in both cases. A slower spin also suppresses acceler-
ation of the ejecta and results in a longer diffusion time, with tdif ∝ P1/2M3/4

ej , thus
leading to the peak time of the supernova being longer. These effects, resulting from
an increased spin period, can be compensated for by changing the magnetic field and
SN ejecta mass.

In Table 3.1, we also show the slowest spin model the fits each light curve. The
slowest spin periods that give a reasonable fit to the data range from 1.1 to 4.1 ms
depend on SNe; a larger period would either bring the luminosity too low, or bring
the magnetic field or ejecta mass low enough where the shape of the light curve would
become inconsistent with the observed ones (Figure 3.2).

Our fitting parameters for SN2012il, SN2011ke, and SN2010gx are different from
the the ones found in Inserra et al. (2013). Their best-fit models have a larger B field by
a factor of ∼ 10 and a larger P by a factor of ∼ a few. One reason for this discrepancy
is that Inserra et al. (2013) uses the classical dipole spin-down formula and we use a
formula motivated by numerical simulations (Equation 2.2). The latter gives a factor
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Name B13 at 1 ms Mej (M�) at 1 ms Pmax (ms) B13 at Pmax Mej (M�) at Pmax

iPTF13ajg 1.6 5.0 1.1 1.3 3.5
SN2012il 8.0 7.0 2.4 3.0 1.0

SN2013dg 13.0 14.0 4.1 4.0 1.4
SN2010gx 4.5 10.0 1.6 3.5 3.5
SN2011ke 7.5 9.5 2.4 2.9 1.3
SN2015bn 2.1 17.0 1.4 1.0 5.0

TABLE 3.2: Model parameters of each SN that fit the light curve data.
Periods were investigated from 1.0 ms to Pmax, with any period above
Pmax either not having enough luminosity, having too slow a decline,
or having a shape inconsistent with the observed data. Data and fits
for P = 1.0 ms are shown in Fig. 3.1.
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FIGURE 3.1: SN data (points) and modeled optical light curve (dashed
lines) for each SN, using their P = 1 ms parameter sets given in Table
3.1.
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FIGURE 3.2: SN data (points) and modeled optical light curves for
SN2011ke, using (P, B13, Mej) = (1.0 ms, 7.5, 9.5 M�), (2.3 ms, 3.7, 2
M�), (2.4 ms, 2.9, 1.3 M�), and (2.5 ms, 2.1, 0.8 M�). The P = 1.0, 2.3,
and 2.4 ms models are considered good fits, while the P = 2.5 ms model
is not wide enough at the peak and declines too slowly. There are no
parameter sets with P = 2.5 ms that generate a model that fits the data,
so 2.4 ms is considered to be Pmax.
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3(1 + C sin2 χµ)/2 sin2 χµ ∼ 5 larger spin-down luminosity than the former for fixed
(P, B) (see Kashiyama et al. (2016) and Section 2.1.1 for a discussion). Another reason
is that the optical depth of the ejecta in our model is smaller than theirs by a factor of
∼ 1.5 for a given Mej, κ, and ejecta radius, which is caused by a different assumption
of the SN ejecta profile; their ejecta has a homogeneous core surrounded by a homolo-
gous envelope with ρ ∝ v−10

ej where vej is the local velocity of the ejecta, while we only
consider a homologous core with ρ ∝ v−1

ej (see, e.g., Kasen & Bildsten 2010). These dif-
ferences should be seen as an inherent uncertainty in the pulsar-driven model.

Testing the pulsar-driven model from only optical/UV light curves is extremely
difficult, since the light curve can be produced by a combination of energy sources;
this means other engines, such as a black hole accretion disk, are not excluded (Dexter
& Kasen 2013). We do not investigate problem any further here; instead we calculate
radio and submm non-thermal emission consistently within our framework, and ex-
amine possible constraint imposed by multi-wavelength observations.

3.3 Predictions for Radio Emission

In this section, we calculate radio synchrotron emission from pulsar-driven SLSNe
using the model parameters determined in Section 3.2. We calculate the early PWN
emission in Section 3.3.1 and discuss radio emission from the ejecta forward shock in
Section 3.3.2. The radio PWN emission has been calculated previously (see Gaensler
& Slane 2006; Tanaka & Takahara 2010, and references therein), but we take into ac-
count dynamics of the PWN and SN as well as pair cascades and external attenuation
based on Murase et al. (2015, 2016) (See Section 2.1.2).

3.3.1 Radio Emission from Embryonic Nebulae

Over the course of the expansion, non-thermal emission begins to escape the SN
ejecta. The timescale for escape is sensitive to photon energy because the opacity and
absorption process within the ejecta depends on energy, e.g., bound-free absorption
for soft x-rays, inelastic Compton scattering for hard x-rays and MeV gamma-rays,
the Bethe-Heitler process for GeV gamma-rays, and photon-photon pair annihilation
for higher energy photons.

The details of the PWN spectrum depend on both the injection history of positrons
and electrons into the PWN and the ionization state of the ejecta, which are both
uncertain for young pulsar-powered SNe. Our model of the injection spectrum is
based on Galactic PWNe such as the Crab PWNe (e.g., Tanaka & Takahara 2010),
which has a broken power law spectrum with a peak Lorentz factor of γe±,b = 105

and spectral indices of q1 = 1.5 and q2 = 2.5 (See Equation 2.21).
Since the spectrum lies in the fast cooling regime, where the cooling time of the

electrons and positrons with γe±,b is much shorter than the dynamical time, our re-
sults are not very sensitive to the spectral indices. The equipartition parameter for
the magnetic field energy is assumed to be εB = 0.01, and the rest of the spin-down
energy is assumed to accelerate electrons and positrons, i.e., εe = 0.99; these assump-
tions are based on detailed modeling of Galactic PWNe (Tanaka & Takahara 2010,
2013). To take free-free absorption and the Razin effect into account within the SN
ejecta we assume a singly-ionized, oxygen-rich ejecta with an electron temperature
of Te = 104 K, a mean nuclear number of Ā = 16, and an effective atomic number
of Z̄ = 4.5 (See Equations 2.92 and 2.94), which takes into account the charge shield-
ing effect; the assumption on the metal abundance is based on the results of previous
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FIGURE 3.3: Broadband spectra from SN2011ke with P = 1 ms after
100.5, 10, and 101.5 years. The solid lines take absorption processes for
radio waves into account while the dashed lines do not.

nucleosynthesis studies (e.g., Maeda et al. 2002). Although the effect is difficult to
calculate consistently, the ionization state can be maintained x-ray radiation from the
PWN. Although recent observations of PS1-14bj have found strong [O III] in the neb-
ular spectra at t ∼ 0.5 yr (Lunnan et al. 2016), which suggests a doubly-ionized state,
the neutralization of the free electrons may proceed efficiently in the SN ejecta for
t & 1 yr. In this sense, the single-ionization assumption will overestimate free-free
absorption, giving us a conservative estimate of the radio flux.

The pulsar spin-down, ejecta dynamics, and PWN dynamics are done as shown in
Section 2.1.1, while other physical effects are calculated based on Section 2.1.2. After
calculating spin-down, and ejecta and PWN dynamics, we solve a kinetic equation
for electrons and positrons in the PWN, taking into account synchrotron and inverse
Compton radiation, adiabtic cooling, and pair cascades.

The broadband spectra from SN2011ke with P = 1 ms at 100.5, 10, and 101.5 years
are shown in Fig. 3.3. The spectrum has two components: the broken power-law
spectrum up to ν . 1014 GHz from electron/positron synchrotron emission, and the
higher frequency bump from inverse Compton scattering of thermal photons in the
SN ejecta. The peak frequency of the νFν spectrum corresponds to the synchrotron
frequency of electrons or positrons with γe±,peak. As time increases, the spectrum
becomes softer and flux becomes smaller due to the decline of energy injection and
adiabatic energy loss of the PWN. The low frequency cutoff also moves to lower fre-
quencies as time increases due to the decreasing radio/submillimetre opacity. Each
SN spectrum is qualitatively similar, so only SN2011ke is shown.
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FIGURE 3.4: Intrinsic radio and submillimetre light curves from the
pulsar wind nebula from SN2011ke at 1 GHz (blue) and 100 GHz
(red). The thick and thin solid lines show the P = 1 ms and P =
Pmax = 2.4 ms cases, respectively, including the absorption processes
in the PWNe and SN ejecta. The dashed lines are the unabsorbed light
curves.
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FIGURE 3.5: Predicted observable light curves from the pulsar wind
nebula from each SN at 1 GHz (above) and 100 GHz (below) using
the P = 1 ms parameters. The solid lines indicate the light curve with
maximum absorption, while the dashed lines indicate the light curve
with no absorption. The horizontal solid black lines indicate the me-
dian VLA detection of 26 µJy (top) and the 3σ detection limit of 51
µJy from ALMA (bottom) taken from (Chatterjee et al. 2017), although
these fluxes were at 3 GHz and 230 GHz respectively. The dashed black
line indicates the 180 µJy flux of the persistent source of FRB 121102 at
DL = 972 Mpc.
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FIGURE 3.6: The same as Figure 3.5, but for the Pmax parameter sets
from Table 3.2.
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Hereafter, we focus on radio PWNe which radiate synchrotron emission from rel-
ativistic electrons and positrons accelerated by the nebulae. The cooling time of these
high-energy particles is shorter than the dynamical time of the system. At later times,
low-energy electrons and positrons do not have enough time to cool and they start
to get accumulated in the PWN. These "relic" particles injected previously can also
contribute to radio emission, which is calculated consistently in our model.

Fig. 3.4 shows intrinsic light curves at the 100 GHz (red) and 1 GHz (blue) band for
SN2011ke. The solid lines include all the absorption processes while the dashed lines
show the emission with no absorption in the SN ejecta (though the synchrotron-self
absorption is included). The time of the unabsorbed light curve peak is determined
from when the radio frequency becomes comparable to the sychrotron self-absorption
frequency, while the time of the absorbed light curve peak is determined from free-
free absorption. The absorption processes become irrelevant ∼ 1 and ∼ 10 yrs after
the explosion for ∼ 100 and ∼ 1 GHz band, respectively, as the post-peak decline
becomes essentially due to the spin-down of the pulsar.

In the same figure, we show the dependence of the radio PWN emission on the
model parameters. The solid thick and thin lines correspond to the fastest (P = 1 ms)
and slowest (P = Pmax = 2.4 ms) spinning models allowed for SN2011ke, respec-
tively. As shown in Table 3.2, the Pmax set requires a smaller magnetic field, which
lengthens the spin-down time, thus keeping the spin-down luminosity relatively high
for a longer time. The slow-rotating case also requires a smaller ejecta mass, so the
PWN and ejecta become transparent earlier. Consequently, the peak luminosity of the
slow-rotating case is brighter than the fast-rotating case by a factor of . 10.

The light curves, as they would be observed from Earth, are shown in Figure 3.5
for both the 1 GHz and 100 GHz bands using the P = 1 ms parameter sets. The
solid lines indicate the light curve with absorption, while the dashed lines indicate
the light curve without absorption. For the 1 GHz band, VLA’s 26 µJy median flux
density from 68 background sources around the persistent source is shown, and for
the 100 GHz band the 51 µJy 3σ detection limit from ALMA is shown. 2 The 1 GHz
radio emission from some of the SLSNe reach the VLA sensitivity within 10-20 years
and remain detectable until at least 30 years after the explosion. The signal may be
detectable earlier if absorption is suppressed by effects such as mass-shedding via
Rayleigh-Taylor instabilities. In the 100 GHz band with our nominal absorption, sev-
eral SLSNe have a peak submillimetre flux just above the ALMA detection limit, while
SN2015bn peaks at a full order of magnitude higher than the limit, although it peaks
later than the other supernovae due to its higher ejecta mass. If emission at the peak
time is observed due to the suppression of absorption, submillimetre signals could be
detectable from 2-7 months until 1-2 years after the explosion, except for SN2015bn,
which can be detected until around 15 years after the explosion. Motivated by a possi-
ble connection between pulsar-powered SNe and FRBs (Murase et al. 2016), we show
the 180 µJy flux of the persistent source of FRB 121102 with a dashed black line in the
VLA band (Chatterjee et al. 2017).

In Figure 3.6 we show radio and submillimetre light curves for each SN, using
their Pmax parameter sets from Table 3.2. At 1 GHz, all SNe show a flux peak at later
times than in the P = 1 ms case, with a timescale of ∼ 20-30 years that is not heavily
affected by absorption. Even including absorption in the ejecta, only iPTFajg is not

2Note that these limits actually come from the 3 GHz and 230 GHz band of VLA and ALMA, respec-
tively.
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detectable by VLA. Around its peak, SN2015bn is well above the FRB 121102 persis-
tent source flux and SN2011ke is only slightly below, at ∼ 445 and 152 µJy respec-
tively. Unfortunately, our calculations only go to 109 s (∼ 30 years), so we can’t give
a precise timescale for how long the emission will be detectable; however, it becomes
detectable at∼ 10-20 years depending on the supernova and in the case of SN2015bn,
is still increasing at 30 years. Given this, 1 GHz emission from SN2015bn may be
detectable for 70-100 years or longer after the explosion. At 100 GHz, all the sample
SLSNe are detectable regardless of the absorption in the ejecta. Even with maximum
absorption, the emission is detectable from 9 months to 2 years until 3-30 years after
the explosion, and with no absorption, they become detectable from 2-7 months de-
pending on the supernova. Regardless of absorption, SN2015bn has the highest peak
flux, while iPTF13ajg has the lowest.

3.3.2 Radio Emission from Ejecta Forward Shocks

So far we have only considered non-thermal emission from PWNe associated with
pulsar-driven SLSNe. But, we can also expect synchrotron emission from electrons
accelerated by the SN forward shock. Here, we estimate this emission using a stan-
dard model (e.g., Chevalier 1998; Nakar & Piran 2011).

With the model parameters in Table 3.2, the central pulsar spins down on a timescale
of a few months after the explosion. A large fraction of the initial rotation energy is
converted into the kinetic energy of the SN ejecta, which is EK ∼ 2× 1052 erg (P/1 ms)−2

(See Equation 1.14). The typical ejecta velocity is vej ≈ (2EK/Mej)1/2 ∼ 0.06 ×
c (P/1 ms)−1(Mej/5 M�)−1/2. Here, the peak of the radio light curve with ν & GHz
cooresponds to the deceleration time of the SN ejecta, tdec ∼ 100 yr (Mej/5 M�)1/3

(n/1 cm−3)−1/3, where n is the number density of the interstellar medium (See Equa-
tion 1.7). Thus, the peak flux is estimated to be around 65 µJy (ν/1.5 GHz)−3/4 for
a luminosity distance of DL = 300 Mpc. In this estimate, we assume the power-law
index of accelerated electrons is p = 2.5, the magnetic field amplification efficiency is
εB = 0.1, and the electron acceleration efficiency is εe = 0.1; the flux decreases as εB
and εe decrease. Before the peak, the flux is ∝ t3. The parameter set for this estimate
is optimistic; for example, the kinetic energy would be smaller for a slower rotating
pulsar. If we compare this emission from the forward shock to the emission from the
PWN (Figures 3.5 and 3.6), we can conclude that the PWN emission likely dominates
the forward shock emission until at least a few decades after the explosion.

It is worth noting that radio emission from electrons accelerated by the forward
shock is more important in the presence of circumstellar material. Type-II SLSNe,
which are believed to be interaction-powered, are expected to be particularly strong
radio sources in 1-10 year time scales (Murase et al. 2014; Petropoulou et al. 2016).

3.4 Summary and Discussion

In this chapter, we investigated non-thermal radio and submillimetre emission from
pulsar-driven SLSNe within a few decades of the explosion. We found that the PWNe
emission will likely dominate the emission from the ejecta forward shock. Addition-
ally, we have shown that follow-up observations of SLSNe with ALMA and VLA in
∼ 1 and∼ 10 yr time scales are promising for relatively nearby events at DL . 1 Gpc.
Detections would support the pulsar-driven model for SLSNe and help solve the
model parameter degeneracy, while non-detections would constrain the magnetar
paradigm for the different classes of stripped-envelope SNe.



62 Chapter 3. Radio Emission from Embryonic SLSN Remnants

We assumed a simple one-dimensional for the evolution of the PWN and SN
ejecta. External absorption is taken into account, assuming an oxygen-rich ejecta
in a singly-ionized state. We should note that these predictions are subject to non-
negligible uncertainties. Synchrotron self-absorption is relevant at lower frequencies,
and this is taken into account in our calculations. Radio emission can also be ab-
sorbed by the free-free absorption and the Razin effect in the SN ejecta. These pro-
cesses are sensitive to the ionization state of the ejecta, and the ionization is caused
by x-ray emission from PWNe and a reverse shock induced by the SN ejecta. Our
nominal parameters could overestimate the radio absorption and thus underestimate
the observable flux. For example, the neutralization of the SN ejecta may proceed
efficiently before the ionization state decouples from the ejecta evolution a few years
after the explosion (e.g., Hamilton & Sarazin 1984). Also, the ejecta being pushed
by the strongly magnetized pulsar wind could lead to a Rayleigh-Taylor instability,
which would make ejecta more patchy and clumpy (e.g., Arons 2003; Blondin et al.
2001; Chen et al. 2016; Chevalier 2005; Chevalier & Fransson 1992; Suzuki & Maeda
2017), as opposed to the spherically symmetric ejecta in our model. Because of this,
a portion of the PWN may be more easily observed due to reduced optical depths,
even if the average ionization degree of the ejecta is high. If the wind bubble, which
is surrounded by the PWN and mixed with shocked ejecta, is largely blown out, the
nebula radius rapidly increases, and the resulting spectra become similar to those of
Galactic PWNe.

Searching for radio and submillimetre non-thermal emission from SLSNe is also
of interest to test the possible connection between young NSs and FRBs. Here, we
have found that the radio emission from an embryonic SLSN remnant about a few
decades old is broadly consistent with the flux of the persistent radio counterpart of
FRB 121102. It is also interesting that young NS scenarios for pulsar-driven SNe and
FRBs predicted the existence of bright quasi-steady radio emission before the host
galaxy of FRB 121102 was detected (Murase et al. 2016).

The PWN emission does not always have to be powered by the spin-down energy
of the pulsar. Beloborodov (2017) argued that the energy can instead be supplied
via the magnetic activity of a magnetar associated with an FRB. Although this differs
from our model, if the injected energy integrated over time is similar, both models
can lead to similar nebular emission (although they can be distinguished by a long-
term follow-up observation of the SLSNe with ALMA and VLA from ∼ 1 to 10 yrs),
keeping the consistency with the FRB-SLSN connection.
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Chapter 4

Preliminary Results: Thermal PWN
Re-emission from Dust Grains

We studied the direct detectability of PWN emission in Chapter 3, and now we in-
troduce and discuss an indirect detection method: re-emission from dust grains. We
use a steady-state model to study the growth of dust grains in the ejecta of a pulsar-
powered supernova, and examine sublimation of smaller grains and re-emission from
larger grains due to PWN emission. We consider dust compositions based on those
expected for a variety of progenitors of Type Ic, Ib, and IIb supernovae, including
SLSNe, and calculate the properties of C, MgSiO3, and MgO grains in their ejecta.
We find that dust is always optically thick from a few months after formation, and re-
emits at a temperature between 1500-2000 K. For the cases of SN2015bn and SN2016ard,
which we propose to study in Chapter 5, we find that the dust emission is not de-
tectable at all, although this may be due to an unphysical part of our model. Apart
from fixing this, the next steps include realistically calculating absorption, calculating
emission using more parameter sets, and diagnosing our model to test its accuracy.

This project has been done in collaboration with Kazumi Kashiyama.

4.1 Introduction

In the expanding ejecta of a supernova, dust grains condense from cooling metal-
rich gas. These newly formed grains are injected into the interstellar medium (ISM),
where they cause interstellar extinction and diffuse infrared emission, catalyze H2
formation, and serve a building blocks for planets and smaller rocky bodies.

In particular, the origin of dust has been fiercely debated since the discoveries of a
huge amount of dust grains at redshifts higher than z = 5 (Gall et al. 2011). In the early
universe, core-collapse SNe from massive stars are likely to be the dominant source of
dust (Dwek et al. 2007). Infrared-submillimeter studies of SN1987A (Dwek & Arendt
2015; Indebetouw et al. 2014; Lakićević et al. 2012; Matsuura et al. 2011, 2015), SNR
G54.1+0.3 (Temim et al. 2017), Cas A (Barlow et al. 2010; Sibthorpe et al. 2010), and the
Crab Nebula (Gomez et al. 2012), as well as emission-line asymmetry studies of SN
1980K, SN1993, and Cas A (Bevan et al. 2017), have reported a subsolar mass of cool
dust formed in the ejecta which have not yet been destoryed by the hot gas from the
supernova reverse shock (Micelotta et al. 2016). What fraction of the dust can survive
the shock depends on their sizes after formation (e.g., Nozawa et al. 2006, 2007), so
understanding both the mass and size of dust produced in supernovae is important.

Dust formation in SN ejecta has mainly been studied with classical nucleation
theory and its extension (Bianchi & Schneider 2007; Kozasa et al. 1989, 1991; Nozawa
et al. 2010, 2003, 2011, 2008; Todini & Ferrara 2001). In this theory, dust condensa-
tion is described by the formation of stable seed nuclei and their growth, where the
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High Density Low Density
Nozawa’s T, c evolution Mej = 50 M�, fC = 0.25 Mej = 5 M�, fC = 2 × 10−3

Our T, c evolution Mej = 5 M�, fC = 0.15 Mej = 5 M�, fC = 3 × 10−4

TABLE 4.1: Initial parameters cooresponding to high and low density
cases discussed by Nozawa & Kozasa (2013), which have c1 = 108 and
105 at the onset of dust formation, for the different. We get within a
factor of 1.5.

formation rate is dervied by assuming the nucleation current to be in a steady-state
(Nozawa & Kozasa 2013). This theory has allowed us to predict the size distribution
and mass of condensing grain species, and these results have nicely explained the
mass of dust formed in SN1987A (Kozasa et al. 1991) and the formation and evolu-
tion processes of dust in Cas A (Nozawa et al. 2010).

We use this steady-state model, which is overviewed in Section 2.2, to study dust
formation and emission in pulsar-driven supernovae. So far, this type of system has
only been discussed in the context of gamma-ray bursts, and only the sublimation
of previously formed dust was studied (Waxman & Draine 2000). The PWN emis-
sion delays the formation of dust due to the added energy injection and is capable
of sublimating dust as it forms, leading to longer formation times and the possible
non-production of dust at all. However, once dust has formed, the grains can absorb
emission in the optical/UV band, greatly increasing their temperature compared to
the case without a central pulsar. These hot dust grains will re-emit in the infrared,
and this emission might be detectable with telescopes like Herschel, Spitzer, and the
James Webb Space Telescope (JWST). This gives an indirect signal, to compliment the
direct radio detection dicussed in Chapter 3, by which we can detect newborn pulsars.

In Section 4.2, we test our code without a central pulsar and compare the results
to Nozawa & Kozasa (2013). Then, in Section 4.3, we describe how we perform the
study, which parameters we use, and the composition of the initial supernova gas. In
Section 4.4, we describe the results that we have been able to acquire up to this point.
Finally, in Section 4.5, we describe how to finish and further improve the study.

4.2 Reproducing Previous Results

We first tested our code for dust formation, based on the model from Section 2.2.1, by
simulating carbon grain formation with the power law temperature evolution from
Nozawa & Kozasa (2013), given in Equation 2.133, as well as their concentration evo-
lution

c̃1 = c1,o

(
t
to

)−3

. (4.1)

This is not a useful evolution in the big picture, since there is no way to incorporate
the pulsar, but is a useful diagnostic for our code.

We use the high and low density cases discussed by Nozawa & Kozasa (2013),
which have c1 = 108 and 105 at the onset of dust formation. Since we start our simula-
tions well before dust begins to form and our parameters are magnetic field B, pulsar
initial rotation period P, ejecta mass Mej, and carbon mass fraction fC (ie. the mass
of carbon in the ejecta is Mej fC), we can not set the exact concentration at the onset of
formation, so we use parameters that give us within a factor of 1.5 of c1 = 108 and 105

at the onset of dust formation. The parameters are shown in Table 4.1. We take s = 0.8



4.2. Reproducing Previous Results 65

200 250 300 350 400 450 500
Time (days)

10-9

10-8

10-7

10-6

10-5

10-4

10-3

10-2

10-1

100

101

V
a
lu

e

ln(S)
Is
aave (µm)

fcon

High density
Low density

0 200 400 600 800 1000 1200 1400
Time (days)

10-9

10-7

10-5

10-3

10-1

101

103

105

107

109

V
a
lu
e

γ = 1.15

γ = 1.25

γ = 1.50

High density
Low density

FIGURE 4.1: Summarizing our results with the temperature and con-
centration evolution from Nozawa & Kozasa (2013). Top: ln(S), Is,
fcon and aave for the high and low density cases with to = 300 days
and γ = 1.25. Bottom: The gas concentrations for both cases using γ =
1.15, 1.25, and 1.50.
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and n∗ = 100, the sticking probability of a colliding gas molecule and the minimum
number of molecules for a cluster to be considered a dust grain respectively, for all
calculations; as long as n∗ is large enough, the results do not qualitatively change -
this is discussed in Appendix B of Nozawa & Kozasa (2013). When comparing to
previous results, the pulsar is given a negligible field to effectively turn it off.

We plot ln(S), Is, fcon and aave in the top panel of Figure 4.1 for the high and low
density cases with to = 300 days and γ = 1.25, and we plot the gas concentrations for
both cases using γ = 1.15, 1.25, and 1.50 in the bottom panel of Figure 4.1.

For the high density case, we see a sharp spike in Is coorsponding to the sudden
nucleation of dust throughout the ejecta, which causes fcon to jump to ∼ 1 within a
timescale of . 30 days and the gas concentration to drop by about an order of mag-
nitude within the same timescale. After this, the supersaturation ratio drops because
of the drop in gas concentration, and this causes Is to fall to ∼ 0. As time goes on, the
nucleated grains grow in size by accreting free key molecules, causing the concentra-
tion to drop further, but more slowly than during nucleation. There is also nucleation
of new grains as the temperature drops further, but the growth rate is small and con-
centration evolution is dominated by growth of previously nucleated grains. Once
the concentration drops low enough, the grain growth rate and grain nucleation rate
both drop to∼ 0 and concentration evolution is simply due to the expansion of ejecta;
this phase is visible within 1500 days for γ = 1.25, and 1.50, but not for γ = 1.15.

For the low density case, the nucleation of dust grain is not as sudden, and hap-
pens over a timescale of ∼ 100 days. Is reaches its peak about 75 days after to, but
doesn’t drop off very much afterwards. The concentration doesn’t drop off nearly as
much in this case as the high density case either, leading to this case having much
higher gas concentration after the high density’s main drop-off. The reason the con-
centration is high, even though fcon ∼ 1, is because the dust grains are two orders of
magnitude smaller in size than in the high density case.

We then test our own temperature and concentration/volume evolution, which
is given by accounting for energy entering the ejecta and the dynamics of the pulsar
wind nebula (PWNe) pushing the ejecta (See Section 2.1.1). We again plot ln(S), Is,
fcon and aave for the high and low density cases in the top panel of Figure 4.2, but since
γ is no longer a parameter the bottom panel only shows the high and low density
cases. The results are very similar to the γ = 1.50 case, with a steep drop and quick
leveling in gas concentration for the high density case and a slow decline for the
low density case. We see ln(S) fall and then rise again at high density; this second
rise cooresponds to the point when grain growth ceases, and concentration evolution
becomes only due to the expansion of ejecta.

4.3 Study Overview

Once we verified the code to work and give similar results to Nozawa & Kozasa
(2013), we tested the formation of dust for two initial dust compositions (mass frac-
tions are given in Table 4.2), which we call the B and S compositions. These composi-
tions are based off of recent radiative transfer simulations of various types of super-
novae with various types of progenitors, which account for nuclear fusion during the
explosion (Dessart et al. 2011, 2012, 2015, 2017; Vlasis et al. 2016). The B composition
is similar to that of a small (ZAMS mass of 15-25 M�) Wolf-Rayet star in a binary with
roughly solar metallicity; one would expect about 3-5 M� of ejecta in this case. The B
composition is also fairly similar to a low metallicity Wolf-Rayet star without a binary
companion with a ZAMS mass of around 25 M�; the ejecta mass in this case would be
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FIGURE 4.2: Summarizing our results with our temperature and con-
centration evolution. Top: ln(S), Is, fcon and aave for the high and low
density cases. Bottom: The gas concentrations for both cases.
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Composition fC fO fMg fSi
B 0.1 0.3 0.03 0.03
S 0.3 0.6 0.05 0

TABLE 4.2: Initial mass fractions of the different gaseous elements in
the ejecta.

Grain Type C(s) MgSiO3(s) MgO(s)
Key Species C(g) Mg(g) Mg(g)
A/104 (K) 8.64726 25.0129 11.9237

B 19.0422 72.0015 33.1593
ao (Å) 1.281 2.319 1.646

σten (erg cm−2) 1400 400 1100

TABLE 4.3: The properties of the dust grains considered in this study.
The subscript (s) and (g) represent solids and gasses respectively. Since
Mg and Si have the same concentration in the B composition, either
one can be used as the key species. Values are taken from Nozawa
et al. (2003).

∼ 15 M�. The S composition is similar to that of a large solar metallicity Wolf-Rayet
star with ZAMS mass of around 60 M� evolved without a binary companion; one
would expect about 5-7 M� of ejecta in this case.

The biggest differences between the two are the lack of Si in the S composition
and the lower overall numbers in the B composition. While the Si mass fraction is not
zero in real SNe, the simulations give a mass fraction of about 10 times lower than
that of Mg for the S composition progenitor; this is small enough where we expect
MgO grains to be formed in much greater quantity than MgSiO3 or Mg2SiO4, so we
neglect Si completely for the S composition. The B composition has lower numbers
because a large fraction of the gas is still He, which doesn’t form dust and is thus
neglected in this study. The large fraction of He means that observed SNe with the B
composition would be either Type Ib or IIb, depending on if any H gas still remained
as well, while observed SNe with the S composition would be seen as Type Ic.

We examine two different types of dust growth for each composition. For the B
composition we examine the formation of C and MgSiO3 grains, which we expect to
be formed preferentially over Mg2SiO4 by about a factor of 3 (Nozawa et al. 2010).
For the S composition, since there is not enough Si to form large quantities of MgSiO3
or Mg2SiO4, we examine growth of C and MgO grains. The physical properties of
each dust grain used in the calculation are listed in Table 4.3. We assume for the B
composition that the concentrations of Mg and Si gas remain equal, and we assume
that the number of oxygen atoms remains fixed, since the ejecta is oxygen dominated
and grain formation will not significantly affect the concentration.

We ignore the formation of CO molecules, even though in oxygen-rich ejecta
(which both compositions have) it is expected that carbon dust will not form due to
the formation of CO molecules. Since our model is a one-zone model, including CO
formation would mean we never form any carbon dust. In more complicated models,
supernovae have both an oxygen-rich shell where silicate and Mg-molecule-based
dust formation is dominant and a carbon-rich shell where carbon dust formation is
dominant (e.g., Nozawa et al. 2010, 2008) - our model gives us the best possible case
for carbon dust formation. For most supernovae, we would only expect carbon dust
formation in the carbon-dominant shell, which surrounds the oxygen-rich shell and
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ID Composition Mej M� fL
B5-1 B 5 1

B5-0p75 B 5 0.75
B15-1 B 15 1
S5-1 S 5 1

TABLE 4.4: The four sets of ejecta and PWNe parameters we study. fL
is a multiplying factor for the PWNe flux.

usually contains ∼ 50% of the carbon atoms, but in SLSNe, turbulent mixing mixes
the gas and homogenizes the ejecta, meaning that carbon dust will not form.

We perform a parameter study for the initial pulsar rotation period P and the
initial magnetic field B. The power law index for the PWNe emission is -0.5, which
agrees with the one found in Chapter 3 between 108 and 1014 GHz. However, the
overall flux is multiplied by the factor fL, which is analogous to changing the power
law spectrum, since only the total luminosity in the optical band is important for
dust temperature and sublimation (Section 2.2.2). We investigate four sets of ejecta
and PWNe parameters, shown in Table 4.4; they will give us qualitative information
on the effect of changing ejecta mass, the PWNe spectrum, and the composition as
well as being case studies for typical binary Wolf-Rayet progenitors (B5-1) and low
metallicity single progenitors (B15-1), while S5-1 will be a case study for large solar
metallicity single progenitors.

4.4 Preliminary Results

Figure 4.3 show the pulsar conditions where dust can be formed for each parameter
set. Carbon is always formed in a larger parameter range than MgSiO3 and MgO
due to its higher critical temperature. All four models have a region where no dust
is formed around P = 1 ms and B13 between 0.1 and 1; the lack of formation is due
to continuous sublimation of grains as they form. This region is surrounded by a
parameter space where only carbon dust can form, but not MgSiO3 or MgO, with
the size of this region depending largely on the model. The maximum period for
this region increases almost as a power law with increasing field until a fairly sharp
cutoff at B13 ∼ 10. At large spin periods and either high or low magnetic fields, both
types of dust can be formed. This is because with low fields, the spin-down is slow
enough that the luminosity will never be high enough to sublimate the dust, and at
high fields, the star spins down so quickly that most of the energy is released before
dust ever starts to form, making the late PWN emission less luminous.

When decreasing fL, both types of dust can from at lower periods due to the lower
PWN luminosity not being capable of sublimating the grains as they form. Increasing
Mej has the same effect because the PWN emission needs to sublimate more dust
grains due to the larger gas concentration, and thus can’t always sublimate out to Rej.
Changing the composition to S makes carbon grains easier to produce due to their
increased concentration, but MgO grains are thermodynamically harder to produce
than MgSiO3, so the parameter region where they can not be produced is quite large,
even extending out to P ∼ 50 ms at B13 = 10.

We next examine the effects of changing P and B on temperature and carbon grain
optical depth evolution in the B5-1 composition. We select five points: (P (ms), B13)
= (7, 1.0), the fiducial point at the edge of the region where MgSiO3 grains can not
be formed; (7, 0.3), which does form MgSiO3 grains and shows the effect of slightly
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FIGURE 4.3: The parameter regions where each type of dust is formed
for the B5-1 (top left), B5-0p75 (top right), B15-1 (bottom left), and S5-
1 (bottom right) parameter sets. The blue dots, and the area to their
left, indicate a region where no dust is formed; the red dots indicate
the region where carbon dust is formed but MgSiO3 (for the B sets) or
MgO (for S5-1) is not, and the black dots, and the area to their right,
indicate the region where both dust types are formed. Note that the
horizontal scale for the S5-1 diagram is different from the other three.
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changing the magnetic field; (11, 1.0), which also forms MgSiO3 grains and shows the
efect of slightly increasing the spin period; (3, 1.0), which is the lowest period with
B13 = 1 where carbon dust grains will form; and (2.5, 1.0), where no dust forms, even
though the parameter set is close to (3, 1.0). In the top panel of Figure 4.4, the optical
depth for carbon grains is shown. The optical depth is� 1 once the first nucleation
spike is over, although in the (3, 1.0) case the spike lasts for ∼ 30 days, meaning that
the dust emission will resemble an isothermal blackbody at the critical radius. The
first to form carbon dust, at ∼ 200 days, are the (7, 0.3) and (11, 1.0) parameter sets,
followed by (7, 1.0) at ∼ 300 days and (3, 1.0) at ∼ 500 days; the closer the parameter
sets are to the region where dust doesn’t form, the longer it takes to form dust. The gas
temperature evolution is also not a reliable measure of long-term dust formation, as
the (3, 1.0) and (2.5, 1.0) sets have almost the same gas temperature throughout their
evolution, but (2.5, 1.0) never forms dust; this confirms that the controlling factor for
long-term dust formation is sublimation via PWN emission.

We also examine the effect of changing the composition on temperature and car-
bon grain optical depth evolution in Figure 4.5. We chose points at roughly the same
position in the phase diagram, where only carbon forms, but MgSiO3 or MgO would
form with a small increase in period or decrease in magnetic field; these points are (P
(ms), B13) = (7, 1.0) for B5-1, (1.5, 0.1) for B15-1, (4, 0.3) for B5-0p75, and (15, 1.0) for
S5-1. We see that B15-1 forms dust much later and has a slower temperature decrease
than the others, at ∼ 1000 days compared to the 200-300 days of the other composi-
tions; this is because the ejecta velocity is slower when there is a larger ejecta mass
due to the explosion energy remaining fixed, so the evolution of most parameters of
the supernova becomes slower overall. We see that all compositions are extremely
optically thick after dust nucleation finishes, just like in Figure 4.4, although dust for-
mation take∼ 50 days in the B15-1 model. We also see a slight difference of the critical
temperature between the different models, with B15-1 being about 100 K higher than
B5-1 or B5-0p75.

We next investigate possible dust formation in SN2015bn and SN2016ard, the two
SLSNe we propose to investigate with ALMA in Chapter 5. We use fL = 1 and the S
composition, since they were both observed as Type Ic supernovae. We calculate P =
1.0 ms and Pmax parameter sets as in Chapter 3. For P = 1.0 ms, the (B13, Mej (M�))
parameter sets are (2.1, 17) for SN2015bn and (6.0,12) for SN2016ard, while the (Pmax
(ms), B13, Mej (M�)) parameter sets are (1.4, 1.0, 5) for SN2015bn and (2.2, 1.7, 1.5) for
SN2016ard. We find that no dust is formed for the Pmax cases and only carbon dust is
formed in the P = 1.0 ms cases, and we show the carbon optical depth and temprature
evolution in Figure 4.6 and radius evolution in Figure 4.7 for the P = 1.0 ms cases. We
find that both supernovae produce extremely optically thick carbon dust and start
to form dust at ∼ 200− 300 days, with the more massive SN2015bn ejecta forming
dust later. We also find that the critical radius decreases sharply at the beginning of
dust formation due to the large increase in dust grain radius a, which affects the dust
emissivity; we think this effect is largely artificial, and discuss it more in Section 4.5.
After this decrease, Rc increases slowly over time.

We calculate the spectrum of the dust emission with dust emissivity Q(a) calcu-
lated using β = 1 and 2, the minimal and maximal values, for the two SLSNe and
compare them to the intrinsic PWN spectrum in Figure 4.8. For both SLSNe, The
PWN produces much stronger emission than the dust in both SNe, and the dust is
undetectable until at least 30 years after the explosion. However, the reverse shock,
which begins at the Sedov phase of the SN (∼ 100 years after explosion), will destroy
any dust in the ejecta as it passes through; given these results, it is unlikely that we
can detect the dust emission at all before it is destroyed by the reverse shock.
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FIGURE 4.4: The carbon grain optical depth (top) and temperature
(bottom) evolution for several (P, B13) parameter sets using the B5-1
composition. The solid line in the bottom panel shows the gas temper-
ature and the dotted line shows the dust critical temperature. Since the
grains are very optically thick after the first nucleation spike is over,
the emission will look like a single blackbody shell at radius Rc emit-
ting at temperature Tc. The dotted vertical lines in the bottom panel
shows exactly when dust first starts to form.
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FIGURE 4.5: The same as Figure 4.4, except comparing different com-
positions.
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gated in Chapter 5.
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FIGURE 4.7: The ejecta radius and critical sublimation radius or the
two SLSNe investigated in Chapter 5.

4.5 What Next?

In looking at the dust emission in Figure 4.8, one might wonder why if all the energy
in the 1 − 7.5 eV band is being aborbed (not shown in the Figure, but included in
the model), why is the dust emission not very luminous; these results seem to not
conserve energy. There are a few possible reasons for this; the first is that the way our
model treats formation as one-zone and sublimation/emission as two-zone artifically
inflates the dust emissivity Q(a) of unformed dust. Since dust grains are very small
when they start to form, 〈Q〉T is small and the dust is likely to be sublimated by the
PWN emission, while the grains are much more difficult to sublimate once the dust
is fully grown. Since our model assumes that dust everywhere has the same a value,
this results in a sharp, artificial decrease in Rc soon after dust begins to form; this is
visible in Figure 4.7. If this decrease was not present, Rc would be larger by about a
factor of 20, and the dust emission would be more luminous by about a factor of 400,
making it detectable after less than a decade. Another possible reason for energy loss
is the energy used to sublimate dust grains at R < Rc. As dust formation is favoured
via entropy, the photodissociation of the inner dust grains must continuously keep
energy from leaving the system as thermal radiation from the outer grains. A final
possibility is that the calculated Rc, even after the Q(a) correction, would be less than
RPWN, which is unphysical; however, increasing Rc to ≥ RPWN would also decrease
the emission temperature, meaning the total power radiated would be the same, but
the emission would be at lower wavelength. The first priority for continuing this
study is making sure all the energy is accounted for and that our model does not
have unphysical features.
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FIGURE 4.8: Broadband PWN spectra for SN2015bn (top) and
SN2016ard (bottom) compared to their dust emission with dust emis-
sivity Q(a) calculated using β = 1 (dashed) and β = 2 (dotted), the min-
imal and maximal values. The PWN produces much stronger emission
than the dust in both SNe, and the dust is undetectable until at least 30
years after the explosion.
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Once this is accounted for, there are plenty of other things that need to be done.
All the plots shown are for carbon dust only, which we do not even expect to form
in SLSNe because of the formation of CO molecules, and so similar plots need to be
made for MgSiO3 and MgO using all the compositions. Dust emission should be cal-
culated for a number of different compositions and parameter sets and compared to
PWNe spectra to acertain the possibility of detecting the dust emission. The absorp-
tion of UV and optical photons should be accounted for more realistically instead of
assuming that all radiation is absorbed in a particular band, which will involve calcu-
lating a size distribution for the dust grains, which may be dependant on the position
in the SN ejecta. Finally, we want to calculate Λ from Equation 2.131, which indicates
if the steady state model agrees with the more accurate non-steady state model, to
determine if our application of this model leads to accurate results.
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Chapter 5

Proposal: ALMA Observations of
SN2015bn and SN2016ard

This chapter is based on our Cycle 5 proposal for the Atacama Large Millimeter/
submillimetre Array (ALMA), which was accepted with B priority. These observa-
tions have the potential to provide hints on the origin of super-luminous supernovae
(SLSNe) that may be applicable to other interesting high-energy phenomena, such
as Fast Radio Bursts (FRBs). However, these observations may not unambiguously
confirm the magnetar model, even if synchrotron radiation if detected, and it is not
obvious which system parameters would be constrained from the ALMA in a model-
independent way. Nevertheless, these observations are a critical test for the pulsar-
driven model, as this is the first attempt at detecting early submm PWN emission, and
a successful detection would be strong evidence for the model as well as detection of
the youngest known pulsar to date; studying this system would give a lot of insight
into early pulsar evolution and its impact on the surrounding SN. These observations
should take place this winter.

The team for this proposal consists of Kohta Murase, Kazumi Kashiyama, Hi-
roshi Nagai, Casey Law, Geoffrey Bower, Raffaella Margutti, Ryan Chornock, Deanna
Coppejans, Derek Fox, Peter Mészáros, and myself.

5.1 Overview

Our aim is to measure the continuum spectra of SLSNe 1-3 years after their explo-
sions. In particular, we will observe SN2015bn and SN2016ard in frequency bands
3 (84-116 GHz) and 6 (211-275 GHz). This study will provide a critical test for the
rapidly-rotating pulsar model for SLSNe and possibily reveal their connections to
FRBs.

The most popular theoretical model to explain the quasi-thermal optical emission
of Type-I SLSNe is the rapidly-rotating pulsar model, in which the optical emission
is powered by a millisecond pulsar with a strong magnetic field of ∼ 1013 − 1015 G.
The predicted smoking gun for this model is non-thermal synchrotron emission in
the radio/submillimetre band (See Chapter 3). A successful detection with ALMA
would be the first evidence for a pulsar-like central engine and would also be a clue
to the progenitors of FRBs, while non-detections would impose severe constraints on
the pulsar-driven model for SLSNe.

The detectability of PWN emission in the GHz band is limited by strong free-
free absorption in the supernova ejecta during the first ∼ decade after the explosion.
However, ALMA observations at around 100 GHz overcome the absorption problem,
which provides a unique opportunity to detect the PWN emission. The emission is
extragalactic and non-thermal, so observations with a great sensitivity of ∼ 100 µJy
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are necessary. The emission is predicted to be quasi-steady during a timescale of a
few months, and the best SLSN targets have an age of ∼ 1-3 years. Among recent SN,
only SN2015bn and SN2016ard are predicted to be observable. Since SN2015bn is one
of the brightest SLSNe on record, Cycle 5 observations are essential for accomplishing
our goal.

5.2 Scientific Justification

Recent optical transient surveys such as Catalina Real-Time Transient Survey (CRTS),
the Palomar Transient Factory (PTF), and Gaia have revealed the diversity of SNe,
and SLSNe, which can be more than 100 times more luminous than normal SNe, form
an interesting subclass of SNe (Gal-Yam 2012). Type-I SLSNe, which do not show
hydrogen lines in their spectra, are particularly interesting and widely modeled using
the pulsar-powered model, in which the rotational energy of a newborn, millisecond-
rotating pulsar with a magnetic field of ∼ 1013 − 1015 G is the dominant source of
energy for the quasi-thermal optical emission in the early phase while the ejecta is
still dense enough to absorb and thermalize the photons emitted by the pulsar spin-
down (Kashiyama et al. 2016; Nicholl et al. 2013). Type-Ibc SNe and long GRBs are
also though to be powered by pulsars with even stronger fields of ∼ 1014 − 1016 G
(Thompson et al. 2004), and naturally, a connection between these events and SLSNe
has been proposed (Greiner et al. 2015; Metzger et al. 2015). The newborn pulsar idea
is particularly interesting because it predicts a grand-unified picture where SLSNe,
stripped-envelope SNe, and GRBs all have the same object as a central engine.

To test this model and reveal the possible link between SNe and GRBs, it is im-
perative to detect smoking gun signals of newborn neutron stars. However, this is
difficult to achieve using only optical observations. In this model, the light curves of
the SNe can be modelled by adjusting the pulsar magnetic field B and initial rotation
period P, as well as the ejecta mass Mej, but there is a large degeneracy in the param-
eters (Kashiyama et al. 2016). Non-thermal signals serve as a new probe of central
engines hidden within the ejecta, which solve the above degeneracy problem. It is
known that galactic PWNe such as the Crab nebula are extremely efficient accelera-
tors of electrons and positrons, injecting as much as 99% of their energy into these
particles (Gaensler & Slane 2006; Tanaka & Takahara 2010). Broadband non-thermal
emission from PWNe has been observed from many Galactic pulsars, which suggests
most of the magnetic energy is used for particle acceleration. Therefore, non-thermal
synchrotron emission from nascent PWNe should be a more direct signal, and can be
used as a smoking gun for the pulsar-driven supernova model. In this model, optical
radiation is explained through the conversion of the non-thermal energy into thermal
radiation.

The picture in this model is as follows. After the supernova explosion, a strongly
magnetized pulsar may be left as a compact remnant, a fraction of which will have
the ∼ 1-10 ms initial spin period required for a SLSN. As the pulsar spins down, the
rotational energy is extracted in the form of a magnetized relativistic wind, forming a
newborn PWN. Observations of nearby Galactic PWNe suggest that most of the spin-
down energy must be dissipated inside or around the termination shock (Gaensler &
Slane 2006), in the form of highly relativistic electrons and positrons with a Lorentz
factor γe ∼ 105 − 106. Because of this, nascent PWNe are expected to be sources of
x-rays and gamma-rays from months to years after the explosion (Murase et al. 2015).
Additionally,∼ 1-10 years after the explosion, quasi-steady synchrotron emission has
been predicted to be detectable at submillimeter frequencies (See Chapter 3). Chapter
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Name Redshift RA Dec P−3, B13, Mej (min) P−3, B13, Mej (max)
SN2015bn 0.1136 11:33:41.57 +00:43:32.2 1.0, 2.1, 17 1.4, 1.0, 5
SN2016ard 0.2 14:10:44.56 -10:09:35.42 1.0, 6.0, 12 2.2, 1.7, 1.5

TABLE 5.1: Parameters of Targeted SNe (P = 10−3P−3 s, B = 1013B13
G, and Mej in unit of M�).

3 also shows that radio emission from a forward shock with the ambient circumstellar
material is negligible for Type-I SLSNe with such ages, and this additional component
has a rising light curve with ∝ t3. Submillimeter ALMA observations are preferable to
lower-frequency radio observation, such as those by VLA, since lower-frequency ra-
dio emission is more greatly affected by free-free and synchrotron absorption (Murase
et al. 2016).

The importance of non-thermal signatures from newborn pulsars has been fur-
ther highlighted by the discovery of FRBs. Recent observations of the repeating FRB
121102 have established FRBs to be extragalactic (Chatterjee et al. 2017; Marcote et al.
2017), implying that they are the most luminous radio transients in the Universe. The
most common model progenitors for FRBs are magnetars and rapidly-rotating pul-
sars. Radio and submillimeter synchrotron emission was predicted from the nebulae
(Murase et al. 2016) before the discovery of the persistent emission associated with
FRB 121102 (Kashiyama & Murase 2017; Marcote et al. 2017). The physical setup in
that model is essentially the same as the pulsar-driven SLSN model, and both are
preferentially hosted by dwarf, star-forming galaxies (Chatterjee et al. 2017; Nicholl
et al. 2017d), so there is a strong possibility of a connection between FRBs and pulsar-
driven SLSNe (Marcote et al. 2017; Murase et al. 2016).

To summarize, non-thermal emission from newborn neutron stars is promising,
and ALMA’s submillimeter observations should give us a crucial test of the pulsar-
driven scenario for SLSNe, and reveal the possible connection among SLSNe, GRBs,
Type-Ibc SNe, and FRBs.

5.3 Description of Proposed Observations

We propose to observe two specific objects, SN2015bn and SN2016ard, which have
both had about 1-2 years elapse since the explosion. SN2015bn is one of the brightest
Type-I SLSNe on record, and its predicted non-thermal flux is higher than ∼ 300 µJy
(Figure 5.1, top), even in the P = 1 ms case, which gives the most pessimistic flux. For
a 5σ detection, we request a senstivity of 200 µJy, which cooresponds to observation
times of 0.4 hrs with band 3 and 0.5 hrs with band 6. We hope for a time interval
of less then 1-2 weeks. The 100 GHz emission is predicted to be intrinsically brighter
(compare dashed blue/red curves of Figure 5.1), but the observed 230 GHz flux could
be higher due to smaller attenuation (compare solid red/blue curves of Figure 5.1).
The detectability of this source is not as sensitive to uncertainty if multiple bands
are used. The nebular emission is predicted to have a flat synchrotron spectrum,
Fν ∝ ν−0.5 − ν0, which can be useful to discriminate it from thermal or dust origin,
which has Fν ∝ ν2 − ν4. The other proposed target, SN2016ard, requires a longer
exposure time due to its larger distance. For a 5σ detection, we request a senstivity
of 30 µJy, which cooresponds to observation times of 6.2 hrs with band 3 and 12.8 hrs
with band 6.

We request quasi-single epoch observations for Cycle 5. The PWN emission is
quasi-steady but will decline slowly over the timescale of a few months, which can
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be tested once a source is detected. Future multi-epoch observations will allow us to
better discriminate the nebular synchrotron emission from other possibilities such as
dust emission, active galactic nuclei (Doi et al. 2011), and possible ejecta interactions
with the ambient material.

The reason for selecting SN2015bn and SN2016ard is as follows. We performed de-
tailed calculations of submillimeter emission from 10 recent bright SLSNe with good
quality optical light curve data. (Six are shown in Chapter 3, and we modelled four
additional SLSNe that occured in 2015 and 2016.) Through modelling the optical light
curves, we extracted spin-down parameters B and P and the ejecta mass Mej, which
we then used in the submillimeter calculation. We finally found that only two sources,
SN2015bn and SN2016ard, have the potential to be detected by ALMA.

5.4 Feasibility

The detectability of submillimeter emission from SLSNe depends on B, P, Mej, which
are determined from modelling the optical emission (see Table 5.1). As in Chap-
ter 3, we fit the light curves of SN2015bn and SN2016ard, then calculated submil-
limeter synchrotron emission from the time-evolving PWNe, considering all relevant
radiative processes such as synchrotron self-absorption, the Razin effect, and free-
free absorption. The observable flux densities are predicted to be ∼ 400 - 3000 µJy
for SN2015bn and ∼ 30 - 600 µJy for SN2016ard (see Figure 5.1), which should be
reached with 5σ significance by the proposed integration time. These are both extra-
galatic point sources, and their coordinates put them well inside the ALMA field of
view.

The unique capabilities of ALMA add other strong advantages to this proposal.
Firstly, submillimeter emission can largely avoid the strong attenuation in the ejecta
at early times, which is a large problem with observations at lower frequencies such
as those in the VLA band. Secondly, Target-of-Oppotunity observations by ALMA are
not necessary, because although SNe themselves are month-timescale transients, ra-
dio and submillimeter emission lasts longer, even up to decades in some cases. There-
fore, sequential observations can be planned later. Finally, thanks to the great sen-
sitivity of ALMA, even non-detections give severe constraints on the pulsar-driven
model and its parameters. Together with the optical and X-ray information, the sim-
ple rapidly-rotating pulsar model for SLSNe can be ruled out by non-detections from
ALMA.
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FIGURE 5.1: Synchrotron emission predicted for SN2015bn (top) and
SN2016ard (bottom). The thin (thick) curves correspond to the mini-
mum (maximum) flux predictions (see Table 5.1 for the used parame-
ters). Solid (dashed) curves are with (without) free-free absorption in
the SN ejecta.
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Chapter 6

Concluding Remarks

The observations proposed in Chapter 5 will be an interesting turning point for the
pulsar-driven SN community, as this is by far the most studied model for SLSNe
and the optical emission from most SLSNe can be fit with the pulsar-driven model
(Nicholl et al. 2017c).

If a detection is made for both supernovae, this will be incredibly strong evi-
dence for the pulsar-driven model, as there are few processes that could explain a
synchrotron source with the luminosity we predict associated with a supernova rem-
nant. Follow-up multiwavelength observations of confirmed and potential candidate
SNe could give us far greater insight into the formation and early life of a pulsar, how
the magnetic field is generated, and the early, and expectedly violent, behaviour of
the PWN. An example of something we could learn is the electron injection spectrum
in early times; we used a spectrum based from the Crab Nebula (Equation 2.21) be-
cause these observations are all we have now, but this nebula is still almost 1000 years
old, while our detected PWNe would be 2-3 years old.

If a detection is not made for either supernovae, then we should abandon the
pulsar-driven model, as these two sources are almost surely not pulsar-powered, or
at least work on other models as feverishly as we currently work on the pulsar-driven
model. The logical next step is to try and predict unique emission or unique be-
haviour from another model, like from a black-hole accretion disk or collapsar, calcu-
late emission predictions, and propose observations of interesting candidates, much
like we did here.

If the detection is made for only one of the sources, then we have a very curi-
ous situation. Since our observations should cover the entire parameter space in the
pulsar-driven model, it is unlikely that the emission would simply be too faint to
see. In this case, we should conclude that only some SLSNe are powered by pul-
sars and some by other energy sources; this conculsion is not ruled out by the other
scenarios either, which is why the sample size should be increased regardless of the
outcome. From here, theorists should focus on what optical and spectral properties in
the early emission could differenttiate a pulsar-driven supernova from other energy
sources, how the rates are affected by having multiple energy sources, and still, how
to uniquely detect each energy source.

Some recent studies present interesting constraints or opportunities. X-ray and
gamma-ray studies of many SLSNe put strong constraints on pulsar parameters (Margutti
et al. 2017a; Renault-Tinacci et al. 2017), with the x-ray study favoring large fields and
ejecta masses (closer to our P = 1 ms scenario). The excess ultraviolet radiation from
nearby Type-I SLSN Gaia2016apd (also known as SN2016eay) (Yan et al. 2017a) has
been said to be consistent with both the magentar model (Kangas et al. 2017; Nicholl
et al. 2017b) and the circumstellar intercation model normally used for Type-II SLSNe
(Tolstov et al. 2017). Another interesting recently observed source is SN2017egm,
which is the closest observed SLSN at z ∼ 0.03 and located in a massive, metal-rich



86 Chapter 6. Concluding Remarks

spiral galaxy (Chen et al. 2017; Dong et al. 2017), although it may have originated from
a young, sub-solar metallicity environment in that galaxy (Izzo et al. 2017); it is also
consistent with the pulsar-driven model (Nicholl et al. 2017a). Unfortunately, both
Gaia2016apd and SN2017egm lie outside the field of view of ALMA, so follow-up
observations will have to be done with a different telescope; however they may still
be detectable with something like the James Clerk Maxwell Telescope (JCMT). Recent
surveys have also detected Type-I SLSNe with late Hα emission (Yan et al. 2017b),
Type-I SLSNe at z > 1.5 (Lunnan et al. 2018; Pan et al. 2017), and a strange Type-II
SLSNe that also seems to coorespond to the pulsar-driven model (Arcavi et al. 2017;
Dessart 2018). Recent observations of FRB121102 have detected an extremely large
rotation measure (Michilli et al. 2018), which points to a progenitor with an extreme
magneto-ionic environment.

To fully understand the emission from pulsar-driven SNe, phenomenological mod-
els like those in Section 2.1 will not be sufficient, and full radiative hydrodynamics
simulations will be the way forward. One-dimensional simulations have been done
for a few years (e.g. Kasen & Bildsten 2010), but may miss multidimensional hydro-
dynamic instabilities such as Rayleigh-Taylor instabilities (Blondin et al. 2001; Blondin
& Ellison 2001; Jun 1998), Richtmyer-Meshkov instabilities (Meshkov 1969; Richtmyer
1960), and non-linear thin shell instabilities (Vishniac 1994). The energy injection it-
self could also be realized in aspherical ways, such as in an LGRB. Recently, some
two-dimensional studies were performed (Chen et al. 2016; Suzuki & Maeda 2017),
but they left out important information on dust formation and ionization in the su-
pernova ejecta. In order to fully understand the broadband emission from nascent
pulsars and PWNe, the author intends to build the most complete ejecta simulation
possible in an effort to push our understanding as far as it can go.
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Appendix A

Analytic Integration of
Equation 2.144

In solving for the spectrum of radiation for an optically thin dust cloud, we derived
Equation 2.144, which has the form

dLν =
k1r2dr

ek2
√

r − 1
, (A.1)

where

k1 =
32π3ndustQ(a)hν3

c2 (A.2)

k2 =
hν

kb

(
16πσ

Lopt/UV

〈Q〉T
Qopt/UV

)1/4

. (A.3)

In this derivation, we take 〈Q〉T to be independent of temperature, and thus radius.
Beginning with Equation A.1, we can rewrite Lν as

Lν =
k1

k6
2

∫ Rej

Rc

(k2
√

r)4 k2
2dr

ek2
√

r − 1
. (A.4)

Substituting x = k2
√

r and working out the differential as

k2dr
2
√

r
=dx (A.5)

k2
2dr =2xdx. (A.6)

Substituting this into Equation A.4 gives

Lν =
2k1

k6
2

∫ xRej

xRc

x5dx
ex − 1

=
2k1

k6
2

∫ xRej

xRc

x5e−xdx
1− e−x , (A.7)

and using the identity

e−x

1− e−x =
∞

∑
n=1

e−nx (A.8)

allows us to write

Lν =
2k1

k6
2

∞

∑
n=1

∫ xRej

xRc

x5e−nxdx, (A.9)
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which can be solved by repeated integration by parts. The solution of the integral is

Lν =
2k1

k6
2

∞

∑
n=1

(−enx)

(
x5

n
+

5x4

n2 +
20x3

n3 +
60x2

n4 +
120x

n5 +
120
n6

)∣∣∣∣∣
xRej

xRc

. (A.10)

This solution can be expressed as the sum of polylogarithmic functions, where a
polylogarithm Lis(z) of order s is defined by

Lis(z) =
∞

∑
k=1

zk

ks , (A.11)

allowing us to write, in summation notation,

Lν =
2k1

k6
2

6

∑
n=1

120x(6−n)

(6− n)!
Lin(e−x)

∣∣∣∣∣
xRej

xRc

. (A.12)

In order to simplify 2k1/k6
2, we use the relation

hν

kBT
=k2
√

r (A.13)

1
k2

=
kBT
√

r
hν

(A.14)

which holds for all radii, including Rc. Using this relation and substituting Equa-
tions A.2 and A.3 into Equation A.12, we finally obtain

Lν =
64π3ndustQ(a)k6

BT3
c R3

c

h5ν3c2

6

∑
n=1

120x(6−n)

(6− n)!
Lin(e−x)

∣∣∣∣∣
xRej

xRc

, (A.15)

which is Equation 2.145.
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Göğüş, E., Woods, P. M., Kouveliotou, C., et al. 1999, The Astrophysical Journal Let-
ters, 526, L93

—. 2000, The Astrophysical Journal Letters, 532, L121

Gold, T. 1968, Nature, 218, 731

Goldreich, P., & Julian, W. H. 1969, ApJ, 157, 869

Goldreich, P., & Reisenegger, A. 1992, ApJ, 395, 250

Goldreich, P., & Weber, S. V. 1980, ApJ, 238, 991

Golenetskii, S., Ilyinskii, V., & Mazets, E. 1984

Gomez, H. L., Krause, O., Barlow, M. J., et al. 2012, ApJ, 760, 96

Gotthelf, E. V., Vasisht, G., Boylan-Kolchin, M., & Torii, K. 2000, ApJ, 542, L37

Gottlieb, O., Nakar, E., Piran, T., & Hotokezaka, K. 2017, ArXiv e-prints,
arXiv:1710.05896

Götz, D., Mereghetti, S., Molkov, S., et al. 2006, Astronomy & Astrophysics, 445, 313

Goumans, T. P. M., & Bromley, S. T. 2012, MNRAS, 420, 3344

Greiner, J., Mazzali, P. A., Kann, D. A., et al. 2015, Nature, 523, 189

Gruzinov, A. 2005, Physical Review Letters, 94, 021101

Gu, W.-M., Dong, Y.-Z., Liu, T., Ma, R., & Wang, J. 2016, ApJ, 823, L28

Gualtieri, L., Ciolfi, R., & Ferrari, V. 2011, Classical and Quantum Gravity, 28, 114014

Guillochon, J., Parrent, J., Kelley, L. Z., & Margutti, R. 2017, ApJ, 835, 64



96 BIBLIOGRAPHY

Gupta, Y., Mitra, D., Green, D. A., & Acharyya, A. 2005, Current Science, 89, 853

Gutenberg, B., & Richter, C. F. 1956, Annals of Geophysics, 9, 1

Haensel, P., & Bonazzola, S. 1996, A&A, 314, 1017

Haensel, P., Potekhin, A. Y., & Yakovlev, D. G. 2007, Neutron stars 1: Equation of state
and structure, Vol. 326 (Springer Science & Business Media)

Hakkila, J., Giblin, T. W., Roiger, R. J., et al. 2003, ApJ, 582, 320

Hallinan, G., Corsi, A., Mooley, K. P., et al. 2017, ArXiv e-prints, arXiv:1710.05435

Hamilton, A. J. S., & Sarazin, C. L. 1984, ApJ, 287, 282

Hamuy, M., Phillips, M. M., Suntzeff, N. B., et al. 1996, AJ, 112, 2391

Hamuy, M., Maza, J., Phillips, M. M., et al. 1993, AJ, 106, 2392

Hankins, T. H., Kern, J. S., Weatherall, J. C., & Eilek, J. A. 2003, Nature, 422, 141

Harada, A., Nagakura, H., Iwakami, W., & Yamada, S. 2017, ApJ, 839, 28

Harding, A. K., Baring, M. G., & Gonthier, P. L. 1997, The Astrophysical Journal, 476,
246

Harding, A. K., & Lai, D. 2006, Reports on Progress in Physics, 69, 2631

Harding, A. K., & Muslimov, A. G. 1998, ApJ, 508, 328

Haxton, W. C. 1988, Physical Review Letters, 60, 1999

Hayakawa, T., Iwamoto, N., Kajino, T., et al. 2006, ApJ, 648, L47

Hessels, J. W., Ransom, S. M., Stairs, I. H., et al. 2006, Science, 311, 1901

Hewish, A., Bell, S. J., Pilkington, J., Scott, P., & Collins, R. 1968, Nature, 217, 709

Hewish, A., & Okoye, S. 1965, Nature, 207, 59

Heyl, J. S., & Kulkarni, S. 1998, The Astrophysical Journal Letters, 506, L61

Hirotani, K. 2006, ApJ, 652, 1475

Horváth, I. 1998, ApJ, 508, 757

Horváth, I., Balázs, L. G., Bagoly, Z., Ryde, F., & Mészáros, A. 2006, A&A, 447, 23

Horvath, I., Toth, B. G., Hakkila, J., et al. 2017, ArXiv e-prints, arXiv:1710.11509

Huggins, W. 1866, MNRAS, 26, 275

Hulse, R. A., & Taylor, J. H. 1975, ApJ, 195, L51

Hurley, K., Cline, T., Mazets, E., et al. 1999, Nature, 397, 41

Hurley, K., Berger, E., Castro-Tirado, A., et al. 2002, ApJ, 567, 447

Hurley, K., Boggs, S. E., Smith, D. M., et al. 2005, Nature, 434, 1098

Inan, U., Lehtinen, N., Lev-Tov, S., et al. 1999, Geophysical Research Letters, 26, 3357



BIBLIOGRAPHY 97

Inan, U. S., Lehtinen, N. G., Moore, R., et al. 2007, Geophysical research letters, 34

Indebetouw, R., Matsuura, M., Dwek, E., et al. 2014, ApJ, 782, L2

Inserra, C., Bulla, M., Sim, S. A., & Smartt, S. J. 2016a, ApJ, 831, 79

Inserra, C., Smartt, S. J., Jerkstrand, A., et al. 2013, ApJ, 770, 128

Inserra, C., Smartt, S. J., Gall, E. E. E., et al. 2016b, ArXiv e-prints, arXiv:1604.01226

Inserra, C., Nicholl, M., Chen, T.-W., et al. 2017, MNRAS, 468, 4642

Ioka, K., Hotokezaka, K., & Piran, T. 2016, ApJ, 833, 110

Ioka, K., & Nakamura, T. 2017, ArXiv e-prints, arXiv:1710.05905

Ivezic, Z., Tyson, J., Abel, B., et al. 2008, arXiv preprint arXiv:0805.2366

Iwamoto, K., Mazzali, P. A., Nomoto, K., et al. 1998, Nature, 395, 672

Iwamoto, K., Nakamura, T., Nomoto, K., et al. 2000, ApJ, 534, 660

Izzo, L., Thöne, C. C., García-Benito, R., et al. 2017, ArXiv e-prints, arXiv:1708.03856

Janka, H.-T. 2012, Annual Review of Nuclear and Particle Science, 62, 407

Janka, H.-T., Langanke, K., Marek, A., Martínez-Pinedo, G., & Müller, B. 2007,
Phys. Rep., 442, 38

Johnston, S., & Romani, R. W. 2004, in IAU Symposium, Vol. 218, Young Neutron
Stars and Their Environments, ed. F. Camilo & B. M. Gaensler, 315

Jun, B.-I. 1998, ApJ, 499, 282

Kalogera, V., & Baym, G. 1996, The Astrophysical Journal Letters, 470, L61

Kangas, T., Blagorodnova, N., Mattila, S., et al. 2017, MNRAS, 469, 1246

Kardashev, N. S. 1964, AZh, 41, 807

Kasen, D., & Bildsten, L. 2010, ApJ, 717, 245

Kasen, D., Woosley, S. E., & Heger, A. 2011, ApJ, 734, 102

Kashiyama, K., Ioka, K., & Mészáros, P. 2013, ApJ, 776, L39

Kashiyama, K., & Murase, K. 2017, ApJ, 839, L3

Kashiyama, K., Murase, K., Bartos, I., Kiuchi, K., & Margutti, R. 2016, ApJ, 818, 94

Katz, J. I. 2002, The biggest bangs : the mystery of gamma-ray bursts, the most violent
explosions in the universe

—. 2016, Modern Physics Letters A, 31, 1630013

Keane, E. F., & Kramer, M. 2008, MNRAS, 391, 2009

Kennel, C. F., & Coroniti, F. V. 1984, ApJ, 283, 710

Kepler, J. 1606, Opera Omnia, 2



98 BIBLIOGRAPHY

Khokhlov, A. M., Höflich, P. A., Oran, E. S., et al. 1999, ApJ, 524, L107

Kirk, J. G., & Skjæraasen, O. 2003, ApJ, 591, 366

Kirk, J. G., & Skjaeraasen, O. 2004, in IAU Symposium, Vol. 218, Young Neutron Stars
and Their Environments, ed. F. Camilo & B. M. Gaensler, 171

Kisaka, S., Ioka, K., Kashiyama, K., & Nakamura, T. 2017, ArXiv e-prints,
arXiv:1711.00243

Kiuchi, K., & Yoshida, S. 2008, Phys. Rev. D, 78, 044045

Klebesadel, R., Strong, I., & Olson, R. 1973, L85

Klebesadel, R. W., Strong, I. B., & Olson, R. A. 1973, ApJ, 182, L85

Klein, O., & Nishina, Y. 1929, Zeitschrift für Physik, 52, 853

Kleiser, I. K. W., & Kasen, D. 2014, MNRAS, 438, 318

Komissarov, S. S., & Barkov, M. V. 2007, MNRAS, 382, 1029

Komissarov, S. S., & Lyubarsky, Y. E. 2004, MNRAS, 349, 779

Kotera, K., Phinney, E. S., & Olinto, A. V. 2013, MNRAS, 432, 3228

Kouveliotou, C., Meegan, C. A., Fishman, G. J., et al. 1993, ApJ, 413, L101

Kouveliotou, C., Norris, J., Cline, T., et al. 1987, The Astrophysical Journal, 322, L21

Kouveliotou, C., Fishman, G., Meegan, C., et al. 1993, Nature, 362, 728

Kouveliotou, C., Dieters, S., Strohmayer, T., et al. 1998, Nature, 393, 235

Kozasa, T., & Hasegawa, H. 1987, Progress of Theoretical Physics, 77, 1402

Kozasa, T., Hasegawa, H., & Nomoto, K. 1989, ApJ, 344, 325

—. 1991, A&A, 249, 474

Kozyreva, A., & Blinnikov, S. 2015, MNRAS, 454, 4357

Kramers, H. A. 1923, The London, Edinburgh, and Dublin Philosophical Magazine
and Journal of Science, 46, 836

Krolik, J. H., & Piran, T. 2011, ApJ, 743, 134

Kulkarni, S. R., Ofek, E. O., & Neill, J. D. 2015, ArXiv e-prints, arXiv:1511.09137

Kutschera, M., & Wójcik, W. 1989, Physics Letters B, 223, 11

Kuzmin, A. D. 2007, in WE-Heraeus Seminar on Neutron Stars and Pulsars 40 years
after the Discovery, ed. W. Becker & H. H. Huang, 72

Lai, D. 2001, Reviews of Modern Physics, 73, 629
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