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Abstract

Recent observations by Atacama Large Millimeter/ submillimeter Array (ALMA) and James
Webb Space Telescope (JWST) have revealed the infant Universe the rst billion years after the
BigBang. According to the standard CDM model, small density uctuations of matter grow
hierarchically and form small halos with masses of 10° M . The cosmic primordial gas cools and
condenses inside the dark matter halos and starts the rst star formationatz 30 20. Massive
stars with no heavy elements are thought to be formed then. Such massive stars end their lives
in a few million years, and release metals into the inter-stellar medium. Metal-enriched gases
bear the second generation of stars and stellar clusters, which nally assemble to form galaxies.
Galaxies experience mergers and active star formation, and grow in mass by z 6. ALMA and
JWST can observe such massive high-redshift galaxies and the latest JWST observation reports
several galaxy candidates at z > 10. It is urgent to develop theoretical models to be compared
with the recent observation.

In this thesis, we aim to reveal formation of star clusters in the early Universe and chemical
evolution of high-redshift galaxies which are observable by ALMA and JWST. First, we perform
numerical simulations and propose a new formation path of star clustersatz 20 15 theoret-
ically. Next, we calculate the emission lines from simulated galaxiesatz 9 6 and compare
them with the observational results. We discuss in detail the chemical evolution of high-redshift
galaxies.

We rst study the formation processes of star clusters by considering relative streaming
motions between baryons and dark matter. The relative motion is super-sonic and has signi cant
impacts on the formation of the rst gravitationally bounded objects around z ~ 30. The relative
motion can cause a physical o set between the baryon and the dark matter over-densities, which
leads to the formation of gas-rich objects collapsing outside their parent dark matter halos. We
call them "Supersonically Induced Gas Objects (SIGOs)" and expect dark matter de cient
SIGOs to be the progenitors of globular clusters. In order to follow the formation of SIGOs
in primordial gas clouds, we run three-dimensional cosmological simulations incorporating the
aforementioned relative motions and non-equilibrium chemical reactions. We identify particular
gas clouds that are located outside dark matter halos owing to the relative velocities and contract
by molecular hydrogen cooling, which is the most important cooling process in a primordial gas.
These SIGOs nally become Jeans unstable with the corresponding mass of ~ 10° M , which
is consistent with that of globular clusters.

Next, we study the chemical evolution of high-redshift galaxies which are observable with
strong emission lines from doubly ionized oxygen. Recent observations by James Webb Space
Telescope discovered a number of high-redshift galaxies, including the most distant galaxy candi-
datesat z > 10. JWST and ALMA can observe rest-frame optical and far-infrared [Oiii] emission
lines, respectively, and combing these multi lines allows probing the physical conditions of inter-
stellar medium. We use the FirstLight simulation suite, which provides outputs of 62 high-
resolution, zoom-in galaxy simulations. We devise a physical model of Hii regions and calculate
spatially resolved [Oiii] line emission. We show that massive galaxies with stellar masses of



M-, > 10° M chemically evolve rapidly to z = 9. Young stellar populations in the star-forming
galaxies boost the [Qiii]line emission, rendering the ratio of line luminosity to star formation
rate larger than that for low-redshift galaxies, which is consistent with recent observations. Mea-
suring the ux ratios of rest-frame optical and far-infrared lines allows us to estimate the physical
conditions such as density and metallicity of the star-forming gas in high-redshift [Oiii] emitters.
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Chapter 1

Cosmic Structure Formation

1.1 The Standard Cosmological Model

To describe the Universe, we need to treat four-dimensional space-time in terms of general
relativity.

1.1.1 The Friedmann{Lematre{Robertson{Walker metric

In nitesimal interval ds? is de ned at each point in a local inertial frame as
ds?= g dx dx = goocPdt?+2cqydidx' + gjdx'dx; (; =0;123; i;j =1;23) (1.1)

wheredx is an in nitesimal coordinate displacement of four-dimensional spacetime andy is

a metric tensor. Let us assume that the universe is isotropic and homogeneous at large length-
scales of over tens of mega-parsec, and there is no speci ¢ places. This assumption is called the
cosmological principle. From the principle,t and x are orthogonal and the metric tensor satis es

Go = goi = 0. The proper time for a fundamental observer is the same as the cosmic time and
ds? is expressed asls? =  c2dt? in the case ofdx' = 0. Then, we obtain goo = 1. The uniform
assumption requires that space expands (contracts) with time and the space metric is expressed
asgj = a(t) j . Here,a(t) is scale factor and represents the relative size of the universe at time
t. According to the above description, ds? is written as

ds? = cdt?+ a(t) jdx'dx : (1.2)

Let us work with polar coordinates, where the angular directiond ; d and radial direction
dr are orthogonal. We can separate those variables as in the following,

jdxdx) = W(r)dr?+ r?(d 2+sin2 d ?) (1.3)
) ds?=  dt?+ at)[W(r)dr?+ r?(d 2+sin? d ?)]: (1.4)
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In order to derive W (r), we introduce a scalar curvatureR, which is calculated as follows,

R R =g R (1.5)
= g"Roo + ¢' Rj (1.6)
= Rgo+ # Ry + ?(aa+2§2) i 1.7)
1
3a 3 = a ? 1
“fat@ atta T2l (18)
" #
6a_6 a’ 1 R' R R
= _~_+ _ = + - —t — + — 19
2a ¢ a a2 W(r) r?2  r2sip? (1.9)
6a_ 6 a’ 1 W° 2 rwo 1
-4+ - = +- __+= __ 41 = - 1.10
c2a ¢ a a2 rw2 r2 2w? w (1.10)
Here we de ne two notations for di erentiation, dand® 4. Riccitensor for j is denoted

Rjj . The third term in eq. 1.10 should be independent on place and the term in the square
bracket is replaced by introducing constantK,

2wo 2 1
+ — — = . .
R 1 W 6K (1.11)
Solving eq. 1.11, we obtain
1
W(r) = 1 Kr2' (1.12)
Thus, the metric for an isotropic and homogeneous universe is given by
ds? =  cdt? + a(t)? +r%(d ?+sin?d ?) : (1.13)

1 Kr?2

This metric is called Friedmann-Lemaitre-Robertson-Walker(FLRW) metric. Spatial curvature
K determines the curvature of the universe. The scale factor at the current time is often
normalized such that a(tg) = 1.

The two coordinate systemsr and x with the relation r = a(t)x are called proper coordinate
and comoving coordinate, respectively. The former system changes with time as the universe
expands with a(t), whereas the contribution of cosmic expansion is subtracted for the latter
coordinate.

1.1.2 Friedmann Equation

This subsection derives an equation describing the time evolution of(t) from FLRW metric.

Einstein equation is written as,
1 8G
R -g R+ = —T : 1.14
>0 9 =5 (114)

We consider an ideal uid, and then the energy-momentum tensor is

T =( g+P)uu +Pg ; (1.15)

L A viscosity term works as an anisotropic e ect.
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where u ; g;P are four-velocity of matter, energy density of matter, and pressure of matter
respectively. Substituting eq. 1.15 into the Einstein equation (eqg. 1.14), (0,0) component is
written as

3 a? 3K 8G
S = 4 == = —_— 1.16
2 a c? a2 & E ( )
2 2
a 8G Kc c?
S =22 = = 1.17
) a 32 E a? 3 ( )

This equation is called Friedmann equation. For (;j ) component, we obtain
!

1 & a? ¢k 8G
" #
a 1 a? X 2 4G
) 2% 2 a T T2 ePf (1.19)
a 4G ¢ . .
) —= —( eg+3P)+ — (Substituing eqg. 1.17 into eq. 1.19) (1.20)
a 3c? 3
) &= 64 e, c a’: (1.21)

23 & 2 4G
Eq. 1.21 can be regarded as the equation of motion for a uniform density sphere with radius.
The rstterm in RHS is the contribution of mass of matter, the second term shows the e ective
gravity increases with pressure, and the third term is the cosmological constant representing
\repulsion" of the universe.

1.1.3 Equation of State of the Universe

Di erentiating Friedmann equation (eq. 1.17) with respect to time t yields
—g+2 g + — (1.22)
Comparing this equation with eq. 1.20, we obtain
a
E= 35‘( e+ P); (1.23)

which describes the evolution of energy density of matter.

Two equations (1.17, 1.21) contain three variables g; P; a, and thus another equation, often an
equation of state (E0S), is required to be considered. Introducing a constantv, we consider a
generalized EoSP = w g. From eq. 1.23, we have

e/ a(t) 3w, (1.24)

wherew =0; %; 1 correspond to matter, radiation and dark energy respectively. We consider
the following speci ¢ cases.
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(i) non-relativistic matter with negligible pressure (collisionless particle)
Eq. 1.23 is re-written as

£= 32— L E= L mn@)/ ad (1.25)

where n, is mass density of matter andn(t) is number density of matter with mass of m. Eq.
1.25 indicates that the total mass is conserved in a comoving volume.
(i) relativistic matter (radiation)
Substituting P = £ into eq. 1.23, we have

a 4

= 4= ! g/ a

a (1.26)

This relationship accounts for a constant number density & 3) and contribution of an increase
of wavelength in proportion to the expansion of the universe & 1).

(iii) cosmological constant

Substituting P = g into eq. 1.23, we have
=0 ! g/ const (1.27)
Here we de ne
- dp o @ 1.28
86’ " T 8G" (1.28)
Then, Einstein equation (rg. 1.14) is re-written as
1 8G
R -g R= ——(T +T ; 1.29
50 a ) (1.29)

whereT is described by andP . In this description, cosmological constant can be regarded
as uid which satisesEoS = P .

1.1.4 Cosmological Parameter

We summarize the basic parameters that characterize the isotropic and homogeneous universe
model. In the following, the index O is used to denote the value at the present epoch.

Hubble constant

Hubble's law is written as
Vo = Hodo; (1.30)

where vgp; dy are recession velocity and distance from a galaxy respectively. The proportional
constant Ho is called Hubble constant and is de ned asHo = £ j;-y,, Which determines the
expansion rate of the present-day universe. The dimensionless Huble constahtis normalized

by 100 km=s=Mpc,
Ho

h= 100 km=s=Mpc

(1.31)
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Density parameter

Friedmann equation (eq. 1.17) att = to is written as

8G , 2
— E + .
sz Eo KeP+ — (1.32)

HE =
Consider a at, matter-dominant universe, i.e., K =0; =0 ; / a 3, which is termed Einstein-
de Sitter Universe. Non-relativistic matter accounts for energy density, and then eq. 1.32
becomes

3H2c?
__ 3Hge” 1.
E;crit0 SG ( 33)
cito _ 3HE
) o Egzr'to = 5o 188 10 *h? g=em’, (1.34)

where o is called the critical density.

Next, consider the case where there exist radiation, matter, and a cosmological constant,
with non-zero curvature. This universe is called Friedmann universe. Normalizing each energy
density by the critical density gives

mo _ 8G mo r0o_ 8G 1o 0 c
= ; —_— = ———; —_— = —: 1.35
m0 "o " BHZ2 "0 o BHEZ2 ° o 3H2 (1.35)
Eqg. 1.32 becomes
Kc?
HZ = mot 0ot o L (1.36)
0

Thus, Friedmann equation at t = t is re-written by introducing Hubble parameter H ~ &j,_,,
and using the relationshipof / a 3(,/ a %);

2 _ 2 ro mO 1 ro mO 0 .
H - HO ? + a3 + a2 + 0 . (137)
In the case of at universe (K = 0), density parameter satises n + |+ = 1. From eq.

1.25, eq. 1.26, and eq. 1.27, we can derive the evolution of each density parameter as follows,

ro . _ mo a . _ 0 at (1.38)
] m — ] - .
0o+ moat oa* ro+ moa+t oat 0+ moat oat

Figure 1.1 shows the evolution of density parameters as a function of scale fact@(t).
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Figure 1.1: Density parameter ; mn; and as a function of scale factora(t). The present-
day values are 0=8:05 10 % ,,0=0:27, o =0:73 (Komatsu et al. 2009).

From Figure 1.1, the matter-dominant phase corresponds roughly to €6 <z < 3000. When
redshift is z 500 10, radiation and dark energy term, and curvature are negligible ( ;¢ =
o = K =0). Eq. 1.37 is rewritten as

0
H2= Hgiarg (1.39)
3 2=3
) a= SHot (1.40)

Since non-relativistic matter satises / a 2 (eq. 1.25), the energy density att = t is

_  _ mo_ ¢ |
E= mT 37 gore (1.41)

1.1.5 Redshift

The wavelength of a photon emitted from an object att = t is stretched by the expansion of
the universe. This phenomenon is called redshift. The parameter that evaluates the degree of
this wave shift is also called redshift and is de ned as

z= -2 . (1.42)

We normalize the current scale factor asa(tg) = 1, and thus a and z have the following rela-

tionship:
1
= 1.43
a= (1.43)

By estimating the density ratio of the present universe observationally, we can trace the time
evolution of expansion or contraction of the universe. However, in order to study the evolution
of non-linear structure of the universe, we need to consider the evolution of density perturbation.
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1.2 Structure formation

Non-relativistic matter can form large-scale cosmological structures from the initial small uc-
tuations. This is because relativistic components (radiation) have too large streaming length
to proceed su cient structure formation. Here, we consider the expanding universe as a back-
ground spacetime and treat the matter as an ideal uid. Thus, physical properties of matter
can be determined by density , pressureP and velocity v.

The continuity equation and the uid equation in the at, unexpanded spatial coordinate r

are

@ _

@t+ r (v)=0 (1.44)
@ _ P

a (v r)y= —r (1.45)
, which consider hydrodynamic pressure and gravitational interaction.

Next, we consider the case of comoving. r and x has the following relationships,

(1.46)

r ax
ax + ax. (1.47)

I

The rst term of the second equation indicates that mater at rest in the comoving coordinate
is in motion in the proper coordinate. Thus we can replacev ! v + ax and uid equations in
the comoving coordinate are written ag

@+3§— +}r (v)=0
a a

ot
@ + &4 }(v rv= }r ir P (1.49)
@t a a a a
=4  Ga?( o tot )
Density and pressure uctuation (x;t) and p(x;t) are de ned as follows;
(x;t) ()
x;) =z ——————= (1.50)
(t)
p(x;t) = p(x;t) p(t) (1.51)
Thus, eqg. 1.49 can be rearranged as
@ 1
—+ = 1+ =0 1.52
ot 2 @+ )V (1.52)
@ a 1 1 ( p)
= 4+ =V + — = — _— 1.53
@t ;V a(v )V a a(@+ ) ( )
2The gravitatioinal potential in the comoving coordinate is = + %aajsz. Notice that partial di erentiation
is also replaced:
@, 6 @ E—er'rr!}rx (1.48)

@t @t a ’ a
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gt+2§ (1:52)! g%+ gt; [(1+ ] + ?gf’ iij— [(1+ W]=0 (1.54)
1 . 1@ a 1 _ 11 ( p)
a (1:53)! a@t 2 Vo lgz (v ) v]= 22 + 2@+ (1.55)

1.2.1 Linear-growth of density uctuations

The third term surrounded by a box is a non-linear term and we neglect it in linear approxima-
tion. We get

@ a@t a a2 (1.56)
— 4G .
= 7( Etot tot T3 Ptot);

where g iS energy density for total uids and i is the density uctuation for total uids.

Pressure uctuations are expressed by using and S in a linear approximation,

@p @p
= — + = 1.57
P= & . * @s (1.57)
where S is entropy per unit mass and the speed of sound is de ned as? %" . Thus, eq
1.56 is rewritten as )
@ 2@ c _ @p (S) 4G
@"‘ a ot 4G+ a% @s & + 7[ tot tot +3( Pt P)] (1.58)
If we assume a self-gravitational system with S = 0, we can neglect rhs;
@ 2a@ c2
——+ —=—— 4 + = =0: 1.
@i’ 2ot G 2 0 (1.59)
Fourier transform of (x;t)! 7(k;t) gives the following equation,
@12 _a@ c2k?
+2=— 4G s ~=0: 1.60
@1 a @t a2 (1.60)

The second term works as "friction” due to the cosmic expansion. The third term is potential

term. This linear-equation implies that each Fourier mode with dierent k evolves indepen-
212

dently. When 4G Cia'} ~< 0, does not grow and approaches 0 with damping oscillation.

When 4G %'}2 ~> 0, gravity is stronger than pressure and density uctuations can grow,

o QU
and the matter nally collapses gravitationally. There is a threshold wavenumber k; 2 ‘C‘G
which is called Jeans scale.

From here, we consider the evolution of dark matter uctuations in linear theory. Fluctuations
can grow whenk < k 3, and ¢; = 0 because dark matter is collisionless. Then the equation of
evolution for dark matter is

*+2=_ 4G =0: (1.61)
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Considering Einstein-de Sitter universe, i.e. 2 = 2 and = 2 (from eq. 1.41), we can

re-arrange eq. 1.61;
4 2

3T 32
The solution is expressed by the superpositions for two solutions,

=0: (1.62)

= At>2+ Bt L (1.63)

The rst and second terms are called "growing mode" and "decaying mode" respectively. We can
focus on only the rst term and it follows that density uctuations growas / t2=3, proportional
to scale factora in the matter-dominant epoch.

1.2.2 Non-linear model for spherical collapse

The linear approximation in the previous section is valid when 1. However, as increases,
non-linear structure formation should be considered. In the present-day universe, density uc-
tuations evolve non-linearly in the scale of. 10 h Mpc. We rstly use a simple spherical

collapse model. Let us assume a sphere with mad4, constant density, and radiusr. We treat

the sphere in Einstein de Sitter universe. The equation of motion is

GM (<),

- (1.64)

From energy conservation,
1o GM(<r)
2 r
The cases oE < 0 andE > 0 correspond to bounded solution with contractingr and unbounded
one with expandingr. By integrating eq. 1.65, we can express andt with a parameter

= E(= const:) (1.65)

r=(GM)¥¥A%(1 cos)
(= A sin ) (E < 0) (1.66)
( _

r = (GM)¥A%(cosh 1)

(= Asnh ) (E > 0); (1.67)

where A is constant. The density in the sphere is = 43% and the mean density of Einstein-

de-Sitter universe is = ﬁz Therefore, the density uctuation is

8
9( sin )?
1= % é(l Ccos )3 LE<O (1.68)
3 9 (sinh )2 '
" 2(cosh 1) 1 (E>0

We plot eq. 1.66, eq. 1.67, and eq. 1.68 in Figure 1.2.
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Figure 1.2: Radiusr (purple), time t (blue), over density (green) as a function of . Solid and
dashed lines represent bounded and unbounded case, respectively.

For the unbounded solution, the radius expands monotonically and the density is lower
than the average density. However, for the bounded solution, the sphere expands and turns
into collapse. The turning point from expansion to contraction has a maximum radius and

corresponds to = . Time, radius and density uctuations at the turing point are
2 1=3p2 9 2
tun = A5 Tum =2(GM)"A%  wm = 16 L (1.69)

The point where r ! 0 is a collapse point and corresponds to =2 . Time at the collapsing
point is
teol = 2tum =2 A% (2.70)

At that time, density uctuations diverge, !'1

1.2.3 Virial equilibrium in a spherical model

In reality, the density does not diverge and a sphere is gravitationally bound and becomes in
equilibrium. In a gravitationally bounded system in equilibrium, total energy E and potential
energy U have a following relationship,

E = %HJi; (1.71)
where hUi is time averaged potential energy. We consider a sphere with uniform density, gravi-
tatioinally bounded, and in equilibrium. The density is expressed by using massM and radius
R, = ;. The mass within radiusr (0 <r <R ) and the shell atr r + dr are % and
4 2dr respectively. Thus, the gravitational potential inside the sphere is

z z
RG4r3 5 R .G Mr33Mr2dr 3GM?2
———— 4r “dr = —— = :

U= = = - =
o I 3 o I R® RS 5 R

(1.72)
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We follow the non-linear collapse for a density-uniformed sphere by using virial theorem. Non-
linear growth of spherical symmetry model is already explained in section 1.2.2. A sphere has
the maximum radius Ry at the turning point and the total energy is
3GM?2

E=U= = :
S Riwm

(1.73)

After the turning point, the sphere starts to contract. In section 1.2.2, we assume that velocity
dispersion can be ignored. However, in reality, velocity dispersion itself supports gravity and
the sphere nally becomes in virial equilibrium. The potential energy at the virial equilibrium
is

3GM?
Ui = = : 1.74
vIr 5 Rvir ( )
According to virial theorem E = %Uvir, and the virial radius is given by
1
Rvir = ERturn: (2.75)

The time to reach virial equilibrium can be considered the same as the time to reach the collapse
point, teon. Thus, the density uctuation at t = tegy is

3M 1
coll = 1 = 73# 1 (176)
AR 6 Gt 2

=18 2 1' 178 (1.77)



Chapter 2

Formation of the First Stars

2.1 The minimum collapse mass

Dark matter halos in virial equilibrium cannot contract anymore. Gas in a halo can contract
through radiative cooling, and nally forms stars or galaxies. Here, we introduce the minimum
halo mass required for the inside gas to collapse. Consider a virialized dark matter halo with
massM and radius Ry;;. The average density within the halo is

halo = ¢ co(l+ Zvir)g; (2.1)

where z,;. is the virialization redshift and . is the overdensity at spherical collapse with uni-
formed density, . =18 2 178 as explained in section 1.2.3. The critical density of the
universe denoted g (see eq. 1.34). The virial radius of the dark matter halo is written as

3 m B
Rvir = I (22)
halo
1=3 1=3 1
1+ z
"1k [« vir ; 23
PC T M 18 2 10 (2:3)

(Barkana & Loeb 2001a; Bromm et al. 2002; Greif 2015; Tegmark et al. 1997). The corresponding

circular velocity Vg is
r

GM M 1=3 c 1=6 1+ Zuir 1=2
Vee = @ — =234 —0 kms 1: 2.4
are Ryir 18 h 1M 18 2 10 (2.4)
We also de ne virial temperature
m pVeirc 2 M 2=3 1= 14 2
T = —2 9 =198 100 — — . oK 2.5
v 2k 06 108 h IM 18 2 10 (2.5)

A gas within a dark matter halo with mass M has the temperature of eq. 2.5. The gas needs to
be cooled via radiation within Hubble time in order to contract and form stars. Here we estimate
the amount of Hydrogen molecules we need for cooling primordial gas e ectively within Hubble
time. The Hubble time scale tyyppe is

z, Z,

1 dz ;

t = “dt = —' 65 10 h Lyr: 2.6
Hubble . a T 100 yr (2.6)
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The main cooling process in a primordial gas is K cooling (see details in section 2.3). The H
cooling time scaletcool:H, IS
3nkT |

teoolHy o (2.7)
2

where 4, is the H, cooling rate. The values of cooling rates are di erent from each species.
Radiative de-excitation is dominant when the gas density is below the critical density, which
is de ned as the ratio of radiation and collisional de-excitation, Ngit A10=Qo. Here Aqg is
Einstein coe cient and @y is collisional de-excitation rate (see the details in section 2.3). In the
case of low-density limit, i.e.,n  ngir  10°P cm 3, two-level approximation gives the following
expression of :

H, = Nn,Co1 E (2.8)

E
= Ny,Necol®r E N?fpy,Choexp T E, (2.9)
where E is excitation energy. The collision coe cient is Co1 = NcoiCo1, Where negy nis
the number density of the collision partner (mostly hydrogen atom). The fraction of molecular
hydrogen is de ned asfy,  np,=n. There is also a relationship between collisional excitation
(go1) and de-excitation rate (tho),

E
Co1 = Gro€Xp E: (2.10)

The condition that H , cooling cools gas within Hubble time is

tHubble  Tcool:H, (2.11)
2 3nkT
) : 5 2 = (2.12)
3Ho(1+ zir) n%fy,cuoexp + E
_ E
) fuy A+ zy) ¥ exp (2.13)

Go(T) KT

When we consider the rotation transition for H,, the corresponding temperature isTE =512 K.
tio(T) is generally power-low of T, thus fy, / exp % . For low temperature, fy, increases
because it is di cult to excite H , to higher levels.

Furthermore, enough amount of H, to cool gas should be formed in a Hubble time. Molecular
hydrogen is produced via H process (see the section 2.3). When we assume the total number
density asn = ny+ ny+ +2ny,, the ionization degreex isx = n:* and H, fraction is determined

by fu, n% Since the time variation of ny+ is expressed by a recombination rate (T), time
variation of x is

x= (T)nx%2 = dr;':* = (TneNy (2.14)
Integrating eq. 2.14 gets
X0 (2.15)

X= 1+n (T)xot;
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where Xg is initial abundances (tipically xo 10 4) and n (T)xo is equal to the inverse of
recombination timescale, Ftrec,0. Hydrogen molecule is produced by the following reaction

H+e )';* H +h (2.16)
3

k2

H+H 1'* H,+e (2.17)

These reactions are called K channel. The reverse reaction of eq. 2.16 is caused by CMB
photons (Tegmark et al. 1997). An electron works as a catalyst and its abundance does not
change,

d
% = klane+ k3nH + kannH =0 (218)
_ Kinpne
DM ey 229

The evolution of the molecular fraction f ., is therefore written as

1dnH
fp, = = 2.2
He = g (2.20)
= %kannH (2.21)
_ 1 kokingne
= ket Kohiy (2.22)
kzklane % .
m nH+ ( n nH, nH+ ne) (223)
= ky nux Ky k3E2:2nH (2.24)
= ky N0 (2.25)

trec;O

whereky is the H, formation rate by H{ process. By integrating eq. 2.25, we can get

K
fu, " fHy0+ log 1+ 2.26
Hz H2:0 (T) J trec;O ( )
K
' : (2.27)
(T)
The initial H , fraction can be negligible becausén,.0 6 107,
Whent trco, the fraction becomes
Kn t
fo, ' / t 2.28
2 (T) trec;O ( )

The H, production rate f, is constant.

When t trec,0, the fraction increases logarithmically, fy, / log(t=trec;0). This is because
recombination depletes the electron fraction and H channel becomes ine cient.

At the transition time t = trec0, the H, fraction is

T 1:52

k
fu, FT)I 35 10 4 6K : (2.29)
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Tegmark et al. (1997) derive the above description analytically and show y, as a function of T
(Figure 2.1).

Figure 2.1: H, fraction vs. virial temperature. The solid, short-dashed and long-dashed lines are
for clumps virializing at z; = 100; 50, and 25 respectively. Lines with negative slopes indicate
the threshold that gas can cool in Hubble time. The shaded region thus shows gas cannot cool
in Hubble time. Lines with positive slopes represent the molecular fraction produced in Hubble
time. The three intersections (black circles) show the minimum virial temperature for gas to
start collapsing. The lines are forxg =3 10 4. Adopted from Tegmark et al. (1997) and

added a legend.

Yoshida et al. (2003) have conducted cosmological simulations and shown that the distribu-
tion of gas halos onfy, T plane is consistent with the analytical results(Tegmark et al. 1997)

in Figure 2.2.
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Figure 2.2: The same as Figure 2.1. Filled and open circles are halos that host gas clouds and
those that do not at z = 17. They identify gas clumps which are cold (T < 0:5T,;) and dens
(ny>5 107 cm 3) as "gas clouds”. Adopted from Yoshida et al. (2003)

2.2 Physics of self-gravitating gas

2.2.1 Virial theorem

Primordial gas is cooled, contracts, and nally reaches hydrostatic equilibrium at some point.
From now, we derive the conditions to satisfy hydrostatic equilibrium called Virial theorem (for
gas).
The equation of uid motion is
dv _
a
where we neglect magnetic elds. Assuming a spherical gas core, we get

rp r ; (2.30)

dv . dp d
Multiplying eq. 2.31 by r and integrating itby dV =4 r 2dr (r=0! R),
Z Z
dv Ro1d%r2 5
| — = R

(LHS of eqg. 2.31)! at dv . 2a2 % 4y “dr (2.32)

1 2 Z R ) Z R ,
= 2de r<dMm , vedM (2.33)

2

= Ld 2K; (2.34)

2dt2



2.2 Physics of self-gravitating gasl17

where | is moment of inertia and K is kinetic energy. The rst term of RHS of eq. 2.31 is
re-written as

Z 4
dp ., _ R dp 2
rd—rdv = . ra 4r “dr (2.35)
R

= [4r3pR 3 4r %pdr (2.36)

0

YA R
= 4R3%Pg,+3  pdv (2.37)

0

= 4R33P, +3( 1)U (2.38)

R
Also, 3 OR pdV is also expressed by the speed of sound and core mass assuming an isothermal

core,

Z R Z R Z R
KT kT
3 4r?pdr=3 ——4r2%dr=3 G4r%dr *cZ= (2.39)
0 o MHy 0 my
= 362M: (2.40)
The second term of RHS of eq. 2.31 becomes
Z Z Z
M M
r OI—olv = CMr 4y = G LdM, = W (2.41)
dr r r
R om : .
Also, =7dM; is expressed by core mass and radius;
z
GM, GM ?
dM, = 2.42
; r= ag (2.42)
A homogeneous sphere satis ea 3=5. Therefore,
1d?l B 3 .
Sqz K= ARPe+3( DU+ W (2.43)
Virial theorem is de ned as %% =0 and expressed as
2K 4R3%Pe+3( 1U+W =0 (2.44)

Assuming the system is static K = 0)?, the virial theorem is re-written as

M2
4R 3Pey = 32M afR4 (2.45)
3cZM GM 2
) Pex=4|;3 a na (2.46)

Thus Pey is expressed as the function oR in Figure 2.3.

LFor hydrostatic equilibrium for stars, we can also neglect the external pressure ( Pex = 0)
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Figure 2.3: Pex as a function of R.

From Figure 2.3, Pex has the maximum value atR = Rpax

9 ¥ 3 B 4aGM
A A~ ~2r 0 a Rmax = —
4a 16 G3M?2 oc2

Pex;max -

(2.47)

When a stable solution exit, Pex < P exmax IS required. According to the right panel of Figure 2.3,
the critical mass should exist which satis esPex = Pex:max. The mass is called "Bonnor-Ebert
mass" ;

ct
Mge =1:18 M 751_2: (2.48)
G32Pey
When the gas temperature is the same inside and outside cofe
T2 T3=2
MBE/ G3:2 1:2T1:2/ G3:2 1=2 (249)
20M T3%2n 2 2 (mean molecular weight t 1:22) (2.50)

which corresponds to Jeans mass.
As explained in the next section 2.2.2, Jeans mass considers only the inside gas. Assuming the
same temperature inside and outside of the core, we can tred¥l; and Mgg the same way.

2.2.2 Jeans instability

We have discussed isothermal self-gravitating systems and Boner-Ebert madd gg, which is
the threshold mass of gravitational instability. Here, we discuss the stability of gas in a self-
gravitating system adding small perturbations. The basic uid equations are

@

@t+ r (v)=0 (2.51)
gt+(u rv= i pr (2.52)
=4 G: (2.53)

For an arbitral quantity Q, it has small uctuations Qq, i.e., Q = Qo+ Q1 (jQij Qo).
There is an assumption that Q; can be expressed as a plane-wave solutio@; / €& ') At

2if the external pressure is the same as the local pressure
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the rst unperturbed state, gas pressure, density, and velocity arePg; o and vg = 0 respectively.

When small perturbations are added adiabatically, those properties become = ¢+ ; and
v = vi1. Substituting them to eq. 2.51, 2.52, 2.53, and ignoring the second-order terms, we get
@1
—+ =0 2.54
et OV (2.54)
@1 c3
-—= = 2.55
@t OI’ 1 f 1 ( )
1=4G 1 (2.56)

Executing Fourier transform arranges the above equations to

il v~+ o ikwwy=0 (2.57)
. 2. .
i'w= =ik~ ik7 (2.58)
0
(k)>1=4G ~ (2.59)
In the matrix, we can write
0 1
i i ok o 9 1 04
@i ik KQuA= @A (2.60)
4G 0 k2 1 0
A X

Thus, A x = 0. If the solution has x 6 0, A requires

dotA =(12+4 G o c2k?k?=0 (2.61)
) 1%=ck® 4G o (2.62)
Eq. 262 is a dispersion relationship. k; is k; = #2-2. When k > k;, ! 2 > 0 and the
system is stable. However, wherk <k j, ! 2 < 0 and the system becomes unstable because the
perturbation grows exponentially. The threshold wavelength for gravitational instability is

r—
2

J:E:CS

s (2.63)

If the perturbation wavelength is larger than ;, self-gravity overcomes pressure. Jeans mass
which radius has Jeans length ; is

— 4 J ’ — Cg 3=2 1=2
Mi=3 2 Teemm=! T 259

Once perturbations are added, pressure is exerted on the cloud, which sends out sound waves
through the cloud. We can de ne the time it takes for sound waves to cross the cloud and to
re-establish pressure balance. It is called sound crossing time,

tse= —: 2.65
= o (2.65)
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Jeans instability is also discussed by comparing the sound crossing time to the free-fall time
(t ), which is the collapse timescale explained in the next section. Wheng; <t , the pressure
restrains the gravitational collapse. Whents. >t , perturbations continue unabated, resulting
in the cloud collapse.

We note that this Jeans analysis set contradictory initial conditions. As an unperturbed
state, o; po = const: and vo = 0 are assumed. Substituting them into the equation of motion
(eq. 2.52) leadsr (¢ =0. Thus, Poisson equation (eq. 2.53) is not satis ed unless o = 0. This
contradiction is called Jeans swindle.

2.2.3 Runaway collapse

After M > M 3, gas clumps begin to collapse gravitationally. The characteristic timescale that
the collapse would take is known as the free-fall time. Here we consider a spherical gas cloud
without pressure gradient, with only self-gravity. The cloud has a homogeneous density and the
shell has radiusr = a, velocity v=0at t = 0. At t = t, we assume the radiusk(t) can be
written as R(t) = af (t;a) (0O f 1). The equation of shell motion att = t is

d°R GM (< a) 1 4a8
@ = TR Gy g O (2.66)
y p= 46 O C;f 2(0); (2.67)

In eq 2.67,f is independent ofa, which implies that a homogeneous gas sphere, regardless of its
size, can contract to the center at the same time if it begins to collapse at the same time.
Integrating eq 2.67 by time, we get

1=2
+ %sin(z )=t Lg(o) (f =cos? ) (2.68)
When f changes af =1 ! O (i.e. contract to the center), =0"! 5. Substituting = 5
into eq 2.67, we obtain
3 1=2

which is called free-fall time and represents a required timescale to collapse to in nite density
from the state of rest. Equation 2.69 shows high dense inner regions can collapse faster than
less dense outer regions. Therefore, the central part contracts and forms a dense core, leaving
its envelope. This process is called runaway collapse. Larson (1969) have numerically calculated
the collapse of an isothermal spherical gas cloud from uniformed density distribution. Figure 2.4
shows the density distribution of a collapsing gas and the density pro le at the envelope follows
power law / r 2. The central part collapses approximately with the free-fall timescale even
though pressure gradients exist. The length of the density peak is roughly the same as Jeans
length, which is proportional to 72 (eq. 2.63).
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Figure 2.4: The radial pro le of density for the collapsing cloud at various times. Each time
is normalized by 10° sec. The at part corresponds to the core with Jeans radius j. The
envelope has a density distribution with / r 2. Calculation adopts asymptotic similarity
solution in Larson (1969).

The power-low distribution for the envelope can be explained roughly as follows;

3t p%? (2.70)
o, T
I (2.71)

The more exact derivation is in Larson (1969). The runaway collapse of primordial gas also
satis es Larson's law (e.g. Abel et al. 2002; Hirano et al. 2014; Omukai & Nishi 1998; Ripamonti
et al. 2002; Yoshida et al. 2008).

2.2.4 Critical at cloud collapse

Let us assume that pressure is proportional to density to the power of , i.e.,P = K , where
K is constant. For an adiabatic ideal gas, is equal to the specic heat ratio (= ¢,=6/). The
ways of cloud collapse or cloud fragmentation are determined by . Consider the equilibrium
condition at the boundary of a cloud sphere. Self gravityFg4 and the pressure gradientF is

GM
1dP 1K
1
I o5 ] 17RY) (2.74)
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Therefore,
F
9/ RZ3RZ=R* 3 ; (2.75)
Fp

For spherical symmetry, the critical gamma is ¢ = %’. There are the following two types of

the further evolution of gas clouds.

1. > it = 3. Fp overcomeskg as density increases and collapse will stop.

wih [SSIESN

2. < it = 3. Fg overwhelmsF, as density increases and collapse will continue.

The value of critical gamma depends on the shape of gas clouds. Consider a sheet-like cloud.
The equilibrium state of a sheet-like structure is derived by the following equations:

Poisson eq.: g;,% =4 G (2) ! R? % (2.76)
self-gravity: Fg = ?Tz I Fyq ﬁ/ RO (2.77)
pressure gradient: Fp = }%) I Fpl K l/ R : (2.78)
Therefore,
i;’/ RR—O = R (2.79)

and the critical gamma is it = 0.
The critical gamma for lament structures has a dierent value. Consider an axisymmetric
cylinder. Poisson equation can be written in cylindrical coordinates,

1d d
= _—_—r1r—=4 . 2.
r drr dr G (2.80)
Multiplying eq. 2.80 by r and integrating from r =0to r = R, we get
ZR Z R
d d
. &radr = 4Gr (2.81)
d R )
r— =2GR (2.82)
dr
=2GMiine; (2.83)

where Mjine is a line mass and constant. Self-gravity and pressure gradient are, thus,

97 dr _g R 'R (2.84)
_ dp ! 1 . 1
Fp % 2( 1)
) Fg/ =2 1 R ; (2.86)

Therefore, the critical density for lament structure is ¢t = 1.
Figure 2.5 shows the summary of critical for each shape of gas clouds. Sheet-like clouds
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fragment into lamentary structures. Those lamentary clouds fragment into spherical gas
clouds.

Figure 2.5: Schematic illustration for gas collapse and fragmentation.

2.3 The gas dynamics in primordial gas

2.3.1 H, chemistry

Through the BigBang nucleosynthesis, Hydrogen, Helium, and a small amount of Lithium are
created. The cosmic primordial gas consists of only these elements. Stars produced by the
contraction of primordial gas are known as the rst stars or Population Ill stars. In order to
contract primordial gas e ectively, cooling by H, is the most important coolant in the early
universe.

A hydrogen molecule has a symmetry structure and does not have dipole moment. Thus,
its radiation is quadrupole radiation by rotational and vibration transition. At present-day star
formation, H, is formed on the dust surface, however, there is no dust in the primordial gas.
There are the gas phase reaction channels for the formation of H
H," channel (Saslaw & Zipoy 1967)

H+H*! H," +h (2.87)
Hyf +H! Hy+H” (2.88)

H{ channel (McDowell 1961; Peebles & Dicke 1968)

H+e ! H +h (2.89)
H +H! Hy+e (2.90)

H{ channel is a much more e cient formation path than H ," because the binding energy of
H{ is 0.754 eV, which is much lower than that of H,*, 2.65 e\f. H, exists in two states with
para-hydrogen or ortho-hydrogen, which are parallel or anti-parallel nuclear spin respectively.
Transitions between para- and ortho- are forbidden and the lowest allowed transition is rotational
one fromJ = 2to J = 0. This transition occurs only in para-hydrogen and its energy corresponds
to a temperature of 512 K. In reality, the Maxwell-Boltzmann tail of the velocity dispersion
enables the gas to cool tof 200 K (Greif 2015).

3H,* channel is dominant at z > 100.
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2.3.2 cooling process in primordial gas

Formation of the rst stars depends on the e cient radiation cooling when the primordial gas
collapses self-gravitationally. In the present day, the main cooling processes are radiation from
metal such as CO or infrared radiation from dust. Figure 2.6 shows cooling functions. The main
cooling path in primordial gas depends on the gas temperature.

Figure 2.6: cooling function for primordial gas. Red, blue, and black lines show kK HD and
atomic cooling respectively. The functions are calculated atn = 1 cm 3; Xn, =10 4 Xuwp =
10 . Adopted from Bovino & Galli (2019).

When Tgas & 10° K, gas is su ciently ionized and free-free radiation or bremsstrahlung are
e cient cooling. When T 10° 5 10*K, collisional excitation of He* and H, and the following
radiative decay by Lyman of neutral hydrogen. At T 10* K, the plasma recombines rapidly.
Electrons cannot excite the rst excited level, which is 10.2 eV above the ground state. Thus,
gas temperature becomes stable at  10* K.

Thermodynamics of primordial gas has been investigated by several studies (Omukai 2000;
Omukai & Nishi 1998; Palla et al. 1983; Yoshida et al. 2006). Figure 2.7 shows a temperature
and density phase diagram (The Omukai diagram). Distinctive phases are described in A to G.
(A) Gas enters DM potential well and is adiabatically compressed.

(B) H, is formed via H{ process and molecular cooling begins to work.
(C) Gas temperature reaches 200 K and Kl does not work. At that time gas is in local thermal
equilibrium (LTE). At this point, gas forms a quasi-hydrostatic core and the corresponding Jeans
mass is

n =2 T 2
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(D) When n 10° cm 3, H, is formed via three body reaction (Palla et al. 1983).
H+H+H ! H, +H (2.92)

H, fraction reachesxy, 1.

(E) Gas becomes optically thick and cooling is ine cient, which rises temperature.

(F) At n 10" cm 3, collisional induced emission(CIE) works as a dominant cooling process.
In high-density gas, two molecules pair (H-H,, H,-He) approach each other and a temporary
dipole is formed. This 'supermolecule' emit dipole radiation and cool gas (Omukai & Nishi 1998;
Yoshida et al. 2006).

(G) The gas temperature reachesT 2000 K and collisional dissociation of H starts.

(H) At n> 10'® cm 3, gas reaches the nal adiabatic phase.

(I) Finally, when the gas density reachesn ~ 10? cm 3, the protostar forms.

Figure 2.7: Temperature and density phase diagram for primordial gas. Adopted from Yoshida
et al. (2012) and added legends.

2.4 Stellar feedback to accretion

As explained above, a protostar is born when the central density reaches 10%* cm 3. A
protostar has a mass of @1 M (Omukai & Nishi 1998; Yoshida et al. 2008) and its envelope
has amass of 10° M without cloud fragmentations (e.g. Abel et al. 2002; Yoshida et al. 2006).
A protostar grows toward ZAMS by accretion, and its accretion rate is roughly estimated as
M; =2
T 65 7 10 ‘M =yr 300K
Therefore, if mass accretion continues during the lifetime of a massive star, a few Myr, the nal
mass is thought to beM 100 1000M

M. (2.93)
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In reality, however, feedbacks from the protostars prevents gas accretion and determines
the nal mass of the rst stars. There are two types of feedback to stop accretion; kinematic
feedback and radiative feedback. The former comes from out ow by magnetic elds and stellar
wind, however, both of them are weak in high-redshift universe. This is because only a primordial
magnetic eld exists and the strength is thought to be weak 8 10 4 G) in a primordial gas
cloud, and mass loss through stellar wind is generally lotx Therefore, radiative pressure from
photoionization and dissociation is a crucial feedback for growth of the rst stars.

Hosokawa et al. (2011) perform radiative hydrodynamical simulations, solving the self-
consistent stellar evolution at the same time,and investigated a radiative feedback from the
primordial protostar and its nal mass.

They show that UV photon from the protostar photo-evaporates its accretion disk and stops

mass accretion. The nal mass of a rst star becomes 40 M , which is lower than previous

expectations ofM =100 1000M (e.g. Omukai & Palla 2003; Yoshida et al. 2008, 2006), as
shown in Figure 2.8.

Figure 2.8: Evolution of the accretion rate as a function of stellar mass. A blue (red) line shows
a model with (without) radiation feedback. Adopted from Hosokawa et al. (2011).

2.5 Mass distribution of Population Il stars

Hosokawa et al. (2011) have examined one halo which exists typically in high-redshift universe
(Yoshida et al. 2008). Halo formations have diverse environments, which may lead to various
mass distributions of the rst stars. Hirano et al. (2014) run cosmological simulations and follow
over 100 star-forming clouds and determine the nal mass of those rst stars by the following

4First stars have no heavy elements and small opacity. Therefore, such weak radiation pressure does not induce
stellar winds.
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RHD simulations as same as Hosokawa et al. (2011). The left gure in Figure 2.9 indicates that
star formations start in various timings (z =35 11) in DM halos with di erent virial masses

(M vir

10° 10° M ). The right gure in Figure 2.9 shows a Pop Il IMF for 100 rst stars

and it has a wide mass range from 10 to 1600 M

Figure 2.9: Left: Distribution of the timing of star formation. Zzim is the redshift when a
star-forming cloud reaches the density of 10° cm 3. A color bar shows the virial masses of
host DM halos. Right: The nal mass distribution of the rst stars, which corresponds to Pop
Il IMF. Adopted from Hirano et al. (2014).

2.5.1 Life pathways of Pop Il stars

These rst stars with di ernt masses have di erent nal pathways as follows.

1.

4,

In the case ofM  0:8 M , stars can survive to the present day because their lifetimes
are over cosmic time. These stars are targets for direct observations of Pop IlI stars in the
Milky Way.

In the case of 8M M 40M , stars end in core-collapse supernovae (CCSNe). One
CCSNe enriches gast@& 10 3Z (Sluder et al. 2016), thus extremely metal-poor stars
might be formed in metal-enriched gas clouds by Pop Il star explosions.

. In the case of 40M M 140 M , stars collapse directly to black holes (BHS).

Binary Pop Il stars within the mass range can form binary BH systems with massses
of 20 50 M (Kinugawa et al. 2014, 2016), whose merger events have been detected as
gravitational waves by LIGO and Virgo (e.g. Abbott et al. 2016).

In the case of 140V M  260M , stars end in Pair Instability SuperNovae (PISNe).
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(Aoki et al. 2014) observe one EMP star which is expected to be formed from metal-
enriched gas by PISNe.

5. In the case ofM > 260M , helium core directly collapses into a BH.

2.5.2 Remained uncertainty of Pop Il mass distribution

There is still uncertainty of Pop Il mass distribution with including other e ects such as disk
fragmentations, magnetic elds, radiation elds, and stream velocity.

Disk fragmentation is found in 3D hydrodynamical simulations and forms secondary stars, which
changes Pop Il mass distribution signi cantly. Several simulations have followed the fragmen-
tation processes, but the maximum computational time scale is 10 yr, not enough to follow
the completed evolution for  10° yr (e.g. Chon & Hosokawa 2019; Clark et al. 2011; Greif et al.
2012; Hirano & Bromm 2017; Inoue & Yoshida 2020; Susa et al. 2014).

Magnetic eld might a ect disk fragmentations. Primordial magnetic elds are weak ( 10 * G)
and are thought to be negligible for the rst star formation. However, recent studies show that
primordial magnetic elds can be ampli ed in a cloud collapse phase by a small-scale turbulent
dynamo. Several current simulations focus on the magnetic eld e ect in the accretion phase
(e.g. Hirano & Machida 2022; Sharda et al. 2021).

Lyman Werner (LW) radiation eld as a background or stellar feedback also a ects Pop 111.2
star formations. This is because LW radiation with energy of 112 136 eV dissociate hydrogen
molecule and prevents primordial gas to cool. The dissociation delays the Pop Il star formation,
or induces the formation of supermassive stars over TO0M if LW radiation is over the critical
value, i.e., Jo1.crit = 100 10° (e.g. Bromm & Loeb 2003; Chon et al. 2016; Latif et al. 2021,
2014; Omukai & Palla 2001; O'Shea & Norman 2008; Sugimura et al. 2014).

On the other hand, X-ray or cosmic ray background ionizes hydrogen atoms and increases elec-
trons, which promotes H reactions to form H,(Hummel et al. 2016, 2015; Inayoshi & Omukai
2012; Park et al. 2021).

Furthermore, relative velocities between baryon and dark matter might have a signi cant im-
pact on the Pop Il star formations and are explained in the next section as a main topic of our
research.

2.6 Chapter Summary

Density perturbation originated from in ation grows and forms large-scale lamentary structures

in the early universe. DM minihalos with masses of 10 ® M are formed in the dense regions
atz 30 20 and primordial clouds form in the DM halo (e.g. Abel et al. 2002; Yoshida et al.
2003). Radiative cooling by H, cools gases and enables them to contract to form the protostellar
core in the densest center (Yoshida et al. 2008). After the formation of a protostar, gas accretion
from an accreting disk or the formation of secondary stars induced by disk fragmentations occur.
These stars nally evolve to ZAMS after a few 1C° yr.



Chapter 3

Formation and evolution of
Supersonically Induced Gas Objects

3.1 Stream Velocity

Structure formation in the early Universe is a ected by supersonic relative velocities generated
by baryons and dark matter(DM) uctuations (Tseliakhovich & Hirata 2010). The existence
of the relative velocity between baryon and dark matter has already been mentioned in 1970s
by Press & Vishniac (1980); Sunyaev & Zeldovich (1970). However, the relative velocity was in
second order terms in perturbation theory and was a non-linear e ect, thus it has been overlooked
until recently. Tseliakhovich & Hirata (2010) show that the relative velocity is supersonic gas
ow just after the recombination period which causes a signi cant impact on the st structure
formation in the early universe. Hereafter we call the relative velocity as stream velocity (SV)
and explain the impact of SV in the formation of the rst object in high-redshift universe.

3.1.1 Growth of small-scale structure including stream velocity

Small uctuations of matter (e.g. 10 ° in CMB) grow gravitationally and nally forms
various structures in the universe. The following equations represent the evolution of density
uctuations for baryons ( ) and cold dark matter (CDM, () in comoving coordinates.

@itd Ve o= a 1+ IJr ve 3.1
@@bt+ alvp r p= al(l+ pr wvp 3.2)
%t talve rve= - Hve (3.3)
@@bt talvo rve= - Hv o aldry (3.4)
ar?=4 G nm (3.5)

The rst two equations are equations of continuity, and the letter two equations are Euler
equations for baryons and CDM respectively. The last one is Poisson egation where is total
gravitational potential. The baryonic sound speed is denotedcs. Fourier transforming the above

29
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four equations and eliminating yield

i
@ [ 3H?
62: an:;g) K ¢ ?( cct bb) 2H ¢ (3.7)
@p _
ot b (3.8)
@ 3H?2 c2k?
6bt= ?( cct bb) 2H p+ ‘;72 (3.9)

The two terms in the boxes are stream velocity terms and second order, wherey. is a rela-
tive velocity between baryons and dark matter, vi,c  Vp  Vc. The terms are negligible at
wavenumbersk  kype 40 Mpc 1. The variance of SV is

b(K)  o(k) 2.

oK)= (k) »

(3.10)
where ?(k) =2:42 10 9 is the initial curvature perturbation variance per In k. Integrating
the variance by Ink yields the rms SV,

y4
M0 = Gl 311)

Figure 3.1 shows the power-spectrum of stream velocity at the scale d&f. The power-spectrum
rapidly decreasing at small scale ok > 0:5 Mpc ®. Thus, stream velocity is constant in a few
comoving Mpc. Integration of eq. 3.11 gives the rms velocity ypc iS vbe 30 km=s'.

Figure 3.1: The variance of stream velocity perturbation per Ink as a function of wavenumber.
The power spectrum drops rapidly atk > 0:5 Mpc 1, which indicates that stream velocity is
coherent ow in a few comoving Mpc scale. On much larger scale such ds< 0:01 Mpc (

BAO scale), the uctuations of stream velocity are corelated. Adopted from Tseliakhovich &
Hirata (2010)

!Notice that this rms is evaluated assuming three-dimensional motions.
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Before the recombination, baryons and photons are coupled with each other and the baryonic

sound speed was relativistic,cs = p% After the recombination, the sound speed of the gas

component is equal to the kinetic speed of atomic hydrogen,

S
KT p
= ; 3.12
Cs — (3.12)
where
5 : .
= 3 (an ideal monoatomic gas) (3.13)
=1:22 (mean molecular weight with a helium mass fraction of @®4:) (3.14)
my =1:67 10 ?* g (the mass of hydrogen atom) (3.15)
Tems 2:72
Ty, = JoMBiO o 2720y (3.16)
a a

The calculating the above at the recombination period, i.e., atz = 1020 (a = 0:009794), the
sound speed ixls 6 km=s =2 10 °c. Therefore, rms of stream velocity is ve times larger
than sound speed at the recombination period and the gas has a supersonic ow relative to
CDM. Stream velocity decays with redshift (1 + z) and can aect only at very high redshift.
Furthermore, the three-dimensional SV eld follows Maxwell-Boltzmann distribution,

3 32 3v2
P(vbea) = 5 4vZexp > (3.17)
vbc vbc

where e is rms of three-dimensional stream velocity.

Figure 3.2: The distribution of stream velocity. SV follows three-dimensional Maxwell-
Boltzmann distribution.

Visbal et al. (2012) and Fialkov et al. (2013) conduct numerical calculations to see the global
distribution of SV and density uctuation. Figure 3.3 is the sliced distribution within the region
of about 400 comoving Mpc.



32 Formation and evolution of Supersonically Induced Gas Objects

Figure 3.3: Left: The sliced distribution of baryon density uctuations at z = 20. The simulated
boxsize is 384 comoving Mpc on a side. Right: The sliced distribution of Stream velocity at
Zz = 20. The color bar shows the magnitude of SV in units of its rms( ypc). The SV distribution
follows Maxwell-Boltzmann distribution in Figure 3.2. Adopted from Fialkov et al. (2013).

Also, including SV term in the Press-Schehiter function(Press & Schechter 1974) shows that
halo number density is suppressed mostly ifMMpao  10° M (Tseliakhovich & Hirata 2010).
This halo mass is a typical one for the rst star formation (Yoshida et al. 2003) and SV has
been thought to have a crucial impact on the cosmic structure formation in the early universe.

3.1.2 Numerical simulations including stream velocity

In order to examine the e ect of stream velocity at high redshift, several hydrodynamical simu-
lations have been performed with incorporating SV. It is shown that SV lowers the gas fraction
in low-mass DM halos and prevents or delays the formation of star-forming clouds (Bovy &
Dvorkin 2013; Fialkov et al. 2012; Greif et al. 2011; Naoz et al. 2012; Schauer et al. 2019; Tseli-
akhovich et al. 2011). For example, Greif et al. (2011) show that the formation of Pop IlI stars
is delayed by z' 4. Figure 3.4 show the delayed collapse timings due to SV. Also, SV can
increase the virial mass at the collapse phase, as the same as Itering mass (Naoz et al. 2013).
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Figure 3.4: Collapse timing and the virial mass at each collapse redshift. MH-1(blue), MH-2
(green) and MH-3(red) represent three di erent simulated minihalos. Each lower symbol is the
case with no stream velocity, and the upper one is the case with 1. stream velocity. Adopted

from Greif et al. (2011).

The delay of star formation due to SV realizes di erent physical conditions than previously
studied (Hirano et al. 2017, 2018; Kulkarni et al. 2020; Latif et al. 2014; Schauer et al. 2021b;
Tanaka & Li 2014). For example, Hirano et al. (2017) nd that SV generates strong turbulence
in massive gas clouds and increases Jeans mass as the following equation,

(@ V)

My = 5 Go= 12

(3.18)
The subsequent collapse proceeds rapidly and has a large accretion rdté> 1M =yr, which is
much larger than critical accretion rate of M- = 0:04 M =yr. Finally a supermassive star with
mass over 18 M can be formed in the cloud center, which ends in direct collapse to become a
seed of a Super Massive Black Hole (SMBH).

Furthermore, the suppression of low-mass halo formation at high redshift due to SV may
change the history of the cosmic reionization and 21 cm signal (Fialkov et al. 2012; Long et al.
2022; McQuinn & O'Leary 2012; Park et al. 2013, 2021; Visbal et al. 2012).

3.1.3 Supersonically Induced Gas Objects (SIGOs)

Intrestingly, the stream velocity suggests a possibility to form peculiar objects in the early
universe. Naoz & Narayan (2014) show that SV introduces a phase shift of baryon and DM
density uctuations, which leads spatial o sets between them. In such separated baryon density
peak, bayon-dominant object can be formed outside of the DM halos. Figure 3.5 shows the
spatial separation between gas clumps and DM halos at 1, SV as a function of masses of the
gas clumps. We see that s gas clump with mass 10° M has a larger separation than
the virial radius of the conterpart DM halo.
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Figure 3.5: (top): The spatial o set between gas clumps and DM halos, normalized by the virial
radii of DM halos. Blue and red-doted lines represent 2 and 3 density uctuation cases as

a function of gas clump massMy. (bottom): Surviving time scale of gas clumps. Gas clumps
outside (inside) halos may experience evaporation (dynamical friction). The red and blue arrows
show the mass range of gas clumps that survive as long-lived gas clumps. Adopted from Naoz
& Narayan (2014).

Such gaseous objects generated by SV are called Supersonically Induced Gas Objects, short
for SIGOs. They may be a new type of progenitors of primordial star clusters. SIGOs have
already been identi ed in several recent simulations. For example, Popa et al. (2016) and Chiou
et al. (2018) used hydrodynamical simulations with SV to show that gas-dominated objects are
formed in the early universe. Later, Chiou et al. (2019, 2021) incorporated atomic hydrogen
cooling in their hydrodynamical simulations and showed that a number of dense SIGOs are
formed. However, it remains unclear whether or not, and how, stars are actually formed in
SIGOs.

Molecular hydrogen cooling may play a vital role in the early universe (see section 2.3.2).
H, cooling can lower the temperature of primordial gas clouds to 200 K. Gas clouds with the
corresponding Jeans mass of 1000M become gravitationally unstable to collapse further to
form stars (Yoshida et al. 2008). In this thesis, we perform cosmological simulations with SV in
order to study the formation and evolution of SIGOs. We incorporate H, cooling and examine
if SIGOs can cool and condense to form stars.
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3.2 Methods

3.2.1 Cosmological simulation

We use the cosmological simulation code AREPO (Springel 2010). We rst run parent simula-
tions with employing 512 DM particles with a mass of 19 10° M and 512 Voronoi mesh
cells with a mass of 360M . The simulation box size is 14 cMpc=h on a side. We use a
modi ed version of the CMBFAST code (Seljak & Zaldarriaga 1996) to generate the transfer
functions for the initial conditions. The transfer function calculations incorporate the rst-order
scale-dependent temperature uctuations (Naoz & Barkana 2005) and the e ect of SV. As in
Chiou et al. (2019, 2021), we generate the initial conditions by setting a large density uctuation
amplitude of g = 1:7. This choice is aimed at simulating a rare, over-dense region in a large
volume where structure forms early.

We run for simulations listed in Table 3.1. \2v" or \Ov" represents with/without SV, and
\H2" or \H" denotes whether H , cooling is turned on/o respectively. For the Run 2vH2
and 2vH, we add a coherent SV with 2, = 11:8 km=s in the +x-direction to the baryonic
component at the initial redshift z,; = 200. We run the parent simulations to z = 25.

Run Vpc  H, Cooling

OvH2 0 Yes
OvH 0 No
2vH2 2 Yes
2VvH 2 \pe No

Table 3.1: Simulation parameters. ypc is rms of SV and yc = 5:6 km=s at zj,; = 200. Cooling
"No" represents run with only atomic cooling.

3.2.2 Chemistry and cooling

We follow non-equilibrium chemical reactions and the associated radiative cooling in a primordial
gas. We use the chemistry and cooling library GRACKLE(Chiaki & Wise 2019; Smith et al.
2017). The chemistry network includes 49 reactions for 15 primordial species: e, H,"H He,
He", He** |H , Ha, H3, D, D*, HD, HeH*, D , and HD*. We include H, and HD molecular
cooling. The radiative cooling rate by H, is calculated by both rotational and vibrational
transitions (Chiaki & Wise 2019). The initial abundance of each species ak,i = 200 is based
on Galli & Palla (2013) as shown in Figure 3.6. All reactions are described in Appendix 6.
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Figure 3.6: Number fraction of primordial chemical species relative to the total number of
baryons as a function of redshift. (left): Abundances of H, D, He, and Li through the cosmo-
logical recombination. (right): Abundances of main molecules and ions for a primordial gas.
Adopted from Galli & Palla (2013).

3.2.3 De nition of SIGOs

We rst identify nonlinear objects such as DM halos in essentially the same manner as in Chiou
et al. (2018); Popa et al. (2016). We run a Friends-of-Friends(FOF) group nder with a linking
length of b= 0:2 times the mean particle separation (Dolag et al. 2009). The value db results in
the enclosed overdensity of 180, which is the corresponding overdensity of virialized halos
for spherical collapse model (see section 1.2.3). The smallest DM halos contain typically 300
DM particles. We also run the FOF nder to the gas components in order to identify \gas-only"
objects that contain over 100 gas cells. The minimum mass of the gas halos and the DM halos
are 368 10°M and 6:04 10°M respectively. This threshold excludes small mass halos but
allows us to avoid non-physical numerical e ects and to calculate the gas fraction in gas-rich
region with the accuracy of 10-20% (Naoz et al. 2009).

We calculate the gas mass fraction for the identi ed DM halos and gaseous clouds. Many of
the detected gas clouds are lamentary, and thus it is not appropriate to measure the baryon
fraction assuming spherical symmetry. We adopt an ellipsoid approximation introduced in Popa
et al. (2016). We outline this procedure here for completion. First, for each gas halo/cloud iden-
ti ed by our FOF nder, we consider an ellipsoidal surface that surrounds all of the constituent
gas cells. Then the major axis of the ellipsoid is reduced by a small amount of.5%. We repeat
this procedure until the condition

8gasn  Ngasn . (3.19)
agaso  Ngaso
or Ngasn=Ngaso < 0:8, is met, whereagaso is the major axis of the original ellipsoid and agasn is
that of the ellipsoid after the nth iteration. Similarly, Ngaso and Ngasn are the number of gas
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cells. Note that the threshold value of the ratio Ngasn=Ngaso = 0:8 is determined by Popa et al.
(2016), who have analyzed the ellipsoidal shape of SIGOs.

This iterative procedure successively shrinks the long axis of a gas halo while retaining the
high-density region. We then calculate the gas fraction of each ellipsoid as

M
foas= S 3.20
%M gast Mpwm ( )

where M 435 and Mpy are the masses of the gas cells and DM particles within the de ned ellip-
soid, respectively. We note that the mass center of a SIGO is taken as the center of its ellipsoid,
whereas Schauer et al. (2021a) take the highest-density point as a center of a gas clump. We
have checked both coordinates of our SIGOs, and have found that the deviation is typically a
small fraction (  0:1) of the size of the ellipsoid.

Finally, we identify SIGOs that satisfy the following two conditions:

(1) The mass center of the gas cells is outside the virial radii of its closest DM halo(s)

(2) there are at least 32 gas cells and the gas mass fraction is greater than 0.6 in each de ned
ellipsoid.

We note that the threshold value here is larger than the 0.4 adopted in Chiou et al. (2021).
We have found that, when the critical value is set to Q4, lamentary structures tend to be
identi ed as SIGOs, especially in Run OvH2, and many SIGOs are misidenti ed. We thus set
fgascrit = 0:6.

3.2.4 High-resolution simulation with smaller Box Size

We are not able to follow the evolution of SIGOs toz < 25 in our parent simulation. This is
because the gravitational and hydrodynamical time scales become too short in other high-density
star-forming regions in the simulated volume, and the calculations do not proceed.

We thus recon gure and continue the simulation by ignoring the evolution of the other halos
and gas clouds far from a target SIGO, but with increasing the mass resolution in and around it.
In practice, we cut out a cubic region of 10 physical kpc on a side centered at the SIGO. We then
advance the "high-resolution" simulation by performing re nement of gas cells to ensure that
the local Jeans length is always resolved with at least 64 cells. The simulation results are shown
in 3.3.4. In both our parent and high-resolution simulations, we do not include a Lyman-Werner
radiation background because the background intensity is expected to be signi cant only at
z < 15 according to the cosmological simulations of Agarwal et al. (2012).
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Figure 3.7: Overview of a high-resolution simulation. 68 SIGOs are identi ed in Run 2vH2 and
are shown as red dots. In the further high-resolution simulation, we pick up one SIGO (S1)
which is located in the center of the right panel. We cut o the region around S1 with a side
length of 10 physical kpc.

Furthermore, we can justify the volume by simply examining possible boundary e ects. After
the high resolution simulation is initiated at z = 25, the boundary e ect (if any) would propagate
toward S1 at the center with soundspeed of a few km /sec. S1 collapses dynamically over a time
of 33 million years (from z = 25 to 21), and any disturbance from the boundary propagates only

0.1 kpc.

At z = 25, the distance to the neighboring fast contracting halo is 5.18 kpc (the coordinates
relative to S1 are [0.0548, 3.4744, 3.85] (unit is [kpc])). The widest size of the area that was not
a ected by other halos in which we are not interested is 10 physical kpc.

3.3 Result

3.3.1 Density distribution for each run

Figure 3.8 shows gas density distribution in the hole boxsize for each run a = 25. The left two
panels (Run OvH2 and Run OvH) do not include SV but the right two panels (Run 2vH2 and
2vH) include SV. The e ect of SV is clearly seen as coherent stream features from left to right
in Run 2vH2 and 2vH. Gas is swept away in he direction of SV (# direction) and small-scale
structure formation is supressed. This result is consistent with that of Schauer et al. (2021a,b).
At z = 25, the number of isolated density peaks withn > 10° cm 2 identi ed in Run 2vH2,
2vH, OvH2, OvH is 831, 642, 2508, 1758, respectively. With SV, there are 68 and 36 SIGOs in
Run 2vH2 and 2vH. SV causes the gas density peaks to move fast with respect to the underlying
DM, and some gas clouds start contracting while being outside of any DM halo. Note also that
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twice as many SIGOs are formed in Run 2vH2 than in Run 2vH case ar = 25. SV causes the
gas density peaks to move fast with respect to the underlying DM, and some gas clouds start
contracting while being outside of any DM halo. Note also that twice as many SIGOs are formed
in Run 2vH2 than in Run 2vH case atz = 25. This is caused by the e ective gas contraction
by H, radiative cooling.

Figure 3.8: The projected gas number density distributions in our simulations, without SV (Run
OvH2, OvH; left two gures) and with SV (Run 2vH2, 2vH; right two gures). Run OvH and
Run 2vH do not include H, chemistry. Each colormap shows a region with a side length and a
depth of 1.4=h comoving kpc. We use the outputs atz = 25.

3.3.2 Evolution of SIGO (S1)

As explained in section 3.2.4, we focus on the evolution of a particular gas cloud "S1" that is
identied as a SIGO in Run 2vH2 at z = 25. Figure 3.9 represents gas and DM structures
around S1 fromz =31 to z = 25. Sl is located in the center of the right panel as a small gas
clump. Sl is tted as an ellipsoid and its major axis has a length of 1.15 kpc (see Figre 3.11).

First of all, lamentary DM structures are formed at z = 31 and the corresponding gas
structures are formed with lamentary shape. At this time, SV is own in the direction of left
to right, which makes gas density peak displaced to right. The value of SV az =31 is

1+7z

Vpe 2 bc;recﬁ
rec

=1:9kms (3.21)

As DM large structures evolve, the gas lament starts "moving back toward" the gravitational
potential of the DM structure from z = 31to z = 25. Figure 3.10 shows the velocity distribution
of gas lament. The gas lament is compressed from both side; from left velocity due to SV
and from right velocity due to the gravitational potential for DM lamentary structure located

on the left of S1. Intrestingly, gas movement from both directions makes a shock on the gas
lament. Gas tempreature is as high as 10* K at the shock front. This can be seen in only
runs with SV cases; 2vH and 2vH2.
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Figure 3.9: The projected density distribution of gas and DM around a gas cloud S1 in Run

2vH2. SV works from left to right in each panel. The colormap shows the gas number density
and the countour lines represent the DM mass density. White, pink and red contour lines

indicate 2, 20, 200 times the critical density of the universe, respectively. The black line shows
S1 ellipsoid and the mark X is the mass center of S1. The other gas clump which is located in
the bottom of S1 and has a high density of over 100 cm?® is named S2. S2 is hosted by the
closest DM halo and identi ed as a non-SIGO. Each panel shows the region with a side length
of 40 comoving kpc.

At z = 25, there is no obvious DM halos around S1 and te local baryon fraction i$ 455 = 0:67.
The closest DM halos of S1 is located in the bottom in Figure 3.9, which represents in a red
contour line. The distance between S1 and the closest DM is 1.1 physical kpc, which is over 4
times larger thant the virial radius of the DM halo. S1 has the centrial density of 80 cm 2 and
the temperature of 500 K, which implies that S1 is on the way of contracting by H, cooling.

In order to see the stability of S1 quantitatively, we calculate the ratio of the enclosed mass
M enc to the Jeans mass,

_ .
My = & oo 1 (3.22)

where is the density, ¢ is the speed of sound ands is the gravitatioinal constant. We take
averaged and cs by weighting mass within radius r 2. The right panel of Figure 3.11 shows the
radial prole of S1 at z = 25 and we see that S1 is still Jeans stable at all radii. This result is
consistent with Schauer et al. (2021a), who also nd similar gas clumps located outside of their
closest DM halos due to the SV.

Furthermore, the closest DM halo of S1 contains another massive and dense gas clump "S2"
as indicated in the bottom of Figure 3.9. S2 can contract much faster than S1 due to the
additional gravity from the host DM mini-halo and it has already formed the rst unstable
cloud at z=28 with M;  10° M . ngas 10® cm 3, which is corresponding the primoedial

2Hirano et al. (2017) calculate Jeans mass with including SV as a turbulence term;

2 2 \3=2
(CS + Vbc) (323)

My = 57 Gaz 12

This is because they focus on gas clouds in the DM halos and SV ows more gas into the DM halo, which leads
turbulence in the cloud. However, SIGO (S1) is not hosted by DM halo, thus SV contributes to the translational
motion of S1. Therefore, we do not include SV term in the equation of Jeans mass.
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